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Preface

With the words “Twas the night before Christmas . . . ” does a good old story start.

In December 2004, just a couple of days before Christmas, not three wise men but

more than 60 wise men and women came to a castle in the Bavarian mountains.

They traveled through a strong snow storm, but no-one turned back; all of them

arrived. They had a noble goal in mind: to discuss the current understanding of

the formation of planets. The meeting took place December 19–22, 2004 at the

Ringberg castle of the Max-Planck-Society. Anyone who has had the chance to

attend a meeting there knows what a friendly and stimulating atmosphere for a

workshop it provides.

About a year beforehand we had called them, and now they came. The idea was to

have a wonderful conference at the romantic Ringberg castle and to bring together

theorists and observers, as well as meteoriticists and experimental astrophysicists.

Only then, we thought, could we obtain a global picture of the ideas we have about

how our planetary system came into life. We wanted to collect not only the accepted

ideas, but also the speculative and competing ideas.

We were quickly convinced that this conference, unique in its composition,

should generate a permanent record in the form of a proceedings book. But this

book should not be just one more useless compendium of unrefereed papers, but

should provide a concise and accurate picture of current planet formation theory,

experiment, and observation. Based on a suggestion by Alan Boss, Cambridge

University Press became interested in publishing the proceedings as part of its new

astrobiology series. So we convinced some of the major league players in the planet-

formation and extrasolar-planet business not only to come and give presentations

but also to write overview chapters on their special field of expertise. These chapters

were then publicly discussed at Ringberg and also refereed by some independent

experts in the field.

xiii



xiv Preface

Participants of the Ringberg workshop on planet formation December 19–22, 2004.

PLANET FORMATION addresses fundamental questions concerning the forma-

tion of planetary systems in general and of our Solar System in particular. Drawing

from recent advances in observational, experimental, and theoretical research, it

summarizes our current understanding of these processes and addresses major open

questions and research issues. We want this book to be, for students and other new-

comers to the field, a detailed summary which, if studied along with the references

contained herein, will provide sufficient information to start their work in the field

of solar and extrasolar planets. At the same time we want to explore the current

understanding of the state of the art of this subject ten years after the detection of

the first extrasolar planets around Sun-like stars. The chapters of this book have

been written by the leading scientists in the field, who have made significant contri-

butions to the subject of planets and their formation. We aim for a comprehensive

and meaningful overview including observations of exoplanets and circumstellar

disks, the latest findings about our own Solar System, experiments on grain growth,

and finally on the competing theories on planet formation.

If we continue to attract the brightest physicists to this field of astrophysics we

hope that one day we will reach our two-fold goal: first, to understand the origin of

our Solar System and of our blue Mother Earth, the only place in the universe where

we are sure about the existence of life, and second, to learn how exquisite or general

the conditions for life are in the rest of the vast universe, based on our predictions

on how many Earth-like, potentially life-harboring planets are out there.
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1

Historical notes on planet formation
Peter Bodenheimer

UCO/Lick Observatory, Santa Cruz

1.1 Introduction

The history of planet formation and detection is long and complicated, and nu-

merous books and review articles have been written about it, e.g. Boss (1998a)

and Brush (1990). In this introductory review, we concentrate on only a few spe-

cific aspects of the subject, under the general assumption that the Kant–Laplace

nebular hypothesis provides the correct framework for planet formation. The first

recognized “theory” of planet formation was the vortex theory of Descartes, which,

along with related subsequent developments, is treated in Section 1.2. Magnetic

effects (Section 1.3) were of great significance in the solution of one of the major

problems of the nebular hypothesis, namely, that it predicted a very rapidly rotating

Sun. The early histories of the two theories of giant planet formation that are under

current debate, the disk gravitational instability theory and the core accretion-gas

capture theory, are discussed in Section 1.4 and Section 1.5, respectively. In the

final section, 1.6, certain specific examples in the history of the search for extrasolar

planets are reviewed.

1.2 Descartes and von Weizsäcker: vortices

Descartes (1644) gave an extensive discussion on the formation of the Earth, planets,

and major satellites, the main idea of which was that they formed from a system of

vortices that surrounded the primitive Sun, in three-dimensional space. His picture

did not involve a disk, the rotation axes of the vortices were not all in the same

direction, and the physical basis for it is elusive. In a section of his book entitled

“Concerning the creation of all of the Planets” he states:

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.

Published by Cambridge University Press. C© Cambridge University Press 2006.
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2 Peter Bodenheimer

“ . . . the extremely large space which now contains the vortex of the first heaven was formerly
divided into fourteen or more vortices . . . So that since those three vortices which had at
their centers those bodies that we now call the Sun, Jupiter, and Saturn were larger than the
others; the stars in the centers of the four smaller vortices surrounding Jupiter descended
toward Jupiter . . . ”

It is not specified how the vortices got there and how the planets formed from

them, and the whole treatise may be regarded as more philosophical than scientific.

Furthermore, he had to be very careful in what he said to avoid disciplinary action

from the Church.

Three hundred years later, C. F. von Weizsäcker (1944) wrote an influential paper

in which he envisioned a turbulent disk of solar composition rotating around the

Sun, which consisted of a set of stable vortices out of which planets formed by

accretion of small particles. Stability required that the vortices be counter-rotating,

in the co-rotating coordinate system, to the direction of the disk’s rotation. The

radii of the various vortex rings corresponded roughly to the Titius–Bode law of

planetary spacing. However, von Weizsäcker’s main contribution was to recognize

that in a turbulent disk there would be angular momentum transport as a result of

turbulent viscosity, with mass flowing inward to the central object and with angular

momentum flowing to the outermost material, which would expand. This realization

solved one of the major problems of the Kant–Laplace nebular hypothesis – that the

Sun would be spinning too fast. However the physical reality of the eddy system

was criticized by Kuiper (1951) on the grounds that true turbulence involved a range

of eddy sizes according to the Kolmogorov spectrum and that the typical lifetime

of an eddy was too short to allow planet formation in it.

Vortices were not really taken seriously for a long time after that, until Barge

and Sommeria (1995) showed that small particles could easily be captured in vor-

tices and this process would accelerate planet formation. Although the presence of

long-lived vortices was not rigorously proved, they suggested that particles could

accumulate in the vortices to form the cores of the giant planets in 105 yr, thereby

solving one of the major problems of the core accretion hypothesis. Later Klahr

and Bodenheimer (2003), in a three-dimensional hydrodynamic simulation with

radiation transfer, showed that under the proper conditions of baroclinic instability,

vortices could form in low-mass disks. Further study of this process is strongly

indicated.

1.3 Magnetic effects

Hoyle (1960) invoked magnetic braking to explain the slowly rotating Sun by

transfer of angular momentum to the material that formed the planets. He claimed

that purely hydrodynamic effects, such as viscosity, could not result in sufficient
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transfer of angular momentum because the frictional effect requires that the disk

material must be in contact with the Sun itself, and that therefore the Sun could

be slowed only to the point where it was in co-rotation with the inner disk. He

envisioned a collapsing cloud that is stopped by rotational effects and forms a disk. A

gap opens between the contracting Sun and the disk, and a magnetic field, spanning

the gap, transfers angular momentum from the Sun to the inner edge of the disk,

forcing it outward. As the Sun contracts and tends to spin up, angular momentum

continues to be transferred until the inner edge of the disk is pushed out far enough

so that its orbital period is comparable with the present rotation period of the Sun.

The temperature has to be ≈ 1000 K, to get magnetic coupling, and the field has to

be ≈ 1 gauss. Beyond the inner edge of the disk he does not require the magnetic field

to transfer angular momentum to the outer regions of the disk; viscosity would work

in that case. The terrestrial planets form from refractory material that condenses

out near the inner edge of the disk and becomes decoupled from the gas.

Actually Alfvén (1954) was the one who originally invoked magnetic braking,

although his idea of how the Solar System formed was not considered very plausible.

His theory did not involve a disk, but rather clouds of neutral gas of different

compositions which fall toward the Sun from random directions, stopping at a

distance where the ionization energy equals the infall kinetic energy (the so-called

“critical velocity” effect). Once ionized, the material couples to the Solar magnetic

field and angular momentum is transferred to it, forcing it outward and eventually

into a disk plane. The elements with the lowest ionization potentials, such as iron and

silicon, stop farthest out. The cloud, composed of hydrogen, along with elements

of similar ionization potential such as oxygen and nitrogen, is envisioned to stop in

the region of the terrestrial planets, while a cloud composed mainly of carbon stops

at distances comparable to the orbital distances of the giant planets. The theory was

criticized on the grounds that it did not explain the chemical composition of the

planets, but in fact the crucial aspect of it was the magnetic braking.

Today it is known that even young stars are slowly rotating, and that the interface

between disk and star in a young system is very complicated, involving accretion

from disk to star as well as outflow in a wind. Modern theories (Königl, 1991; Shu

et al., 1994) show that the basic angular momentum-loss mechanism for the central

star is magnetic transfer. However relatively large fields are required, of the order

of 1000 gauss.

1.4 Gravitational instability

We now consider early developments in the theory of planet formation. The basic

condition needed for the formation of a planet by gravitational instability in a

gaseous disk goes back to Jeans (1929): in a medium of uniform density ρ and
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uniform sound speed cs a density fluctuation is unstable to collapse under self

gravity if its wavelength λ satisfies the condition

λ2 >
πc2

s

Gρ
. (1.1)

Although the physical assumptions leading to the derivation were inconsistent, this

criterion still gives the correct approximate conditions for gravitational collapse.

Kuiper (1951) suggested that giant planets could form by this mechanism; he

combined the Jeans criterion with the condition for tidal stability of a fragment

in the gravitational field of the central star. He estimated that planets formed this

way would have masses of the order of 0.01 Solar masses (M�) and that the disk

would need a mass of ≈ 0.1 M�. He retained von Weizsäcker’s idea of turbulence

in the disk, suggesting that “Turbulence may be thought of as providing the initial
density fluctuations and gravitational instability as amplifying them,” an idea that

has been revived in the modern theory of star formation in a turbulent interstellar

cloud.

Safronov (1960) and Toomre (1964) rederived the Jeans condition in a flat disk,

including differential rotation, gravity, and pressure effects. If the sound speed is

cs, the epicyclic frequency κ , and σ the surface density of the disk (mass per unit

area), then Q = (csκ)/(πGσ ) > 1 for local stability to axisymmetric perturbations.

Although Safronov was primarily interested in a flat disk of planetesimals, and

Toomre was interested in a galactic disk of stars, and as stated, the derivation is

valid only for axisymmetric perturbations, the “Toomre Q” is still a useful criterion

even for stability to non-axisymmetric perturbations in gaseous disks. The critical

value will depend on the equation of state and the details of the numerical code

being used, but typically disks are stable if Q >1.5.

Cameron (1969) later suggested that the protoplanetary disk, in the process of

formation, could break up into axisymmetric rings which could then form planets

by gravitational instability. There followed a series of evolutionary calculations

for “giant gaseous protoplanets” which were assumed to have been formed by this

mechanism (Bodenheimer, 1974; DeCampli and Cameron, 1979; Bodenheimer

et al., 1980). The general idea was that spherically symmetric condensations of

approximately Jovian mass and Solar composition formed, in an unstable disk,

with initial sizes of 1 to 2 AU, then contracted through an initial series of quasi-

hydrostatic equilibria. The calculations involved the solution of the standard equa-

tions of stellar structure, including radiative and convective energy transport and

grain opacities. The contraction phase lasts 2 × 105 yr for a protoplanet of 1.5

Jupiter masses (MJ) and 4 × 106 yr for a 0.3 MJ protoplanet (Bodenheimer et al.,
1980). These times depend on the assumed grain opacities; interstellar grains were

used in this particular calculation. Once the central temperature heats to 2000 K,
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Fig. 1.1. Two-dimensional SPH simulation in the disk plane of gravitational insta-
bility in an isothermal disk with mass equal to that in the central star. The particle
positions are shown after slightly more than one disk rotation at its outer edge,
which lies at about 100 AU from the star. Reprinted by permission from Adams
and Benz (1992). c©Astronomical Society of the Pacific.

molecular dissociation sets in, leading to hydrodynamic collapse on a timescale of

less than a year, with equilibrium regained at a radius only a few times larger than

those of Jupiter and Saturn. DeCampli and Cameron (1979) were the first to make an

estimate as to whether a solid core (deduced to be present in both Jupiter and Saturn

now) could form during the early quasi-static equilibrium phase, finding that a 1

Earth mass (M⊕) core was possible only if the protoplanet mass was less than 1 MJ.

This calculation of settling of solid material toward the center was followed up by

Boss (1998b), who argued that a giant gaseous protoplanet of 1 MJ could indeed

form a core of a few M⊕, in line with present estimates of the core mass of Jupiter.

The first actual numerical simulation of gravitational instability in a gaseous

disk in a situation relevant for planet formation was apparently done by Adams

and Benz (1992), following a linear stability analysis by Shu et al. (1990). The

calculation was done with a two-dimensional SPH code, the disk mass was equal to

the mass of the central star, and the disk was assumed to be isothermal. The density

was perturbed with an amplitude of 1% and an azimuthal wavenumber m = 1. The

result was a one-armed spiral with a gravitationally bound knot (Fig. 1.1) of mass

1% that of the disk on an elliptical orbit; it was not determined whether the knot

would survive for many orbits and evolve into a giant planet.
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1.5 Core accretion: gas capture

Although the concept of a “planetesimal” had been discussed for a long time be-

forehand (Chamberlin, 1903), Safronov (1969) was the first to give a fundamental

and useful theory for the accretion of solid objects. He states:

“. . . despite the complexity of the accumulation process and the fact that fragmentation
among colliding bodies was important, the process of growth of the largest bodies (the
planetary ‘embryos’) can be described quantitatively in an entirely satisfactory manner
if we assume that their growth resulted from the settling on them of significantly smaller
bodies and that they were not fragmented during these collisions.”

Thus his fundamental equation for the accretion rate of planetesimals onto a

protoplanetary “embryo” was relatively simple. In its modern form,

dMsolid

dt
= π R2

cσ�

[
1 +

(ve

v

)2
]

, (1.2)

where π R2
c is the geometrical capture cross-section, � is the orbital frequency, σ is

the solid surface density in the disk, ve is the escape velocity from the embryo, and

v is the relative velocity of embryo and accreting planetesimal. The expression in

brackets is known as Fg, the gravitational enhancement factor over the geometrical

cross-section. An important requirement for a reasonable accretion timescale is that

Fg be large. However Safronov typically takes it in the range 7 to 11.

Safronov actually wrote the above equation as

dMsolid

dt
= 4π (1 + 2θ )

P
σ0

(
1 − m

Q

)
R2

c , (1.3)

where θ = (Gm)/(v2 Rc) is known as the Safronov number, m is the embryo mass,

Q is the present mass of the planet, σ0 is the total initial solid surface density in the

disk, and P is the orbital period. In connection with the m/Q factor he states:

“In the derivation of [the] formula . . . for growth [times for terrestrial planets] it was
assumed that the planetary zone was closed, or more precisely, that the total amount of
solid material in the zone was conserved at all times and that its initial mass was equal to
the present mass of the planet.”

Thus effectively he has introduced the idea of the “minimum mass solar nebula”

by requiring that the solid-surface density in the disk be just sufficient to correspond

to the solid mass of the final planet.

Applying this assumption, he uses the equation to derive growth times. “Within
100 million years the Earth’s mass must have grown to 98% of its present value,”
consistent with modern estimates of the growth time of the Earth. Detailed numerical

calculations (Wetherill, 1980) of the formation of the terrestrial planets starting

from roughly 100 lower-mass objects with low eccentricities spread out over the
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Fig. 1.2. The core mass as a function of total mass for a protoplanet consisting of
a solid core plus a gaseous adiabatic envelope. Solid lines refer to hydrodynam-
ically stable envelopes and dashed lines refer to unstable ones. A is a parameter
determined only by the distance of the planet from the central star, while PL and TL

refer to the pressure and temperature, respectively, at the outer edge of the planet.
Reprinted by permission from Perri and Cameron (1974). c©Academic Press.

terrestrial-planet zone gave this timescale, along with approximately the correct

number of objects.

However Safronov also noted: “It would appear . . . that the distant planets
(Uranus, Neptune, and Pluto) could not have managed to develop and use up
all the matter within their zones within the lifetime of the solar system,” a problem

that is still not satisfactorily solved. In fact this statement actually led Cameron to

pursue the gravitational instability hypothesis for the outer planets.

In connection with giant planet formation, Safronov mentions only briefly the

process of gas capture: “Effective accretion of gas by Jupiter and Saturn set in
after they had attained a mass of about one to two Earth masses.” Cameron (1973)

followed up on this remark with a statement to the effect that Jupiter could form

by gas accretion once a solid core of about 10 M⊕ had been accumulated. He and

Perri (1974) then made the first detailed calculation of a protoplanet consisting of

a solid core and a gaseous envelope.

The Perri–Cameron model was assumed to be in strict hydrostatic equilibrium, to

have a solid core of a given mass, and a gaseous envelope, assumed to be adiabatic,

of Solar composition extending out to the Hill radius. The idea was to find structures

that were dynamically unstable, implying that the gaseous envelope would rapidly

collapse onto the core and that gas accretion would continue on a short timescale.

They found that the structure was stable for values of the core mass up to a critical

mass, above which it was unstable. Figure 1.2 shows the results for a particular
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choice of adiabat: the first maximum in the curve for a given value of the parameter

A corresponds to the core mass where the configuration becomes unstable. The

parameter A depends only on the distance from the Sun; relevant values of A for

the formation of Jupiter and Saturn are in the range 300 to 500. In this range the

figure shows that the critical core mass is about 70 M⊕, too high as compared

with current core mass determinations for Jupiter and Saturn. With a different

reasonable choice for the adiabat, the critical core mass turns out to be even higher,

about 115 M⊕. Nevertheless, the result does not depend sensitively on the distance,

in approximate agreement with the properties of the giant planets.

This type of model was improved considerably by Mizuno (1980). He again

constructed models in strict hydrostatic equilibrium, with a solid core and a gaseous

envelope, extending outward to the Hill sphere. The boundary conditions for density

and temperature at the outer edge were provided by a disk model. The energy

equation was solved, given an energy source provided by planetesimals accreting

through the envelope and landing on the core, at a fixed rate, for example 10−6 M⊕
per yr. The model was assumed to be in thermal equilibrium in the sense that the

luminosity radiated was just equal to the rate at which the accreting planetesimals

liberated gravitational energy. Also, energy transport by radiation and convection

in the envelope was taken into account, with opacity assumed to be provided by the

gas as well as grains. There were two main results from this calculation:

(1) He found a critical core mass, above which no model in strict hydrostatic equilibrium was

possible. For interstellar grain opacity the value turned out to be 12 M⊕ (Fig. 1.3). It was

assumed at the time that rapid gas accretion would follow, but later calculations (Pollack

et al., 1996) showed that in fact the gas accretion could be quite slow, particularly for

core masses less than 10 M⊕. The models simply switched from strict hydrostatic

equilibrium to quasi-hydrostatic equilibrium in which gravitational contraction of the

envelope is of some importance.

(2) The value of the critical core mass turned out to be almost independent of the distance

of the planet from the Sun. The fact that the value for the critical mass, as well as the

independence on distance, agreed quite well with the estimates of the core masses of

the giant planets at the time, put the core accretion–gas capture model on a fairly solid

foundation.

1.6 Planet searches

The theories of planet formation that have just been discussed were formulated

on the basis of the observed properties of the giant planets in the Solar System.

Nevertheless, over the same time period that these theories were being developed,

the search was on for extrasolar planets. The method used was primarily astrometry,

in which an attempt is made to measure the periodic shift of the position of a star
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solid core plus a gaseous envelope calculated according to the equations of stellar
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Fig. 1.4. The displacement of Barnard’s star on the sky in the x-coordinate as a
function of orbital phase, corresponding to a period of 24 years. The dashed line
is a fit to the observations of van de Kamp (1963), while the filled circles are
the measurements of Gatewood and Eichhorn (1973). The largest points have the
highest degree of confidence. The solid line corresponds to zero displacement.
Note that the deviation in x that is looked for is only a few hundredths of a second
of arc, while the image of the star on a photographic plate is more like 1–2 seconds
across. Reprinted by permission from Gatewood and Eichhorn (1973). c©American
Astronomical Society.

on the sky, caused by the gravitational effects of an orbiting planet. However as

reported by Black (1991): “The history of searches for other planetary systems is
littered with published detections that vanish under further scrutiny.”

The most famous example is Barnard’s star, named after the astronomer who

discovered its large proper motion over the period 1894–1916. Peter van de Kamp

measured, as accurately as he could, the position of the star on the sky, trying to

deduce the presence of a low-mass companion by observing the periodic motion of

the star around the center of mass of the system. His initial observational program

ran from 1916 to 1962 and produced more than 2400 images. However, the apparent

size of the star’s orbit turned out to be only about 1/100 the size of the stellar images

on a photographic plate. Nevertheless, he claimed (van de Kamp, 1963) to have

found a planet, and the result was announced in the News and Views section of

Nature. The companion was supposed to have a mass of 1.6 MJ, orbiting a star

of 0.15 M� with a period of 24 yr, an eccentricity of 0.6, and a semimajor axis

of 4.4 AU. However the system was measured independently by Gatewood and

Eichhorn (1973) with a series of 241 plates, and they did not confirm the presence

of the planet (Fig. 1.4). Adjustments to the telescope configuration at the Sproul

Observatory were thought to have introduced spurious displacements of the star.

Nevertheless van de Kamp (1975) reanalyzed his data, using only that which was

taken after the major adjustments had taken place, and now claimed the presence

of two planets, with masses of 1 MJ at a distance of 2.7 AU (11.5 yr period), and
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0.4 MJ at 4.2 AU (22 yr period), both on nearly circular orbits. However, because of

the intrinsic errors in the astrometric observations, the astronomical community did

not accept these results, and the presence of planets around this star is considered

unconfirmed. On the other hand, it is not completely ruled out. Existing radial

velocity measurements (Kürster et al., 2003) do not reach the period range of

10–20 yr, but they do put an upper limit of 0.86 MJ for any planet interior to

0.98 AU.

However, other techniques for planet detection have been developed. For ex-

ample, a pulsar is a highly accurate clock. Thus a slight periodic variation in the

clock period could represent the Doppler shift of the pulsar signal caused by its

motion around the center of mass of the system, composed of itself plus an unseen

low-mass companion. The quantity that is measured is actually the pulse-arrival

time. This method also produced some initial false alarms. A famous example is the

reported discovery of a planet in a circular orbit with a six-month period orbiting

the neutron star PSR 1829 – 10 (Bailes et al., 1991). Its mass was deduced to be

about 10 M⊕.

Wolszczan (1993) comments:

A potential of the pulse timing method to detect planets or planetary systems has been
indicated in the past by reports on possible planet sized companions to the Crab pulsar
. . . and more recently to PSR 1829 – 10. In these and other similar cases, further studies have
indicated that rather than originating from orbital motion, the observed periodic behavior
of the pulse arrival times was caused by timing noise or by inaccuracies in the data analysis.

In the case of PSR 1829 – 10, the error arose because the authors had failed to

account for the small eccentricity of the Earth’s orbit in reducing their observations

of pulse arrival times.

Nevertheless, several theories, based on this announcement, were generated,

whose purpose was to show how planets could still form in such an unexpected

environment:

� Fallback of material from the supernova explosion that formed the neutron star results

in a disk, rich in heavy elements out of which planets can form (Lin et al., 1991).
� Two white dwarfs originally in a close binary system coalesce; much of the angular

momentum remains in a low-mass disk, and the event results in the production of a

neutron star (Podsiadlowski et al., 1991).
� A neutron star collides with the central star of a pre-existing planetary system. The

central star is disrupted and forms a short-lived extended envelope around the neutron

star. The envelope then is dissipated and any inner planets are captured into orbits, which

are circularized by interaction with the envelope, around the neutron star (Podsiadlowski

et al., 1991).
� The neutron star is in a binary system with a massive main-sequence companion star.

The companion star expands to become a red giant and transfers some mass to a disk



12 Peter Bodenheimer

around the neutron star. The companion later explodes in a supernova, the binary becomes

unbound, but the disk remains around the neutron star. The outer parts of the disk cool

and can form planets (Fabian and Podsiadlowski, 1991).

Although these turned out to be theories without a subject, a short time later

another announcement was made (Wolszczan and Frail, 1992): they had discovered,

from pulse timing with the Arecibo radio telescope, a system of two planets around

the millisecond pulsar PSR1257 + 12. The planet masses were 3.4/sin i and 2.8/sin i
M⊕, the distances from the pulsar were 0.36 and 0.47 AU, the orbital periods were

66.54 and 98.20 days, and the orbits were nearly circular with eccentricities in the

range 0.020 and 0.024. Here i is the unknown inclination of the plane of the orbit

to the plane of the sky. In the discovery paper the authors suggested that the planets

resulted from neutron star evolution in a low-mass binary system. The close-in low-

mass main sequence companion, which was in orbit well inside the present orbits of

the planets, could have been evaporated by the wind and radiation from the pulsar,

and the ablated material would form a disk. The disk would evolve outwards and

eventually dissipate, but meanwhile there would be the opportunity for the planets

to form from disk material at 0.3–0.5 AU. This idea had been previously mentioned

with regard to PSR1829 – 10 (Bailes et al., 1991).

Freeman Dyson (1999) makes the following remarks concerning this first extra-

solar planetary system:

The news of his discovery was greeted by the community of astronomers in Princeton with
considerable skepticism. I was lucky to be present when Wolszczan came to Princeton to
confront the skeptics. This was a historic occasion. It provides an excellent example of the
way the scientific establishment deals with young people who claim to have made important
discoveries.

Alexander Wolszczan sat down to lunch with about fifty astronomers . . . The proceedings
were informal and superficially friendly, but there was high tension in the air. Wolszczan had
claimed to find planets orbiting the wrong kind of star . . . The credibility of his discovery
depended entirely on the credibility of his software programs . . . he had to convince [his
colleagues] that his software programs were free from bugs. . . . Each astronomer who
doubted the reality of Wolszczan’s planets took a turn as prosecuting attorney, asking sharp
questions about the details of the observations and trying to find weak points in [his]
analysis. Wolszczan answered each question calmly and completely, showing that he had
asked himself the same question and answered it long before. At the end of the lunch there
were no more questions.

Wolszczan came through the ordeal victorious, and the skeptics gave him a friendly
ovation.

A short time later, the presence of the two planets was confirmed by observations

at the National Radio Astronomy Observatory at Green Bank (Backer, 1993).

At least a dozen different theories for the origin of the pulsar planets were pro-

posed almost immediately after the discovery, some of which were along the same
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lines as those which had been invented for PSR1829 – 10. Most of these are sum-

marized by Podsiadlowski (1993) together with an estimate of their probability.

The proposal mentioned above (Wolszczan and Frail, 1992) seems to be the most

reasonable; however none of them have been followed through with detailed calcu-

lations covering both disk evolution and planet formation. The reason is probably

that only a tiny fraction of stars could evolve in such a way to produce pulsar planets,

and the conditions in disks for forming planets around pulsars undoubtedly differ

physically, at least in some respects, from those in disks around solar-type stars.

The ultimate goal is to understand the formation of planetary systems in situations

where a potentially habitable zone exists, which means in the vicinity of long-lived

main-sequence stars. Thus the discovery of the pulsar planets was an important first

step, and it pointed the way to future discoveries. As Geoff Marcy remarked at the

time, “If bizarre stars like pulsars have planets, it seems other stars must.”
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2.1 Introduction

Understanding the formation history of the Solar System is one of the major sci-

entific goals within astronomy. Though many clues can be found within our Solar

System, reconstructing its early history after 4.5 Gyr of often violent evolution is a

difficult task. An alternative, and perhaps more accurate, complementary approach

is to study nearby Solar-mass stars of different stellar ages and evolutionary phases.

By tracing the evolution of star and planet formation by observing stars from just-

formed young stellar objects (YSOs) with circumstellar disks, believed to be in

the process of forming a planetary system, through older main-sequence stars with

debris disks at various states of activity, valuable insights into the origin of the Solar

System can be obtained.

Though the process of star formation is far from being completely understood,

the generally accepted view on how stars form was put forward by Shu et al. (1987).

Star formation can be divided into four distinct phases, after the initial formation

of dense molecular cores (e.g. Evans, 1999) inside a giant molecular cloud, as, for

instance, found in the Chameleon or Taurus regions. Following the classification

first suggested by Lada and Wilking (1984), the different evolutionary stages of

the protostar can be identified by the spectral energy distribution (SED) of the ob-

jects (Adams et al., 1987), expanded with an additional class (Class 0), after the

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.

Published by Cambridge University Press. C© Cambridge University Press 2006.
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Fig. 2.1. Schematic overview of the various stages in the formation of a star
evolving from a Class 0 to a Class III object (Natta, 1999). The left-hand panels
show the typical SEDs (solid lines), where the dashed lines represent the emission
from the central protostar. In the right-hand panels the system geometry is displayed
showing the distribution of circumstellar gas and dust. The light and dark shaded
areas depict low and high densities, respectively. The arrows indicate infall or
outflow of material. In Class III objects, cometary-sized objects have formed in
the flattened, gas depleted circumstellar disk.

discovery of a new group of objects by André et al. (1993) representing an earlier

evolutionary phase. This schematic view of star formation can be seen in Fig. 2.1.

The panels on the left show the typical SED of objects within a group, the panels on

the right show the corresponding geometry or spatial distribution of material in the

system. As the slowly rotating dense, molecular core collapses, a central protostar

and surrounding disk will form (Class 0) still deeply embedded within an infalling

envelope of gas and dust. At this stage the protostar is only visible at far-infrared and
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millimeter wavelengths. Class I objects represent the second phase as the central

star accretes matter through the disk. A strong stellar wind can develop along the

rotational axis of the system, creating a bipolar outflow. The star is still embedded,

resulting in deep absorption features in its spectrum. Class II objects represent the

third phase in the evolution of the protostar and its circumstellar disk, where the

surrounding material has been largely dissipated by the stellar wind, terminating

the infall of matter, leaving a protostar with an optically thick circumstellar disk.

At this stage, the onset of planet formation is thought to occur, with massive giant

planets forming from the large reservoir of gas present in the disk. The last group

of objects, Class III, are comprised of (near) zero age main-sequence stars with

almost no infrared excess. The circumstellar disk in these systems is largely dis-

persed through various mechanisms such as accretion on to the central star, photo-

evaporation or radiation pressure, stellar winds or stellar encounters (Hollenbach

et al., 2000) or by incorporation into (proto)planetary objects. The dust seen in

these systems originates most likely from collisions between planetoids, hence the

name debris disk. In this chapter, we will focus on the evolution of the circumstellar

disks starting at the transition period between Class II and Class III systems.

2.1.1 The formation of planets: from protoplanetary towards
debris disk systems

The study into the formation of planetary systems took flight after the first detection

of an extrasolar planet around a Solar-mass star (Mayor and Queloz, 1995). The

continuously increasing number of planets discovered around main-sequence stars

(e.g. Mayor et al., 2004; Marcy et al., 2000, see also Chapter 11 by Marcy) strongly

supports the notion that planet formation is a common occurrence. These studies

also show that there are substantial differences between the newly discovered plan-

etary systems and the Solar System. To understand these differences, the conditions

under which a system is formed needs to be known, i.e. one has to observe the birth

of planets. Detecting planets, however, around pre-main-sequence stars, which are

often still accreting and having outflows in the form of strong stellar winds or jets,

is not possible with the radial-velocity techniques used to detect planets around

main-sequence systems. We can, however, study the onset of planet formation by

observing the dust and gas, the building-blocks of planets, in the circumstellar disks

where they are born.

The circumstellar disks surrounding the pre-main-sequence T Tauri and Her-

big Ae systems (Class II) are believed to be the site of ongoing planet formation

(from hereon we will refer to these disks as protoplanetary disks). As most of the

youngest (<1 Myr) Solar-mass stars have circumstellar disks (Strom et al., 1989),

with typical masses (Beckwith et al., 1990) and sizes (McCaughrean and O’Dell,

1996; Dutrey et al., 1996) comparable to the expected values for the primitive solar
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nebula, these disks are the natural candidates for the birth-sites of planets. The

sub-micron sized dust grains present at the formation time in these disks can coag-

ulate to form larger objects and eventually Earth-like planets (e.g. Weidenschilling,

1997a). The formation of giant gas planets can either follow the formation of a

massive rocky core and a subsequent fast gas accretion (see Pollack et al., 1996) or

alternatively through gravitational instabilities and the subsequent fragmentation of

the disk (Boss, 2001a). By deriving the composition of the circumstellar material,

and identifying the processes governing the chemistry and coagulation, valuable

insights can be gained in the workings of protoplanetary disks (e.g. Bouwman et al.,
2001, 2003; van Boekel et al., 2003, 2004; Przygodda et al., 2003) and thus the

planetary-formation process. The results of these analyses can be compared directly

with observations of Solar System objects like comets, meteorites and interplane-

tary dust particles (IDPs), preserving a record of the early phases in the evolution of

the Solar System. Further, by determining the evolutionary timescales of circum-

stellar disks, like those for the dispersion of the circumstellar matter, constraints

can be placed on the planet formation process and its timescales (e.g. Haisch et al.,
2001; Mamajek et al., 2004).

Once the disk has been dispersed, only the circumstellar material which has

been incorporated into larger asteroidal or planetary bodies remains, forming a

so-called debris disk. The pre-main-sequence T Tauri and Herbig Ae stars are

believed to be the precursors of such debris disks (Class III), or Vega-type (after

the prototype) systems. In the gas-depleted disk, small dust grains can be removed

efficiently by the stellar radiation field and wind. Any observed dust in these disks,

therefore, must have been produced recently. The natural way to produce dust in

a debris disk is by collisions between planetesimals (Weissman, 1984), not unlike

those occurring in the asteroid and Kuiper-Belt objects. The discovery of systems

having both planets and a debris disk (Pantin et al., 2000; Beichman et al., 2005)

shows that many systems have a similar structure to that of the Solar System.

The presence of a planet can influence and shape the structure of the debris disk

(Kenyon and Bromley, 2004a, b). By determining the location and rate of dust

production, constraints can be placed upon the dynamics of the planetesimal disk

and the presence and influence of planets could be inferred. This will also provide

insights into the final accretion phases of Earth-like planets, and the formation of

asteroid- and Kuiper-like planetesimal belts.

2.1.2 The Spitzer Space Telescope and the formation and evolution
of planetary systems legacy program

With the Infrared Astronomical Satellite (IRAS) and Infrared Space Observatory

(ISO) missions, a tremendous advance in our knowledge of protoplanetary and de-

bris disks could be achieved. However, these missions where limited to relatively
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Fig. 2.2. Typical 5 σ sensitivity limits to dust mass as a function of the dust
temperature for the Owens Valley Radio Observatory and Swedish-ESO Sub-
millimeter Telescope data (solid curves) compared with IRAS (dotted curves) and
Spitzer (dashed curves). Dust masses were computed for a source at a distance of
50 pc, assuming that the emission is isothermal and optically thin, with β = 1 and
κ(1.3 mm) = 0.02 cm2 g−1. The ISO far-infrared photometric surveys (Habing
et al., 2001; Spangler et al., 2001), not shown here for clarity, have sensitivities
intermediate between IRAS and Spitzer. (Figure from Carpenter et al., 2005.)

nearby and luminous A- and B-type sources, and provided only limited knowl-

edge of the evolution of Solar-mass systems. With the launch of the Spitzer Space

Telescope (Werner et al., 2004), having a much higher sensitivity, also these less

luminous systems are accessible to observations. The Spitzer telescope, an 85 cm

cryogenic space observatory in Earth trailing orbit, was launched in August of

2003, and has an estimated minimum mission lifetime of 5 yr. The Spitzer Space

Telescope carries three science instruments on board: the Infrared Array Camera

(IRAC; Fazio et al., 2004), the Infrared Spectrograph (IRS; Houck et al., 2004),

and the Multi-band Imaging Photometer for Spitzer (MIPS; Rieke et al., 2004),

which together provide imaging and spectroscopy in standard modes from 3.6 to

160 μm.

As an example of the capabilities of Spitzer, Fig. 2.2 shows the sensitivity to dust

mass of the MIPS instrument relative to that of IRAS and the Owens Valley Radio
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Observatory (OVRO) telescope and the Swedish-ESO Submillimeter Telescope

(SEST). As shown in this figure, the mid- and far-infrared Spitzer observations

are more sensitive to dust mass for dust warmer than ∼25 K. This makes Spitzer

the ideal telescope to study the evolution of debris disk systems, typically showing

spectral energy distributions dominated by the thermal re-emission from dust grains

with temperatures of ∼50 K, peaking at ∼100 μm. The typical dust masses which

can be detected in these systems are in the order of 5 × 10−9 M� at a distance of

50 pc, assuming an opacity of κ(1.3 mm) = 0.02 cm2 g−1 and β = 1.

To enable large-scale programs of broad scientific and public interest, and to

provide access to uniform and coherent datasets as rapidly as possible in support of

General Observer proposals, the so-called Legacy Science Program was established.

The Formation and Evolution of Planetary Systems (FEPS) Spitzer Legacy Science

Program is one of five such programs and builds upon the rich heritage of Spitzer’s

ancestors, the IRAS and ISO space observatories, complementing Guaranteed Time

Observer programs also being pursued with Spitzer. The FEPS program will probe

circumstellar dust properties around a representative sample of protoplanetary disks

and debris disks, spanning the full range of circumstellar disk geometries and

covering the major phases of planet-system formation and evolution. Our Legacy

Program is designed to complement those of Guaranteed Time Observers studying

both clusters and individual objects such that a direct link between disks commonly

found surrounding pre-main-sequence stars (∼3.0 Myr), and the 4.56 Gyr-old Solar

System can be made. Specifically, we will trace the evolution of planetary systems

at ages ranging from:

(1) 3–10 Myr when stellar accretion from the disk terminates.

(2) 10–100 Myr when planets achieve their final masses via coalescence of solids and

accretion of remnant molecular gas.

(3) 100–3000 Myr when the final architecture of solar systems takes form and frequent

collisions between remnant planetesimals produce copious quantities of dust.

Our strategy is to obtain carefully calibrated spectral energy distributions as-

sembled using all three Spitzer instruments for all stars in our sample to infer the

radial distribution of dust. Our sample is comprised of 328 Sun-like stars distributed

uniformly in log-age from 3 Myr to 3 Gyr. A more limited high-resolution spec-

troscopic survey of the younger targets amongst those in the dust disk survey will

establish the gas content. In addition to insight into problems of fundamental sci-

entific and philosophical interest, the FEPS Legacy Science Program will provide

a rich database for follow-up observations with Spitzer, with existing and future

ground- or space-based facilities.

In the following two sections, we will give a review of the results obtained within

the FEPS Legacy Program, after the first year of observations.
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2.2 From protoplanetary to debris disks: processing and dispersion
of the inner dust disk

One of the major problems in understanding disk evolution and planet formation has

been determining how primordial gas-rich accretions disks containing interstellar

dust grains evolve into gas-depleted debris disks containing the products of colli-

sions of large (proto)planetary and asteroidal bodies. Current near- and mid-infrared

observations, tracing the dust content in the inner parts (<10 AU) of the disk, sug-

gest that the dust in this region is dissipated, or that grains agglomerate into larger

bodies, on timescales of 1 to 10 Myr, with 50% of low mass stars losing their inner

dust disks within 3 Myr (Haisch et al., 2001; Mamajek et al., 2004). Though this

loss of the smallest dust grains seems to be correlated with the cessation of material

accreting from the disk onto the central star (Gullbring et al., 1998), and would

argue for a complete dispersion of the inner disk, it is still unclear if the loss of the

dust disk also implies a dispersion of the gas (e.g. Najita et al., 2003).

The disk dispersion timescales are most likely connected to the timescales on

which planets form, and the question arises how these processes influence each

other. Obviously, protoplanets have to be formed before the inner disk has been

dispersed. Or, reversing the argument, it can be the formation of giant planets

which causes removal of the inner disk. Once a giant planet has formed, it can

effectively disconnect the inner disk from the large mass reservoir of the outer disk,

resulting in the depletion of the inner disk through accretion onto the central star (see

also Chapter 14 by Masset and Kley). Isotopic evidence from cometary material

suggests that their parent bodies were formed within a few million years (see

Chapter 5 by Trieloff and Palme), consistent with the dispersion timescales. Earth-

like planets can reach their final masses at the later debris disk phases as indicated

by measurements of terrestrial and lunar samples suggesting that the Earth–Moon

system was 80 to 90% complete at an age of 30 Myr (Kleine et al., 2002, 2003). If

the disappearance of the dust disk also implies the removal of the gas, the dispersion

timescales also impose constraints on the formation of giant planets. Current models

of gas-giant planet formation suggest that Jupiter-mass planets orbiting at 3 to

10 AU can form within a few million years (see also Chapter 8 by Thommes and

Duncan, Chapter 10 by Hubickyi, and Chapter 12 by Boss), consistent with the

timescales for the disappearance of the inner dust disk.

To study the transition from primordial to debris disk, within the FEPS legacy

program, a sample of 74 young (3–30 Myr) Sun-like stars (stellar mass (M�) = 0.8–

1.2 M�), selected without bias with respect to previously-known infrared excess,

were observed with IRAC Channels 1 (3.6 μm), 2 (4.5 μm) and 4 (8.0 μm) (see

further Silverstone et al., 2006, for a detailed description of the sample and data

reduction). Combining the IRAC measurements with Ks-band magnitude from
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Fig. 2.3. The 2MASS Ks–IRAC 3.6 μm versus IRAC 4.5 μm–8 μm color-color
diagram for 74 targets from the youngest age bins in the FEPS sample. Five
apparent excess targets appears in the upper-right hand of this diagram. Plotted
below the legend is a maximum typical error derived from the cluster of 69 sources
with no apparent excess. (Figure from Silverstone et al., 2006, see also for details
on the IRAC observations.)

the Two-Micron All Sky Survey (2MASS) for the sample stars, we constructed

a color-color diagram, to detect any excess emission with respect to the stellar

photosphere. Fig. 2.3 shows the Ks [3.6 μm] versus [4.5 μm]–[8.0 μm] color-

color diagram for the 74 stars in the sample. In the diagram the locus of points

define objects having “bare” photospheres with no sign of any infrared excess.

Clearly visible are five excess targets appearing at the upper right of this figure,

having colors consistent with those expected from actively accreting classical T

Tauri stars. Indeed, the spectral energy distributions of these stars are consistent

with the emission from optically thick, massive dusty gas disks (Silverstone et al.,
2006; Carpenter et al., 2005). This small fraction of excess sources shows that

optically thick inner-circumstellar disks are rare surrounding Sun-like stars at ages

greater than 3 Myr old. For the sources with no apparent excess, strong limits can

be placed on the maximum amount of dust present in these systems. The measured

IRAC fluxes imply dust-mass upper limits in the range of ∼0.1 to 3 MCeres or

1.5×10−5 to 4.3×10−4 M⊕.

To determine how the near-infrared excess evolves with time, Silverstone et al.
(2006) determined the fraction of systems observed with excess detected in the
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Fig. 2.4. The fraction of disk sources as a function of stellar age. The filled squares
represent the fraction of IR excess sources based on the IRAC observations dis-
cussed in this section, for the 3–10 and 10–30 Myr age bins, the two youngest
in the FEPS sample. These points represent the same statistic at all three IRAC
bands. The black solid circles (and the solid-line fit was derived from) summaries
of other 10 μm ground-based studies (summarized in Mamajek et al., 2004), and
the dashed line is a comparison to the L-band near-IR study by Haisch et al.
(2001).

IRAC bands in two logarithmic age bins. The two age bins, between 3–10 Myr

and 10–30 Myr, were chosen such that their widths are larger than the estimated

30% uncertainties in systemic ages, to allow for a proper statistical analysis. A

total 29 sources are located in the youngest age bin and 45 in the oldest age bin.

The fraction of systems with excess in each age bin is plotted in Fig. 2.4. The

1σ probability also plotted in this figure is estimated following the method of

Gehrels (1986). The fraction of systems having a substantial inner disk decreases

rapidly with time, with only 4 systems out of 29 with ages between 3 and 10 Myr,

and 1 out of 45 targets with ages between 10 and 30 Myr exhibiting an infrared

excess in one of the IRAC bands. These results agree well with previous studies

in the L- and N-band (Haisch et al., 2001; Mamajek et al., 2004), which showed

a similar rapid decrease of near-infrared excess in time. Looking at Fig. 2.3, there

are no systems observed with colors intermediate between those due to an optically

thick accretion disk and those with “bare” photospheres. This implies that the disk
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Fig. 2.5. Continuum divided IRS low-resolution spectra of the five excess sources
identified in Fig. 2.3. The spectra are ordered (top to bottom, left to right) by
decreasing relative band strength over continuum of the 10 μm silicate feature.
Also plotted are the calculated continuum divided absorption opacities based on
laboratory measurements of amorphous silicate glass with olivine stoichiometry
(Dorschner et al., 1995), for a grain size of 0.1 μm (top left) and 6 μm (bot-
tom right), respectively. These calculations show that for increasing grain size,
both the band strength over continuum as well as the absolute opacity of amor-
phous silicate decreases from a factor of 17 to 4, and from 2 × 104 cm2 g−1 to
320 cm2 g−1, respectively. Comparing the observed and calculated opacities, the
observed trend of decreasing band strength can be explained as a change in grain
size of the emitting dust grains.

dispersion process as shown in Fig. 2.5 is not a gradual and continuous process but

must occur suddenly and at much shorter timescales than the observed systemic

ages of the Silverstone et al. (2006) sample. One can estimate the timescale of

this transition to be < 7.5 Myr/29 = 0.26 Myr using the youngest age bin and

< 20 Myr/45 = 0.45 Myr using the oldest age bin.

Apart from the IRAC observations, IRS low-resolution (R∼100) spectra were

also obtained. While these spectra do not show any spectral features, indicative

of small (≤10 μm) dust grains for those sources without a near-infrared excess,

clear silicate dust emission features appear in the spectra of the five T Tauri excess

stars. Fig. 2.5 shows the continuum divided IRS spectra around 10 μm for these

sources. A clear trend can be observed, from the upper left to the lower right, in
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the relative strength over continuum of the 10 μm silicate feature. The silicate band

strength varies from values similar to those observed for ISM grains to values

almost identical to the underlying continuum. Comparing the strength and shape of

the spectral features with calculated emission band profiles based on the measured

optical properties of amorphous silicates, the observed trend can be identified with

a change in the typical grain size from about 0.1μm to ∼5 to 10 μm radius. These

latter values are about two orders of magnitude larger than those found in the ISM.

This implies that a substantial grain growth must have taken place in the systems

shown on the right-hand side of Fig. 2.5.

There appears to be no correlation between the near-infrared excess and the

grain size of the amorphous silicate grain population as measured in the 10 μm

region. One might expect such a correlation, as the grain opacity is directly related

to grain size. The observed grain growth by two orders of magnitude will lower the

opacity by the same amount, and in the case of an optically thin dust disk, also the

observed infrared emission coming from such a disk. The absence of this correlation

implies that the T Tauri stars with the largest grain sizes of the Silverstone et al.
(2006) sample must still be optically thick. Also, within the sample of the five

T Tauri stars, both the near-infrared excess and the measured grain size seem not

to be correlated with systemic age. Though the sample of excess stars is too small

to make any firm statistical conclusion, this latter point is consistent with other

studies on larger samples (e.g. Bouwman et al., 2001; Przygodda et al., 2003).

Interestingly, both the oldest T Tauri star (PDS 66, number 5) and the one with the

largest grains ([PZ99] J161411.0-230536, number 1) show the largest near-infrared

excesses.

Summarizing, the FEPS observations point towards a rapid dispersion of the

inner disk, but the time at which the onset of this process occurs varies from

system to system. The dispersion process, however, will occur within 10 Myr for

86% of the systems, and within 30 Myr for 98% of the young stellar systems. A

possible explanation for the sudden disappearance of the inner disk and its infrared

excess could be a runaway growth of the small-grain population forming cm- to

m-sized objects, which would have too low an opacity to be detected. Practically

all small grains, however, would have to be incorporated into these larger bodies.

An alternative to this would be the formation of a massive gas planet, opening a

gap in the accretion disk. This would effectively cut off the inner from the outer

disk, resulting in a rapid emptying out of the inner disk due to viscous evolution.

An observational test to distinguish between both scenarios would be the detection

of gas in an inner disk depleted of small dust grains. In the first scenario a star

would still be surrounded by its gas disk, while in the latter both dust and gas would

disappear. The detection of gas signatures is part of the FEPS Legacy Program,

results of which are to be expected in the second year of operations of Spitzer. As
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an alternative scenario to the above-mentioned mechanisms, a cessation of infall

of material onto the outer disk from the (remnant) molecular parent cloud could

also cause an emptying out of the inner accretion disk due to viscous evolution

(Hollenbach et al., 2000). By studying the surrounding and outer-disk evolution,

one might hope to distinguish between this and the giant-planet model.

As to why certain systems disperse their disk sooner than others is still unclear.

Questions like how grain growth is linked to disk properties such as size and

density, and how the environment (binarity, stellar encounters, etc.) of the young

stellar objects influences their evolution, need to be answered first before we can

solve this problem. The combined observations of the FEPS Legacy and Guaranteed

Time and General Observers Programs studying circumstellar disk evolution will

be able to shed light on those questions.

2.3 Debris disks: Asteroid or Kuiper Belt?

After the dispersion of most of the gas and small dust grains, as discussed in the

previous section, a remnant debris disk consisting of larger cometary- or asteroidal-

type objects may remain. Dynamic stirring of such a disk would lead to collisions

in which small dust grains can be produced, whose emission can be observed

with Spitzer. Our present-day Solar System still has two major zones of debris: the

Asteroid Belt at radii of 2 to 4 AU and the Kuiper Belt at radii between 30 and 50 AU.

Collisions in these belts produce small dust grains observed as the zodiacal dust

cloud. Understanding the dynamics of debris disks and the formation of Asteroid

and Kuiper Belt-like structures, will be crucial in understanding the formation and

evolution of planetary systems like our own.

While a large and increasing number of debris-disk systems has been detected,

(e.g. Habing et al., 2001; Decin et al., 2003), the majority of the debris disks

found so far are associated with more massive and luminous intermediate-mass

(2–8 M�) stars, as observatories such as ISO and IRAS did not have the sensitivity

to detect debris disks around Solar-mass stars at distances beyond a few parsecs.

The enhanced sensitivity of Spitzer will provide the means to greatly enhance our

knowledge of the evolution of debris-disk systems around Solar-mass stars, and

through which we can shed light on the evolution of the Solar System. The FEPS

Legacy Program, from which the first results are presented in this section, will

contribute significantly to this.

Similar to the study of the inner-disk evolution, discussed in the previous section,

the FEPS Legacy Program will also provide a comprehensive study of the outer disk

and its long-term evolution. As a first step, Carpenter et al. (2005) observed a large

fraction of the FEPS target stars at millimeter or sub-millimeter wavelengths. Plotted

in Fig. 2.6 is the long-term evolution of the cold outer disk as measured at these
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Fig. 2.6. Mean circumstellar dust mass derived from millimeter or sub-millimeter
continuum observations (see Eq. 1 from Carpenter et al., 2005) as a function of age
for stars with stellar masses between 0.5 and 2 M�. The stellar samples include
stars observed as part of the FEPS legacy program, Taurus, IC 348, Lindroos binary
stars, the β Pic moving group and the Local Association, and stars with known
planets from radial velocity surveys (see Carpenter et al., 2005 for a discussion
and references of the observations). Individual points indicate sources that have
been detected at S/N ∼3 in the FEPS sample (stars) and the other stellar samples
represented in this figure (filled circles). The open circles show the location of TW
Hya at 10 Myr and ε Eri at 730 Myr. The dashed line shows the mass–age relation
derived by Spangler et al. (2001) from ISO observations. (Figure from Carpenter
et al., 2005.)

wavelengths. These observations show that while for the youngest systems disks are

readily detected, no such massive disks are present in the older systems. The derived

upper limits and few detections show that the typical disk masses for systems older

than ∼30 Myr are several orders of magnitude lower than those of young systems

such as found in Taurus. This result is consistent with previous studies based on

ISO observations that found a similar decline in disk mass (Spangler et al., 2001,

dashed line in Fig. 2.6). The observed decline in average disk mass most likely

does not reflect a gradual dissipation of the outer disk, identical for all systems, but

rather represents the equilibrium in a stochastic process, in which disks can have

different epochs of dynamic heating of the planetesimal disk (e.g. Dominik and

Decin, 2003).

The MIPS instrument on board Spitzer, providing photometric observations at

24 μm, 70 μm and 160 μm, will greatly improve our knowledge of the outer-disk
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Fig. 2.7. Flux-density ratio plot of 70 μm/Ks versus 24 μm/Ks. Left arrows in-
dicate 1σ upper limits of non-detections. The filled squares mark the positions
of the warm debris disks (numbers 1 to 4, [PZ99] J161459.2-275023, HD 12039,
HD 219498 and HD 141943, respectively; see also Fig. 2.8). The large filled circles
mark the data points of the cold debris disks (numbers 5 to 11, HD 105, HD 8907,
HD 122652, HD 145229, HD 150706, HD 6963 and HD 206374, respectively; see
also Fig. 2.9). The dashed lines mark the positions of the expected flux ratios for
a stellar atmosphere of a G0V main-sequence star with an effective temperature
of 5850 K. Clearly visible is the separation between the warm and cold debris
disks, the latter having 24 μm MIPS photometric fluxes consistent with stellar
photospheres. Note also that for the brightest warm debris-disk sources no excess
emission could be detected at 70 μm.

evolution, as it is ideally suited for the study of debris disks (see Fig. 2.2 and

Section 1.1). Fig. 2.7 shows a compilation of the current results obtained with the

MIPS instrument (Meyer et al., 2004; Hines et al., 2006; Kim et al., 2005, this

chapter). Plotted are the flux density ratios of 70 μm/Ks versus 24 μm/Ks. The

numbered symbols mark the positions of sources showing an excess (S/N > 3) in

one of the two MIPS bands. In this figure, the filled squares represent those systems

with a relatively warm debris disk, meaning that they show an excess at 24 μm. The

filled circles represent those systems which only show an excess at 70 μm, implying

that the dust disk is colder and therefore does not emit at shorter wavelengths.

Though this sample is still too small for a proper statistical analysis a possible

evolutionary trend is worth noticing. The systems with warm debris disks shown in

Fig. 2.7, all located in the top half of the figure, are systematically younger than the
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Fig. 2.8. Spectral energy distributions of four systems with a warm debris disk:
HD 12039, HD 141943, [PZ99] J161459.2-275023 and HD 219498. Filled circles
are IRAC and MIPS data points, and the solid lines are IRS low resolution spectra.
The upside-down triangle marks MIPS 70 μm 3 σ upper limits. Dotted lines are
Kurucz models. The dashed lines show current best-fit models to the dust excess.

stars surrounded by a cold debris disk. The systemic ages of the warm debris-disk

systems are less than 150 Myr while the cold debris disk systems are closer to 1 Gyr.

The two systems showing the largest 24 μm excess, [PZ99] J161459.2-275023 at

an age of 5 Myr and HD 12039 at an age of 30 Myr, do not show evidence for any

emission at 70 μm, implying that they can’t have a substantial cold outer dust disk.

The above observations are consistent with the idea that after the dissipation of

most of the gas, a debris disk can be stirred by stellar encounters or a proto planet,

leading to a dynamic heating of the planetesimal disk. This heating will lead to

epochs of intense short-lived phases of dust producing collisions within the disk,

moving from the inside out (Kenyon and Bromley, 2004a,b).

In this picture the disks with a 24 μm excess but without 70 μm excess would

correspond to systems where the dynamic heating of the disk has just started, and

the dust production is confined to a narrow region at the relative inner parts of the

disk, similar to an asteroid belt. The cold debris disks would correspond to the more

evolved systems where the main region of dust production is located at larger radii

in structures similar to the Kuiper Belt. As these systems are substantially older, any

dust produced in the inner regions in previous epochs would have been removed by

radiation pressure or Pointing–Robertson drag. Within the cold debris-disk systems

there is no apparent trend with age. This would be consistent with the notion of

a stochastic process, where during the lifetime of the star–disk system, multiple

epochs of enhanced dust production can occur. As the total reservoir of material
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Fig. 2.9. Spectral energy distributions of four systems with a cold Kuiper-belt like
debris disk. HD 145229, HD 122652, HD 206374 and HD 6963. Filled-circles
are IRAC, and MIPS data points, solid lines are IRS low-resolution spectra. The
dashed lines are Kurucz photospheric models, and the dotted lines show the current
best-fit models. (Figures after Kim et al., 2005.)

is expected to be larger in the outer disk and timescales longer, dust production

producing larger observable quantities of dust could therefore be maintained for

longer and multiple periods in time.

To determine the amount and distribution of the dust present in the systems

shown in Fig. 2.7, and to quantify the above notion of dust production in Asteroid-

or Kuiper-Belt structures, detailed radiative transfer modeling has been performed.

Figs. 2.8 and 2.9 show examples of spectral energy distributions of warm and cold

debris disks, respectively (Hines et al., 2006; Kim et al., 2005; Bouwman et al., in

preparation), together with a best model fit. Clearly visible in these figures is the

excess above the stellar photosphere longward of ∼20 μm in the warm debris-disk

systems and the 70 μm excesses in the cold debris-disk systems. For the HD 12039

and the [PZ99] J161459.2-275023 systems our modeling suggests that the dust

emission originates from a narrow ring at about 5 AU and 15 AU, respectively. This

would imply that the dust in these systems is located in an Asteroid Belt rather than

a Kuiper Belt extending to larger radii. The total amount of dust in these rings is
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about 10−9 to 10−10 M�. Our current best model fits constrain the inner radius of

the dust disk in the HD 141943 and HD 219498 systems to be at least 10 to 15 AU,

and to have a total dust mass of ∼10−8 M�. This would imply that the dust we see

in these systems most likely originates from a Kuiper Belt-like structure, but one

that extents much closer in, by a factor of two, than is the case for the Solar System.

The cold debris-disk systems shown in Fig. 2.9 typically have inner disk radii of 20

to 40 AU, very similar to the Kuiper Belt. The derived dust masses range between

10−8 and 10−9 M�.

The exciting first results presented in this chapter are an excellent example of

things to come, with the full sample of data of the FEPS program being analyzed

in the near future. The Spitzer Space Telescope and the FEPS Legacy Program will

considerably enhance our knowledge of planet-forming disks around Solar-mass

systems, enabling us to place the Solar System in its proper context.
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3.1 Introduction

Planets form within circumstellar disks composed of a mixture of gas and dust

grains. These disks result from the gravitational collapse of rotating molecular

cloud cores. They are initially rather massive and consist of about 0.3 M�, where

M� is the mass of the central star (e.g. Yorke et al., 1995). In contrast, the minimum

mass required to build the planets of our Solar System is only about 0.01 Solar

masses (M�). Evidently, there are processes that redistribute the mass, transform

the dust to larger particles, and disperse much of the gas and dust.

The processes which are responsible for the dispersal of the gas influence the

formation of planets. For example, the timescale for gas dispersal as a function of

the disk radius affects the composition of the resulting planetary system. As long

as the dust particles are small enough to be tightly coupled to the gas, they follow

the gas flow. If the gas is dispersed before the dust particles have had a chance

to grow, all the dust will be lost and planetesimals and planets cannot form. Even

if there is time for particles to coagulate and build sufficiently large rocky cores

that can accrete gas (Pollack et al., 1996; Hubickyj et al., 2004), the formation of

gas-giant planets like Jupiter and Saturn will be suppressed if the gas is dispersed

before the accretion can occur. Furthermore, gas dispersal affects planet migration

(e.g. Ward, 1997) and influences the orbital parameters of planetesimals and planets

(Kominami and Ida, 2002).

Photoevaporation is a very efficient gas dispersal mechanism. Ultraviolet ra-

diation heats the disk surface and the resulting pressure gradients can drive an

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.
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expanding hydrodynamic flow which contains both gas and small dust particles.

For the determination of the mass-loss rate of protoplanetary disks it is important to

consider extreme-ultraviolet (EUV) photons with energy greater than 13.6 eV and

far-ultraviolet (FUV) photons in the energy range 6–13.6 eV. EUV photons ionize

hydrogen and heat the gas to a temperature of the order of 104 K. FUV photons dis-

sociate molecules, ionize carbon and heat the predominantly neutral gas generally

via the photoelectric effect on dust grains. The most important cooling mecha-

nisms in FUV-heated regions are generally the [OI] and [CII] fine-structure lines.

The balance of heating and cooling results in temperatures in the range 100 K <

T < 5000 K. FUV-heated regions are also called photon-dominated regions

(PDRs).

Two critical radii define the region where mass loss via an evaporating flow can

be established. The inner critical radius is the gravitational radius

rg = G M�

kT
∼ 100 AU

(
T

1000 K

)−1 (
M�

M�

)
. (3.1)

At rg the sound speed of the gas is equal to the escape speed from the gravitationally

bound system. Early analytic models made the simple assumption that photoevap-

oration occurred for r > rg, and that the warm surface was gravitationally bound

for r < rg. Recent results show that this was too crude an approximation. Adams

et al. (2004) performed a streamline calculation that showed there is still significant

mass loss even inside the gravitational radius for radii r > 0.1 − 0.2 rg. This result

is general and applies to both FUV and EUV heating and to both internal and ex-

ternal fields. Font et al. (2004) used a hydrodynamic code which also demonstrates

this effect. At any rate, ∼ 0.15 rg is a measure of the disk radius outside of which
photoevaporation is important.

The other critical radius is the size rd of the disk itself. This outer radius may

have been truncated by the pressure of an advancing ionization front, by stellar

encounters, or by photoevaporation. In the case of external illumination, rd helps

determine the mass-loss rate, since most of the mass loss is from rd, where most

of the disk surface area resides. In the case of illumination by the central star,

most of the mass loss occurs near rg, and rd plays less of a role, except as a mass

reservoir.

Photoevaporating disks have been investigated theoretically under different ge-

ometries and different assumptions about the ultraviolet field. The main cases are

external and internal illumination as well as FUV and EUV radiation. Table 3.1

gives a chronological overview of recent work indicating which cases have been an-

alyzed. Johnstone et al. (1998) and Störzer and Hollenbach (1999) present a good

summary of when EUV and when FUV photons dominate the photoevaporative

mass loss for the case of external O stars illuminating the disks of nearby low mass
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Table 3.1. Summary of recent models on photoevaporating disks

external internal

Reference EUV FUV EUV FUV

Scally and Clarke (2001) X X
Clarke et al. (2001) X
Matsuyama et al. (2003) X X X
Ruden (2004) X
Font et al. (2004) X
Lugo et al. (2004) X
Adams et al. (2004) X
Throop and Bally (2005) X
Richling and Yorke (in preparation) X X X X

stars. The dominating ultraviolet band is a function of both the distance to the O star

as well as rd. In the case of external illumination by B stars, FUV photons nearly

always dominate.

3.2 Photoevaporation and other dispersal mechanisms

Other potential gas-dispersal mechanisms are accretion onto the central star, tidal

stripping due to close stellar encounters and the entrainment of disk surface gas

and dust into an outflowing shear layer driven by protostellar winds. Hollenbach

et al., (2000) discussed these mechanisms and found that viscous accretion is the

dominant dispersal mechanism for the inner (r << rg) part of the disk. With the

possible exception of isolated low-mass stars with little external field (see discus-

sion below), the destruction of the outer parts of the disk is mainly dominated by

photoevaporation.

The remaining mechanisms are in most cases of minor importance. Tidal strip-

ping due to stellar encounters is considered to be relatively rare and affects only

the very outermost parts of the disk. The disk is typically stripped to a radius about

one-third of the distance of closest approach. The paucity of significant events is

confirmed by N-body simulations of very compact stellar aggregates like the Orion

Nebular Cluster (Scally and Clarke, 2001). These authors find that the distribution

of the minimum stellar encounter separation peaks at 1000 AU. Only about 4% of

the stars have encounters closer than 100 AU.

The mass entrainment of disk surface material by a wind which rips across its

surface is likely an inefficient mechanism to disperse material out of the system

(Hollenbach et al., 2000), but further calculations are warranted. Elmegreen (1979)
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suggests that the impacting wind could be absorbed by the disk, and the resultant

angular momentum transfer would actually enhance the accretion of disk material

onto the star.

3.3 Photoevaporation by external radiation

Johnstone et al. (1998) investigated the photoevaporation of protostellar disks by

an external radiation field using an analytical model. They distinguish between two

qualitatively different flow patterns which arise within the ionized envelope of a

photoevaporating disk, i.e. EUV- and FUV-dominated flows. For the case of O stars,

EUV-dominated flows occur close to the star, whereas FUV-dominated flows tend

to apply for moderate-sized (rg < rd < 100 AU) photoevaporating disks at larger

distances.

In the case of FUV-dominated flows, the neutral flow launches supersonically

from the disk surface, passes a shock front behind which it slows down and becomes

subsonic. The subsonic region extends up to the ionization front. From there the

ionized flow is able to escape supersonically again (see also Fig. 3.1). The mass-

loss rate of FUV-dominated flows in high FUV fields,

ṀFUV ∼ 6 × 10−8 M� yr−1

(
Nd

5 × 1021 cm−2

) ( rd

30 AU

)
, (3.2)

depends mainly on the column density Nd of neutral gas that is heated by FUV

and on the radius of the disk rd. It is surprisingly insensitive to the (high) FUV

flux. This insensitivity arises because the heated gas temperature and Nd are only

weakly dependent on the FUV flux. It should be noted that this equation only holds

if rd > 0.2 rg. Since high FUV fields heat gas to roughly 1000 K, this translates to

rd > roughly 20 AU.

An improved model which considers the structure of the PDR and the flow speed

off the disk surface in a more consistent manner (Störzer and Hollenbach, 1999)

shows that for high FUV fields there is a weak dependence of the mass-loss rate

on the distance d to the UV source (or on the FUV flux) ṀFUV ∝ dβ with β < 1.

The default value for the column density inside the FUV-heated region, Nd =
5 × 1021 cm−2 given in Eq. 3.2, yields best fits to observations of photoevaporating

disks in the Orion Nebula.

In the case of EUV-dominated flows, the PDR between the disk surface and the

ionization front is small in spatial extent and the neutral flow is prevented from

becoming supersonic. In this case, the mass-loss rate,

ṀEUV = 7 × 10−9 M� yr−1

(
�EUV

1049 s−1

)0.5 (
d

1017 cm

)−1 ( rd

10 AU

)1.5

, (3.3)



Destruction of protoplanetary disks by photoevaporation 35

 

−14

−16

−18

−20

−22

lo
g 
r
 [g

 c
m

−3
]

−2000 −1000 0 1000 2000
R [AU]

−2000

−1000

0

1000

2000
Z

 [A
U

]

Time [yr]    81962 vnorm [km s−1]      50

Fig. 3.1. Density distribution (greyscale) and velocity field (arrows) of a photo-
evaporating disk due to EUV and FUV radiation from an external source located
outside the computational domain in the positive z-direction. The velocity normal-
ization is given at the top right. The white line indicates the ionization front of
carbon and approximately traces the inner border of the PDR. The outer border of
the PDR is the hydrogen ionization front (black line) (Richling and Yorke, 2000).

is characterized by the EUV photon rate �EUV and d. The dependence on the

disk size ṀEUV ∝ rα
d is stronger for EUV-dominated flows (αEUV = 1.5) than for

FUV-dominated flows (αFUV = 1).

Numerical calculations considering both EUV and FUV radiation (Richling and

Yorke, 2000) confirm that the extent of the PDR and the possibility of the formation

of a shock front in the neutral region depends on the relative importance of the EUV

and FUV photon flux as well as on the dust properties which define the heating

ability of the dust grains via the photoelectric effect. The dependence of the mass-

loss rate on the disk radius is between the idealized cases with αFUV < α < αEUV.

Fig. 3.1 displays a result of the two-dimensional radiation hydrodynamic simula-

tions. The cool disk is embedded in a warm PDR. The hydrogen ionization front
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shows a head–tail structure which is a typical feature of observed photoevaporating

disks in dense clusters, where both the external EUV and FUV fluxes are strong.

The tail-shaped ionization front is caused by the diffuse EUV field of the HII region

illuminating the neutral flow on the shadowed side of the disk (Johnstone et al.,
1998).

For stars forming in small groups or more extended clusters the external EUV

radiation will be low and the photoevaporation of disks will be governed by the

external FUV field provided generally by B stars. Adams et al. (2004) solved

the streamline equation for the evaporating flow, included detailed chemistry and

concentrated on the evolution of small (rd < rg) disks under the influence of an ex-

ternal FUV field. Because photoevaporation extends to ∼ 0.1 − 0.2 rg, low-mass

stars with M� < 0.5 M� are evaporated and shrink to disk radii smaller than

15 AU on timescales t < 107 yr when exposed to moderate FUV fields a factor

of 103 times the local interstellar FUV field. Such a field is produced, for example,

by an early B star at about 1 pc distance. Disks around Solar-type stars require

a 10-times stronger FUV field to shrink to radii smaller than 15 AU on the same

timescale as the low-mass counterparts.

The effectiveness of photoevaporation also depends on the evolutionary status

of the disk. An early illumination of a collapsing cloud removes a fraction of the

material with the initial approach of the ionization front. This event leaves behind

a smaller mass reservoir for the formation of the star–disk system. Stars with lower

mass and disks with smaller radii are the result. The consequences are strongest if

the onset of illumination is before one free-fall time of the parental molecular cloud

core (Richling and Yorke, in preparation). This mechanism of an early photoerosion

of prestellar cores can also explain the formation of free-floating brown dwarfs or

planetary-mass objects (Whitworth and Zinnecker, 2004).

3.4 Photoevaporation by the central star

Photoevaporation of disks by the central star is most effective in the case of high-

mass stars, where the central star itself produces a high rate of EUV photons up to

1050 photons s−1 for the most massive O-type stars (Sternberg et al., 2004). This

case was investigated with semi-analytical models by Hollenbach et al. (1994).

Their analysis yields a mass-loss rate due to EUV photons of

ṀEUV = 4 × 10−10 M� yr−1

(
�EUV

1041 s−1

)0.5 (
M�

M�

)0.5

. (3.4)

This result applies for both high- and low-mass central stars, and is valid for a weak

stellar wind. For high-mass stars, ṀEUV can be as high as 10−5 M� yr−1, so that the

outer (r > 0.2 rg with rg ∼ 50 AU) portions of disks around high-mass stars would
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evaporate in ∼105 years. The effect of a strong stellar wind is such that the ram

pressure reduces the scale height of the atmosphere above the disk and the EUV

photons are allowed to penetrate more easily to larger radii. This slightly increases

the mass-loss rate from the outer parts of the disk. Nevertheless, the most important

parameter is the EUV photon rate �EUV. It is noteworthy that the diffuse EUV field,

caused by recombining electrons and protons in the disk’s ionized atmosphere inside

rg, controls the EUV-induced mass-loss rates (Hollenbach et al., 1994). Radiation

hydrodynamic simulations (Yorke and Welz, 1996; Richling and Yorke, 1997) find

a similar power-law index for the dependence of the mass-loss rate on the EUV

photon rate of the central star.

For high-mass stars this mass-loss rate results in disk lifetimes which are long

enough to explain the rather high abundance (and implied 105 yr lifetimes) of ultra-

compact HII regions (UCHII regions). Diagnostic radiative transfer calculations

(Kessel et al., 1998) of the hydrodynamic results show that the photoevaporating-

disk model can explain many properties of UCHII regions, e.g. the spectral energy

distribution (SED) and the spatial appearance in high-resolution radio maps in the

case of the bipolar source MWC 349 A. A more recent work using a parametric

description of the evaporating wind (Lugo et al., 2004) also finds that the SED of

MWC 349 A can be very well fitted by a photoevaporating disk model.

Is photoevaporation by the central star also important in the case of Solar-mass

stars? To date, the only published models of photoevaporation by a central low-mass

star rely on the very uncertain EUV luminosity of the central star. Shu et al. (1993)

showed that with an EUV luminosity of 1041 photons s−1, the early Sun could have

photoevaporated the gas beyond Saturn before the cores of Neptune and Uranus

formed, leaving them gas poor.

Clarke et al. (2001) assumed similar EUV luminosities and find that after ∼ 106

to 107 years of viscous evolution relatively unperturbed by photoevaporation, the

viscous accretion inflow rates fall below the photoevaporation rates at rg. At this

point, a gap opens up at rg and the inner disk rapidly (on an inner disk viscous

timescale of ∼ 105 yr) drains onto the central star or spreads to rg where it evapo-

rates. In this fashion, an inner hole is rapidly produced extending to rg. The outer

disk then evaporates on a longer timescale. These authors find the rapid transi-

tion from classical T Tauri stars to weak-line T Tauri stars in concordance with

observations.

Matsuyama et al. (2003) pointed out that if the EUV luminosity is created by

accretion onto the star, then, as the accretion rate diminishes, the EUV luminosity

drops and the timescale to create a gap greatly increases. Alexander et al. (2004a)

further pointed out that the EUV photons created by accretion are unlikely to escape

the accretion column to irradiate the outer disk. However, Alexander et al. (2005)

presented indirect observational evidence that an active chromosphere may persist
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Fig. 3.2. Density distribution (greyscale) and velocity field (arrows) of a photo-
evaporating disk due to FUV radiation from the central star. The velocity normal-
ization is given at the top right. The white contour lines indicate the degree of
ionization of carbon and are given for xC = 0.2, 0.4, 0.6 and 0.8 (Richling and
Yorke, in preparation).

in T Tauri stars even without strong accretion, and that EUV luminosities of > 1041

photons s−1 may persist in low-mass stars for extended periods to illuminate their

outer disks. Ruden (2004) provided a detailed analytic analysis which describes the

evolution of disks in the presence of viscous accretion and photoevaporation and

compares his results favorably with these two groups. Only if the EUV luminosity

remains high due to chromospheric activity does EUV photoevaporation play an

important role in the evolution of disks around isolated low-mass stars.

Models are needed of the photoevaporation of disks around low-mass stars caused

by the FUV and X-ray luminosities of the central star. Radiation hydrodynamic sim-

ulations which include FUV as well as EUV radiation from the central star (Richling

and Yorke, in preparation) indeed show that EUV photons are completely quenched

by the material close to the star. In the absence of prolonged chromospheric ac-

tivity which provides high levels of EUV, only FUV photons contribute to the

photoevaporation of the disk and mass-loss rates of the order Ṁ ∼ 10−7 M� yr−1

for �FUV ∼ 1044 − 1045 s−1 are obtained. Fig. 3.2 shows an example from these
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calculations. In contrast to Fig. 3.1, the hydrogen ionization front (black line) does

not appear at all, because the EUV photons are absorbed in the innermost cell. FUV

radiation alone drives the evaporating flow.

Alexander et al. (2004b) studied the possibility that X-rays from the central star

heat the disk surface. In comparison to UV radiation, the X-ray emission from T

Tauri stars is well known from observations. They used a simple two-dimensional

model in order to derive an upper limit for the mass-loss rate and find a lower

mass-loss rate than in the case of UV radiation. In the presence of a significant UV

field, X-ray driven disk winds seem to be unlikely to play a significant role in the

evolution of disk winds around low-mass stars.

3.5 Photoevaporation and dust evolution

The previous sections solely addressed the evolution of the gas and its disper-

sal due to photoevaporation. However, when considering planet formation, it is

also important to consider the evolution of the dust, which ultimately provides

the solid material for rocky planets and the cores of gas giants. Once the disk

has formed, the dust grains begin to coagulate and settle into the midplane (e.g.

Weidenschilling, 1997b). The importance of photoevaporation during this stage

of planetesimal formation depends on the ratio of the coagulation timescale to

the evaporation timescale. Adams et al. (2004) found that in the case of external

FUV illumination coagulation tends to take place more rapidly than mass loss for

radii less than a cut-off radius of about 100 AU, even in relatively harsh environ-

ments. Thus, the formation of Kuiper-Belt objects should be possible around most

stars.

Once coagulated dust has concentrated in the midplane, the roughly centimeter-

sized particles can grow further by collisions or by local gravitational instability

(Goldreich and Ward, 1973; Youdin and Shu, 2002). A numerical model by Throop

and Bally (2005) investigated this phase of planetesimal formation. They followed

the evolution of gas and dust independently and considered the effects of vertical

sedimentation and external photoevaporation. Their results show that when dust

particles grow and settle toward the midplane, the outer layer of the disk becomes

dust depleted leading to dust-depleted evaporating flows. In contrast, the dust-to-

gas surface-density ratio in the disk midplane grows until it meets the gravitational

instability criteria of Youdin and Shu (2002), indicating that kilometer-sized plan-

etesimals could spontaneously form. The criteria may be met at later times or

not at all in the case of disks which are not exposed to significant UV radiation.

Thus, these results imply that photoevaporation may induce a rapid formation of

planetesimals.
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Later on, planetesimals collide and interact gravitationally to build terrestrial

planets and the cores of giant planets. Gas-giant planets will only form at radii

where large enough cores form to gravitationally accrete the remaining gas before

the gas is completely evaporated. If our Solar System formed in the presence of a

strong external FUV radiation field, photoevaporation could explain why Neptune

and Uranus in our Solar System are gas poor, whereas Jupiter and Saturn are

relatively gas rich (Adams et al., 2004). Alternatively, as discussed above, the EUV

or FUV photons from the central star may be sufficient to cause the gas-poor nature

of Neptune and Uranus.

3.6 Conclusions

Photoevaporation is an important gas dispersal mechanism and affects the formation

of planets. Early models made the simple approximation of zero mass loss inside

of the characteristic radius rg. For FUV-induced photoevaporation, rg was of order

50–100 AU for low-mass stars, and therefore FUV photoevaporation would appear

to be negligible in the planet-forming region. However, recent results show that

substantial photoevaporation occurs to radii as small as 0.1 rg, or 5–10 AU, and

therefore FUV photoevaporation can play a significant role in planet formation.

External illumination is an important dispersal mechanism for disks around low-

mass stars in clusters that harbor O or B stars. For example, photoevaporating-disk

models can explain the mass-loss rates of 10−7−10−6 M� yr−1 which have been

obtained from observations for the photoevaporating disks in the Orion Nebula

(Henney and O’Dell, 1999). These rates imply lifetimes as short as 105 years, at

least in the outer r > 0.1 rg regions. This could not only stop gas-giant formation

in these regions, but even the formation of Kuiper-Belt objects.

Internal illumination can also trigger significant photoevaporation of a disk

around a central illuminating star. High-mass stars rapidly (∼ 105 yr) photoevap-

orate the outer (r > 5 AU) portions of their disks, leaving little time for planet

formation there. Assuming viscous timescales in the inner disks are also of that

magnitude, there is little time for planet formation at all around high-mass stars.

It appears that photoevaporation by the EUV produced by a low-mass star may

not significantly affect its disk evolution, which is largely controlled by viscous

accretion. The only caveat to this conclusion is that significant effects may occur if

the EUV luminosity remains elevated, at ∼ 1041 photons s−1 levels, for extended

periods after accretion has diminished. The effects of the X-rays from the low-mass

star appear to cause insignificant photoevaporation. The effects of the FUV from

the low-mass star is under investigation. Preliminary hydrodynamic models suggest

rather high mass-loss rates, which will have important effects on planet formation

in the outer portions of disks.
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4.1 Introduction

The observed characteristics of molecular clouds from which stars form can be

reproduced by simulations of magnetohydrodynamic (MHD) turbulence, indicating

the vital role played by magnetic fields in the processes of star formation. The

fields support dense cloud cores against collapse, but they cannot do so indefinitely,

because only charged particles couple to the field lines while neutral atoms and

molecules can freely slip through. Through this process, called ambipolar diffusion,

the cores slowly contract. The recombination rate in denser gas increases, causing

the ionisation degree of the core to decrease. According to available observational

data, once the core has contracted to ∼0.03 pc it decouples from the magnetic field

and enters the dynamic collapse phase. During the collapse the angular momentum

is locked into the core and remains unchanged (Hogerheijde, 2004).

4.1.1 Protostellar collapse and formation of disks

The typical specific angular momentum of a core on the verge of dynamic collapse,

jc, amounts to ∼1021 cm2 s−1, and is many orders of magnitude larger than the
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typical specific angular momentum of a star (Hogerheijde, 2004). The inevitable

conclusion is that the protostellar object resulting from the collapse must be sur-

rounded by a large, rotationally supported disk (hereafter, protoplanetary disk) in

which the original angular momentum of the core is stored. The outer radius of the

disk, rd, may be roughly estimated based on Kepler’s law. Since

�2(rd) = j2
c

r4
d

= G Mc

r3
d

, (4.1)

where � is the Keplerian angular velocity and Mc is the mass of the core, we have

rd = 500

(
jc

1021 cm2 s−1

)2 (
Mc

M�

)−1

AU, (4.2)

and indeed, disks with radii of a few hundred AU have been directly imaged around

young stars (McCaughrean and O’Dell, 1996; Dutrey et al., 1996).

Numerical simulations show that the disks resulting from the dynamic collapse

can contain up to 30–40% of the original mass of the core; nevertheless they have

nearly Keplerian rotational profiles (Yorke and Bodenheimer, 1999). Since the

expected mass of the final planetary system is negligible compared to the final mass

of the star, a very efficient mass loss from the disk must occur after the collapse. The

mass can be lost via accretion onto the protostar and via outflows, which, at least

in the early evolutionary phases of the disk, may take the form of well-collimated

jets (Bacciotti et al., 2003). The processes responsible for the outflows have been

explored rather poorly. As they operate at the surface and/or at the very centre of the

disk, whereas the planets are thought to form in the midplane of the disk, we usually

neglect them when considering planet formation. We should remember however,

that they may cause a significant redistribution of angular momentum within the

disk, thus modifying the accretion rate and the conditions at the midplane.

4.1.2 Observations of accretion in protoplanetary systems

Interferometric observations of the CO line emission demonstrate that the circum-

stellar material around young stars has a flattened structure and is in Keplerian

rotation (Simon et al., 2000). Dust grains suspended in the gas scatter the stellar

light, often revealing the disk-like geometry. Direct images of these disks have been

obtained by the Hubble Space Telescope and adaptive optics systems on ground-

based telescopes (e.g. Weinberger et al., 2002). Continuum images in the millimeter

range suggest that most of the mass is located at rather large distances from central

objects (r ≥ 30–50 AU). Using a gas-to-dust ratio of 102, analyses of the dust emis-

sion indicate that the total (dust + gas) masses are in the range 0.001 to 0.1 M�.
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However estimating the disk mass is difficult and the present estimates are rather

uncertain (Dutrey et al., 2004).

The lifetimes of protoplanetary disks range from 106 to 107 yr (Haisch et al.,
2001). While similar estimates result from the meteoritic evidence obtained in the

Solar System (Russell et al., 1996), the large dispersion in the disk lifetimes remains

puzzling. The accretion rate Ṁ decreases by several orders of magnitude within

the lifetime of a disk (Hartmann et al., 1998). The youngest, highly embedded

systems accrete at a few 10−5 M� yr−1, and in systems which undergo FU Orionis-

type outbursts Ṁ can reach up to a few 10−4 M� yr−1 (Hartmann and Kenyon,

1996). Presently, the most reliable estimates of Ṁ are based on measurements of

the excess emissions superimposed onto the intrinsic photospheric spectrum of the

central object. It is generally accepted that this excess arises from the accretion

shock formed as disk material falls onto the photosphere (either directly or along

magnetic-field lines). Characteristic of this type of flow are emission lines, whose

equivalent widths decrease as the system ages. Best studied are low-mass objects

(0.1 M� < M < 1 M�), which, depending on the equivalent width of the Hα line,

are classified as either classical or weak-line T Tauri stars (CTTS or WTTS). Based

on a large sample of CTTS with known Ṁ it was found that these objects typically

accrete at a rate of 10−8–10−7 M� yr−1 (Calvet et al., 2004).

Because of their weaker infrared excesses and emission lines, indicating weak

or non-existent accretion activity, WTTS are usually considered as descendants of

CTTS. However, a significant fraction of the WTTS have ages not much different

from those of CTTS (Calvet et al., 2004). The low percentage of stars with properties

intermediate between CTTS and WTTS indicates that the disk dispersal time is of

the order of only ∼ 105 yr. Taken together, these observations suggest that the

transition from the evolutionary phase with an active protoplanetary disk to the

phase in which the disk is essentially undetectable is very rapid (Duvert et al.,
2000). Based on a positive correlation observed between Ṁ and the rate of mass

loss from the system, one may infer that a vital role is played here by stellar and/or

disk winds (the latter being powered or at least aided by irradiation).

4.1.3 Self-gravity and the early evolution of disks

A disk whose mass is significant compared to the mass of the protostar may develop

gravitational instabilities which operate on a timescale of a few orbits of the unstable

region (usually located in the outer part of the disk). The susceptibility of a thin

disk to its own gravity can be estimated with the help of the Toomre parameter,

Q ≡ cs,mκ

πG�
= 60

(
M�

M�

Tm

100 K

)0.5 ( r

AU

)−1.5
(

�

103 g cm−2

)−1

, (4.3)
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where cs,m and Tm are the sound speed and temperature at the midplane, κ is the

epicyclic frequency (in a nearly Keplerian disk κ ≈ �), M� is the mass of the

central object, � is the column density, and it is assumed that the disk is composed

of pure molecular hydrogen. If Q ≤ 1, the disk is locally linearly unstable and may

fragment.

Equation (4.3) holds for disks that are locally isothermal (the disk may be re-

garded as locally isothermal if in a thin annulus located at a distance r from the

central object the temperature T varies with z in such a way that the bulk of mass

has a temperature nearly equal to Tm). For such disks the equation of hydrostatic

equilibrium in z takes the form

c2
s,m

dρ

dz
= −ρ�2z, (4.4)

from which an approximate relation

H = cs,m/� (4.5)

follows, relating the scale height of the disk, H , to local sound speed and angular

velocity. Inserting (4.5) into (4.3) yields

Q 	 H

rd

M�

Md

, (4.6)

where Md ≡ πr2
d� is the approximate mass of the disk. The ratio H/rd observed in

protoplanetary systems typically ranges from 0.1 to 0.2, indicating that disks with

Md/M�>∼ 0.2 can be unstable.

There is little doubt that disks with Q < 1 do indeed fragment on an orbital

timescale, but the final outcome of the non-linear evolution of disks with Q ≈ 1

remains controversial (Pickett et al., 2003). The issue of whether a disk formed

from a collapsing molecular core can be prone to fragmentation due to self-gravity

is also confused. At the end of the dynamic collapse the disk is rather hot, and it is

unlikely that Q could approach 1 anywhere within it. Radiative cooling reduces Q;

however instead of fragmenting, the disk could regain stability by reducing � in the

unstable region and/or by heating itself up. Heating can occur directly due to trailing

spiral shocks that are excited as Q decreases (Laughlin and Różyczka, 1996), and/or

through the dissipation of “gravito-turbulence” (Gammie, 2001). Both spiral shocks

and gravito-turbulence increase the effective viscosity in the disk, thus increasing

the accretion rate. It is conceivable that an equilibrium between radiative cooling

and accretional heating can be reached for Q > 1.

Another, frequently forgotten, effect of self-gravity is that it modifies the vertical

structure of the disk. The modifications can be significant even when Md is small

compared to M� (Hure, 2000).
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4.1.4 Viscous evolution

The evolution of a gravitationally stable disk is usually described in terms of viscous

diffusion. A viscous disk decays on a viscous timescale,

τv = R2
dν

−1, (4.7)

where ν is the effective viscosity coefficient. Given the sizes of protoplanetary

disks, a viscosity

ν = 2 × 1017
( r

500 AU

)2
(

τd

107 yr

)−1

cm2 s−1 (4.8)

is needed for τv to be comparable to the observed lifetimes. The source of such a

large viscosity (many orders of magnitude exceeding the microscopic viscosity of

the gas) remains unknown. Various candidates, among which the magnetorotational

instability (MRI) is widely regarded as the most promising one, are discussed in the

following sections of this chapter. Here we focus on a simple approach, originally

proposed by Shakura and Sunayev (1973), on which most models of the disks

have been based. In this approach it is assumed that the viscosity originates from

turbulent motions, and the viscosity coefficient is defined by

ν = αcs,m H, (4.9)

where α is a dimensionless parameter and H (the disk scale height) is a natural upper

limit for the size of turbulent eddies. Adopting (4.9), one effectively assumes that the

characteristic velocity associated with the largest eddies is αcs,m. As the turbulent

motions are most probably subsonic (otherwise they would quickly dissipate due

to shocks), α must be smaller than 1.

According to the Definition (4.9), the viscosity coefficient depends on r only.

Using (4.5), one obtains an alternative expression,

ν = αc2
s,m�−1. (4.10)

Equation (4.10) is often cast into a more general form (Bell et al., 1997), e.g.

ν = αc2
s,m�−1 = αP

�ρ
, (4.11)

which allows ν to vary both in r and z, making it suitable for two-dimensional

modelling (Hure, 2000; Klahr et al., 1999). Note that Eq. (4.11) implies a shear

stress proportional to the pressure.

In the absence of external torques the viscous disk conserves its angular mo-

mentum. While most of its mass loses angular momentum and is accreted onto the

central body, a small amount of mass gains angular momentum and moves away
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from the central body. The orbital energy of the accreted matter is transformed into

heat. A thin stationary disk is heated at a rate

Qv = 9

4

(
G M

r3

)0.5

ν� (4.12)

per unit area (for the derivation see e.g. Spruit, 2001), and cooled at the same rate

by the radiative flux emerging from its surface. The vertically integrated enthalpy

divided by Qv defines the thermal timescale, τth, on which substantial changes of

temperature distribution occur. Neglecting factors of order unity we have

τth ≈ c2
s �/Qv = (α�)−1 . (4.13)

The orbital or dynamical timescale τd ≡ �−1 is shorter than τth, which in turn is

shorter than the viscous time scale τv (note that τv = r2
d/(αcs H ) = τth(rd/H )2).

Modeling and observations suggest that in protoplanetary disks α ≈ 10−3–10−2.

It must be remembered, however, that the “α-approach” is a rather rough research

tool which provides but a superficial insight into the workings of the disks. It fails,

for example, to reproduce the aforementioned rapid dispersal of protoplanetary

disks. An “α-disk” evolves on a single, viscous timescale, which in order to re-

produce the observed lifetimes has to be of the order of 106–107 yr. Based on

such a slow dispersal one would expect to find a substantial class of objects with

properties intermediate between CTTS and WTTS (Armitage et al., 2003), in clear

disagreement with the observations. Moreover, observational evidence, numerical

simulations and theoretical arguments indicate that α is a free function of local

parameters of the disk rather than a constant (Hure, 2000; Fleming et al., 2000).

4.2 Magnetohydrodynamic turbulence

Magnetic fields might be assumed to be weak and not important for astrophysical

disks. Such an assumption would make the physics much easier, but the angular

momentum problem can be hardly solved without the additional viscosity driven by

magnetic instabilities. The situation where magnetic fields might not be important

is characterized by the inequality

〈B〉2

8π
� ρ〈u〉2

2
, (4.14)

where 〈B〉 and 〈u〉 are the mean magnetic and velocity fields.
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Keplerian disks are hydrodynamically stable configurations according to the

Rayleigh criterion,

d j2

dr
> 0, (4.15)

where r is the radius and j = r2� is the angular momentum per unit mass.

Nevertheless, differentially rotating gaseous disks with sufficiently high con-

ductivity are unstable under the influence of a weak magnetic field. The magneto-

rotational instability (MRI) has been known for more than three decades (Velikhov,

1959; Chandrasekhar, 1960, 1961), but the importance for accretion disks was first

pointed out by Balbus and Hawley (1991).

The two important conditions for MRI are firstly that there is a Keplerian rota-

tional profile in the disk and secondly, that fluid elements are connected via magnetic

field lines so they can exchange momentum. Now consider the following similar sit-

uation: there are two satellites orbiting the earth and chasing each other on the same

orbit. This situation is stable with respect to little perturbations in the satellite orbit.

But now connect them with a rubber band and the situation changes; if one ever so

slightly kicks one of the satellites towards a lower orbit it will accelerate its angular

velocity due to the conservation of angular momentum (Kepler profile). Thus, the

distance between both satellites increases and the rubber band becomes stretched

(MHD field lines become bent). The rubber band is now breaking the first satellite

and putting a torque on the second satellite. More precisely, the first satellite loses

angular momentum which is put onto the second satellite. Because now the inner

satellite has too little angular momentum to maintain its orbit it further declines

and the second satellite with excess angular momentum moves radially outward

(Kepler profile). Thus the tension of the rubber band between both satellites does

not bring them closer together, but separates them even more, and the instability

loop is closed. Finally one satellite will drop into the Earth’s atmosphere and the

other can be expelled or put in a larger orbit, at least until the rubber band is torn

apart.

Now replace satellites with gas parcels and the rubber band with magnetic fields

and you have an idea how the MRI works.1

4.2.1 Non-ideal magnetohydrodynamics

The presence of a weak initial magnetic field in the background can always be

expected, but how will the idealised MRI action be changed in the case of the low

conductivity expected in protoplanetary disks (see e.g. Semenov et al., 2004)?

1 Warning: it would be wrong to identify the magnetic-field lines with the rubber bands themselves, as a magnetic
field line does not pull on electrons moving along with the field lines but those moving perpendicular to the field
(Lorentz force). The real MRI situation is thus slightly different in so far as a vertical field line connects two
fluid parcels at the same radius but differents heights above the midplane. This field line can now exert a force
on the fluid elements when they move apart, because the field line bends.
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The basic dynamic equations of ideal MHD are:

D ln ρ

Dt
+ ∇ · u = 0, (4.16)

Du

Dt
+ 1

ρ
∇ (P + �) − 1

4πρ
B × [∇ × B] = 0, (4.17)

∂ B

∂t
− ∇ × (u × B) = 0. (4.18)

The notation D/Dt indicates the Lagrangian derivative, � is an external (point-

source) gravitational potential, and P is pressure. Other symbols have their usual

meanings (u for velocity fields, B for magnetic fields, and ρ for density).

Non-ideal effects appear if the gas has a non-vanishing resistivity and is only

partly ionized. In this case the induction equation changes to

∂ B
∂t

= ∇ × [ue × B − η∇ × B] , (4.19)

where ue is the velocity of electrons and η is the magnetic diffusivity. In ideal MHD

the velocity of electrons, ions and the neutral gas is identical, but not so now. Under

the assumption that all atoms are ionized only once (i.e. we ignore the continuous

ionization and recombination processes), we can expand the electron velocity in

terms of the neutral gas velocity and the relative velocity with respect to the ions

ui:

ue = u + (ue − ui) + (ui − u) = u − J
nee

+ J × B
cγρiρ

. (4.20)

Substituting the last relation into Eq. (4.19) leads to the appearance of new terms

on the right-hand side of the induction equation,

∂ B
∂t

= ∇ ×
[

u × B − 4πηJ
c

− J × B
nee

+ (J × B) × B
cγρiρ

]
, (4.21)

where ne is the electron number density, ρi is the ion density and γ is a drag

coefficient between ions and neutrals. The terms on the right-hand side are called,

correspondingly, inductive (I), Ohmic (O), Hall (H) and ambipolar diffusion (A)

terms. The relative importance of non-ideal terms in the induction equation can be

represented in the following way (Balbus and Terquem, 2001):

I

O
∼ 1

Rem

,
H

O
∼ ωce

νen

,
A

H
∼ ωci

γρ
, (4.22)

where Rem is the magnetic Reynolds number, and ωce and ωci are the electron

and ion cyclotron frequencies. The magnetic Reynolds number is a dimensionless
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measure of the relative importance of resistivity,

Rem = VAh

η
, (4.23)

with the Alfenic speed VA = B/
√

4πρ and h as a characteristic length (e.g. the scale

height H of a disk of radius r with H/r � 1). The magnetic Reynolds number is

the ratio of dynamical scales to diffusive timescales. In systems with Rem < 1 the

dissipation will kill all MHD processes.

4.2.2 Ohmic dissipation

In general, Ohmic dissipation effectively puts a restriction on the wave numbers

of the unstable modes. The turbulence with the smallest wavelengths is dissipated,

while the modes with larger wavelengths will have lower growth rates. When the

smallest unstable wavelength is larger or equal to the disk thickness then the MRI

cannot develop any more. In the work of Balbus and Terquem (2001) this was

demonstrated to be the case for Rem < 100.

4.2.3 Ambipolar diffusion

The ambipolar diffusion term (A) can be important in outer parts of the protostellar

disks. Here the ions interact with the magnetic field, which then couple the magnetic

field to the neutrals via ion-neutral collisions. Ambipolar diffusion acts as a field-

dependent resistivity. It leads to the heating of the gas. The growth rate of MRI

with ambipolar diffusion is smaller compared to the ideal MHD case (Padoan

et al., 2000).

4.2.4 Hall term

The Hall term, on the other hand, is in fact an additional electromotive force and

can basically act as an additional boost for the MHD turbulence pushing the critical

Reynolds numbers down by one or two orders of magnitude. The dependence of

the saturation level of Maxwell and Reynolds stresses on the presence and strength

of the Hall effect (together with the Ohmic term) was analysed with help of two-

and three-dimensional simulations (Sano and Stone, 2002a, b).

The value of Rem,crit, in general, depends on the field geometry (Fleming et al.,
2000); if there is a mean vertical field present, it is about 100, otherwise, it is

much larger, of the order 104. However, there are indications that effects of Hall

electromotive forces result in smaller Rem,crit (Wardle, 1999; Balbus and Terquem,

2001).
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For a protoplanetary disk the Ohmic dissipation will dominate in every dust-rich

region. Only when dust is settled down to the midplane, the Hall term dominates

in the upper layers over the Ohmic dissipation for r < 10–100 AU, which still

depends on the strength of magnetic field. Inside of r < 1–5 AU, Ohmic dissipa-

tion suppresses all MRI modes, except for r < 0.1 AU where thermal ionization

becomes important and the dust is evaporated.

We conclude that the stability of the disk is determined by the local ioniza-

tion structure and that some parts of the disk can be perfectly stable while some

other regions produce strong turbulence. We will elaborate on that in the following

section.

4.3 Layered accretion

Both numerical simulations (Hawley et al., 1995) and analytical work (Balbus and

Papaloizou, 1999) show that the MHD turbulence leads to a viscosity consistent

with the description in Eq. (4.10) however, α may vary both in space and time. A

good coupling between the gas and the magnetic field is necessary for the MRI

to operate. Since protoplanetary disks are weakly ionized, in some regions the

resistivity of the disk may be so high that the magnetic field decouples from the

gas and the MRI decays. The MRI-free region is usually referred to as a dead zone,

whereas the remaining part of the disk is referred to as active.

Assuming that electrons are the main current carriers, which is true if the density

of small grains is low (Gammie, 1996), the resistivity is connected to ionization

degree xe = ne/nn via the relation (Hayashi, 1981)

η = 6.5 × 103x−1
e cm2 s−1. (4.24)

Inserting Eqs. (4.24) and (4.9) into (4.23) and using H = cs/�, where � =√
G M/r3 is the Keplerian rotation frequency, we obtain

Rem = 7.4 × 1013xeα
1/2

( r

AU

)3/2
(

T

500 K

) (
M

M�

)−1/2

, (4.25)

where G is the constant of gravity, M is the mass of the central star and r is the

radius. Equation (4.25) yields the threshold value of ionisation degree xe; the MRI

can operate if Rem > 100 which corresponds approximately to xe ≥ 10−12.

The most important sources of free electrons are collisional (thermal) ionization

(important in the inner region with a high temperature), and the ionization by cosmic

rays and X-rays emitted by the central star (important in the surface layers of the

disk). The ionization due to the radioactive decay of 40K and 26Al is also sometimes

considered, but the resulting ionization degree is several orders of magnitude lower

than necessary for MRI (Stepinski, 1992).
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n = a HscStar

collisional ionization (T > 1000K)

active area: coupled to B

cosmic rays

0.1AU

IAR OAR
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ASL

LAR

X-rays
magnetosphere

ionization by CR and XR

10–100 AU

DZ dead zone
n = 0

Fig. 4.1. The schematic structure of the layered disk: the inner active region (IAR),
the layered accretion region (LAR) with two active surface layers (ASL) and the
dead zone (DZ), and the outer active region (OAR).

This led Gammie (1996) to propose a model of a layered disk with the following

structure (see Fig. 4.1): near the star there is an inner active region where the

high temperature is responsible for sufficient ionization. At medium radii there is

a layered accretion region, with active surface layers ionized by cosmic rays and

X-rays, and the dead zone sandwiched between them near the midplane of the disk.

The dead zone disappears at large radii where the disk surface density drops, and

the cosmic rays and X-rays are able to penetrate the whole disk.

4.3.1 Ionization structure

In the case of thermal ionization, the main source of free electrons is the alkali metals

potassium and sodium. Umebayashi (1983) determined the ionization degree xe as

a function of density and temperature assuming a complete chemical equilibrium.

He found that xe rises steeply from 10−16 to 10−11 near T 	 1000 K, mainly due to

the ionization of potassium. In relevant density and temperature regions the Saha

equation can be approximated as

xe ≡ ne

nn

= 6.47 × 10−13
( a

10−7

)1/2
(

T

103

)3/4

×
(

2.4 × 1015 cm−3

nn

)1/2
exp(−25 188/T )

1.15 × 10−11
, (4.26)

where ne and nn are the electron and neutral number densities, respectively, and

a is the potassium abundance relative to hydrogen (Fromang et al., 2002; Balbus

and Hawley, 2000). Taking into account the nearly exponential dependence of xe

on the temperature and relatively weak temperature dependence of other factors in
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Eq. (4.25), it is usually assumed (Gammie, 1996; Fromang et al., 2002) that material

with a temperature above 1000 K is active.

The cosmic rays ionization rate is given by

ζCR 	 10−17 s−1 (4.27)

(Spitzer and Tomasko, 1968). Cosmic rays are able to penetrate the surface layers

of the disk down to a column density of ∼ 100 g cm−2 (Umebayashi and Nakano,

1981). However, the low-energy particles mainly responsible for the ionization

may be excluded by the magnetized stellar winds (Fromang et al., 2002) making

ionization by cosmic rays ineffective.

T Tauri stars are strong sources of X-rays (e.g. Glassgold et al., 2000) which are

probably emitted by hot electrons in a magnetosphere. Their X-ray luminosities

are 1029–1032 erg s−1 for photon energies between 1 and 5 keV (Feigelson et al.,
1993; Casanova et al., 1995). The X-ray-ionization structure in the protoplanetary

disk was determined by Glassgold et al. (1997). They used a simple, vertically

isothermal model of the accretion disk with the mass of the minimum Solar Nebula.

The X-ray source was modeled as an isothermal corona with temperature TX, radius

rX and total X-ray luminosity LX. This model was extended by Igea and Glassgold

(1999) taking into account the photon scattering using Monte Carlo simulations

and by Fromang et al. (2002) taking the vertical temperature structure of the disk

into account.

The ionization rate due to X-rays (Glassgold et al., 1997; Fromang et al., 2002)

at a radius r is

ζXR = LX/2

4πr2kTX

σ (kTX)
kTX

�ε
J (τ ), (4.28)

where k is the Boltzmann constant. An interaction of X-ray photons with an atom or

molecule produces a fast photo-electron which collisionally generates secondary

electrons. Here �ε = 37 eV is the average energy necessary for the secondary

ionization, while σ (kTX) is the ionization cross-section which may be approximated

by a power-law,

σ (kTX) = 8.5 × 10−23

(
kTX

keV

)−n

cm2, (4.29)

where the power-law index n = 2.81 is valid for the case where heavy ele-

ments are depleted due to grain formation. The dimensionless integral J (τ ) =∫ ∞
x0

x−n exp(−x − τ x−n) dx comes from integrating the product of the cross-

section and the attenuated X-ray flux over the X-ray spectrum above a thresh-

old energy x0. τ is the optical depth at an energy kTX. For large τ , J (τ ) can be
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approximated as

J (τ ) 	 Aτ−a exp (−Bτ−b), (4.30)

where A = 0.686, B = 1.778, a = 0.606, and b = 0.262.

A description of recombination processes is necessary to translate the ionization

rates ζCR and ζXR into electron fractions. It is usually assumed that the dust settles

rapidly towards the midplane and the dominant recombination process is molecu-

lar dissociative recombination (Gammie, 1996). Then the ionization rate is given

as

xe =
√

ζ

βnn

, (4.31)

where β ∼ 8.7 × 10−6 T −1/2 cm3 s−1 is the dissociative recombination coefficient

(Glassgold et al., 1986). For a more detailed treatment of recombination processes,

including charge exchange between molecular ions and metal atoms, and radia-

tive recombination due to capturing of electrons by heavy-metal ions we refer to

Fromang et al. (2002).

Combining Eqs. (4.27) and (4.31) yields the ionization degree marginally suffi-

cient to couple the gas to the magnetic field. So, provided that they are not removed

by the stellar wind, cosmic rays are able to ionize the surface layers of the disk, and

to couple the gas to the magnetic field there. The thickness of the active surface

layer is given by the stopping column density of cosmic rays, for which a value of

∼ 100 g cm−2 is usually adopted.

Models of disk ionization by X-rays (Glassgold et al., 1997; Fromang et al.,
2002) show that the column density of the active surface layer strongly depends

on model parameters: actual properties of the X-ray source, the value of Rem,crit,

and the abundance of heavy metals in the disk (because of their relatively slow

recombination). The outer radius of the dead zone varies from several AU to

∼ 100 AU. For some models with low Rem,crit (due to the Hall term) or high

heavy-metal abundances the dead zone may even disappear completely.

It is assumed in Eq. (4.31) that the medium is in chemical equilibrium. The

plausibility of this assumption was tested by Semenov et al., (2004), who computed

the disk ionization degree using a network of chemical reactions that take place

in the gas–dust medium. They found that the equilibrium approach is appropriate

in most parts of the disk. However, in some places – especially in weakly ionized

ones, the ionization degree can differ by more than an order of magnitude from the

equilibrium value. Another problematic region is the intermediate layer between

the surface layer and the dead zone. In the dead zone, most species are frozen out on

grain surfaces, while in the surface layer and the disk atmosphere, they are destroyed
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by the high-energy stellar radiation. In the intermediate layer, the chemistry is very

complex, and more than a hundred species and reactions have to be included to

determine the ionization degree with reasonable accuracy.

4.3.2 Layered disk evolution

An analytical model of the surface active layer similar to the standard model for an

accretion disk was obtained by Gammie (1996). He assumed that the main source

of the ionization in the surface layer is the cosmic rays providing an active layer

with a constant column density �a 	 100 g cm−2. An interesting consequence of

such an assumption is that the accretion rate in the layer, Ṁ , is a function of r ,

implying that the mass accumulates in the dead zone at a rate of

�̇DZ = 1

2πr

dṀ

dr
. (4.32)

Such accumulation cannot last forever – when the surface density of the disk reaches

a value sufficient to maintain the temperature above ∼ 1000 K by the accretion

process, any perturbation can make the dead zone active. When this happens, the

accretion rate and the disk luminosity dramatically increase, which led Gammie

(1996) to suggest this mechanism as an explanation for the FU Orionis outbursts.

This scenario was further studied by Armitage et al. (2001), who assumed that

the dead zone becomes active due to the gravitational instability. Their model

shows repeating periods of strong accretion separated by quiescent intervals lasting

∼105 yr, which is in agreement with the observed properties of FU Orionis objects

(see e.g. Hartmann and Kenyon, 1996).

On the other hand, the surface layer ionized by stellar X-rays exhibits a lower

mass-accumulation rate, since its surface density decreases with the radius. The

time for the accumulation of mass necessary for the gravitational instability is

comparable to the lifetime of the protoplanetary disks (Fromang et al., 2002).

Two-dimensional axially symmetric radiation hydrodynamic models of layered

disks were obtained by Wünsch et al. (2005). The authors show that variations of

the thickness of the dead zone influence the structure of the surface active layer,

leading to growing perturbations of the mass accumulation rate. As a result, the

dead zone splits into rings. The model also shows that radiation from the inner

disk heats the dead zone and makes it active shortly after mass accumulation has

started. These periodic “ignitions” of the inner part of the dead zone, that occur on a

timescale of ∼100 yr, continuously remove material from the dead zone. Therefore,

the accumulation of the large amounts of mass necessary for the FU Orionis type

event does not seem to be likely.
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4.4 Alternative instabilities in the dead zone

One might ask the following questions: How “dead” is the “dead zone”? What

happens if the entire disk is too low in ionization for MHD effects to be important?

Is there a pure hydro instability in accretion disks?

Barotropic Keplerian disks are centrifugally stable as predicted by the Rayleigh

criterion. Balbus et al. (1996) did extensive numerical and analytical investigations

on this matter. On the other hand, some authors still claim the existence of a non-

linear shear instability operating in accretion disks (e.g. Richard and Zahn, 1999).

This is mainly motivated by the experiments by Wendt (1933), who found non-

linear instability in a Rayleigh stable Taylor–Couette flow for the case of Reynolds

numbers of the order 105. However Schultz-Grunow (1959) demonstrated that the

results of Wendt were due to flaws in the experimental setup and found the Taylor–

Couette flow to remain stable at comparable Reynolds numbers. Nevertheless, the

debate on non-linear instability is still open (Richard, 2003; Hersant et al., 2005).

Anyway, if there is no self-gravity working, basically no ionization present and

no shear instability possible, the disk would develop no turbulence, transport no

angular momentum, release no accretion energy, and would cool down to the am-

bient temperature, while orbiting the star on a time-constant orbit. In such a disk,

timescales for the growth of planetesimals would be much longer than in the stan-

dard scenarios, as the Brownian motion of the micron-sized dust is smaller and

there is no turbulence acting on the dust in the centimeter to meter size range.

Sedimentation of the grains to the midplane could create a shear instability

(Cuzzi et al., 1993) which then generates turbulence. Cuzzi et al. (1996) argue that

the Solar Nebula at one time must have been turbulent in order to explain the size

segregation effects during the formation of chondrites. In any case we want to stress

that it is of major relevance for planet formation to know whether protoplanetary

disks are turbulent or not.

Klahr and Bodenheimer (2003) presented numerical simulations of a purely

hydrodynamic instability that works in accretion disks, namely a baroclinic insta-

bility, similar to the one responsible for turbulent patterns on planets, for example,

Jupiter’s red spot, and the weather patterns of cyclones and anti-cyclones on Earth.

Cabot (1984) investigated the possibility and efficiency of a baroclinic instability

for cataclysmic variables (CVs) in a local fashion, concentrating on local vertical

fluctuations. He found that this instability produces insufficient viscosity to explain

CVs, but nevertheless enough viscosity (α ≈ 10−2) for protoplanetary disks.

Ryu and Goodman (1992) considered linear growth of non-axisymmetric distur-

bances in convectively unstable disks. They used the shearing-sheet approximation

in a uniform disk and found that the flux of angular momentum was inwards. Lin

et al. (1993) performed a linear stability analysis of non-axisymmetric convective
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instabilities in disks but allowed for some disk structure in the radial direction. Their

disk model includes a small radial interval in which the entropy has a small local

maximum of 7% above the background but with a steep drop with an average slope

of K ∼ R−3 (K is the polytropic constant; see below). Such a situation could be

baroclinically unstable, and in fact that region is found to be associated with outward

transport of angular momentum. Lovelace et al. (1999) and Li et al. (2000) investi-

gated the stability of a strong local entropy maximum in a thin Keplerian disk and

found the situation to be unstable to the formation of Rossby waves, which trans-

ported angular momentum outward and ultimately formed vortices (Li et al., 2001).

Sheehan et al. (1999) studied the propagation and generation of Rossby waves in

the protoplanetary nebula in great detail, but they had to assume some turbulence as

a prerequisite.

Recently Klahr (2004) and Johnson and Gammie (2005) performed a local linear

stability analysis for accretion disks with radial stratification, i.e. under the influence

of a global radial entropy gradient. As a result the linear theory predicts a transient

linear instability that will amplify perturbations only for a limited time or up to a

certain finite amplification. This can be understood as a result of the growth time of

the instability being longer than the shear time which destroys the modes that are

able to grow. So only non-linear effects can lead to a relevant amplification. This

could help to explain the observed instability in numerical simulations (Klahr and

Bodenheimer, 2003) as an ultimate result of a transient linear instability.

We can conclude from all these investigations that there are so far no non-MHD

instabilities proven to reliably operate in accretion disks. One might argue that

this is also the case for the MRI and related MHD instabilities with respect to

the uncertainties in the magnetic Reynolds numbers present in real protoplanetary

disks. Nevertheless, MHD turbulence is simple to reproduce in a three-dimensional

numerical simulation and thus the ideal working horse to be exploited for investi-

gations about the influence of turbulence on the planet-formation process.

4.5 Transport by turbulence

Knowledge of the transport properties of particles and molecules embedded in

a turbulent gas medium is of importance in many aspects of protoplanetary-disk

modeling. If the spatial number density distribution of e.g. dust grains in a disk is

required for the model, one must know the effect of turbulent diffusion on the dust

grains.

Vertical diffusion – the distribution of tiny dust grains, with radii smaller than

around 100 μm, determines the observability of protoplanetary disks around young

stellar objects through their contribution to the infrared parts of the spectrum.

An interesting observational effect of turbulent diffusion is its influence on the
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vertical settling of dust grains. The settling affects the spectral energy distribution

of protoplanetary disks, since flaring disks, i.e. where the scale height of the gas

density increases with radial distance, have a much stronger mid- to far-infrared

excess than self-shadowing disks, where the scale height after a certain distance

from the protostar begins to fall with radial distance (e.g. Dullemond, 2002). Recent

model calculations by Dullemond and Dominik (2004) show that the vertical settling

of dust grains towards the midplane of the disk can change an initially flaring disk

to a partially self-shadowing disk, thus affecting the observability of the disk (see

also Chapter 7 by Henning et al.). These calculations depend among other things

on the strength of the turbulence in the disk (the turbulent viscosity) and on the

turbulent diffusion coefficient of dust grains in the direction perpendicular to the

disk midplane. Also recently Ilgner et al. (2004) considered the effect of vertical

mixing in protoplanetary disks on the distribution of various chemical species

and found the distribution to be greatly influenced by mass-transport processes,

again underlining the importance of vertical turbulent diffusion in the modeling of

protoplanetary disks.

Radial diffusion – crystalline silicate dust grain features observed in comet spec-

tra are often attributed to radial mixing in the Solar Nebula (e.g. Hanner, 1999).

Silicate dust grains are formed primarily in amorphous form, but they can become

crystalline if exposed to temperatures above ∼1000 K. Such a heating can obvi-

ously have occurred in the hot inner parts of the Solar Nebula, whereas comets

are expected to have formed in the cold outer regions of the Nebula, so in this

picture some radial mixing must take place between the inner and outer Neb-

ula. Bockelée-Morvan et al. (2002) considered disk models where crystallization

of silicates happens in the inner, hot parts of the disk. They calculate that in a

few times 104 yr the crystalline silicate fraction reaches a uniform value out-

side the crystallization region due to radial turbulent diffusion and that the value

can approach unity for realistic disk parameters. From high-resolution observa-

tions of three protoplanetary disks van Boekel et al. (2004) found that the in-

ner 1–2 AU of these disks contain a higher crystalline silicate fraction than the

outer 2–20 AU, supporting the theory that crystalline dust grains form in the hot

inner disk and are subsequently transported to the outer disk by turbulent gas

motion.

4.5.1 Dust dynamics

Dust grains moving through the gas in a protoplanetary disk are affected by a

friction force proportional to the velocity difference between dust and gas and in

the opposite direction. The strength of the friction is determined by the friction
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time τf. For sufficiently small dust grains at subsonic velocity the friction time is

proportional to the radius of the dust grains and independent of the relative velocity

between dust and gas (Weidenschilling, 1977a).

It is possible (with a few reasonable assumptions) to solve algebraically for the

equilibrium dust velocity as a function of gas velocity and density. For not too large

objects (e.g. <1 m) it can be assumed that the dynamic timescale of the gas is

much longer than the friction time, an assumption valid, for example, for stationary

disk solutions and also in turbulence when the friction time is much shorter than

the turbulent eddy lifetime. Under those conditions one yields from the combined

equations of motion for dust (velocity w) and gas (velocity u):

w = u + τf

1

ρ
∇ P . (4.33)

One can interpret the short friction-time approximation, Eq. (4.33), as expressing

a tendency for dust grains to climb up the local gas pressure gradient ∇ P (see

Johansen and Klahr, 2005, for details).

As an example of the use of the short friction-time approximation one can con-

sider a laminar Keplerian disk where the vertical gravity is balanced by a pressure

gradient due to stratification. Hydrostatic equilibrium in the vertical direction means

that 0 = −ρ−1∂ P/∂z − �2
0z, so Eq. (4.33) gives the equilibrium dust velocity as

wz = −τf�
2
0z. This can be either interpreted as dust grains falling due to vertical

gravity, or in the short friction-time approach as dust grains climbing up the global

pressure gradient (since there are no local pressure gradients in this laminar model).

Another example involves a radial pressure gradient ∂ ln P/∂ ln r = α. For

an isothermal equation of state the pressure gradient force is given by −ρ−1

∇ P = −c2
s ∇ ln ρ, where cs is the constant isothermal sound speed. Using the short

friction-time expression one gets wx = τf(c2
s /r )α. Thus for a pressure that falls

radially outwards (negative α), the dust grains will migrate inwards, a well-known

problem in planet formation (Weidenschilling, 1977a).

4.5.2 Dust-trapping mechanisms

In the two previous examples only a global pressure gradient appears. But in a

turbulent disk, local fluctuating regions of high and low pressure are expected to

occur. Then dust grains continuously move up the local pressure gradient, poten-

tially trapping dust grains in regions of high pressure and expelling them from

regions of low pressure. An example of this is shown in Fig. 4.2. The plot is from

Johansen et al. (2006) and shows on the left the gas column density in a magneto-

rotational turbulence simulation. The right plot shows the corresponding dust
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Fig. 4.2. Example of pressure-gradient trapping. Fluctuating regions of high gas
density (left plot) lead to an enormous concentration of meter-sized protoplanetes-
imals (right plot). Notice that the gas column density is only increased by a few %,
while the dust column density at the same place is around 400% above the average.

column density. The meter-sized dust particles have been concentrated up to 400%

by the very modest gas-density fluctuations (part of the dust concentration is due

to a global gas-pressure gradient forcing dust particles to drift inwards). Similar

concentrations of meter-sized particles were found by Rice et al. (2004) in the over-

dense spiral arms of self-gravitating disks. The concentrations of dust particles in

radial over-density regions has also been explored by Klahr and Lin (2001) and by

Haghighipour and Boss (2003).

For larger dust grains, where the friction time becomes comparable to the orbital

time of the disk, the short friction-time approximation is no longer valid. Here

acceleration effects can become important. Any rotationally supported structure

in the gas is kept in place due to an equilibrium between the global Coriolis force

from the rotating disk and the centrifugal force of the rotating structure. Larger dust

grains experience a slow acceleration (due to friction with the gas) as they enter such

a structure. Rotating initially with the gas, but at a slightly slower rate, the Coriolis

force dominates over the centrifugal force, and the dust grains are sucked into the

eddy. This can be seen as the result of the mismatch between the epicyclic frequency

of the particle (which does not feel any pressure) and the rotational frequency of

the vortex, which is in pressure equilibrium.

This vortex-force trapping was proposed by Barge and Sommeria (1995), and

has since then been the subject of much theoretical investigation (e.g. Tanga et al.,
1996; Chavanis, 2000; Johansen et al., 2004). The conclusions are that vortices are

extremely efficient at trapping dust grains, and this efficiency may even explain how

gas planets are formed before the dispersion of the gas disk (Klahr and Bodenheimer,

2005). Vortex trapping seems to be much more efficient at trapping dust grains in
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turbulent features than pressure-gradient trapping (Johansen et al., 2004), but it

requires the presence of long-lived vortex structures (see Section 4.4).

In the absence of the Coriolis force, vortex trapping cannot occur. Here the

centrifugal force of a rotating structure must always be balanced by a radially

inwards-pointing pressure-gradient force. Rotating regions are thus low-pressure

regions that can expel dust grains because of “inverse” pressure-gradient trapping.

Concentrations between vortices have been proposed by Cuzzi et al. (2001) to give

a preferential size-sorting in the Solar Nebula that can explain the size distribution

of chondrules (millimeter-sized solid inclusions found in primitive meteorites; see

e.g. Norton, 2002). Contrary to these concentrations between vortices one finds

vertical convection cells in protoplanetary disks that concentrate dust particles,

which again can be interpreted as a special case of pressure-gradient trapping

(Klahr and Henning, 1997).

None of these local trapping mechanisms occur in a laminar disk, which shows

how important gas turbulence is for the conditions under which planetesimals form.

4.5.3 Turbulent diffusion

Turbulent transport is often described mathematically as a diffusive process. Here

the turbulent flux of dust number density n is assumed to be proportional to the

gradient of the dust-to-gas ratio (Dubrulle et al., 1995). The effect of turbulent

diffusion on the dust number density can be parametrized as

∂n

∂t
= −∇ ·

[
wn − Dtρ∇

(
n

ρ

)]
. (4.34)

This diffusion equation for dust can be solved for grains falling towards the midplane

with velocity wz = −τf�
2
0z, as given by the short friction-time approximation.

Solving now for the stationary state ∂n/∂t = 0, one obtains an ordinary differential

equation in the dust-to-gas ratio ε = ρd/ρ:

∂ε

∂z
+ τf�

2
0

Dt

zε = 0 (4.35)

with the general solution ε = ε1 exp[−z2/(2H 2
ε )]. Here the scale height is given

by the expression H 2
ε = Dt/(τf�

2
0), so a vertically settled dust layer’s ability to

undergo gravitational instability, and thus the disk’s ability to form planetesimals

via self-gravity (Safronov, 1955; Goldreich and Ward, 1973), depends strongly on

the value of the turbulent diffusion coefficient.

The diffusion description of particle transport does not provide any value for

the turbulent diffusion coefficient Dt. This now leaves two important issues to
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consider: firstly what the value of the turbulent diffusion coefficient is compared to

the turbulent viscosity, and secondly how it depends on particle size.

It is often assumed simply that Dt ≡ νt. This argument is based on the fact that

Reynolds stresses, which give rise to the turbulent viscosity, and diffusion stresses,

which give rise to diffusion, are linked together by their common dependence on the

velocity field. Thus fluctuating velocity fields should give around the same value of

νt and Dt (Tennekes and Lumley, 1972). Recently Johansen and Klahr (2005) did

numerical simulations of dust grains embedded in magnetorotational turbulence.

They found that radial diffusion is indeed as strong as turbulent viscosity, but since

the major contribution to the turbulent viscosity is magnetic stresses, this actually

means that dust diffusion is very much more effective than diffusion of angular

momentum by Reynolds stresses. In magnetorotational turbulence the vertical ve-

locity fluctuations are much smaller than the radial fluctuations (Brandenburg et al.,
1995). In accordance with this, Johansen and Klahr (2005) found that the turbulent

diffusion coefficient is anisotropic with a diffusion weaker by a factor of two in the

vertical direction.

A lot of analytical work has been devoted to determining the dependence of the

diffusion coefficient on grain size (Safronov, 1955; Cuzzi et al., 1993; Dubrulle

et al., 1995; Schräpler and Henning, 2004). According to Schräpler and Henning

(2004), ignoring here the effect of the mean motion of the dust grains, the diffusion

coefficient can be written as

Dt = D0

1 + St
. (4.36)

Here St is the Stokes number, and the factor 1/(1 + St) determines the variation

of diffusion coefficient with particle radius. The Stokes number is defined as the

ratio of the friction time to the turn-over time τc of the largest eddies. Defining the

rotation speed of the largest eddies as ve = α
q
t cs and choosing q = 0.5, one can

(following Schräpler and Henning, 2004) arrive at the expression

Dt = D0

1 + 4−1π�0τf

. (4.37)

Thus for large grains with �0τf > 1, the diffusion coefficient falls rapidly with

grain radius.

4.6 Conclusions

Turbulence in protoplanetary accretion disks is most likely similar to the weather

on Earth. Sometimes it is stormy and sometimes there is not even a breeze. And

while there is a hurricane in Florida, one can have sunshine in Heidelberg. The only

difference might be that the storms in the disk can have a magnetic nature, which
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nevertheless will not change the local appearance of turbulence. The importance

of turbulence for the planet-formation process is obvious. Turbulence mixes and

transports the grains and molecules in the disk. Larger grains can even be segregated

and concentrated in turbulent flow features like vortices and pressure maxima. Again

there is another analogoly from meteorology: the largest hail stones are produced

only in the strongest thunder storms, because they can stay airborne for a longer

time and continue to grow. This clearly stresses the importance of turbulence for

any kind of particle growth, thus also for the growth of planetesimals.
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5.1 Introduction: geoscience meets astronomy

Much of our knowledge about the formation of planets in the Solar System and in
particular concepts and ideas about the origin of the Earth are derived from studies
of extraterrestrial matter. Meteorites (Sears, 2004; Lauretta et al., 2006; Krot et al.,
2006) were available for laboratory investigations long before space probes were
sent out for in situ investigations of planetary surfaces, or Moon rocks were brought
back to Earth. Meteorite studies provided such important parameters as the age of
the Earth and the time of formation of the first solids in the Solar System (Chen and
Wasserburg, 1981; Allegre et al., 1995; Amelin et al., 2002), as well as the average
abundances of the elements in the Solar System (Anders and Grevesse, 1989; Palme
and Jones, 2004). Traditionally, the study of rocky material requires techniques that
fundamentally differ from astronomical techniques. While electromagnetic radia-
tion from stars is analyzed by spectroscopy, the solid samples of aggregated cosmic
dust and rocky matter from planetary surfaces require the use of laboratory in-
struments that allow the determination of their chemical and isotopic composition.
Planetary surface materials are present in polymineralic assemblages. Formation
conditions and thermal stability of individual minerals provide important boundary
conditions for the genesis and history of the analyzed materials. Such studies require
a thorough mineralogical background. The abundances and properties of the rock-
forming elements, the focus of geo- and cosmochemical research, are, however,
not necessarily of major concern to astrophysicists. The most abundant elements
in the rocky planets and in meteorites are – in view of the whole Solar System –
only minor elements and are thus insignificant in many objects of astrophysical
studies. The fundamental circumstance that we live on a terrestrial planet implies

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.
Published by Cambridge University Press. C© Cambridge University Press 2006.

64



The origin of solids in the early Solar System 65

that the cosmochemically most abundant elements (H, He, C, N, O) are heavily
depleted, but these elements are dominant in the cosmos. While the light elements
carry most of the mass, solid phases in rocky planets are the result of condensation
and/or accretion of the remaining material, in astronomical terms often referred to
as the “dust” component. Nevertheless, dust forms a major element in almost all
models of protoplanetary disks since the dust provides virtually all of the opac-
ity, and the dust component in protoplanetary disks is even easier to observe for
astronomers than the gas (see also the review by Henning et al. in Chapter 7).

After the first protoplanetary disks were observed and the first extrasolar planet
was discovered in the mid-nineties (Mayor and Queloz, 1995; McCaughrean and
O’Dell, 1996), the astrophysical community rediscovered their interest in plane-
tary sciences. Within the upcoming decade observations of extrasolar planets –
most probably also Earth-like planets – and studies of protoplanetary disks will
significantly increase our knowledge of the origin of planetary systems in general.
As much as astrophysically oriented observational and theoretical advances in the
last decade were achieved by new instrumental and computational capabilities,
progress in the techniques of solid-matter research in the geosciences now allow
precise elemental, isotopic and structural analyses of sub-micrometer grains of
meteorites. With the most advanced instruments it is now possible to determine the
isotopic composition of some elements in an area of less than 0.1 μm2 (Messenger
et al., 2003). In addition, the total mass of available extraterrestrial material has
increased significantly with the discovery of a huge number of meteorites from cold
and hot deserts, and the collection of extraterrestrial dust has delivered additional
material of possibly cometary origin. Thus cosmochemists will meet the renewed
“planetary” interest of the astronomical community by providing a wealth of new
discoveries and ideas concerning the formation and evolution of the accretion disk
of our Solar System, the Solar Nebula 4.6 Gyr ago. Accordingly, we can expect in
the forthcoming years an increasingly fruitful exchange of ideas and closer collab-
orations between the two scientific communities that will allow us to place our own
Solar System into a completely new context (e.g. how unique is it?). The results that
are available from our early Solar System will in turn have important consequences
for theoretically and observationally constrained astronomical models of star and
planet formation in general.

In this review we will provide an update of some of the fundamental concepts
envisioned by cosmochemical studies on the timing of accretion of planetesimals
and planets in the early Solar System, and we will consider fundamental processes
that lead to compositional (isotopic and/or elemental) variability of early Solar-
System matter. Detailed reviews on meteorite properties and their significance for
the early Solar-System evolution are available in past and forthcoming literature
(Papike, 1998; Sears, 2004; Lauretta et al., 2005; Krot et al., 2005).
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5.2 Meteorites: remnants of planetesimal formation 4.6 billion years
ago in the asteroid belt

Orbital reconstructions of a number of precisely observed meteorite falls (Lauretta
et al., 2005) demonstrate that most of the >28 000 meteorites in terrestrial col-
lections are fragments of small bodies from the asteroid belt between Mars and
Jupiter (except for some 60 Martian and Lunar meteorites). Asteroids are impor-
tant in the origin of planets because modern theories of planet formation imply a
hierarchical growth from dust to planets. Asteroids are the remnants of a swarm of
planetesimals <1000 km in diameter. These planetesimals did not accrete to form
a regular planet, most probably hindered by the early presence of Jupiter, which
today still shapes the dynamic structure of the asteroid belt. Meteoriticists infer
that ≈100 different planetesimals are needed to account for the present population
of meteorites available for research (Sears, 2004; Lauretta et al., 2005; Krot et al.,
2005). The major arguments supporting this scenario are:

(1) Elemental and isotopic differences among meteorite classes preclude their origin from
a single large planet and require distinct parent bodies.

(2) Most meteoritic matter is from undifferentiated planetesimals and thus unaffected by
major parent-body heating that occurred during or shortly after formation. This favors
a multitude of small bodies incapable of retaining heat effectively.

Indeed, the major process affecting meteorite parent bodies after their formation
was shock metamorphism (Stöffler et al., 1991), caused by hypervelocity collisions
in the asteroid belt (Michel et al., 2001) resulting in shock waves with pressures
of up to several 100 kbar. Impacts induced local heating effects, disturbed pri-
mary textures, and in extreme cases led to melting and occasionally to evaporation.
Nevertheless a comparatively large number of undisturbed rocks are among the me-
teorites that escaped impact metamorphism and have retained signatures of their
formation in the very early Solar System.

Other small bodies from the outer Solar System are comets, which formed in
colder parts of the protoplanetary disk than asteroids. Their primitive character is as-
certained by their high proportion of volatile elements. Their composition carries –
as do asteroids for the region between Mars and Jupiter – information on the con-
ditions in the early outer Solar System. However, the investigation of cometary
matter via laboratory studies is limited to a very small amount of material and
extremely small sample sizes: some cometary particles may have been identified
among a certain class of interplanetary dust particles, which typically are 10 μm
in size, but are at this level still heterogeneous, composed of many sub-particles,
some only 100 nm in size. Analyses of cometary matter are technically challeng-
ing, but they will allow completely new insights into processing of matter in outer
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protoplanetary disks (Brownlee et al., 1996; Bradley et al., 1999; Jessberger et al.,
2001; Messenger et al., 2003).

5.3 Calcium-aluminum-rich inclusions and chondrules: remnants
from the earliest Solar System

Unlike the larger differentiated terrestrial planets that have metallic Fe–Ni cores,
and silicate mantles and crusts, most meteoritic matter is from small, undifferen-
tiated parent bodies. These meteorites have approximately Solar abundances of
Fe and Ni, where Fe is partly present as metal, and partly oxidized residing in
silicates. The term “undifferentiated” also refers to the side-by-side occurrence
of phases formed at low and at high temperatures. Low-temperature phases are
concentrated in the fine-grained matrix that is composed of μm-sized minerals
and typically rich in volatile elements and compounds. High-temperature phases
are rare, cm-sized calcium-aluminum-rich inclusions (CAIs) and abundant sub-
mm to mm-sized droplets, crystallized from liquid silicates. From these so-called
chondrules undifferentiated meteorites received the name chondrites (Fig. 5.1).
These high-temperature components predate accumulation of planetesimals and
record high temperature events in the early Solar Nebula. The two major classes
of undifferentiated meteorites are ordinary chondrites – the most abundant class of
meteorites delivered to Earth – and carbonaceous chondrites. Carbonaceous chon-
drites can have significant amounts of water and carbon and contain more matrix
(30–100%; Table 5.1) and fewer chondrules than ordinary chondrites. Matrix often
contains hydrous minerals resulting from ancient interaction of liquid water and
primary minerals.

Calcium-aluminum-rich inclusions (Fig. 5.1) are composed of highly refractory
elements (Al, Ca, Ti, and trace elements Zr, Hf, U, Th, rare earth elements, and also
refractory metals W, Ir, Os, etc.). The composition is reflected in the miner-
alogy1 with Ti, Al-rich pyroxene, melilite, spinel and anorthite (calcium-rich
feldspar). This is compatible with a high-temperature origin close to 2000 K.
Calcium-aluminium-rich inclusions are often interpreted as the first Solar Nebula

1 Minerals in meteorites are frequently considered in terms of a condensation sequence: refractory minerals
containing Ca and Al comprise oxides (corundum Al2O3, hibonite Ca(Al,Ti,Mg)12O19, spinel MgAl2O4) and
silicates (melilite – solid solution of akermanite Ca2MgSi2O7 and gehlenite Ca2Al2SiO7). They condense
at higher temperatures than metal or the Mg-silicates forsterite (Mg2SiO4) and enstatite (Mg2Si2O6) – the
Mg-rich endmembers of solid solutions olivine and pyroxene. At lower temperatures, Ca and Al minerals
can be transformed into diopside (CaMgSi2O6, a Ca-rich pyroxene) and anorthite (CaAl2Si2O8, the Ca-rich
endmember of feldspar solid solution), and Fe can enter Mg-silicates. Volatile elements condense in the most
recent compounds/minerals. Aqueous alteration processes occur mainly on carbonaceous chondrite parent bodies
and produce hydrous minerals – e.g. smectite, serpentine (Mg,Fe)3Si2O5(OH)4 – or carbonates, e.g. calcite
CaCO3. Mineral formation processes can be dated if they fractionate parent and daughter elements of radiometric
systems. Important for radiometric dating are minerals in which parent nuclides are concentrated, e.g. phosphates
for U–Pb–Pb and 244Pu fission-track dating, and feldspar for K–Ar and 26Al−26Mg dating.
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Fig. 5.1. The undifferentiated carbonaceous chondrite Allende. This rock was
probably never heated to temperatures above 500 ◦ C. It preserves a variety of
primitive, pre-accretionary components, such as chondrules, and Ca-Al-rich in-
clusions, the oldest known material in our Solar System. Meteorite collection,
Dieter Heinlein, Augsburg, Germany.

condensates, others think they are residues of early heating processes. In any case
they are the oldest dated objects in our Solar System with an age of 4567.2 ± 0.6
million yr (Amelin et al., 2002), as obtained by radiometric dating using the U–
Pb–Pb method based on the decay of long-lived parent nuclides 238U and 235U into
206Pb and 207Pb (Chen and Wasserburg, 1981; Allègre et al., 1995). The formation
of chondrules (Fig. 5.1) requires temperatures of 1600 K or more depending on the
extent of melting. Most chondrules appear to be 1 to 4 million yr younger than CAIs
(Russell et al., 1996; Kita et al., 2000; Amelin et al., 2002), although some chon-
drules approach the ages of CAIs (Bizzarro et al., 2004).

It is not clear how CAIs or chondrules fit with observations or models of coag-
ulation of dust particles (see also the reviews by Wurm and Blum in Chapter 6 and
Henning et al. in Chapter 7). Some researchers believe that CAIs formed close
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to the protoSun and were then transported by X-winds to larger radial distances,
where they were incorporated into locally formed rocks (Shu et al., 1996).

A large number of models for chondrule formation is discussed in the literature
(Scott et al., 1996), ranging from lightning, collisions between first generation
planetesimals (e.g. Lugmair and Shukolyukov, 2001; Sears, 2004), or shock waves
in the Solar Nebula (Desch and Connolly, 2002). Chondrules cooled faster than
CAIs (100–2000 Kh−1 versus 10 Kh−1), reflecting different thermal regimes. The
ubiquitous presence of chondrules in all chondritic meteorites, except CI-chondrites
(see Section 5.4), suggests that the chondrule-forming process was an important
and widespread process in the early Solar System. However, it is uncertain if all
matter in planets and asteroids has passed through the chondrule-forming process.
Recent studies suggest a chemical complementarity in some chondrites between
chondrules and matrix implying that chondrules and matrix formed from the same
reservoir, essentially Solar composition for non-volatile elements. This excludes
models where chondrules formed in a different part of the Nebula and combined
accidentally with some fine-grained material (Klerner and Palme, 2000; Klerner,
2001).

5.4 Compositional variety of chondrites: planetesimal formation occurred
at a variety of conditions in the protoplanetary disk

In general, chondrites represent undifferentiated, chemically “primitive” material
with approximately Solar element abundances of non-volatile elements. In one
group, the CI chondrites, element abundances match the spectroscopically deter-
mined Solar compositions to better than 10% (Anders and Grevesse, 1989; Palme
and Jones, 2004) for most elements heavier than oxygen (except for the extremely
volatile noble gases). Indeed, the Solar abundances of many trace elements that
are difficult to determine in the Sun are now taken from meteorites. However, the
various chondrite groups have characteristic compositional differences (Table 5.1;
Figs. 5.2, 5.3, 5.4 and 5.5) and they deviate from CI element abundances, e.g.
by having lower abundances of volatile elements. These differences do not only
imply the origin of chondritic asteroids from several independent small precursor
planetesimals, they also indicate that formation conditions of meteoritic material in
the protoplanetary disk varied – most probably with radial distance from the early
Sun and/or with time – and that material was incompletely mixed during or shortly
before planetesimal formation (though not necessarily during earlier evolutionary
stages, see below).

5.4.1 Metal abundance and oxidation state

Fig. 5.2 shows the different chondrite groups in a Urey–Craig diagram, where
reduced Fe (in metal or sulfide) is plotted versus oxidized Fe (in silicate). Only CI
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Fig. 5.2. Compositional variety of chondrites in a Urey–Craig diagram (after Sears,
2004): total metal content as well as oxidation state varies significantly, indicating
different formation conditions. For definition of chondrite groups see Section 5.4.1
and Table 5.1.

Fig. 5.3. Carbonaceous chondrites define a sequence CI–CM–CO–CK–CV of de-
creasing volatile abundances (and/or increasing refractory abundance). The de-
crease in condensation temperatures from Al to Zn is accompanied by decreasing
abundances. CV chondrites are most depleted with a composition similar to the
Earth.
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Fig. 5.4. In carbonaceous chondrites (CI,CR,CM,CO,CK,CV) Mg/Si ratios are
constant, but Al/Si ratios are variable; ordinary (H,L,LL,R) and enstatite chondrites
(EH,EL) are fractionated in both ratios relative to CI, which is identical to the Solar
photospheric ratio (modified from O’Neill and Palme, 1998).

Fig. 5.5. Compositional variety of chondrites in an oxygen three-isotope diagram:
refractory phases represented by CAIs have the highest enrichment in 16O. Trends
of individual meteorite classes parallel to the terrestrial fractionation line with
a slope of 0.5 are due to mass-dependent fractionation processes, e.g. igneous
processes. Effects of aqueous alteration and oxidation state are also indicated.
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chondrites have – completely oxidized – Fe with a Solar Fe/Mg ratio (indicated by
the solid line). The most reduced groups are EH and EL enstatite chondrites, named
after the Fe-free Mg-endmember enstatite of the mineral group pyroxene. Here, Fe
is not present in an oxidized form in silicates, it occurs mainly in metals and sulfides
which are more abundant in EH (high Fe) than in EL (low Fe) chondrites. Ordinary
chondrites are classified according to the total abundance of Fe, and the ratio of
reduced (metallic) Fe to oxidized Fe (Fig. 5.2; Table 5.1): H (high total iron), L (low
total iron) and LL (low total iron, low metal). Carbonaceous chondrites are classified
according to their contents of volatile elements and some other parameters. They
are named after a prominent member of the respective group: CI (Ivuna), CM
(Mighei), CO (Ornans), CK (Karoonda), CV (Vigarano), CR (Renazzo). Fig. 5.2
indicates very different degrees of oxidation for the various groups, and different
Fetotal/Si ratios. However, note that the plotted ranges represent average values of
individual members of the respective groups. Primitive, unequilibrated meteorites
do not record a single oxygen fugacity. They are mixtures of very oxidized and very
reduced components.

5.4.2 Ratio of refractory to volatile elements

The dominant factor controlling the chemical composition of chondrites is the
volatility of an element. Quantification of volatility is done by calculating con-
densation temperatures. This is the temperature at which 50% of an element is
in the solid phase during cooling of a nebular gas (Grossman and Larimer, 1974;
Larimer, 1979; Palme, 2001; Allègre et al., 2001). The first phases to condense are
Ca and Al oxides and trace elements such as rare earth elements, Hf, Sc, V, Ti, Sr,
with condensation temperatures between 1400 and 1850 K at a total pressure of
10−3 bar. Refractory metals like W, Os, Ir, Re condense as metal alloys under the
reducing conditions of the Solar Nebula. The refractory component is physically
associated with CAIs that constitute up to 13% of CO chondrites (Table 5.1) and –
more rarely – Mg-rich olivines (forsterites). Fig. 5.3 shows elemental abundances in
various types of carbonaceous chondrites normalized to the refractory element Ti.
The figure demonstrates that abundances of the refractory elements Ca, Al and Ti
(i.e. the composition of the refractory component) are virtually uniform. However,
moderately volatile elements with lower condensation temperatures (640–1230 K)
such as Mn, Na, and Zn (but also Rb, K, F) are gradually depleted in the sequence
CI–CM–CO–CK–CV. The more volatile an element, the lower its concentration.
Ordinary chondrites do not fit with this classification. Although they are also de-
pleted in volatile elements their pattern is very different from that of carbonaceous
chondrites. In Fig. 5.3 we have plotted, for comparison, compositional data of the
upper mantle of the Earth. Similarities with carbonaceous chondrites are apparent.



74 Trieloff and Palme

5.4.3 Major element fractionations: Mg, Si, Fe

The major rock-forming elements Mg and Si and metallic Fe are moderately volatile
with intermediate condensation temperatures between 1250 and 1350 K (at 10−3

bar). While carbonaceous chondrites have constant Mg/Si ratios (Fig. 5.4, reflect-
ing a similar degree of depletion in Mg and Si in Fig. 5.3), ordinary and enstatite
chondrites show comparatively large variations in Mg/Si ratios (Fig. 5.4). This
is indicative of fractionation of forsterite (Mg-rich olivine). Forsterite is the first
Mg-silicate to condense and it has a Mg/Si ratio of two whereas the Solar Nebula
Mg/Si ratio is about one. Removal of early formed refractory forsterite will make
the residue Si richer (Larimer, 1979; Nagahara and Ozawa, 1996; Palme, 2001).
Similarly, the variable Al/Si ratios in Fig. 5.4 can be explained in terms of frac-
tionation of a refractory component such as that represented by CAIs, i.e. removal
of such material from enstatite or ordinary chondrite precursors, or addition to
carbonaceous chondrites.

The variable Fe/Si ratios in chondrite groups in Fig. 5.2, where meteorites plot
on lines parallel to the line designated “Solar total Fe”, may also be volatility
related, however, incomplete sampling of condensed metal may also be achieved by
other fractionation mechanisms in the early Solar Nebula, e.g. involving magnetic
fields.

5.4.4 Oxygen isotopes

One of the most fundamental parameters in classifying chondritic meteorites is
the oxygen isotopic composition (Clayton, 1993) as shown in Fig. 5.5 (prepared
using METBASE 2004 data). The 18O/16O and 17O/18O ratios are given as permil
deviations (using the delta notation δ18O and δ17O) from the standard composition
of standard mean ocean water (SMOW). The terrestrial fractionation line (TFL)
serves as a reference line: terrestrial samples (with very few exceptions, e.g.
stratospheric ozone) have oxygen isotope compositions that plot along this line
with a slope of about 0.5, a result of mass-dependent fractionations which oc-
cur during physical processes such as evaporation or condensation. Variations in
18O/16O ratios are twice those of 17O/18O ratios, corresponding to the atomic-mass
differences.

Several meteorite groups plot on fractionation lines parallel to the TFL (Fig.
5.5), indicating similar fractionation processes but different initial oxygen isotopic
compositions. Compared to ordinary and enstatite chondrites with a limited range
of oxygen isotopes, carbonaceous chondrites show a significantly larger range and
variations are not restricted to lines with slope 0.5. The high variability is partly
due to the presence of water, which reacted with anhydrous (water-free) phases



The origin of solids in the early Solar System 75

of chondrites (Franchi et al., 2001; Young, 2001), a peculiar 16O enrichment of
refractory phases, and the highly unequilibrated (i.e. chemically heterogeneous)
character of most carbonaceous chondrites. The likely initial composition before
aqueous alteration plots on the line connecting CAI-like composition and ordinary
chondrites (gray line in Fig. 5.5). This line has a slope of one and indicates the
addition of a component with pure 16O hosted by refractory phases. The origin of
this 16O-component is presently not understood (see Franchi et al., 2001).

In summary, it appears that on a larger scale oxygen isotopes are much more uni-
form than on a local scale: large objects, such as the Earth, the Moon and Mars show
comparatively small variations in oxygen isotopes very close to the terrestrial frac-
tionation line. Smaller planetesimals such as parent bodies of ordinary chondrites
and carbonaceous chondrites have larger variations, and individual components of
unequilibrated meteorites have the largest variations in oxygen isotopes.

The total variations in the oxygen isotopic composition of components in the CM
chondrite Murchison varies from δ17O = −41.07 for spinel to δ17O = +16.67 for
calcite (Clayton and Mayeda, 1984) and thus exceeds by far the variations in bulk
meteorites (compare with Fig. 5.5). Gas–solid exchange reactions of individual
meteoritic components are considered to be essential in establishing the varia-
tions in oxygen isotopic compositions in meteorites and components of meteorites
(Clayton, 1993). The exact origin of the various oxygen isotopic components is still
unclear, particularly the origin of the 16O-rich component in refractory components.
However, the association of this component with refractory material that formed
within the Solar System (e.g. CAIs), or the correlation with oxidation state in or-
dinary and enstatite chondrites – i.e. a property established in the Solar System –
leads most researchers to the conclusion that the 16O-rich component also originated
in our Solar System, and that it is not an inherited presolar component.

5.5 Isotopic homogeneity of Solar-System materials

Although the oxygen isotopic composition of Solar-System objects is heteroge-
neous, with percent variations on small spatial scales, and permil variations on a
planetary scale, this variation is the exception rather than the rule, probably related
to the fact that the major fraction of oxygen in the inner Solar System is gaseous –
even the most volatile rich meteorite Orgueil (CI-type) contains only about half
of the Solar oxygen endowment. Indeed, most elements have within 0.01% the
same isotopic composition in samples from Earth, Moon, Mars and more than 100
different meteorite parent bodies. Examples are isotopic compositions of K (Hu-
mayun and Clayton, 1995) and Si, but also elements that are used for chronology,
such as Sr and Nd (Palme, 2001). This indicates that Solar-System materials were
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in general well mixed or chemically homogenized before or at formation of the
Solar System, and that heterogeneities (e.g. variations of refractory and volatile el-
ement proportions, or oxygen isotopes) were established in the early Solar System
itself.

Isotopic homogeneity as a dominant feature of Solar-System materials appears
somewhat surprising when considering the fact that the condensable matter con-
sisting of heavy nuclei were contributed by very different stellar sources feeding
the interstellar medium. In the following subsection we discuss that such hetero-
geneities do indeed exist – in very rare cases and on a very small spatial scale –
but that these are unlikely to influence bulk compositions, even on a μm or ng
scale.

5.5.1 Heterogeneity inherited from the interstellar medium: restricted
to rare individual grains

One possibility for variable chondrite compositions is heterogeneity inherited from
the interstellar medium: tiny μm-sized grains of silicon carbide, graphite, corun-
dum, spinel, and nm-sized diamond grains with strong isotope anomalies occur in
all groups of chondritic meteorites and were recovered as residues after acid treat-
ment (Anders and Zinner, 1993; Huss and Lewis, 1995; Hoppe and Zinner, 2000;
Ott, 2001; Nittler, 2003). These presolar grains condensed in stellar outflows, e.g.
in asymptotic giant branch (AGB) stars or supernovae, and their extremely vari-
able isotopic signatures are used to constrain nucleosynthetic processes of their
parental stars. Recently, silicate grains of interstellar origin have also been found in
meteorites (Nguyen and Zinner, 2004) and also in interplanetary dust particles of
presumed cometary origin (Messenger et al., 2003). These grains survived destruc-
tive processes in the interstellar medium (e.g. supernova shock waves) or in the
early Solar Nebula; thermal processing like evaporation or annealing before plan-
etesimal formation, or thermal and aqueous alteration on parent bodies. However,
isotope anomalies from these grains are not expected to show up in chondrite bulk
compositions, as large interstellar grains are rare and most of the recovered grains
are tiny: large grains, e.g. 10 μm-sized silicon carbide grains, have abundances
as low as ≈14 ppm (Ott, 2001). Smaller, several 100 nm-sized, silicate subgrains
within interplanetary dust particles of cometary origin – with large anomalies in
the oxygen isotopic composition – have abundances between 450 and 5500 ppm
(Floss and Stadermann, 2004; Messenger et al., 2003), silicates in very primitive
meteorite matrices (Nguyen et al., 2004) have an abundance of ≈40 ppm. A fur-
ther significant fraction of such small silicate subgrains may also have preserved
smaller (not yet detectable) isotope anomalies inherited from their stellar sources.
However, it is possible that isotopic homogenization of most interstellar medium
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(ISM) grains was achieved by grain destruction and recondensation or other pro-
cesses in the interstellar medium (Jones, 2001). In any case, isotopic homogeneity
on a μm scale was achieved for most Solar-System materials: typical sample sizes
for precise isotopic analyses require material of – at least – an aggregate of 30 μm
in size, corresponding to 3×10−5 mg, and consisting of 27 000 grains of 1 μm size
or 27 000 000 grains of 100 nm size. Consequently, anomalies in elemental or iso-
topic composition inherited from the interstellar medium are quite unlikely to cause
measurable variations of bulk compositions when presently available techniques
are applied.

5.5.2 Heterogeneous or homogeneous distribution of short-lived
nuclides: mixed evidence

A remarkable discovery was the finding of the decay products of short-lived ra-
dioactive nuclides in meteorites. After the first demonstration of excess 129Xe from
129I (half-life, T1/2 = 16 Myr) in stone meteorites (Jeffery and Reynolds, 1961) and
excess 26Mg from 26Al (T1/2 = 0.73 Myr) in CAIs (Lee et al., 1976), several other
short-lived radioactive nuclei were identified by the analysis of isotopes of their
daughter nuclides: 53Mn → 53Cr, T1/2 = 3.7 Myr (Birck and Allègre, 1985), 60Fe
→ 60Ni, T1/2 = 1.5 Myr (Shukolyukov and Lugmair, 1993; Tachibana and Huss,
2003), 10Be → 10B, T1/2 = 1.5 Myr (McKeegan et al., 2000). Due to their short
half-lives, their nucleosynthesis must have taken place shortly before incorporation
into the Solar System. Either they were injected into the early Solar System by
ejection from nearby stars, e.g. from the local cluster or the region where the Sun
formed (Wasserburg et al., 1998; Boss and Vanhala, 2001; Hartmann, 2001) or
they were produced by strong Solar proton irradiation of solid matter close to the
early Sun (Lee et al., 1998), or both. In the first case they were probably uniformly
distributed as they participated in the elemental and isotopic homogenization of
the bulk Solar-System materials. In the second case their abundance should have
varied with distance from the Sun. Such a non-uniform distribution would preclude
nuclei such as 26Al being used for chronology (see below). Some isotopes such as
10Be are probably produced by nuclear reactions induced by Solar-particle radia-
tion, implying heterogenous distribution, others like, for example, 60Fe can only
be produced in sufficient abundance by nucleosynthetic processes in a supernova
(Wasserburg et al., 1998; Lee et al., 1998; Russell et al., 2001). It is now generally
assumed that 26Al was homogeneously distributed within the early Solar System:
firstly, the good agreement of the 26Al–26Mg chronometer with absolute U–Pb–Pb
ages in different types of meteorites requires homogeneous distribution (Amelin
et al., 2002; Zinner and Göpel, 2002); second, 26Al is abundant in the interstellar
medium fed by evolved stars’ outflows (Knödlseder et al., 2002).
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5.6 Dating accretion, heating, and cooling of planetesimals

Although the majority of the meteoritic mass collected on Earth is from undiffer-
entiated parent asteroids, a comparatively large fraction of meteorites come from
small bodies that suffered melting and differentiation in a similar fashion as the
larger terrestrial planets (Papike, 1998; Lugmair and Galer, 1992): various classes
of iron meteorites and basaltic meteorites, partial melts from the interior of small
planetesimals (hence the term basaltic achondrites). Apparently, heating that trig-
gered differentiation did not only occur on large terrestrial planets, but also on
some small asteroids. However, whereas heating and subsequent melting of the
larger terrestrial planets was caused by large collisions in the final stages of plane-
tary accretion, small planetesimals were heated by the decay of 26Al and/or 60Fe, as
discussed by Lee et al. (1976), Miyamoto et al. (1981), Wood and Pellas (1991), and
Trieloff et al. (2003). The effects of heating were not only seen in rare differentiated
meteorites, but also in chondritic meteorites where heating has led to the equilibra-
tion of texture and minerals (Dodd, 1969). These effects (e.g. uniformity of mineral
compositions, size of secondary minerals, visibility of primary chondrules, etc.) are
quantified by the petrologic type ranging from 1 to 6 (see Table 5.1; van Schmus
and Wood, 1967): the higher the number the higher the maximum metamorphic
temperature. Most carbonaceous chondrites are of petrologic type between 1 and
3 – type 1 experienced the mildest heating, but it suffered the highest degree of
aqueous alteration. Ordinary chondrites were metamorphosed more strongly, up to
type 6. Further heating would lead to melting. Members of all three groups (H,
L, LL, representing three different parent bodies) were heated to variable degrees,
between petrologic types 3 and 6: for example, an H4 chondrite that still displays
recognizable primary textures like matrix and chondrules was heated up to max-
imum temperatures of ≈970 K. An H6 chondrite was heated up to ≈1220 K, so
that primary textures were erased and replaced by ≈100 μm-sized recrystallized
secondary minerals (e.g. feldspar and phosphates that can be used for radiometric
dating, see below).

Fig. 5.6 shows model calculations for an ordinary chondrite parent body as-
suming internal heating by 26Al decay (Trieloff et al., 2003). A layered structure
with increasing temperature versus the center of the planetesimal is obtained. The
right panel in Fig. 5.6 shows cooling curves calculated after a model by Miyamoto
et al. (1981) for an asteroid of 100 km radius: the initial 26Al/27Al ratio cho-
sen is sufficiently low to avoid melting and achieve the maximum metamorphic
temperatures in the central regions of the parent planet that are required for re-
producing heating effects in type 6 chondrites. The corresponding 26Al/27Al ratio
is about one order of magnitude lower than that found in CAIs from carbona-
ceous chondrites (26Al/27Al = 5 × 10−5; Lee et al., 1976). Thus the H-chondrite
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Fig. 5.6. Ordinary-chondrite parent bodies were heated more strongly (up to 1220
K) than carbonaceous chondrites, and only a small fraction escaped severe heating
due to rapid cooling at shallow layers (types 3 and 4). Cooling curves determined
for a number of unshocked chondrites with undisturbed radiometric record of
the early history are key evidence to demonstrate cooling in such an onion-skin-
layered parent asteroid, whereby strongly heated central regions cooled about
150 Myr longer than more shallow layers. Curves were calculated assuming an
asteroid with 100 km radius. Numbers correspond to depths in km (after Trieloff
et al., 2003).

parent body would have accreted ≈2 Myr after CAIs. Earlier accretion would
have led to melting with subsequent differentiation, in later accretion heating ef-
fects would have been insufficient to cause the temperature increase required to
produce the thermal metamorphism typical of ordinary chondrites of petrologic
type 6.

The calculated heating and cooling curves in Fig. 5.6 can be tested by radionu-
clide chronometry: The data points in Fig. 5.6 are radiometric ages obtained by
various chronometers: U–Pb–Pb (Göpel et al., 1994), 40K–40Ar and 244Pu fission
tracks (Trieloff et al., 2003). Here it is important to mention a basic principle of
radionuclide chronometry, the concept of cooling ages. A radiometric age does not
necessarily correspond to the point of time when the rock crystallized from the melt –
it rather reflects the time when the temperature reached the closure temperature
where diffusive equilibration of daughter isotopes from radioactive nuclei becomes
ineffective and the radiometric clock is started. For example, the U–Pb–Pb age of
the phosphate mineral apatite defines the time when the temperature reached about
720 K (Cherniak et al., 1991), and diffusion of Pb in apatite ceased and the ex-
change of Pb isotopes with neighboring minerals stopped (i.e. did not equilibrate).
The corresponding temperature for the K–Ar system in chondritic feldspar is 550 K
(Trieloff et al., 2003; Pellas et al., 1997; Turner et al., 1978), when Ar could no
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more diffuse out of individual feldspar grains and was thus quantitatively retained
by this mineral. It should be noted that closure temperatures additionally depend
on mineral grain size and cooling rates, and the above values are typical values for
equilibrated ordinary chondrites.

Two major conclusions can be derived from the data in Fig. 5.6: first, the data
clearly suggest that parent-body heating in the early Solar System was caused by
26Al heating (Trieloff et al., 2003). Nevertheless, minor contributions from other
sources appear possible, e.g. 60Fe or accretional heating involving porous rocks
(Kunihiro et al., 2004); second, it can be recognized that many radiometric ages
do not date the time of solid formation or accretion, but define extended cooling
histories in asteroid-sized parent bodies.

5.7 A timescale of early Solar-System events

Fig. 5.7 shows the timescale of the first few Myr in the early Solar System, based on
precise U–Pb–Pb ages, combined with ages based on short-lived nuclide chronome-
tries2 (26Al–26Mg, 129I–129Xe, 53Mn–53Cr) – short-lived nuclides such as 26Al can
be used for radiometric dating (if homogeneous distribution in the early Solar Sys-
tem is assumed, see above), and due to their short half-life the time-resolution
of these systems is better than for long-lived chronometers (Gilmour and Saxton,
2001). Age data are shown for Allende CAIs, chondrules (Amelin et al., 2002), and
metamorphic minerals (phosphates and feldspars) of the H4 chondrites Forest Vale
and St. Marguerite (Göpel et al., 1994; Zinner and Göpel, 2002). These objects and
minerals cooled fast (within <1 Myr), allowing comparison of U–Pb–Pb ages and
26Al–26Mg, 129I–129Xe, and 53Mn–53Cr ages neglecting closure temperatures. The
26Al–26Mg, 129I–129Xe (Brazzle et al., 1999), and 53Mn–53Cr ages (Lugmair and
Shukolyukov, 1998; Polnau and Lugmair, 2001) are normalized using a variety of
tie points (also plotted in part in Fig. 5.7), similar to a recent approach by Gilmour
et al. (2004); for details see footnote. The timescales give coherent results, in-
dicating that 26Al, 129I and 53Mn were indeed distributed homogeneously in the
early Solar System (or in the particular region where these samples come from)
and that they can be used as chronometers. The data in Fig. 5.7 show that CAIs

2 Short-lived nuclide chronometries were calibrated by least square fitting time scales with different tie points (not
single tie points for each scale, as often done previously): Forest Vale (FV), St. Marguerite (SM), Richardton
(RI), Kernouve (KER), Acapulco (ACA) and LEW86010 (LEW). First, the optimum calibrations of Mn–Cr
versus Pb–Pb (using SM, FV, RI, ACA, LEW), I–Xe versus Pb–Pb (using SM, KER, RI, ACA) and Mn–Cr
versus I–Xe (SM, RI, ACA) were evaluated. The final calibration was performed by choosing one consistent
parameter set for all three systems for which the deviation from these optimum calibrations was minimized. This
led to absolute ages of 4562.5 Myr for I–Xe of Shallowater enstatite and 4556.6 Myr for Mn–Cr of LEW86010
(53Mn/55Mn = 1.25 × 10−6). Al–Mg versus Pb–Pb (using CAIs, FV, SM) yielded 4567.6 Myr for Al–Mg of
CAIs (26Al/27Al = 5 × 10−5). Contrary to Gilmour et al. (2004) we did not use oldest chondrules as tie points,
taking into account the variation of chondrule ages.
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Fig. 5.7. Timescale of events in the early Solar System derived from the meteoritic
record. Calcium-aluminium-rich inclusion (CAIs) formation was followed by se-
quential planetesimal accretion in distinct zones within <4 Myr. Planetesimals
that accreted within <2 Myr after CAIs incorporated 26Al sufficient for intense
heating, melting and differentiation. Undifferentiated chondritic parent bodies ac-
creted subsequently, as indicated by experimentally determined initial average
26Al abundances in chondrules (of LL ordinary and CO carbonaceous chondrites)
that correspond to the observed degree of heating of their parent bodies. In each
zone local chondrule formation and subsequent planetesimal formation occurred
rapidly (<1 Myr), although a minor proportion of older chondrules may have been
incorporated as well. Pb–Pb and other short-lived nuclide-based ages are shown
for some key samples, including metamorphic minerals in H chondrites that reflect
extended cooling in the parent asteroid.
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are the oldest dated solids, followed by chondrules about 2 Myr later, with chon-
drules from ordinary chondrites (type LL chondrites, 26Al/27Al = 7.4 × 10−6; Kita
et al., 2000) slightly older than those of carbonaceous (CO) chondrites (26Al/27Al =
(3.8 ± 0.7) × 10−6; Kunihiro et al., 2004). However, also note that chondrules from
CV Allende (not plotted here) have a larger spread in ages (Bizzarro et al., 2004).
While chondrules must have formed as individual melt droplets in space, meta-
morphic minerals (phosphates and feldspars) of St. Marguerite and Forest Vale
require parent-body accretion, heating and cooling within 2–3 Myr after chondrule
formation. Such a short time can only be achieved by 26Al heating, if parent-body
accretion followed chondrule formation almost instantaneously.

Such a scenario is independently required by the chemical complementarity be-
tween chondrules and matrix mentioned above (Klerner and Palme, 2000; Klerner,
2001). Rapid parent-body accretion after chondrule formation is furthermore de-
manded by (or consistent with) the fact that the time of chondrule formation corre-
sponds to exactly the time when 26Al had the appropriate abundance for providing
the heat required to produce the observed maximum metamorphic temperatures for
both ordinary and carbonaceous chondrites. The 26Al model ages derived from the
metamorphic temperatures are shown as a separate time scale in Fig. 5.7 (calcula-
tions after Miyamoto et al., 1981, for a 100 km radius asteroid, using parameters
after LaTourrette and Wasserburg, 1998; Young, 2001, obtained consistent ages for
carbonaceous chondrites).

The consistent timescales suggest that parent bodies of ordinary chondrites ac-
creted slightly earlier and experienced correspondingly higher temperatures than
those of carbonaceous chondrites. It furthermore implies that chondrule formation
was strongly related in time and space to accretion in the respective radial zones or –
in other words – conditions in certain nebular regions were appropriate for chondrule
formation and accretion. Furthermore, this scenario quite naturally explains the ap-
parent strange 2 Myr age “gap” between CAI and chondrule formation (Russell
et al., 1996; Kita et al., 2000; Gilmour and Saxton, 2001; Amelin et al., 2002):
planetesimals that accreted earlier than chondritic parent bodies incorporated cor-
respondingly large amounts of 26Al and inevitably differentiated. This conclusion
is supported by recent analyses of differentiated meteorites. Radiogenic 182W (see
below) in Fe meteorites led Kleine et al. (2005) to the conclusion that iron mete-
orites are older than chondritic parent bodies. Crust formation on basaltic achondrite
parent bodies <3 Myr after CAIs is implied by 26Al–26Mg dating (Bizzarro et al.,
2005). These early planetesimals may have contained chondrules, but because they
suffered complete melting, evidence for chondrules is erased. It should be noted that
this scenario does not exclude that some chondrules are as old as Allende CAIs,
as found by Bizzarro et al. (2004) – it rather confirms that chondrule-forming
processes were active since CAI formation, but that most older chondrules had
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been consumed in earlier-formed planetesimals that experienced melting because
of higher 26Al contents.

However, it should also be cautioned that this scenario needs further, independent
evidence. For example, some Fe meteorites have younger ages than chondrules
(Kleine et al., 2005). In addition, recent studies of chondrules from CO chondrites
yielded 26Al/27Al ages as high as chondrule ages from LL chondrites, depending
on chondrule type (Kita et al., 2004) and a significant fraction of chondrules from
the CV chondrite Allende display ages similar to CAIs (Bizzarro et al., 2004).
Radiometric ages may not date chondrule formation in all cases: for example, ages
could have been reset later during parent, body metamorphism, as, for example,
observed for the I–Xe system (Gilmour and Saxton, 2001; Brazzle et al., 1999), or
they could date the age of an older precursor protolith rather than the chondrule-
forming process, e.g. if Mg isotopes are determined in whole chondrules rather
than in chondrule minerals (Bizzarro et al., 2004).

5.8 Formation of terrestrial planets

In model calculations for the accretion of the terrestrial planets (Wetherill and
Stewart, 1993; Kokubo and Ida, 2000), planetary embryos form by gravitational
“cleaning” of the planetesimals feeding zones (“runaway growth”). This is achieved
within one million yr. In a second step that takes 10 to 100 million yr gravitational
scattering and random collisions lead to the formation of the five terrestrial planets
(including the Moon). From a cosmochemical viewpoint it is not a trivial task to
constrain the formation time interval of the large terrestrial planets. Although we
have rocks from Earth and Mars (and the Moon), large planets are – contrary to
small asteroids – “geologically active” for a much longer period of time than re-
quired for accretion, implying continuous cycles of rock destruction and formation.
For example, large-scale mantle convection on Earth produces new oceanic crust at
diverging plate boundaries, while old oceanic crust (always younger than 200 Myr)
is continuously recycled back into the mantle by subduction at converging plate
boundaries. The oldest rock units of the continental crust are 3.8 Gyr old; only
few relict mineral grains (found in younger rock units) record ages of up to
4.4 billion years (Wilde et al., 2001), still 150–200 Myr after the formation of
the Solar System.

As there are no terrestrial rocks that survived early processing during plane-
tary formation and early planetary differentiation, radiometric ages are used to
date formation of the Fe–Ni core and the proto-(silicate) mantle. In this way, Pb
isotopes have been used to determine an age of the Earth since the mid-1950s
yielding typically values of 4450±50 Myr (Allègre et al., 1995). Recently, the de-
cay of 182Hf (half-life: 9 Myr) to 182W (Halliday et al., 2001) was used to infer,
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from measurements of meteorites, terrestrial rocks and Martian meteorites, times
to complete core formation within 33 Myr for Earth and 13 Myr for Mars (Kleine
et al., 2002). Assuming an exponentially decreasing rate of accretion, 63% of the
planetary masses could have been present at 10–12 Myr and 2–4 Myr, respectively
(Yin et al., 2002). These results agree with dynamic timescales of terrestrial planet
formation (Wetherill and Stewart, 1993; Kokubo and Ida, 2000).

5.9 Disk dissipation, Jupiter formation and gas–solid fractionation

Up to this point, we have reviewed basic isotopic and chemical properties of chon-
dritic parent bodies, and the timescales of hierarchical growth from small aggre-
gates like CAIs and chondrules to km-sized planetesimals, and finally the growth of
the terrestrial planets by collisions of planetary embryos. We have concluded that
both differentiated and undifferentiated (chondritic) asteroid-sized planetesimals
formed within the first 4 Myr of the Solar System. This agrees well with average
lifetimes of protoplanetary disks observed by astronomers on the basis of excess
infrared radiation from fine dust (Haisch et al., 2001): at 3 Myr after formation of
the protostar, 50% of young stellar objects display a dust disk. Indeed, the striking
agreement of the two values may simply indicate that the disappearance of fine
dust is caused by coagulation and planetesimal formation (Throop et al., 2001;
see also Chapter 7 by Henning et al. and Chapter 6 by Wurm and Blum). Such a
fast accretion of planetesimals also implies the early presence of potential building
blocks for terrestrial planets. Hence, although final assembling of large terrestrial
planets lasts significantly longer than the commonly inferred disk lifetimes of a
few Myr, terrestrial planets can well be expected in extrasolar planetary systems,
because their building blocks – be these chondritic or differentiated planetesimals –
are present within a few Myr.

Furthermore, constraints on the timescale of Jupiter formation may be obtained
here: if Jupiter inhibited planet formation in the early asteroid belt, it should have
been present before asteroids accreted to a larger planet with, for example, the size of
Mars, that accreted a significant mass fraction within a few Myr (Kleine et al., 2002;
Yin et al., 2002). A further important constraint on the time of Jupiter formation
is dissipation of the gaseous disk, as Jupiter must have grown in the presence of
nebular hydrogen-dominated gas, whether this occurred “bottom up” (see Chapter
10 by Hubickyj) or “top down” (Boss, 1997, see also Chapter 12; Mayer et al.,
2002). However, in this case we may not directly use disk lifetimes inferred from
infrared excess observations, as the disappearance of fine dust may just be caused
by coagulation. The gas itself may stay significantly longer in protoplanetary disks.
Direct astronomical observations of the gas (CO, H2) are intrinsically difficult and
are rarely done. Presently lifetimes of nebular gas clouds are not well constrained
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and they may be somewhat longer than those of the dust component by a few tens
of Myr (Briceño et al., 2001; Thi et al., 2001). However, Briceño et al. (2001)
also looked for H-alpha emission which is a signature of gas accretion onto the
protostar and found that it was correlated with the infrared excess from dust grains.
This can be interpreted as disappearance of disk gas in the inner disks within a few
Myr. Another essential point in such discussions are observations of extrasolar giant
planets very close to their parent stars: while migrations via planet–disk interactions
can be modelled (see Chapter 14 by Masset and Kley), it is not clear what stops
these planets from migrating into the star – inner disk gas dispersal would be an
obvious solution for this problem.

Cosmochemical constraints on disk gas dissipation in the early Solar System can
potentially be derived from irradiation effects recorded by meteoritic matter, e.g.
Solar-wind ions implanted into early planetesimal surfaces, because Solar-wind
implantation requires irradiation settings that are not shielded by gas (or fine dust).
Many meteorites (so-called regolith breccias) contain a record of exposure on as-
teroid surfaces by, for example, the presence of noble gases (He, Ne) implanted as
Solar-wind ions, with a characteristic isotopic composition. However, it is difficult
to decide if very early irradiation records exist, e.g. if Solar-type noble gases were
implanted by a Solar wind in the early Solar System when small bodies accreted to
asteroid-sized objects, rather than during late stages when asteroids were progres-
sively fragmented into smaller objects. Trieloff et al. (2000, 2002) demonstrated
that the Earth contains Solar-wind implanted noble gases, possibly implanted on
the surface of small precursor planetesimals (<1 km). Evidence from meteorites
indicates that m-sized planetesimals were irradiated very early by the Solar wind
(Goswami and Lal, 1979; Goswami and McDougall, 1983; Nakamura et al., 1999).
At this time dust grains in the nebula must have aggregated to larger objects to allow
penetration of Solar radiation. This result would imply irradiation of matter at least
in some meteorite-forming regions and the inner Solar System where the terrestrial
planets formed. If irradiation took place in the midplane of the Solar Nebula (and
not off-disk, e.g. into single grains settling later to the midplane) this would mean
that gas in the inner disk was dissipated over a timescale of <4 Myr, and also sets
a tight constraint for Jupiter formation.

Another independent observation that could indicate progressive gas disper-
sal when meteorite parent bodies were assembled is the fact that chondrules and
also CAIs formed under much more oxidizing conditions than would be expected
from typical gas/dust ratios in protoplanetary disks (of about 100). Many observa-
tions, such as the existence of melts, and FeO-bearing oxidized silicates imply that
gas/dust ratios were enhanced by a factor of 1000, although it is not clear if this
was due to locally enhanced dust/gas ratios or the general depletion or loss of gas
from the disk.
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An important aspect of disk dissipation is the potential of this process to frac-
tionate gas from solids, and to produce the observed fractionations of refractory and
volatile components. Remarkably, the sequence CI–CM–CV which is a sequence
of increasing volatile depletion (Fig. 5.3; Palme, 2001) is also a sequence of in-
creasing proportions of Solar-wind-implanted Ne, indicating a possible causal link
between disk clearing, gas-solid fractionation by loss of volatiles, and Solar-wind
implantation (Trieloff et al., 2002). Direct radiometric dating of disk dissipation
may be possible by interpreting the 53Mn–53Cr system of carbonaceous chondrites
and the Earth as fractionation of volatile Mn and refractory Cr in the inner Solar
System a few Myr after CAI formation (Palme, 2001; Halliday et al., 2001). How-
ever, it remains to be clarified if reasons other than loss of disk gas can be excluded
as fractionation mechanisms. For example, condensed refractory components may
also be removed, if early formed solids decouple from the gas and spiral into the
Sun.

5.10 Summary

Here we summarize the origin of first solids and the growth of planetary bodies in
our Solar System from a geo-scientific point of view, and within the astrophysical
context of star and planet formation:

(1) Star formation starts with the collapse of an interstellar cloud of gas and dust (≈1%
per mass). This cloud contains mainly sub-μm-sized grains, partly from evolved stars
with significant mass outflows (Gail, 2003), supernovae and other sources. Grains of
silicon carbide and graphite, or oxides and silicates, carry distinct isotopic fingerprints
inherited from the corresponding nucleosynthetic processes (Hoppe and Zinner, 2000;
Ott, 2001; Nittler, 2003). An unknown – probably large – fraction of these grains may
have been reprocessed (evaporated, condensed) during hundreds of Myrs residence time
in the interstellar medium (Jones, 2001). In any case, even if a considerable fraction of
grains is unprocessed and isotopically anomalous (which remains to be investigated with
improved nano-SIMS techniques), any volume of dust (and gas) with a sufficiently large
number of grains will contain very close-to-cosmic (or Solar) elemental and isotopic
abundance ratios.

(2) From the collapsing and increasingly dense cloud, fragments – with several times the
mass of our Sun – may separate and become rapidly evolving stars. Such an environ-
ment is observed in the Orion nebula; another star-forming region with mainly Solar-like
stars is the Auriga nebula. Intermediate-mass and mass-rich evolved stars emit intense
stellar winds – followed by a supernova explosion in the case of mass-rich stars –
ejecting freshly synthesized elements, including significant amounts of short-lived nu-
clides like 26Al, 53Mn, 60Fe, 129I and 182Hf. Fragments do not collapse simultaneously
(e.g. Hartmann, 2001) so short-lived nuclides ejected from one star may contaminate
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infant protoplanetary disks, stellar winds from evolved stars may even trigger the col-
lapse of low-mass cloud fragments, or initiate the dissipation of gas in protoplanetary
disks.

(3) Radial mixing in protoplanetary disks (see Chapter 4 by Klahr et al.) like the early
Solar System is effective, as evidenced by the presence of crystalline silicates (that
originated close to the early Sun) in comets (Wooden et al., 2000; Wehrstedt and Gail,
2002; Messenger et al., 2003). Hence – with the exception of rare, large interstellar
grains – any presolar heterogeneity is erased on the μg level of dust or less, and does
not show up in bulk compositions. A considerable fraction of interstellar grains will be
processed in the outer parts of the disk by annealing of amorphous grains, grain growth
to larger grains, chemical equilibration and/or differentiation via intragrain diffusion,
or, in the inner disk, by evaporation and condensation. Hence, large-scale heterogene-
ity of solids is mainly caused by physical conditions imposed by the central protostar,
and grain compositions or – more generally – the distribution of elements between
solids and gas is governed by their volatility (Allègre et al., 2001; Palme, 2001). Vary-
ing proportions of the major components with different condensation temperatures –
metal, enstatite, refractory forsterite and Ca-Al-rich compounds (the latter enriched in
16O) – will ultimately lead to the observed chondrite groups. For example, modeling the
dust component in protoplanetary disks including radial mixing processes (Gail, 2004)
predicts different forsterite and enstatite abundances at different radial distances to the
Sun. When the gas phase is removed, such large-scale heterogeneities will be preserved
in the solid components and (later) in planetary compositions.

(4) Coagulation of dust (Wurm and Blum, Chapter 6; Blum et al., 2000; Henning et al.,
Chapter 7) and formation of mm- and cm-sized objects like CAIs and chondrules occur
very rapidly, within 0.1 Myr (Bizzarro et al., 2004), at least in certain regions of the
protoplanetary disk, but in other regions planetesimal formation is not as fast. Appar-
ently, formation of these objects may occur in dust-enriched regions under relatively
oxidizing conditions, with dust/gas ratios enhanced by a factor of 1000 compared to
Solar or cosmic ratios (= 1:100). Calcium-aluminium-rich inclusions formed by con-
densation or, as some researchers assume, as evaporation residues. In any case, high
temperatures and relatively fast cooling rates are required. On the other hand, refractory
forsterite grains present in all types of chondritic meteorites (Pack et al., 2004) reflect
reducing conditions as expected from standard models of the Solar Nebula. Refractory
material is involved in processes capable of enriching 16O, possibly gas–solid exchange
reactions at high temperatures (Clayton, 1993; Franchi et al., 2001). Hence, the distinct
proportions of refractory material in chondritic parent bodies can explain part of their
variations in bulk compositions.

(5) A minor proportion of material irradiated close to the Sun by high-energy particle
radiation may suffer nuclear reactions producing short-lived radionuclei that lead to
isotope anomalies (Lee et al., 1998; Russell et al., 2001). Other solids may suffer
low-energy irradiation resulting in Solar-wind ion implantation. Such material may be
irradiated either off-disk as single grains (before midplane sedimentation) or in small
planetesimals (after gas dissipation). Solar-wind implanted ions are found in meteorites
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(Goswami and MacDougall, 1983; Nakamura et al., 1999) and the interiors of terrestrial
planets as Solar He and Ne (Trieloff et al., 2000, 2002).

(6) Formation of chondrules and aggregation of chondrules and matrix to larger objects
leading to planetesimals of up to 100 km in size occurred rapidly in individual radial
zones, as suggested by chemical complementarity of matrix and chondrules (Klerner
and Palme, 2000), and the similar 26Al contents (= 26Al–26Mg ages) of chondrules and
their chondritic parent bodies: ordinary chondrite parent bodies that were heated – by
decay heat of 26Al – to higher metamorphic temperatures than carbonaceous chondrites
(1220 K versus 870 K) should have had initial 26Al concentrations a factor of two
higher, which is supported by measured 26Al concentrations in LL and CO chondrules
(Kita et al., 2000; Kunihiro et al., 2004). The observation that most chondrules are
2–4 Myr younger than CAIs can be easily explained in such a scenario, because the
first-formed chondrules were mostly consumed in parent bodies that accreted with high
26Al. These bodies, however, became molten and differentiated (yielding iron meteorites
and basaltic achondrites), and hence could not preserve chondrules. There is no need for
a mechanism to produce chondrules exclusively 2–4 Myrs later than CAIs. This model
agrees with recent chronological studies that some chondrules (Bizzarro et al., 2004),
some iron meteorites (Kleine et al., 2005) and basaltic achondrites (Bizzarro et al.,
2005) are nearly as old as CAIs. There are no conflicts with the short dynamic lifetimes
of small objects in the Solar Nebula (Weidenschilling, 1977), as most chondrules are
formed and immediately consumed in fast-accreting planetesimals, thereby preserving
chemical complementarity, while CAIs in chondrites can be treated as independent
refractory components, which may well have been redistributed in the Solar System and
added (e.g. to CV chondrite regions) or lost (e.g. from E chondrite precursor material)
during the 2 Myr before formation of chondrite parent bodies.

(7) While the formation of most meteorite parent bodies occurred rapidly within 4 Myr
after CAI formation, cooling extended up to more than 100 Myr in the inner asteroid
regions, as evidenced by radiochronometry and cooling rates of highly metamorphosed
chondrites or Fe meteorites (Trieloff et al., 2003). Most radiometric ages are cooling
ages and not formation ages, thus short formation timescales can still be envisaged.

(8) The formation time interval of asteroid-sized planetesimals of <4 Myr is within the life-
time of most protoplanetary disks (Haisch et al., 2001). With such formation timescales,
building blocks of terrestrial planets can also be expected during the early evolution of
extrasolar systems, i.e. before dissipation. Hence, terrestrial planets can be considered
as likely in extrasolar systems. However, their final assembly most probably needs a
few tens of Myr, as indicated by core formation ages of Mars and Earth of 13 and
33 Myrs, respectively (Kleine et al., 2002). Late evolutionary stages also include giant
impacts like the postulated moon-forming impact on Earth (Benz et al., 1987), and will
stochastically produce large amounts of impact debris such as found in many young
debris disks.

Future geoscientific investigations will probably help to understand astronomi-
cal observations and improve astrophysical modeling of protoplanetary disks, e.g.
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details like the abundances and radial distributions of amorphous dust or crystalline
forsterite and enstatite, the growth of grains, grain aggregates and planetesimals,
and the evolution from gas-dominated disks to debris disks. Within the next decade,
combined geoscientific and astrophysical studies may allow us to place our Solar
System in context: we may be able to judge if planetary systems like ours are the
rule or exception.
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6.1 Introduction

Rather few facts can be considered as acceptable to all who are working in the field

of planet and planetesimal formation. Starting there, we will explore the possible

pathways as suggested by experiments. It is certainly undisputed that the regular

mode of planet formation is connected to protoplanetary disks. These disks consist

mostly of gas, which makes up about 99% of their mass. The remaining 1% resides

in the form of dust and – depending on the temperature – in the form of ice. As

terrestrial planets are mostly built from heavier elements it is natural to assume that

they are somehow assembled from the dust component in the disk.

Whatever model is placed between the dust and the planets, collisions between

the solid bodies are unavoidable. In fact a large part of the process of planet for-

mation can be based on collisions which can and (at least partly) will lead to the

formation of larger bodies.

In the following sections we will review experiments that have studied these col-

lisions and eventually put these results in a rough sketch of planetesimal formation.

It is sometimes argued that collisions of large bodies might be too energetic to lead

to the formation of a still larger body (Youdin and Shu, 2002). As described in this

chapter it is true that collisions can lead to erosion rather than growth. However,

we will show that this is not necessarily so for all collisions. We must also note

that experimental facts are still often ignored for the sake of simplicity in modeling

planetesimal formation. With all the results from the experiments during the last

one or two decades this simplification is no longer justified. It is quite clear that ob-

servations of protoplanetary disks, which rely on the particle distribution resulting

from the process of planet formation itself cannot be described properly otherwise.

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.
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In Section 6.2 we consider collisions between two dusty bodies at different

collision velocities (energies) without external forces. Section 6.3 deals with the

influence of electric charges. Section 6.4 includes the interaction of colliding par-

ticles with gas. In Section 6.5 we outline some perspective for future experiments

and Section 6.6 will put the experiments in the context of planetesimal formation.

6.2 Two-body collisions and the growth of aggregates in dust clouds

If two particles collide there is a number of different outcomes possible. Particles

might stick together at low collision energies if sufficient kinetic energy is dissipated

and surface forces are strong enough to keep the particles together. Collisions

between aggregates of particles might also result in adhesion but, in addition to

simple rebound, the possibility of structural changes must be considered. At larger

collision energies particles and aggregates can rebound from each other and, one

step further, might even be shattered. We do not consider collisions of still higher

impact energies which might evaporate part of the colliding bodies since this is

of no relevance for the first steps of planet formation, even though such impacts

might certainly be of importance for the larger protoplanets. With respect to this we

restrict ourselves to collisions relevant for the formation of km-sized objects which

are usually termed planetesimals. We note that the reader has to take care not to

confuse the different sizes and notions of the term particle as used throughout

this chapter. We hope it becomes clear from the context but we would like to

sensitize the reader to the problem that people talking about particle collisions in

the literature do not necessarily have the same things in mind. Overall the size of

the objects considered can vary from sub-μm to several km, and km-sized objects

can be considered to consist of smaller sub-units again down to the sub-μm size

range.

6.2.1 Hit-and-stick collisions

A strict classification of collisions is difficult to achieve since details depend on quite

a number of parameters, e.g. the morphology of the colliding bodies, the material,

the mass, the impact parameters, and the velocity of the impact. In this section we

review collision experiments which more or less result in perfect adhesion of the

colliding bodies at their contact. A basic question is: under which circumstances

two individual solid dust particles stick together or bounce off each other after a

collision? This is strongly correlated to the question of adhesion between two dust

particles.
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6.2.1.1 Measurements of adhesion forces

Which forces keep the dust grains together after a (gentle) collision? In the absence

of electrostatic charges on the particles (that are very unlikely to be present on

the grains in the beginning due to the shielding of ultraviolet and cosmic radiation

by an opaque protoplanetary disk), dipole–dipole interactions are considered to be

responsible for particle adhesion. For polar materials (e.g. water, ice) these forces

are caused by hydrogen bonding; for non-polar materials (e.g. silicates) van der

Waals forces are responsible for grain adhesion. Heim et al. (1999) experimentally

investigated the forces acting between perfectly smooth, spherical SiO2 grains with

radii between 0.5 μm and 2.5 μm. They found that the adhesion force is proportional

to the (reduced) particle diameter and that the constant of proportionality is close

to the bulk value of the surface energy of SiO2. Typical adhesion forces of μm-

sized SiO2 particles are ≈ 10−7 N. Water-ice particles of the same size should have

adhesion forces roughly one order of magnitude higher due to the higher surface

energy (Dominik and Tielens, 1997).

6.2.1.2 Dust–wall collisions

Collisions between single dust particles and flat targets in a broad velocity interval

were investigated by Poppe et al. (2000a). Particles were typically μm-sized and

consisting of a variety of materials, such as silica, enstatite, diamond, and silicon

carbide. Due to the mechanism of dust deagglomeration (Poppe et al., 1997), the

individual dust grains had velocities of up to ≈ 100 m s−1. The targets consisted of

polished quartz and silicon. Particle tracks before and after impact were visualized

by forward scattering of laser light and were recorded by a high-speed camera

attached to a long-distance microscope.

The results of Poppe et al. (2000a) showed that spherical particles behave differ-

ently from irregular ones. For the SiO2 spheres, a sharp adhesion threshold exists

below which particles almost always stick and above which they almost always

rebound after impact. This threshold velocity decreases for increasing particle size

and is typically 1 m s−1 for spheres with 1 μm radius. Irregular grains, however,

show a much flatter transition between adhesion and rebound so that they are better

described by an adhesion probability. Adhesion probabilities are typically as high

as 0.2–0.8 for impact velocities <∼ 100 m s−1.

6.2.1.3 Collisions between dust aggregates

As seen in the experiments by Poppe et al. (2000a) μm-sized dust particles colliding

at velocities much below 1 m s−1 will stick together. If collisions are gentle enough,

this instant adhesion at the contact point will also keep dust aggregates together

after a collision. By this process, larger aggregates can grow. Within the frame of a
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simple hit-and-stick mechanism different scenarios are possible. If a dust aggregate

(cluster) is placed in a reservoir of individual dust particles we get particle–cluster

aggregation (PCA). In this case near-spherical morphologies of the growing aggre-

gates result. This is due to the fact that small dust particles can penetrate through the

outer rim of the aggregates and fill in the larger gaps. While the resulting aggregates

are porous, their mass M still depends on the volume of the aggregate or M = ar3

with r and a being the size of the aggregate and a scaling constant depending on the

porosity P of the aggregate. With the bulk density ρ of the material, PCA bodies

have a = 4/3πρ(1 − P). Here, the porosity is the ratio of void volume to total vol-

ume within the aggregate and (1 − P) is the so-called volume-filling factor. Blum

(2004) showed that in the case of PCA the mass of the growing agglomerate can be

described as a power law in time (see Eq. 6.5) with a power index determined by

the mass dependence of the relative velocity between monomers and agglomerate.

Kozasa et al. (1992) showed that PCA agglomerates are quasi-spherical in shape

and have a volume-filling factor of 0.15, i.e. 15% of the agglomerate volume is

occupied by particles. Thus, the porosity of PCA aggregates is P = 0.85.

Blum and Schräpler (2004) have experimentally realized the so-called random

ballistic deposition (RBD) in which individual monomer grains are ballistically

deposited on an agglomerate in a hit-and-stick manner. Although the deposition

is unidirectional, the resulting agglomerate structure is morphologically similar to

the PCA growth. For RBD, the volume-filling factor is also 0.15 (Watson et al.,
1997). In the experiment of Blum and Schräpler (2004), individual monodisperse,

spherical SiO2 grains (particle radii 0.75 μm) were, after deagglomeration by a

cogwheel (Poppe et al., 1997), dispersed into a streaming rarefied gas and thereafter

deposited onto a gas-permeable substrate with velocities of typically ≈ 0.1 m s−1.

The deposition velocity was chosen to be so low that adhesion upon first contact (see

above) was realized. In that manner, layer upon layer of new particles were deposited

on each other. The forming agglomerates had diameters of 25 mm and thicknesses

of up to 10 mm (see Fig. 6.1). Analysis of the structure of the agglomerates showed

that the volume-filling factor was 0.15 ± 0.01, in agreement with the numerical

results. Deviation from the sphericity of the monomer grains resulted in a lower

volume-filling factor of ≈ 0.10 (for quasi- monodisperse diamond grains of 1–2 μm

diameter), and an additional polydispersity in the monomer sizes further decreased

the volume-filling factor to≈ 0.07 (for irregular SiO2 grains with diameters between

≈ 0.1 μm and ≈ 5 μm) (Blum, 2004).

The macroscopic RBD agglomerates are mechanically stable and can be used

for further experiments (e.g. tensile, and compressive strength, impact, or light-

scattering measurements).

While the growth via particle–cluster aggregation requires the existence of in-

dividual particles (and only a few larger aggregates) and an enhanced collision
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Fig. 6.1. Dust aggregates generated by random ballistic deposition. Seen in a, b,
and d are images (microscopic in d) of experimentally generated aggregates with
a volume-filling factor of 0.15. Seen in c is a Monte Carlo simulation giving the
same volume-filling factor. Taken from Blum and Schräpler (2004).

frequency between small and large aggregates, a cloud of individual particles ag-

gregating on its own by a hit-and-stick mechanism will grow in a different manner.

A growth model often assumed for this case is based on the fact that, on average,

aggregates of the same size collide. This growth mode is called cluster–cluster

aggregation (CCA). The coagulation equation is given as (Smoluchowski, 1916)

dni

dt
= −ni

∞∑
j=1

K (i, j)n j + 1

2

i−1∑
j=1

K (i − j, j)ni− j n j . (6.1)

The first term on the right hand side of Eq. (6.1) describes the loss of aggregates

with i constituents and number density ni by aggregation with another aggregate.

The second term describes the formation of aggregates with i constituents due to the

adhesion of two smaller ones. The collision kernel K (i, j) depends on the collision

rate and the adhesion efficiency β as K (i, j) = β(i, j)v(i, j)σ (i, j). Here, v is

the collision (relative) velocity between two aggregates and σ (i, j) is the collision

cross-section. Equation (6.1) can be solved numerically (see Chapter 7 by Henning

et al.) or analytically in special cases (Wurm and Blum, 1998; Blum, 2004). The

cross-section σ (i, j) and the collision velocity v(i, j) depend on the morphology of
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an aggregate. Ad hoc assumptions, Monte Carlo simulations, or experiments are

needed for this task.

Numerical simulations and experiments have shown that the mass of CCA ag-

gregates is usually no longer dependent on their volume but follows a power law

of the form

M = c rdf, (6.2)

with df and c being the fractal dimension characteristic for a given growth process

and a scaling constant.

6.2.1.4 Brownian growth

When the dust grains are freshly condensed and are thus still in the (sub-)μm-size

range, collisions among the particles are mainly caused by Brownian motion. The

mean Brownian collision velocity between two dust grains with masses m i and m j

is given by

vBr =
√

8kT

πm
, (6.3)

with k, T , and m = mimj

mi+mj
being Boltzmann’s constant, the gas temperature, and

the reduced mass respectively. For μm-sized grains and gas temperatures around

T = 300 K, vBr is typically a few mm s−1.

Experiments on the Brownian motion and agglomeration in rarefied gas cannot

be performed under laboratory conditions because the gravitational sedimentation

velocities exceed the thermal velocities by far. The only attempt to experimentally

investigate Brownian agglomeration in the free molecular flow regime is the Cosmic

Dust Aggregation experiment CODAG which flew in the microgravity condition of

the space shuttle flight STS-95 and onboard the Maser 8 sounding rocket. A detailed

technical description of the two experimental setups is given by Blum et al. (1999a)

and Blum et al. (1999b). In both experiments, a cloud of monodisperse, spherical

SiO2 grains (particle radii 0.95 μm and 0.50 μm, respectively) was dispersed in a

rarefied gas atmosphere and the Brownian agglomeration was observed by long-

distance microscopes and high-speed cameras.

The general observation of both experimental runs was that within a few collision

timescales τcoll, chain-like fractal agglomerates with a fractal dimension df ≈ 1.4

(see Fig. 6.2) and a quasi-monodisperse mass distribution form (Blum et al., 2000;

Krause and Blum, 2004). Here, the collision timescale is given by

τcoll = 1

nσvBr

, (6.4)
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Fig. 6.2. Three-dimensional aggregates grown in the Cosmic Dust Aggregation
experiment (CODAG) (from Wurm, 2003).

where n and σ denote the particle number density and collision cross-section,

respectively. With particle number densities of typically n = 1012 m−3 and geo-

metrical collision cross-sections (initially) between individual μm-sized particles

of σ = 3 × 10−12 m2, the experimental collision timescales were of the order of a

minute. The temporal evolution of the mean agglomerate mass followed a power

law of the form

m ∝ tδ, (6.5)

(see Fig. 6.3) with δ ≈ 2 (Krause and Blum, 2004), which can be also derived

theoretically for monodisperse growth (Blum, 2004).

Growth rates and mass spectra are consistent with the numerical results by Kempf

et al. (1999), but the fractal dimension of the agglomerates are significantly smaller

than derived in the Monte Carlo simulations. Although this has no considerable

consequence for the further growth stages, the discrepancy between theoretical

and experimental fractal dimensions is so far unexplained. Agglomerate alignment

by electrical dipole forces due to grain charging can be experimentally excluded.

A hypothesis for the unexpectedly low fractal dimensions in the experiments is

the influence of Brownian rotation on the agglomerate structure which was not

explicitly treated in the numerical simulations by Kempf et al. (1999). The short

growth timescales and the low fractal dimensions of the agglomerates imply an
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Fig. 6.3. Temporal evolution of mean agglomerate mass due to Brownian motion
(taken from Krause and Blum, 2004).

adhesion efficiency of unity and a hit-and-stick behavior of the agglomerates in

mutual collisions.

For the agglomerate growth in a protoplanetary disk, the results of the micro-

gravity experiments on Brownian agglomeration imply that within a few years to

decades fractal agglomerates consisting of dozens to hundreds of monomer grains

form (Blum, 2004, Weidenschilling and Cuzzi, 1993). Due to the decrease in col-

lision velocity with increasing agglomerate mass (see Eq. 6.3), other sources for

mutual collisions between agglomerates then become important (see following

section).

6.2.1.5 Differential sedimentation and turbulent growth

If a particle settles in a protoplanetary disk the sedimentation velocity vs depends on

the gas–grain friction time τ f by vs = ag · τ f with ag being the vertical component

of the star’s gravitational acceleration. The gas–grain friction time depends on dust

and gas properties (Blum et al., 1996):

τ f = m

A

ε

ρgvm
. (6.6)

Here, m is the mass, A is the geometrical cross-section, ε = 0.58 is a constant

which has to be determined experimentally, ρg is the gas density and vm is the

mean thermal velocity of the gas molecules. Typical velocities for small dust ag-

gregates are in the mm s−1 range though much larger values can be reached at
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high disk altitudes and further out in the disk. Due to statistical variations in m/A
for equal mass agglomerates, collision velocities of typically one order of magni-

tude smaller than the absolute sedimentation velocities can be reached. Wurm and

Blum (1998) observed individual collisions between dust aggregates consisting of

0.95 μm (radii) SiO2 particles due to differential sedimentation at 0.001–0.01 m s−1.

In the individual collisions a hit-and-stick behavior leading to the formation of larger

aggregates could be imaged directly.

As part of each experiment the aggregates had to be generated, which was

achieved in a turbulent gas where particles collided to form aggregates with frac-

tal dimensions of d f = 1.9. Analysis of the turbulent growth shows that typical

collision velocities during growth were larger than 7 cm s−1 (Wurm and Blum,

1998). Thus, though not as unanimous as the direct imaging of the collisions, the

turbulent growth suggests hit-and-stick collisions at much higher collision veloci-

ties also seen in further experiments described below. In more detail the observed

dust aggregates and their size evolution with time (size distribution) can be fitted

very well with calculations using Eq. (6.1) (Wurm and Blum, 1998). The fractal di-

mensions of d f = 1.9 observed for the aggregates are close to the values obtained

by an idealized cluster–cluster aggregation (Meakin, 1991). It might be asked if

cluster–cluster aggregation in its idealization is possible at all since identical ag-

gregates couple to the gas the same way and have no relative velocities. Only

aggregates with different surface-to-mass ratios can collide. However, it can be

seen in the experiments on turbulent growth that indeed the mass of the mean col-

liding aggregate is comparable to the mean aggregate mass at any given time as can

be seen in Fig. 6.4. Thus the idea of cluster–cluster aggregation also holds for real

growth processes.

Due to the relative velocities between dust aggregates and gas during sedimenta-

tion it could be seen in the experiments that the aggregates align (Wurm and Blum,

2000). How much this effect would change the growth timescales and aggregate

morphologies is not yet clear. Since the aggregates align preferentially with their

longest axes in the direction of sedimentation (gas flow) they can settle slightly

faster but at the same time the collision cross-section will be reduced.

It has to be noted, though, that alignment is one of the processes that is important

for observations since it leads to polarization effects. The influence of aggregates on

light scattering has been studied experimentally on the same kind of aggregates as

used in the growth and collision experiments described before (Wurm et al., 2003;

Wurm et al., 2004b). Since dust aggregation is a fundamental mechanism present in

different astrophysical environments the optical properties of the forming agglom-

erates should be explored further. The asymmetry parameter which is an average

of scattered radiation over scattering angles is, for example, one important quan-

tity. Wurm et al. (2003, 2004b) show that the asymmetry parameter for aggregates
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Fig. 6.4. The mass of the mean aggregate colliding with an aggregate of the mean
mass (taken from Wurm and Blum, 1998). The individual triangles represent dif-
ferent times in a turbulent growth process. With both masses being similar, the
process can be considered a cluster–cluster aggregation.

Fig. 6.5. The asymmetry parameter of scattered light for cluster–cluster aggregates
and, for comparison, spherical particles (Wurm et al., 2004b).
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Fig. 6.6. Threshold velocity for sticking of particles coated with organic mate-
rial (Kouchi et al., 2002). For a small temperature region around 250 K sticking
velocities are increased.

that are large compared to the wavelength can decrease as the aggregates grow in

contrast to the asymmetry parameter of growing spherical particles which are often

taken as model particles (Fig. 6.5). Wurm and Schnaiter (2002) also showed that

aggregates might well be suited to explain extinction and polarization features of

interstellar dust grains quite naturally.

6.2.1.6 Organics

Experiments show (see Section 6.2.2.1; Blum and Wurm, 2000) that the thresh-

old velocities for adhesion of aggregates do not depend too much on the material

and on the shape of the individual dust particles as long as refractory materials,

e.g. MgSiO3, SiO2, or diamond, are considered. However, organic materials can

be much stickier under certain conditions. Kouchi et al. (2002) carried out impact

experiments on organic-coated copper particles of 1 cm in size at different temper-

atures and found that for mm-sized organic layers collisions of up to 5 m s−1 can

lead to immediate adhesion. As seen in Fig. 6.6, this high value is only reached

in a very limited temperature range. Nevertheless, at certain times and places this

might be an important process for particle growth.

6.2.2 Medium/high kinetic-energy collisions

As discussed before, collisions between individual spherical dust grains of 1 μm in

size and a flat target lead to rebound for collision velocities above roughly 1 m s−1
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Table 6.1. Collisions between cluster–cluster aggregates at different collision
energies: (1) first visible restructuring, (2) maximum compression, (3) loss of
monomers, (4) catastrophic disruption, adapted from Blum and Wurm (2000).

Case Energy

Experimental
velocity
(m s−1)

Model velocity (m s−1)
with new data for Eroll

and Ebr(
+)

Model velocity (m s−1)
with old data for Eroll

and Ebr(
×)

(1) Eim ≈ 5 · Eroll 0.20+0.07
−0.05(∗) 0.20 ± 0.04(∗) 0.047(∗)

(2) Eim ≈ 1 · nk · Eroll 0.65+0.15
−0.10 0.69 ± 0.12 0.16

(3) Eim ≈ 3 · nk · Ebr 1.2 ± 0.2 1.0 0.14

(4) Eim > 10 · nk · Ebr 1.9 ± 0.3 1.9 0.26

+ Eroll = 1.7 · 10−15 J from Heim et al., 1999
Ebr = 1.3 · 10−15 J from Poppe et al., 1999, 2000a

× Eroll = 9.5 · 10−17 J from Dominik and Tielens, 1995
Ebr = 2.4 · 10−17 J from Chokshi et al., 1993 and Dominik and Tielens, 1997

∗ valid for m = 60 m0

(Poppe et al., 2000a). Also larger particles covered by an organic layer will not stick

above a few m s−1 impact velocity. As aggregates are concerned other processes

like restructuring, compaction and fragmentation can occur.

6.2.2.1 Aggregate–aggregate collision

Blum and Wurm (2000) studied collisions between fractal dust aggregates and a flat

target at collision velocities between a few cm s−1 and 30 m s−1. As a target they used

the 1 μm-thick side of a Si3N4 cantilever as used in atomic force microscopy. The

aggregates consisted of up to several tens of SiO2 particles with radii of 0.95 μm and

0.5 μm and of irregular MgSiO3 particles with similar size. In agreement with the

results given above, the impacts resulted in adhesion of the dust aggregates at their

contact points at low impact velocities. At higher impact velocities more compact

dust layers formed varying from slight restructuring to complete compaction on

the target. Above ≈2 m s−1 impact velocity, no growth of dust on the target was

observed and the dust aggregates were destroyed during impact. If experimental

values for the rolling friction and the break-up energy of two dust grains by Heim

et al. (1999) and Poppe et al. (2000a) are used, the experimental results can well

be matched with simulations by Dominik and Tielens (1997). Details can be seen

in Table 6.1.

There are different steps that can be identified between perfect adhesion at the

first point of contact without restructuring to complete destruction of the aggregates.

As seen in Table 6.1 there is a gradual change from slight restructuring through
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total compression to loss of monomers and complete fragmentation with increasing

collision energy.

Experiments suggest a square-root dependence of the velocity threshold for

adhesion on the size of the dust grains which build the aggregates. Thus, if all

monomer particles were 100 nm in size instead of 1 μm-adhesion at several m s−1

would be possible. This does not solve the fundamental problem, though, of how

aggregates will stick together at collision velocities of 10 m s−1 or higher. Also

the threshold velocity for adhesion will not increase continuously towards smaller

grain sizes. Different physics applies for very small dust grains of nm size or less.

These particles might move significantly with respect to each other due to thermal

fluctuations (Jang and Friedlander, 1998). The extreme would be molecules which

only stick transiently but can be ejected again after a short time of adsorption.

However, as seen with larger aggregates, the features of, for example, a porous

dust aggregate also depend on the size and size distribution of the individual dust

grains. Thus it is important to know what size of particles are present in protoplan-

etary disks.

6.2.2.2 Collisions between larger dust aggregates

As shown by Blum and Wurm (2000) (see Section 6.2.2.1), aggregates will get com-

pacted at higher impact velocities or at larger sizes. Impacts between small fractal

dust aggregates of several μm in size might not be representative any more. Impacts

between macroscopic compacted aggregates will dominate once the restructuring

and compaction threshold is reached. Results of the experiments between fractal ag-

gregates cannot be scaled to these conditions. There will, for example, be shielding

of the inner parts of these aggregates during an impact and the number of con-

nections between monomer particles is much larger. Wurm et al. (2005a) carried

out experiments between mm–cm-sized dust projectiles and cm–dm dust targets at

impact velocities up to 38 m s−1. As dust, μm-sized (SiO2) particles were used. The

targets were prepared by sifting the dust sample. This resulted in a granular struc-

ture with granule size depending on the mesh size used and high porosities with

P = 0.8–0.9. The projectiles created craters but no significant amount of ejecta

from the crater faster than about 0.3 m s−1 could be detected, which is an upper

limit due to the restriction placed by gravity. On the other hand large amounts (≈ 10

times the projectile mass) of slow ejecta (≈ 0.1 m s−1) were observed on the whole

surface. The ejection velocities are only 0.5% of the impact velocity. The particles

were ejected by elastic waves which were reflected on the target bottom. Due to

the small velocities reaccretion by gas drag was possible, as seen in Section 6.4.

If ejecta can be observed to reaccrete onto a larger body (≤ 1 m) in protoplanetary

disks for which the impact velocities are more appropriate remains to be seen. It

is possible that no particles are ejected at all and thus net growth would occur. It
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is also possible that compacted regions within a body reflect the wave back to the

surface. It is important to address these questions in the future and preparations are

underway. Experiments at high velocities, but for compacted targets, have also been

carried out (Wurm et al., 2005b). They show quite different behavior, but also here

net growth can be the immediate result of an impact. In fact growth only occurs at

collision velocities larger than ∼ 10 m s−1.

The RBD dust agglomerates described above are ideal candidates for low-

velocity impact experiments as they represent the best analogs of preplanetesimal

matter at the start of the runaway growth regime. Recent microgravity drop-tower

experiments by Langkowski and Blum (unpublished data) investigated the out-

comes of collisions between RBD agglomerates of 25 mm diameter and equal-

porosity agglomerates with diameters between ≈ 100 μm and ≈ 3 mm in the ve-

locity range 0–3 m s−1. Impact angles with respect to the perpendicular of the target

agglomerate surfaces were randomly distributed. Depending on impact energy and

impact angle, mass gain (for low-impact energies and low-impact angles) or mass

loss (for high-impact energies and high-impact angles) was observed. In a few cases,

the projectile agglomerates were fragmented. Whenever a collision did not result

in adhesion, the projectile left the target agglomerate with a considerable energy

loss, and the surface of the target agglomerate was cratered. In the case of adhesion,

the projectile agglomerates were partially embedded into the target agglomerate.

Cratering, partial embedding, and low coefficients of restitution show that the RBD

agglomerates were plastically deformed and thus compacted.

6.2.2.3 Static measurements of high-energy impacts

The mechanical properties of the macroscopic RBD agglomerates presented in

Section 6.2.1.3 were determined by Blum and Schräpler (2004) and Blum (2004).

With the knowledge of the compression–density behavior of the samples, predic-

tions of the outcomes in high-velocity impacts can be made. The agglomerate

samples were cut into a cylindrical form and were subjected to a compressive force

of known strength. With increasing compression, the thickness of the samples de-

creased and was determined with high precision. By simultaneous measurements

of the samples’ area perpendicular to the compressive force, the volume-filling

factor could be determined. The resulting compression–density curves showed that

the agglomerates can resist static compressive pressures of up to a few 100 Pa

before the volume-filling factor increases, virtually independently of the material

and morphology of the constituent grains (Fig. 6.7).

Tensile strengths of the samples were determined by gluing the surfaces of

high-porosity dust samples, using a non-wetting epoxy resin, to two flat, thin glass

plates. These glass plates were then attached to an apparatus which allowed the

measurement of the tensile forces while the samples were uncompressed until they
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Fig. 6.7. Volume-filling factors of an RBD agglomerate relative to the compres-
sion (pressure). For an impact of a body of given density the maximum local
compression can be estimated to be 1/2 ρv2. The compressions due to impacts
at various impact velocities are labeled. This implies that no filling factor larger
than 0.35 can be reached at the slow collisions leading to planetesimal formation
(Blum, 2004).

broke into two halves. The measured tensile strengths were as low as a few 100 Pa

to 1000 Pa, depending on the material, shape, and size distribution of the monomer

grains. It is obvious that porosities and tensile strengths of the laboratory samples

described in Blum and Schräpler (2004) and Blum (2004) are close to the values

of comets (Davidsson and Gutierrez, 2004). As comets are believed to be the sole

surviving remnants of the pre-planetesimal phase of the Solar Nebula, the RBD

agglomerates are ideal analogs for pre-planetesimal matter.

In conjunction with the static compression measurements, it became clear

that any collision between two high-porosity dust agglomerates with velocities

>∼ 1 m s−1 results in a compaction of the collision partners. Thus, dust agglomer-

ates which experience no more than 1(10; 100) m s−1 should have volume-filling

factors in the range 0.07–0.15 (0.15–0.28; 0.20–0.35), depending upon the mor-

phology and size distribution of the monomer grains (Blum and Schräpler, 2004;

Blum, 2004).

We note, though, that an impact has other features which cannot be accounted

for by the analog of a static compression as described in the previous section, e.g.

elastic waves might change the morphology of the body and eject particles.
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6.2.2.4 Impacts into regolith

Hartmann (1978) observed collisions between a solid impactor of several grams

mass at several m s−1 into regolith-like material. He found only a small amount of

ejecta compared to the projectile mass. The projectile itself seemed to be buried in

the regolith. Colwell and Taylor (1999) and Colwell (2003) studied similar kinds

of impacts at lower velocities under microgravity. They observed that the cm-sized

solid projectile did bounce off the target regolith at velocities above 20 cm s−1 while

it did stick to the surface at lower impact velocities. The experiments showed that

immediate net growth in a collision of this kind was only possible for rather small

impact velocities. However, the rebounding projectile was very slow with as little

as 1% of the impact velocity (coefficient of restitution cr ≈ 0.01) and the ejecta

produced were slow, their velocity being typically less than 10% of the impact

velocity. Part of the ejecta could be reaccreted by gas drag as described below.

6.2.2.5 Ice collisions

Bridges et al. (1996), Supulver et al. (1995, 1997), and Higa et al. (1998) inves-

tigated slow collisions between two cm-sized icy bodies. They used pendulums

to generate very slow collision velocities in the laboratory. If the icy bodies were

coated with a methanol frost layer adhesion at velocities of up to 10 cm s−1 was

observed (Vance, 2003). Otherwise rebound or, at several m s−1 impact velocity,

destruction of the ice spheres was the result. These experiments might be viewed in

connection with the pendulum experiments with (cold) organic material by Kouchi

et al. (2002) as described above. However, common (non-organic) icy bodies as

expected to be present in the outer regions of protoplanetary disks obviously do

not easily stick together if they are compact. This might be different for aggregates

of very small ice grains at very low temperatures but this requires further study. It

might be worth studying collisions which include mechanisms that on their own

seem to promote growth best. Thus bodies of particulate matter consisting of sticky

grains colliding with each other might result in a more rapid growth of planetesimals

in the outer regions of a protoplanetary disk or somewhere around the snow line. It

has to be noted that there is a large difference in size between the ice particles (cm)

used in these experiments and the SiO2 dust particles (μm) mentioned above. This

explains why a less sticky dust particle adheres at higher collision velocities than

the ice particles.

However, the ice-pendulum experiments provide data for the coefficient of resti-

tution dependence on velocity which finds applications in collisions of planetary

ring particles, i.e. around Saturn (Lewis and Stewart, 2000). In the ice experiments

the coefficients of restitution were not found to be as low as for the regolith im-

pacts studied by Colwell and Taylor (1999) and Colwell (2003). Nevertheless, for
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small coefficients of restitution cr it is sometimes argued that after several impacts

the collision velocities might be slow enough for adhesion. This only works if the

collisions are in a gas-free environment and thus remember their history. In most

cases this is not valid for small bodies in protoplanetary disks. After a collision

all particles involved couple to the gas of the disk rather quickly before the next

collision occurs. Therefore the next collision will be of the same high velocity as

the impact before.

6.3 Dust aggregate collisions and electromagnetic forces

Poppe et al. (2000b) investigated charge transfer in collisions between μm-sized

dust grains and flat targets. They found that for silica spheres of different sizes a

relation between the number of collision-induced elementary charges Ne and the

collision energy Ecoll exists of the form

Ne =
(

Ecoll

10−15J

)0.83

. (6.7)

Recent laboratory measurements by Poppe and Schräpler (2005) in an extended

energy regime showed that the above relation is also valid for a variety of particle and

target materials. In these collisions, the impinging dust particles were preferentially

negatively charged, even in collisions with targets consisting of the same material.

The potential application of collisional grain charging for planetesimal formation

lies in a steady charging of protoplanetesimals due to non-adhesive collisions with

smaller dust particles or agglomerates. The cumulative effect of a series of non-

adhesive collisions which lead to an accumulation of charges on the larger body

might also lead to the build-up of such strong electrical fields at the surface that

further collisions with charge separation could lead to an electrostatic trapping of

the impinging dust grain or agglomerate. This electrostatic accretion process was

introduced by Blum (2004).

More straightforward is the process of aggregation when grains are initially

electrically charged. If and how this is possible in a protoplanetary disk is an issue

of debate. Since ultraviolet radiation cannot serve as a charging mechanism other

ways would need to be considered. It might be possible that after the initial growth of

agglomerates from neutral grains, faster collisions lead to a dust cloud of charged

particles by the process described by Poppe et al. (2000a). However, if charges

exist, dust particles can aggregate much faster, as has been seen experimentally by

Marshall and Cuzzi (2001), Love and Pettit (2004), and described by Ivlev et al.
(2002). It has to be noted that the aggregates grown by coagulation of charged

grains are not more robust against higher velocity impacts as seen, for example,

in the experiments by Marshall and Cuzzi (2001) which show that 1 m s−1 is also
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a typical collision velocity before the aggregates get shattered, though it has to be

noted that the aggregates consisted of larger (several 100 μm) dust grains.

With a significant fraction of condensable material in protoplanetary disks being

Fe the influence of magnetic forces might be considered. The aggregation of mag-

netic particles was studied by Nuth et al. (1994), Dominik and Nübold (2002), and

Nübold et al. (2003). Due to the strong dipole interactions ferromagnetic particles

collide more frequently and preferentially at their edges creating long chain-like or

web-like aggregates. As for electrical charges, coagulation rates are enhanced for

magnetic particles. Aggregation of this kind has been proposed to explain magnetic

features with respect to future measurements of magnetic fields of comets.

6.4 Dust aggregate collisions and dust–gas interactions

From the previous sections it is clear that collisions at velocities larger than

≈10 m s−1 are still a critical issue and might not lead to the formation of a more

massive body. Even choosing the best set of parameters and conditions such bodies

will often be disrupted, or might, less spectacularly, be eroded or just bounce off

each other in mutual collisions. This is often used against the model of planetesimal

formation by collisional growth. Under certain conditions dusty bodies can grow

directly in collisions (Wurm et al., 2005b) but this depends on the morphology of

the target body. Nevertheless, as, for example, the high velocity impacts into porous

dusty bodies show (Wurm et al., 2005a), ejected dust particles can be very slow. If

particles are small and slow, the influence of the gaseous environment in which a

collision takes place has to be taken into account, especially since the gas is usually

moving with up to several tens of m s−1 with respect to the larger of the two colliding

bodies. Dust particles can thus be reaccreted by the gas flow. This mechanism was

proposed and experimentally verified by Wurm et al. (2001a, b). Small dust aggre-

gates impinged targets of different widths at different gas pressures and gas-flow

conditions. Trajectories of reaccreted dust particles ejected from the surface were

imaged (Fig. 6.8) and could be modeled by the known particle–gas interaction.

Even at impact velocities above 12 m s−1 growth of a dust layer on the target was

observed although the threshold velocity for adhesion (see Section 6.2.2.1) was

≈ 1 m s−1. In an environment without gas flow the same aggregates were frag-

mented at 1–2 m s−1 impact velocity (Blum and Wurm, 2000). Thus, reaccretion

of dust particles by gas drag can be an efficient mechanism.

The reaccretion of dust grains by a gas flow is restricted to flow conditions in

which the streamlines end at the surface or penetrate the surface. Otherwise, as

shown by Sekiya and Takeda (2003) impact fragments are transported around the

target body by the gas flow. The process of aerodynamic reaccretion as proposed

by Wurm et al. (2001a, b) is relatively efficient in the regime of free molecular flow
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Fig. 6.8. Trajectories of particles bend back to a target by gas flow after an impact.
These particles are reaccreted by the target in secondary collisions (Wurm et al.,
2001b).

where the size of the body considered is smaller or comparable to the mean free path

of the gas molecules. It has to be kept in mind that the growing protoplanetesimals

are very porous with porosities of 80% and more as discussed above. Placed in the

gas flow of protoplanetary disks part of the gas will flow through these objects and

streamlines are again directed towards the surface in a thin layer on the front side

facing the gas flow. It has been shown by Wurm et al. (2004a) that under typical

conditions in a protoplanetary disk, reaccretion of dust particles for a porous body

can occur, though the term typical conditions still needs to be specified in more

detail.

6.5 Future experiments

Most experiments reviewed in this paper deal with the collisional interactions be-

tween refractory particles, i.e. for those regions in protoplanetary disks where the

terrestrial planets form. Most of a nebula’s mass, however, is contained in the outer

regions in which the giant planets, their icy moons, the Kuiper-Belt objects, and

the comets form. The dominant material from which those bodies were originally

agglomerated is water ice. Little is known about the adhesion and agglomeration

behavior of microscopic water-ice particles. Some experiments were mentioned ear-

lier but the bodies considered were rather solid ice. As with dust particles a more

plausible starting point for agglomeration studies might be tiny ice grains. We do
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not expect tremendous differences between rocky materials and ices at very low

temperatures. Hydrogen bonding should lead to slightly enhanced adhesion thresh-

olds and sintering of ice bonds can result in solidified and, hence, impact-resistant

bodies (Poppe, 2003). Recently, activity with a view to launching a program for ice

particle research under microgravity conditions has increased (Ehrenfreund et al.,
2003).

As described in Section 6.3, cumulative collision-induced charging of grow-

ing protoplanetesimal bodies can influence the formation of planetesimals (Blum,

2004). Laboratory experiments on such cumulative grain charging are in prepara-

tion. These experiments require electrically insulated mounting of the target ag-

glomerate and precise determinations of the accumulating electrical field. In addi-

tion to that, observations of particle trajectories are mandatory for the determination

of the outcome of individual collisions between small dust particles/agglomerates

and dusty targets.

The effect of elastic waves on the ejection of particles will be studied. It is not

yet clear what amount of mass can be ejected under different conditions especially

in collisions of bodies which are not supported by a tray. This can only be done

under microgravity. Impacts of dusty bodies at still higher collision velocities up to

100 m s−1 might also take place in protoplanetary disks depending on the model.

It has to be noted that the sound velocity in porous targets can be 50 m s−1 or

less (Wurm et al., 2005a). Thus impacts at higher velocities will be mild shocks

which can change the outcome of a collision either directly or via shock (elastic)

waves. How larger cm-sized porous projectiles will behave in intermediate velocity

collisions of a few m s−1 has also not yet been studied.

6.6 Summary

From these experiments we might sketch the initial growth of larger bodies in a

(typical) protoplanetary disk (Blum, 2004). Starting with Brownian motion and

continuing during sedimentation, cluster–cluster aggregation will prevail for the

first few hundred years at 1 AU. This timescale increases further out to a hundred

thousand years at 100 AU distance from the star. After that growth continues but

not as cluster–cluster aggregation. The aggregates become non-fractal. A threshold

where fragmentation becomes important is reached after 1000 years at 1 AU. This

is rather fast and therefore it cannot be expected that “clean” growth be observed

in the inner parts of the disk. However, on the outer edges or in less dense regions

above the disk, cluster–cluster aggregates might be the dominant type in young

systems. If efficient transport mechanisms exist these regions might also have a

population of particles from the inner disk which do not have to be cluster–cluster

aggregates and might be more compact. The difference in optical properties between
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morphologically different kinds of particles might be important for the observations

or might even give hints on possible transport mechanisms. As far as growth beyond

the fragmentation limit is concerned, the experiments show that further growth is

possible. At least bodies of several tens of cm can grow quickly by gas-aided

growth (Wurm et al., 2001a, b). However, during this growth process fragments

will feed the dust reservoir again. Thus small particles and aggregates will be

produced which may be morphologically different from cluster–cluster aggregates,

e.g. more compact. The experiments suggest that it is pretty likely that as the

collision velocities increase growth of still more massive bodies results. Little can

be said about the timescales though since different collisions take place during this

stage which might be eroding or lead to growth, on average.

Overall the available data set of the outcomes of collision experiments between

dust agglomerates is beginning to form a (yet rudimentary) picture of protoplan-

etesimal dust agglomeration. Still, a lot more data is required to fill in the gaps in

our understanding of the formation of planetesimals. Further modeling using the

experimental results reviewed here has to be done before it becomes clear which

collisions are typical and which are extremes and do not contribute significantly

in shaping the distribution of dusty bodies in protoplanetary disks. Although it is

premature to conclude about the formation of planetesimals, at least a couple of

more or less robust statements about the dust evolution in protoplanetary disks can

be given at this time:

� Dust agglomerates in protoplanetary disks grow quickly. Even when the star is still

accreting mass and small particles are thus transported inwards with the gas, the timescale

for this transport is much longer than the initial timescale of growth. It is inevitable that

a significant fraction of at least cm- to dm-sized dust agglomerates exists in any kind of

protoplanetary disk.
� The existence of smaller dust particles and agglomerates at all times has to be expected.

When macroscopic dusty bodies collide at higher velocities, these collisions will always

resupply the reservoir of small grains and agglomerates. It is not only coagulation which

determines the evolution of dust particles and larger bodies in the disk, fragmentation

also has to be considered.

Promising (and logical) types of collisions which might eventually lead to the

formation of planetesimals are those between dusty bodies. It might not necessarily

be desirable that dust particles are glued together tightly after a collision. While

loose dust particles can more easily be ejected in an impact, smaller dust aggregates

would be ejected which are more susceptible, for example, to gas reaccretion.

Based on the experimental results presented above, we conclude that mechanisms

might exist with the potential to explain the formation of planetesimals by collisional
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growth. High impact velocities of several tens of m s−1 are not necessarily an

obstacle to planetesimal formation.

We are aware of the fact that a couple of alternative formation scenarios for

planetesimals have been discussed in the literature. Klahr and Bodenheimer (2006)

suggested that particles might be collected in large-scale eddies in protoplanetary

disks which arise from baroclinic instabilities. Initial agglomerate sizes of 10–

20 cm are required for bodies to get dragged into long-living eddies in which they

potentially accumulate into larger objects. As we have shown above, this initial

size can be reached by adhesive collisions in the protoplanetary disk. It is yet to be

seen how this model evolves further when back-reactions between solid bodies and

gas, and collisions among the dust aggregates are considered. Another alternative

to direct collisional growth of km-sized dust agglomerates is the classical expla-

nation of planetesimal formation by gravitational instability in the dust, originally

proposed by Goldreich and Ward (1973). Work on gravitational instability is ongo-

ing but a fundamental problem is reaching the high particle densities required for

gravitational collapse. While we will not comment on this concept in general we

nevertheless suggest that the experimental results of collision experiments need to

be considered here. Youdin and Shu (2002) argue that with chondrule-sized (mm)

particles a concentration sufficiently large to trigger the gravitational collapse can

be reached within a few million years. As outlined above, dust aggregates evolve

beyond chondrule sizes on a much shorter timescale. At least the formation of 10

cm particles can easily be explained and will occur (Wurm et al., 2001a, b; Blum,

2004). The overall distribution of particles sizes, however, depends on the interplay

between growth and fragmentation.
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7.1 Introduction

According to the core-accretion model for planet formation, the building blocks
of planets are formed by the coagulation of dust grains, growing from the initial
sub-micron sizes inherited from the interstellar medium to the 100 kilometer sizes
of full-grown planetesimals. This is a growth process over 12 orders of magnitude
in size and 36 orders of magnitude in mass. The physics of dust is of crucial
importance for the study of planet formation. It also plays a major role in the
structure and evolution of protoplanetary disks, since the dust carries most of the
opacity of the dust–gas mixture in these disks and provides the surface for chemical
reactions. Moreover, infrared and (sub)millimeter observations of dust continuum
emission from these disks can be used as a powerful probe for the disk structure
and mineralogical composition. A deep understanding of the physics of dust and
the coagulation of grains is therefore of paramount importance for the study of the
formation of planets and the circumstellar disks in which they are formed.

The study of grain coagulation and the formation of planetesimals has a long
history. At the start of the twentieth century an equation for coagulation of colloidal
particles was formulated by Smoluchowski (1916), though not related to astrophys-
ical applications. The continuous form of that equation was later used to study the
size distribution of fog particles in the Earth’s atmosphere (Shumann, 1940). The
applications of these ideas to the formation of planets started at the end of
the 60s, with many of the fundamental ideas already being discussed in the book by
Safronov (1969). Since that time the topic of grain coagulation in the “Protosolar
Nebula” has gained much attention, and considerable progress has been made by
authors like J. G. Wetherill, S. Weidenschilling, J. N. Cuzzi, and many more.

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.
Published by Cambridge University Press. C© Cambridge University Press 2006.
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However, until not long ago most of such studies were devoted to understanding
the formation of our own Solar System. Theories were therefore mostly compared
with observations of the Solar System planets, comets and asteroids, data from
meteorites, and data from space probes. But the enormous increase in sensitivity
and spatial resolution of infrared and (sub)millimeter telescopes in recent years has
opened a new window on grain growth: the coagulation of grains in the dusty pro-
toplanetary disks surrounding nearby newly formed stars. In this review we would
therefore like to focus on recent developments in this direction, while referring the
reader to earlier reviews (e.g. Beckwith et al., 2000; Weidenschilling and Cuzzi,
1993) for more background on previous developments.

This review is divided into three parts. In Section 7.2 we review evidence of
grain growth in protoplanetary disks obtained by observations from the optical
to the millimeter. In Section 7.3 we discuss the importance of interpreting such
observations with detailed radiative-transfer modeling. And finally, in Section 7.4
we discuss detailed theoretical modeling of the coagulation process itself, and how
these studies can be related to the aforementioned observations.

7.2 Observational evidence for grain growth

Scattered light images, mid-infrared dust spectroscopy, and millimeter interfer-
ometry together with a detailed analysis of spectral energy distributions provide
accumulating evidence of grain growth in protoplanetary disks. These dust grains
grow to sizes larger than the typical 0.1 μm size of interstellar dust. For interpret-
ing such data correctly, one needs to take into account that radiation at different
wavelengths traces distinct regions in a disk (see Fig. 7.1).

Near-infrared data mostly probe the inner 0.1 AU of disks around Solar-type
stars. Mid-infrared spectroscopy characterizes the disk atmosphere in the 1–5 AU
domain. Millimeter continuum observations probe the colder disk material at larger
radial distances from the star. Furthermore, as a rule of thumb, radiation of a certain
wavelength can only trace particles of sizes comparable to this wavelength. All
compact particles much larger in size show a similar gray extinction behaviour. In
addition, the absorptivity decreases for particles if they grow to such dimensions
(see, for example, Krügel and Siebenmorgen, 1994).

The first evidence for grain growth comes from statistical investigations of
the presence of dust emission as a function of age. Near-infrared observations
of nearby star-forming regions suggest that the percentage of stars with 2–4 μm
excesses is more than 80% for ∼ 1 Myr stars and diminishes to ∼ 50% by an age of
3 Myr (Haisch et al., 2001). By ages of about 10 Myr, the inner dust disk traced
by continuum infrared radiation disappears (Mamajek et al., 2002). Far-infrared
observations seem to suggest disk evolution on similar timescales. An extensive
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Fig. 7.1. Radiation from a disk: where is which radiation produced?

millimeter study by Carpenter et al. (2005) demonstrated a decrease in the mass
of cold small grains by stellar ages of 10–30 Myr. All these observations point to
grain growth with the consequence of decreased opacities and dust emission.

A more direct way to probe growth of grains to sizes of several microns is
dust spectroscopy in solid-state features. The most prominent band, also accessible
by ground-based observations, is caused by Si–O stretching vibrations in silicates
around 10 μm. If grains grow to sizes of a few microns the feature gets a typical
flat-top structure and decreases in strength before it completely vanishes for even
larger sizes. This phenomenon (see Fig. 7.2) has been observed for Herbig Ae/Be
stars (van Boekel et al., 2003, see Fig. 7.2; see also Bouwman et al., 2000; Meeus
et al., 2001) and T Tauri stars (Przygodda et al., 2003). Van Boekel et al. (2004)
could demonstrate grain growth in the inner regions of disks by mid-infrared inter-
ferometry coupled with spectral resolution in the silicate band. Here we should note
that the band-to-continuum ratio is not only a function of the size of the particles,
but is also strongly influenced by the optical depth, and by the abundance of other
materials contributing to continuum emission. This means that disk inclination,
flaring, and mass-accretion rates will influence this ratio and the appearance of the
band (see, for example, Men’shchikov and Henning, 1997).

The analysis of sub-millimeter and millimeter radiation provides an independent
line of evidence for grain growth up to centimeter sizes. In the case of optically
thin emission and the Rayleigh-Jeans part of the spectrum, we can expect that the
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Fig. 7.2. Mid-infrared spectra of Herbig Ae/Be stars in the wavelength range of
the 10 μm silicate feature (from van Boekel et al., 2003).

wavelength dependence of the flux is given by S ∝ λ−α with α = 2 + β. Here the
dust absorption coefficient is given by κ ∝ λ−β . For the diffuse interstellar medium
it is commonly assumed that β is about two (e.g. Draine and Lee, 1984; Hen-
ning et al., 1995). Earlier studies of dust in disks mainly relied on interpreting the
submillimeter–millimeter spectral energy distributions (see, for example, Beckwith
and Sargent, 1991; Mannings and Emerson, 1994). These studies led consistently to
lower values of the β index with values around 0.6, indicating the presence of larger
grains. The problem with this approach is that one cannot exclude contributions
from optically thick emission, which would lead to lower β values than the right
numbers. This problem can be solved as soon as interferometrically resolved im-
ages at millimeter wavelengths become available. The first such observations were
performed for the T Tauri star DO Tauri, using the Owens Valley Radio Observatory
(OVRO) and the Very Large Array (VLA) for wavelengths between 1.3 mm and
7 mm (Koerner et al., 1995). These authors derived a β value of 0.39±0.23. The
error is usually dominated by the quality of the flux calibration for the different
wavelengths and telescopes and the estimate of the flux contribution from free–free
emission. A similar uncertainty is found for β values derived in other interfero-
metric studies. Dutrey et al. (1996) found dust emissivity values between 0.5 and
1.0 for T Tauri stars in the Taurus–Auriga region. Measurements for the 10 Myr-old
pre-main sequence stars TW Hya (Calvet et al., 2002) and CQ Tau (Testi et al.,
2003) revealed β values of 0.6, again pointing to larger particles. A larger sample of
Herbig Ae stars was investigated by Natta et al. (2004) which led to similar results.
Rodmann et al. (2006) did a comprehensive study of T Tauri stars and obtained β

values between 0.8 (large grains) and 2.4 (ISM-like).
Here one should note that β is an averaged quantity which is not only influenced

by the grain size distribution, but also the chemical and physical structure of the
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particles and their temperature (see, for example, Henning et al., 1995; Krügel
and Siebenmorgen, 1994; Semenov et al., 2003; Boudet et al., 2005). Therefore,
it is not uniquely possible to derive a size distribution, although power-law size
distributions with maximum sizes of a few centimeters are consistent with the
observations (Miyake and Nakagawa, 1993; D’Alessio et al., 2001).

A completely independent view on the dust properties in disks is offered by an-
alyzing the size and optical depth structure of silhouette disks such as those found
in Orion (McCaughrean and O’Dell, 1996). These disks appear as dark shadows in
narrow-line filters centered on nebula emission lines from the background molec-
ular cloud surface. Choosing different emission lines allows a direct study of the
integrated optical depth of the disk along the line of sight. Throop et al. (2001)
found that the size of the disk shadow was identical in the Hα and Paα lines at
656 and 1870 nm, respectively, concluding that the dust opacity was gray in this
wavelength region and that the grains should be larger than 5 μm. However, the
dust opacity law is not the only parameter determining this measurement. The radial
profile of the dust surface density is also important. If the disk has a sharp outer
edge, a population of small grains making the disk still optically thick at 1870 nm
is an alternative explanation. Shuping et al. (2003) extended this experiment with
ground-based measurements of the Brα line at 4.05 μm, using the Keck telescope
with adaptive optics, and found a marginally smaller disk at this wavelength, in-
dicating that the grains should be larger than 1.9 μm, but not much larger than
4 μm. However, given the spatial variations of the background brightness and the
complex and time-variable adaptive optics point spread function (PSF), this result
may not yet be fully conclusive.

7.3 Radiative transfer analysis

The analysis of the radiation scattered and re-emitted by the dust component in
circumstellar disks allows us to derive the opacity structure of the disk, and thus
to constrain both the dust density distribution and optical properties of the dust
grains. Besides the chemical composition and internal structure of the dust grains
(crystalline/amorphous), their optical properties are determined by their geometri-
cal shape, macroscopic structure (e.g. porous/compact, spherical/spheroidal) and
size parameter (∝ grain size/wavelength). Therefore, the interpretation of the op-
tical properties of the dust in principle allows us to derive conclusions about grain
sizes and thus about the coagulation process.

Due to the high complexity of the radiation transport process even in a simply
structured disk model with rotation symmetry, only numerical simulations pro-
vide the necessary basis for the interpretation of observed spectral energy distri-
butions (SEDs), intensity and polarization maps. In order to take into account the
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viewing-angle effect, the minimum requirement for simulating circumstellar disks
are two-dimensional models, which have been developed since the late 80s (e.g.
Dent, 1988). However, since then the numerical description of physical processes
considered and the applied algorithms have been improved significantly (see, for
example, Henning, 2001, for a review).

Given the small number of spatially well-resolved circumstellar disks, a proper
interpretation of their SEDs is of decisive importance for studying the disk evolution.
Unfortunately, there are many adjustable parameters in the disk models, and several
different parameter combinations usually produce acceptable fits to the same SEDs
(Thamm et al., 1994). For this reason it is usually necessary to use additional
constraints, such as done by Wood et al. (2002) who concluded from models for
the SED of the classical T Tauri star, HH 30 IRS, that dust grains have grown to
larger than 50 μm within its circumstellar disk, taking into account the known disk
inclination and geometry.

D’Alessio et al. (2001) presented detailed models of irradiated T Tauri disks in-
cluding dust-grain growth with power-law size distributions. These models assume
complete mixing between dust and gas and solve for the vertical disk structure
self-consistently including the heating effects of stellar irradiation as well as local
viscous heating. For a given total dust mass, grain growth is found to decrease the
vertical height of the surface where the optical depth to the stellar radiation becomes
unity, while increasing the disk emission at (sub)millimeter wavelengths.

Another approach for investigating the grain size in the circumstellar environ-
ment and disk surface has been suggested by Fischer et al. (1996). The characteristic
decrease of the polarization degree of the scattered near-infrared radiation with in-
creasing grain size can be used to constrain grain sizes in the optically thin regions.
For example, polarization measurements allowed the verification of the model of
the prototype low-mass star HL Tau by Men’shchikov et al. (1999). Based on the
SED of this object, the authors concluded that very large particles causing gray ex-
tinction are abundant in the dense torus of this object, while wavelength-dependent
extinction points to submicron-sized grains in the circumstellar envelope, which is
in rough agreement with the measured polarization degrees.

As outlined in Section 7.4, the evolution of the dust phase in circumstellar disks is
expected to depend on the radial and vertical position in the disk. Based on the above
selected studies, we conclude that multi-wavelength observations tracing different
regions and relevant physical processes with high spatial resolution are mandatory
in order to rule out ambiguities. As an example, we refer to the model of the
circumstellar environment of the Butterfly star in Taurus by Wolf et al. (2003) which
is based on high-resolution continuum observations at near-infrared and millimeter
wavelengths. On the one hand, the millimeter observations were sensitive to the
long-wavelength radiation being re-emitted from the dust in the central parts close



118 Henning, Dullemond, Wolf, and Dominik

to the midplane of the circumstellar disk. Furthermore, the resolved millimeter
images allowed discrimination between different disk models with similar far-
infrared/millimeter SEDs and therefore the disk geometry could be disentangled
much more precisely. On the other hand, the near-infrared observations traced the
envelope structure and dust properties in the envelope and the disk surface. The
authors found that the grains in the envelope could not be distinguished from those
of the interstellar medium, while coagulation had already resulted in grain sizes up
to ∼100 μm in the circumstellar disk.

7.4 Theoretical models of dust coagulation

7.4.1 Important processes

Dust aggregate growth is a result of the complex interaction between gas and dust
in a protoplanetary disk. This interaction determines: (1) the relative velocity be-
tween grains and (2) the spatial distribution of grains in the disk, both critical
parameters for grain growth. The relative velocities between grains set the collision
rates and determine the outcome of the collision, which may be sticking, bounc-
ing, and the modification (restructuring), erosion or destruction of the aggregates
involved. Collisions of particles lead to sticking and growth if the relative veloci-
ties are smaller than about 1m s−1 (Poppe et al., 2000). Larger collision velocities
can cause destruction of aggregates and reinsertion of small grains into the disk
(Dominik and Tielens, 1997; Blum and Wurm, 2000). For a detailed discussion of
the conditions under which sticking occurs, we refer to the review by Wurm and
Blum (Chapter 6).

The interaction between particles and the gas is governed by the stopping time
which, for small dust particles, is given by

ts = 3

4csρgas

m

σ
(7.1)

where m and σ are mass and average projected cross-section of the particle, and
cs and ρgas are the speed of sound and the mass density of the gas. The limit of
small dust particles, for which the above formula is valid, is called the “Epstein
regime:” in this regime the mean free path of the gas particles is larger than the size
of the dust grain. This is typically valid for compact particles smaller than about a
centimeter at 1 AU in a protoplanetary disk.

The m/σ ratio depends not only on the aggregate mass, but also on its structure.
For relatively compact aggregates this will typically be larger than for very porous
grains. The m/σ ratio of the aggregates is strongly affected by which process is
responsible for the aggregation. Conversely, the m/σ ratio will determine which
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Fig. 7.3. Relative velocities between compact and spherical grains of various
sizes. The dominant origins of relative velocities are shown as well (courtesy,
S. Weidenschilling).

process dominates the production of relative velocities necessary for the aggregation
process. In Fig. 7.3 typical relative velocities between grains are shown. The pro-
cesses that cause these relative velocities are discussed below.

Brownian motion growth

For the smallest particles with typical ISM grain sizes between 0.01 and 0.1 μm,
the stopping time is shorter than the relevant timescales of the gas motion in a
disk, implying almost perfect coupling of the particle to the gas. This means that
these particles stay well mixed with the gas except for the very tenuous layers at
the disk surface. They also follow any gas motions and therefore are easily mixed
throughout the disk by turbulence (see Chapter 4 by Klahr et al.). For these small
particles, growth is caused by low-velocity collisions (∼cm s−1) due to Brownian
motion. Because the smallest grains have the largest Brownian motion velocities,
they will be the first to start to aggregate. Aggregates formed by this process are of
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open structure, with fractal dimension below two (Blum et al., 2000; Kempf et al.,
1999) and therefore stopping times very similar to those of individual grains. To
get into a different growth regime, the particles have to continue to grow until a
spread in the surface-to-mass ratio is realized. At that point, a number of different
processes start to become important.

Turbulent growth

Grains with relatively small surface-to-mass ratios (stopping time equal to or longer
than the eddy turn-over time) start decoupling from turbulent eddies (Völk et al.,
1980). Because different grains couple to different eddies, a velocity dispersion
between grains develops which causes collisions preferentially between grains of
different friction time, thus between large or compact particles and small particles.
These processes are likely to produce more compact particles with fractal dimen-
sions of close to three, because small particles penetrate deep into large fluffy
aggregates, filling the volume to a constant density (Ball and Witten, 1984).

Settling and the formation of a dust sublayer

As aggregates grow larger and more compact, their sedimentation velocity toward
the midplane increases. For compact grains of 0.1 μm at 1 AU in a disk of surface
density 1000 g cm−2 the sedimentation down to the midplane takes about 107 yr,
while for a compact 1 mm grain, it takes only 1000 yr. Even if we assign the large
grains a porosity of 99%, the settling timescale of 105 yr is still much faster than that
of a small grain. Therefore, the large grains will settle increasingly faster and sweep
up smaller grains. Also this process will lead to non-fractal compact grains if the
size difference between sweeping and swept-up grains is large. In a single drop of
a particle to the midplane, this process can create grains with masses equivalent to
compact millimeter to centimeter-sized grains (Safronov, 1969; Weidenschilling,
1980). Turbulent motions can prolong this phase as particles are mixed up in the
disk and are allowed to fall again.

Depending on the strength of turbulent mixing, the equilibrium distribution of
dust in the disk produces a thin dust subdisk, the thickness of which is a function of
m/σ . Increasingly large grains settle to an increasingly thin dust disk (see Fig. 7.4).
Dubrulle et al. (1995) have derived analytical expressions for the thickness of this
dust subdisk. If the dust mass density in the subdisk exceeds the gas mass density
(i.e. if the scale height of the dust distribution is smaller than the scale height of the
gas by a factor in excess of the initial gas-to-dust ratio), the dust will dominate the
dynamics of the midplane layer and the gas will be dragged along with the dust.
This effect reduces the headwind on individual particles which reduces the radial
drift (e.g. Nakagawa et al., 1986) and diminishes the relative velocities between
particles of different size.
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Fig. 7.4. Sedimentation of small grains: the figure shows how deep grains of a
certain size sediment into the disk after equilibrium between sedimentation and
turbulent mixing has set in for a turbulent α-parameter of α = 10−4 (Dullemond
and Dominik, 2004).

This effect is also directly related to the growth of particles to meter sizes
and beyond, which still poses significant problems. In this size range random
(non-Keplerian) velocities tend to exceed 1 to 10 m s−1. Theoretical and labo-
ratory experiments have shown that collisions between such aggregates lead to
fragmentation instead of growth (Blum and Münch, 1993; Dominik and Tielens,
1997; Blum and Wurm, 2000). And if bigger bodies (meter-sized or larger) are
hit by smaller ones, the impacts tend to erode the bigger bodies instead of adding
matter to them (see review by Wurm and Blum, Chapter 6).

Trapping

Non-linear effects of turbulence can also affect the distribution of solid particles.
The trapping of such particles between eddies and in vortices has been studied
in a number of papers (Squires and Eaton, 1991; Cuzzi et al., 1993; Klahr and
Henning, 1997; Cuzzi et al., 2001; Tanga et al., 1996; Barge and Sommeria, 1995;
Hodgson and Brandenburg, 1998; Johansen et al., 2004). Trapping of meter-sized
boulders in anti-cyclonic vortices can have the interesting consequence that at the
center a dense midplane concentration of dust can gather that does not experience
turbulence due to shear, and may become gravitationally unstable (see Klahr and
Bodenheimer, 2005, and Chapter 4 by Klahr et al.). Vortices and turbulent eddies
alike trap particles of a relatively narrow size range. This means that if a rapid
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growth mechanism operates in such locations, the objects it creates should consist
of constituent particles of nearly the same size. According to Cuzzi et al. (2001) there
is indeed evidence for such a size-selective concentration in the size distribution of
chondrules in meteorites.

Radial drift

Another important process is radial drift of dust grains and larger bodies. Be-
cause dust particles as a fluid do not have pressure, such particles would move on
Keplerian orbits in the absence of gas. The gas in the disk, on the other hand,
has pressure support, with a pressure gradient pointing outward in the disk. The
gas itself is therefore orbiting at sub-Keplerian speeds. Solid particles moving at
Keplerian speeds therefore experience a head wind slowing the particles down
and causing radial drift (Whipple, 1972; Weidenschilling, 1977). This effect be-
comes strongest for about meter-sized objects, for which the stopping time becomes
comparable to the orbital time. Much larger particles (∼km) fully decouple from
the gas and are not affected at all. The implications of this process for planet
formation are significant. Radial drift can lead to a redistribution of dust in the
disk, draining the outer disk of solid material and enhancing the surface density in
the inner disk (Youdin and Chiang, 2004). At locations in the disk where certain
materials evaporate (ice, silicates, carbonaceous grains), evaporation and outward
mixing may cause local enhancements of dust and vapor surface density (Morfill
and Völk, 1984; Cuzzi and Zahnle, 2004). Radial migration of particles also sets
important constraints on the growth of particles. As meter-sized objects drift so
quickly, they would disappear from the orbit of the Earth into the Sun within a
mere 100 years. Therefore, either the growth through this phase must be extremely
rapid, or the midplane physics must change in order to decrease the effects of radial
migration.

Radial turbulent mixing and meridional flow

Throughout the disk, complex mechanisms operate governing the flow of dust
grains of various sizes in protoplanetary disks. An example is the meridional flow
in accretion disks first discussed by Urpin (1984): inward gas flow in an accretion
disk takes place predominantly in the surface layers while the midplane layers tend
to move outward. Particles located near the midplane will then be dragged outward
even if this midplane dust has not yet concentrated in a massive enough midplane
layer to dominate the gas. Turbulent mixing also transports grains, both in the
vertical and in radial directions (e.g. Morfill and Völk, 1984). Johansen and Klahr
(2005) showed recently that in magneto-turbulent disks the strength of this mixing
is roughly equal to the strength of angular momentum transport (50% larger in the
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radial direction and 30% lower in the vertical direction). A comprehensive study
of this and many other processes that move dust particles in various directions was
published by Takeuchi and Lin (2002, 2003). Paardekooper and Mellema (2004)
found that a growing planet may already open a gap in the dust disk before being
massive enough to create a gap in the gas disk.

The radial transport of grains (and gas) can have important consequences for
the chemical/mineralogical composition of dust particles. The primordial silicate
dust grains from the interstellar medium are amorphous. The temperature in all but
the very inner regions of the disk is too low to anneal these grains to a crystalline
form (e.g. Fabian et al., 2000). But dust grains that initially reside in the hot inner
regions of the protoplanetary disk will become crystalline due to annealing, and
later get diffusively mixed outward (Morfill and Völk, 1984; Gail, 2001; Wehrstedt
and Gail, 2002; Gail, 2002; Bockelée-Morvan et al., 2002; Cuzzi et al., 2003). Also,
high temperature condensates like calcium-aluminium-rich inclusions (CAIs) are
more likely to form in the inner nebula and will then be mixed out (Cuzzi et al.,
2003). The dust grains from which the planetesimals and comets are formed will
then contain crystalline silicates that were not formed in situ. This is comparable
to the presence of CAIs in meteorites (Cuzzi et al., 2003). Infrared observations
of comets show that a significant fraction of their dust is of crystalline form (e.g.
Hanner et al., 1999; Wooden et al., 1999). Moreover, the crystallinity of dust in
protoplanetary disks appears to be a clearly decreasing function of radius, at least for
disks around Herbig Ae/Be stars (van Boekel et al., 2004). These observations lend
support to the radial transport scenario. Whether this transport is due to turbulent
mixing, meridional flow or surface outflow remains to be answered.

Gravitational instability of the dust layer

The process of dust settling and radial transport has significance in the discussion
whether the dust subdisk can become gravitationally unstable (Goldreich and Ward,
1973). Weidenschilling (1977) was the first to note that the minute amounts of
turbulence caused by the shear between the dust layer and the gas is enough to puff
up the dust layer sufficiently to inhibit this gravitational instability (see also Cuzzi
et al., 1993). But Youdin and Shu (2002) have recently claimed that if the dust-to-
gas mass ratio is higher than the 1/100 usually assumed, then the instability may
still be operating. Such an enhanced dust-to-gas ratio could be the result of dust–
gas separation (e.g. gas evaporation from the disk while leaving the dust behind).
It may also be caused by radial drift depleting the outer disk and enhancing the
dust surface densities in the inner disk (Youdin and Chiang, 2004), but it requires
relatively small grains to drift over large distances without growing. The thickness
of the dust layer (which is essential for its gravitational stability) depends, however,
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critically on the mass of the grains and coupling strength of the dust particles to
the turbulence (Dubrulle et al., 1995). A detailed recomputation of this turbulence
coupling strength was recently published by Schräpler and Henning (2004).

It is still a matter of debate whether a gravitationally unstable midplane layer
can be formed or not. The different models all face different problems which we
do not want to cover here in detail. In the following we will focus on models with
a stable midplane.

7.4.2 Global models of grain sedimentation and aggregation
in protoplanetary disks

To model the process of grain growth in a comprehensive way, all the processes
mentioned above have to be combined into a single model which calculates the mo-
tion of dust grains and the coagulation process at all locations in the protoplanetary
disk. Various models have been made over the years.

Some models have focused on the sedimentation process only, but computed
that for the whole disk in a time-dependent way and emphasizing observational
features. Miyake and Nakagawa (1995) showed that if the dust sediments in a pro-
toplanetary disk, the far-infrared part of the spectral energy distribution (SED) is
strongly affected. The SED becomes steeper toward long wavelengths. Dullemond
and Dominik (2004) computed the dust sedimentation process coupled to verti-
cal turbulence, and applied a multi-dimensional radiative transfer code to compute
the SED and images at different times. They found that, for weak enough turbu-
lence, the disk can become self-shadowed in the outer regions. This is because
the dust in the outer regions can sediment closer to the midplane than in the in-
ner regions (see Fig. 7.4). Similar to Miyake and Nakagawa (1995), this has the
effect of steepening the SED (see Fig. 7.5), and it makes the outer disk regions
virtually invisible in scattered light, an effect indeed observed in some objects
(Grady et al., 2004).

The modeling of the dust growth on a global scale is quite challenging. The
aggregation (coagulation) of dust grains has presumably already started before or
during disk formation, when matter is still located in the (collapsing) protostellar
core (Ossenkopf, 1993; Weidenschilling and Ruzmaikina, 1994; Suttner and Yorke,
1999). However, it is likely that such loosely bound aggregates, presumably held
together in part by the icy mantels around the elementary grains, do not survive the
passage through the stand-off shock near the disk surface as the envelope matter
accretes onto the disk (Schmitt et al., 1997). Most models of grain coagulation in
protostellar/protoplanetary disks in fact assume a pristine grain size distribution to
start with. The global modeling of dust growth in these disks was pioneered by
Weidenschilling (1980) and by Nakagawa et al. (1981). These models include dust
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Fig. 7.5. Effect of settling on the SED (from Dullemond and Dominik, 2004) for
a low value of the turbulent α parameter (α = 10−5) and for a Mathis, Rumpl,
Nordsiek (MRN) dust grain size distribution. After about 106 yr the equilibrium
state is reached in which the far-infrared emission is clearly suppressed.

sedimentation both for the vertical drift as well as a source of differential velocities
for the aggregation. The coagulation equation (Smoluchowski equation) for the
grain mass distribution function f (m) is

∂ f (m)

∂t

∣∣∣∣
coag

=
∫ m/2

0
f (m ′) f (m − m ′)σ (m ′, m − m ′)

×	v(m ′, m − m ′)dm ′

−
∫ ∞

0
f (m ′) f (m)σ (m ′, m)	v(m ′, m)dm ′, (7.2)

where m is the mass of the grain, σ (m1, m2) is the coagulation kernel and
	v(m1, m2) is the average relative velocity between grains of mass m1 and m2.
The first term in the equation is the gain term when two grains stick and form an
aggregate of mass m. The second term is the loss term when a grain of mass m
sticks to another grain to form an aggregate with larger mass. It should be noted that
the distribution function f (m) is also a function of z (height above the midplane)
and r (radial coordinate of the disk), even though this is not explicitly stated in the
equation. The Smoluchowski equation is only valid when the number of particles
is so large that one can treat them in a statistical manner. In some circumstances a
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run-away growth might favor the growth of a few (or even a single) bigger bodies
over the growth of all the other bodies. The Smoluchowski equation then breaks
down, making an explicit multi-particle approach necessary. Typically this may
happen when the particles reach planetesimal size, and is not likely for smaller
particles.

In principle, aside from the mass and the coordinates r and z, one should also
include a coordinate p in the model: the “porosity” of the aggregates (the factor
by which σ/m exceeds that of a compact grain). Another way of formulating this
is to introduce two “fractal dimensions:” Dm and Ds (mass and surface fractal
dimensions of the aggregate with m ∝ r Dm and σ ∝ r Ds ). The reason for these
additional dimensions is that aggregates of the same mass can still have a different
shape and internal structure, depending on where and how they were formed. The
“porosity” (or better: σ/m ratio) of such an aggregate does not only affect the
drift velocity, but also the binding strength: compact aggregates are more difficult
to destroy. However, the computational demand for a model that also includes this
additional coordinate is quite high (Kempf et al., 1999), and so far most models used
in the astrophysical literature assume a porosity as a function of aggregate mass:
cluster–cluster aggregates (CCAs) have a fractal structure while particle–cluster
aggregates (PCAs) are somewhat more compact.

Grain coagulation in protoplanetary disks turns out to be very rapid. Estimates of
Safronov (1969) show that growth up to about a millimeter happens on timescales
of a few thousand years at 1 AU (see also Weidenschilling, 1980). If grains would
grow without fragmentation taking place, all small opacity-carrying grains would
be locked up in bigger aggregates within a time much smaller than the disk lifetime
(e.g. Weidenschilling, 1984; Schmitt et al., 1997; Dullemond and Dominik, 2005).
The rapid coagulation can strongly reduce the optical depth of the disk (Weiden-
schilling, 1984). This may quench any possibly existing convection in these disks,
since energy can then escape more easily from the disk. Until the discovery of the
magneto-rotational instability (MRI, Balbus and Hawley, 1991), convection-driven
turbulence was believed to be the main origin of “alpha-viscosity” in protoplanetary
accretion disks, and therefore the coagulation process could stop accretion (Mizuno
et al., 1988). In fact Klahr et al. (1999) demonstrated that convection cannot drive
turbulence in disks. Nowadays it seems ever more convincing that MRI is the main
cause of turbulence in gravitationally stable disks. If true, the effect of coagulation
stopping the accretion no longer plays a significant role. But another (opposite)
effect may come to replace it: the coagulation of grains can reduce the total effec-
tive grain surface that can remove free electrons from the gas (Sano et al., 2000;
Semenov et al., 2004). The gas will therefore become more conducting and will
couple more strongly to the magnetic fields, making the MRI more effective. On
the other hand, the reduced optical depth may cause the disk to be cooler (at least in
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the early phases, where viscous dissipation of gravitational energy dominates the
energy balance of the disk), which could make parts of the disk too cool to have
a sufficient amount of free electrons for MRI to operate. Even if the MRI (or an-
other cause of “viscosity”) is active nonetheless, by the nature of “α-disks” a cooler
disk accretes more slowly than a hot one. In these various ways, dust coagulation
strongly affects the structure and evolution of the disk (e.g. Schmitt et al., 1997).

The rapid depletion of small grains can be counteracted by aggregate fragmenta-
tion (Weidenschilling, 1980). Small grains can also be replenished by the addition
of new envelope material onto the disk in the early phases of disk evolution (Mizuno
et al., 1988; Mizuno, 1989).

The models described above solve the coagulation–sedimentation equation in the
vertical direction. If one solves a set of these one-dimensional vertical coagulation
problems at different radii independently, one obtains the dust evolution of the
entire disk. However, in reality these vertical slices are not independent: radial drift
and turbulent radial mixing can strongly affect the grain distribution, and transport
grains from one radius to another. A simple way to model this is to ignore for
the moment the vertical coagulation and concentrate fully on the radial motions.
Models of this kind were made, for example, by Mizuno (1989), Sterzik and Morfill
(1994), and Schmitt et al. (1997). Recently a model appeared by Kornet et al. (2005)
in which the entire growth from dust to planetesimals was modeled in this way, and
conclusions were drawn on the relation between the presence of planets and the
metallicity of the system. But clearly, ultimately a two-dimensional axisymmetric
(so to say 2.5-D) or a fully three-dimensional model is required to include all effects
of radial and vertical drift. Suttner and Yorke (2001) have presented such a 2.5-D
model, based on radiation-hydrodynamical simulations of a forming protoplanetary
disk, though with a still somewhat simplified coagulation kernel and only for the
earliest stages of disk evolution.

In the light of the enormous increase in observational data on grain growth, it
is important that detailed models of coagulation are coupled to radiative transfer
codes to obtain model predictions for observations. Two recent papers address this
issue: Tanaka et al. (2005), and Dullemond and Dominik (2005). They calculate
the time-dependent coagulation in a 1+1-D fashion (a series of independent one-
dimensional slices at different radii), and for different time intervals they compute
the spectral energy distributions. These papers predict that an inner opacity hole
should form in these disks (see also Schmitt et al., 1997), which may well be
similar to the holes found in T Tauri disks (Calvet et al., 2002; Forrest et al., 2004)
and Herbig Ae/Be stars (Bouwman et al., 2003). Dullemond and Dominik (2005)
show that, in particular when turbulence is included, the timescale for the removal
of small grains is so short that statistically speaking almost all T Tauri-star disks
should have become optically thin. Since T Tauri-star disks are typically optically
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thick, it is inferred that aggregate destruction should play a role in these disks to
replenish the small grain population.

7.5 Summary

Grain evolution in protoplanetary disks is a complex process, including gas dynam-
ics, coupling between gas and grains, and sticking properties of solid particles at
the relevant collisional velocities. Disk models have just started to integrate the pro-
cesses of grain diffusion, sedimentation, and coagulation and now make predictions
for the time-dependent spectral energy distributions. The coagulation of particles
will strongly influence the thermal and dynamical structure of disks, closing the
cycle between gas dynamics and grain evolution. The complete modeling of this
cycle remains a challenging numerical problem in star and planet formation.

Observational evidence supports the idea of grain growth, covering the size
range from a few microns to centimeters. However, grain growth seems to happen
on timescales longer than usually predicted by models. Observations at centimeter
wavelengths with the VLA and millimeter interferometric studies with higher sen-
sitivity with the Atacama Large Millimeter Array (ALMA) will add to our empirical
knowledge of grain growth.
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8.1 Introduction

The count of extrasolar giant planets detected by radial velocity measurements is

now well over a hundred, accounting for about 5% of F, G and K main-sequence

stars in the Solar neighborhood; about 10% of the planets are in multiple sys-

tems1. It thus seems an inescapable conclusion that giant planet formation is a

ubiquitous and robust process. There is also strong observational evidence for

a correlation between the occurrence rate of (detectable) planets and the metal-

licity of the parent star (Gonzalez, 1997; Fischer and Valenti, 2003). There are

two possible explanations for this phenomenon: first, the planet formation pro-

cess may tend to “pollute” the parent star with higher-metallicity material, as

giant planets (Laughlin and Adams, 1997) or planetesimals (Murray et al., 2001)

migrate in and are engulfed. If this is the case, higher-mass stars, which have

thinner convective envelopes in which to preserve the pollution, ought to dis-

play a systematically higher metallicity. However, no such trend has been ob-

served so far (Wilden et al., 2002; Dotter and Chaboyer, 2002; Quillen, 2002;

Fischer and Valenti, 2003). Furthermore, Fischer and Valenti (2005) found no

sign of various other potential accretion signatures, such as dilution of metalli-

city in subgiants with planets. The other explanation is that higher metallicity –

and thus a higher fraction of solids in the protoplanetary disk – increases the chances

of forming a giant planet. Such a direct reliance on solids would offer strong support

1 California and Carnegie Planet Search: www.exoplanets.org; IAU Working Group on Extrasolar Planets:
http://www.ciw.edu/boss/IAU/div3/wgesp/planets.shtml
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for the nucleated instability model of giant-planet formation, wherein a large pro-

toplanet forms first, then accretes a massive gas envelope. The alternative model of

giant-planet formation, in which parts of the gas disk itself become gravitationally

unstable and collapse to form planets (Boss, 1997; Mayer et al., 2002; see also the

review by Boss, Chapter 12), does not benefit in any obvious way from the pres-

ence of extra solids. More recently a third model of giant-planet formation has been

proposed, which may be viewed as intermediate between the two traditional rivals

of core accretion and disk instability. In this picture, a giant vortex forms in the gas

disk and concentrates solids at its center (Klahr and Bodenheimer, 2003, 2006).

This model has a number of attractive features, among them a short accretion time

for gas giants (<∼106 yr) and the ability to function even in low-mass disks. It is not

yet clear whether the required vortices can actually form in a protoplanetary disk,

but future observing programs are planned to search for them around young stars.

A detailed review is given by Klahr et al. in Chapter 4; in the rest of this article, we

will focus on the “pure” core accretion model, in a simple non-turbulent Keplerian

gas disk.

Observational evidence notwithstanding, the nucleated instability model has an

Achilles’ heel, namely the very first step. The accretion of a massive atmosphere

requires a solid core ∼ 10 M⊕ in mass (Mizuno, 1980; Pollack et al., 1996; see

also the review by Hubickyj in Chapter 10). Assembling such a large body, it

turns out, offers some serious challenges to the theory of planet formation as it

currently stands. The difficulties are threefold: first, the accretion process has to

be efficient enough to concentrate such a large mass in (at least) one single body;

second, everything has to happen fast enough that when the putative core is ready,

there is still enough gas – of order 102 M⊕ – left in the nearby part of the disk to

furnish its envelope. Observations of T Tauri stars (Haisch et al., 2001; see also

the reviews by Richling et al. in Chapter 3, and Bouwman et al. in Chapter 2)

show that gas disks, at least insofar as they are traced by the presence of dust

in the inner AU as well as accretion onto the star, have lifetimes of ∼1–10 Myr,

with even a single Jupiter mass of gas unlikely to be found in the disk much

later than that. The final problem concerns migration due to planet–disk tidal in-

teractions, which threatens to drop core-sized bodies into the central star faster

than they can accrete (e.g. Ward, 1997; see also the review by Masset & Kley in

Chapter 14).

In this review, we begin with an overview of the post-runaway accretion regime

(called “oligarchic” growth) in which the vast majority of a giant-planet core’s

growth very likely occurs (Section 8.2.1). We then consider various ways in which

accretion rate and efficiency might be elevated above that given by this standard

model. We examine the particularly problematic issue of Uranus and Neptune’s

formation in Section 8.4. In Section 8.5, we comment briefly on the problems posed
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to core formation by the migration resulting from planet–disk tidal interactions. We

summarize and conclude the chapter in Section 8.6.

8.2 Estimating the growth rate

The issue of formation time is of central importance in the study of planet accretion,

but it is in a sense most critical in the formation of gas-giant cores. In the simplest

view, the time to form the terrestrial planets of our Solar System has just one

truly hard upper limit, namely the 4.5 Gyr age of the system itself (in reality more

stringent limits exist, in particular cosmochemical evidence seems to restrict the

Earth’s formation to the first ∼ 10−30 Myr of the Solar System’s existence; Yin

et al., 2002). In contrast, gas-giant planets have no choice but to form while their

parent protoplanetary disk is still young enough to contain a significant amount of

gas, i.e. in <∼107 yr (Section 8.1).

Terrestrial planet formation can be divided into three qualitatively different

phases; however, in the formation of giant-planet cores, the third of these is very

likely absent. In the first stage, planetesimals grow by runaway accretion (wherein

the largest bodies grow the fastest) to produce bodies of order 100 km in size

(Wetherill and Stewart, 1989). In the middle stage, accretion changes from run-

away to self-regulating, as the largest bodies become big enough to gravitationally

“stir their own soup” of planetesimals (Ida and Makino, 1993; Kokubo and Ida,

1998, 2000; Thommes et al., 2003, hereafter TDL03). This stage ends at a given

location in the disk when the local “oligarchy” of largest bodies reach their iso-

lation mass (Eq. 8.16 below), meaning that they have consumed all planetesimals

within their gravitational reach. In the terrestrial-planet region, typical disk mod-

els produce isolation masses of only about Mars mass, thus a third phase must

take place in which these bodies’ orbits cross and they collide to form Earth- and

Venus-mass bodies. This takes ∼ 108 yr in the standard gas-free model (Chambers

and Wetherill, 1998; Chambers, 2001), or only a few tens of Myr if one takes into

account the dynamical shakeup caused by sweeping secular resonances of the giant

planets as the gas disk dissipates (Lin et al., in preparation). The former timescale is

much too long for gas giants, and the latter mechanism requires pre-existing giant

planets. However, as we will see below (Fig. 8.1), assuming a somewhat enhanced

disk mass, an isolation mass of ∼ 101 M⊕ is produced in what corresponds to

the Jupiter–Saturn region. Thus, oligarchic growth should in principle suffice to

produce giant-planet cores.

8.2.1 Oligarchic growth

The first step in calculating accretion rates is to adopt a model for both the plan-

etesimal and the gas distribution of a protoplanetary disk. It is convenient to scale
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Fig. 8.1. The mass of the locally largest protoplanet as a function of stellocentric
radius and time. The simple version of the oligarchic growth model (Eq. 8.15),
without the effect of planetesimal orbital decay by gas drag, is used to compute the
curves; it gives a qualitatively correct picture of oligarchic growth but overestimates
the final mass. The central star has a mass of 1 M�, protoplanets and planetesimals
have densities of 1.5 g cm−2, planetesimals have a radius of 10 km, and an orbital
spacing of b = 10rH between adjacent protoplanets is assumed. Gas and solids
surface densities are scaled relative to the minimum-mass Solar Nebula model
(Eqs. 8.1 and 8.3). The calculation is performed for: i) 1 × �min

gas and 1 × �min
solid

(solid curve); ii) 5 × �min
gas and 5 × �min

solid (dotted curve); and iii) 10 × �min
gas and

10 × �min
solid (dashed curve).

these relative to the “minimum-mass” model of Hayashi (1981):

�min
gas = 1700

( r

1 AU

)−3/2

g cm−2 (8.1)

ρmin
gas ≈ �gas/2H, H = 0.0472

( r

1 AU

)5/4

AU (8.2)

and

�min
solid = 7.1FSN

( r

1 AU

)−3/2

g cm−2, (8.3)

where

FSN =
{

1, r < rSN

4.2, r > rSN

(8.4)
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is the “snow line” solids enhancement factor: beyond rSN (= 2.7 AU in the Hayashi

model), water freezes out, thus adding to the surface density of solids.

Ida and Makino (1993) derived the condition for the end of runaway growth as

2�M M > �mm, (8.5)

where m is the characteristic planetesimal mass, �m the surface density of plan-

etesimals, M the characteristic mass of the local population of largest protoplanets,

�M the (effective) surface density of these protoplanets, and �M + �m = �solid.

This condition yields an end to runaway at a protoplanet mass of only ∼ 10−6 −
10−5 M⊕ for �solid = 1 − 10 �min

solid (TDL03). The rest of the accretion takes place

in the “oligarchic” regime (Kokubo and Ida, 1998). Herein, the mode of growth is

still the sweep-up of planetesimals by much larger protoplanets, but it is now the

gravitational influence of the protoplanets which determines the random velocities

of the planetesimals, rather than self-stirring of the planetesimals.

We will assume that the RMS planetesimal random velocity vm remains in the

dispersion, rather than shear-dominated, regime (however, see Section 8.3.2 below);

that is,

vm>∼�rH , (8.6)

where

rH =
(

M

3M∗

)1/3

r (8.7)

is the Hill (or Roche) radius of a protoplanet of mass M . This amounts to saying

that planetesimal random velocities are larger than the Keplerian shear across a

protoplanet’s Hill radius. Furthermore, as long as �M << �m , dynamical friction

from the planetesimals will keep the protoplanets on very nearly circular orbits, thus

vm is also the RMS relative velocity between protoplanets and planetesimals. The

mass accretion rate of a protoplanet is then well described by the “particle-in-a-box”

approximation (Safronov, 1969; Wetherill, 1980; Ida and Nakazawa, 1989)2:

dM

dt
≈ F

�m

2H
π R2

M

(
1 + v2

esc

v2
m

)
vm, (8.8)

where H is the disk scale height, RM the protoplanet radius, vesc the escape veloc-

ity from the protoplanet’s surface, and F ≈ 3 is a correction factor (Greenzweig

and Lissauer, 1992). We assume that RMS planetesimal eccentricities em and in-

clinations im are related to each other and vm by vm ≈ emr�, im ≈ em/2, and ap-

proximate the scale height of the planetesimal disk as H ≈ imr ≈ emr/2 (details

2 This equation in TDL03 (their Eq. 6) has a typo; it is missing a factor of 1/2.
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are given in Kokubo and Ida, 1996). With these approximations, the protoplanet

accretion rate becomes

dM

dt
∝ �m M4/3

e2
mr1/2

. (8.9)

By definition, the planetesimals’ random velocities in the oligarchic regime are

dominated by stirring due to the protoplanets. One can estimate the resulting equi-

librium RMS eccentricity by equating the gravitational viscous stirring timescale

due to the protoplanet, with the random-velocity damping timescale due to aero-

dynamic drag by the nebular gas (Ida and Makino, 1993; Kokubo and Ida, 2000);

eeq
m ∝ M1/3ρ

−1/5
gas . One obtains (for details see TDL03)

dM

dt
≈ A�m M2/3, (8.10)

where

A = 3.9
b2/5C2/5

D G1/2 M1/6
∗ ρ

2/5
gas

ρ
4/15
m ρ

1/3
M r1/10m2/15

. (8.11)

CD is a dimensionless drag coefficient ∼ 1 for km-sized or larger planetesimals,

and b is the spacing between adjacent protoplanets in units of their Hill radii. An

equilibrium between mutual gravitational scattering on the one hand and recircu-

larization by dynamical friction on the other keeps b ∼ 5−10 (Kokubo and Ida,

1998).

The qualitative difference between runaway and oligarchic growth stems from

the fact that the former has Ṁ ∝ M4/3, while for the latter, because em depends on

M , Ṁ ∝ M2/3 (Ida and Makino, 1993). The mass ratio of two (nearby) protoplanets

changes as

d

dt

(
M1

M2

)
= M1

M2

(
Ṁ1

M1

− Ṁ2

M2

)
, (8.12)

thus, supposing M1 > M2, in the runaway regime we have d/dt(M1/M2) =
(M1/M2)(M1/3

1 − M1/3
2 ) > 1, while in the oligarchic regime we have

d/dt(M1/M2) = (M1/M2)(M−1/3
1 − M−1/3

2 ) < 1. In other words, in runaway

growth the mass ratio of two nearby protoplanets diverges from unity, while in

oligarchic growth it approaches unity.

Equation (8.10) was used by TDL03 as a starting point to get a global picture

of how oligarchic growth converts a planetesimal disk into protoplanets. In the

simpler of two approaches, they assumed that planetesimals undergo no net radial

migration. The relationship between protoplanet mass and planetesimal surface
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density is then

�m(M) = �m(0) − M

2πr�r
= �m(0) − 31/3 M1/3

∗ M2/3

2πbr2
, (8.13)

where we have used �r = brH . Using Eqs. (8.10) and (8.13),

dM

dt
≈ AM2/3(�m(0) − B M2/3), (8.14)

where A is given by Eq. (8.11) and

B = 31/3 M1/3
∗

2πbr2
.

Solving this differential equation, one obtains

M ≈
(

�m(0)

B

)3/2

tanh3

[
AB1/2�m(0)1/2

3
t + tanh−1

(
B1/2 M(0)1/3

�m(0)1/2

)]
. (8.15)

This describes an outward-expanding front of growth, which reaches a given radius

of the disk on a timescale 3A−1 B−1/2�m(0)−1/2; this is the time to reach the isolation

mass

Miso =
(

�m(0)

B

)3/2

. (8.16)

Examples are shown in Fig. 8.1. After about a million years (in the cases with disks

enhanced above minimum mass), there exists an annulus within the disk where

protoplanets have grown to a mass >∼ 10 M⊕. On the inside, where growth has

finished, this annulus is bounded by the final (i.e. isolation) mass. On the outside,

it is bounded by how far out the accretion front has progressed. The effect of the

snow line at 2.7 AU is clearly visible (though in a real disk it will inevitably involve

a smoother transition in surface density than the step function we use here).

Although Eq. (8.15) gives the right qualitative picture of oligarchic growth, it

constitutes a significant simplification because it neglects the role of planetesimal

radial migration. This is an important effect because aerodynamic gas drag extracts

energy from planetesimal orbits as it damps their random velocities (Adachi et al.,
1976). With the balance between damping and gravitational stirring by the proto-

planets maintaining a non-zero equilibrium planetesimal random velocity, there is

a continuous net orbital decay of planetesimals. The surface density of planetesi-

mals thus changes at a given radius not just because planetesimals are swept up by

protoplanets, but also because of this migration:

d�m

dt
= d�m

dt

∣∣∣∣
accr

+ d�m

dt

∣∣∣∣
migr

, (8.17)
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where d�m/dt |accr is the time derivative of Eq. (8.13), and, taking ṙm as the radial

migration speed of planetesimals, continuity gives us

d�m

dt

∣∣∣∣
migr

= −1

r

∂

∂r
(r�mṙm) . (8.18)

M = M(r, t) was taken by TDL03, turning Eqs. (8.10) and (8.17) into a pair of

coupled partial differential equations, which they solve numerically. They find that

gas drag acts as a two-edged sword in the accretion of massive bodies: on the one

hand, increasing the strength of gas drag (by increasing the gas density, decreasing

the planetesimal size, or a combination thereof) damps random velocities more

strongly and speeds the accretion rate (see Eq. 8.9). On the other hand, as also

found by Inaba and Wetherill (2001), stronger gas drag also increases the rate at

which �m is depleted by planetesimal orbital decay; this causes growth to stall

earlier. In other words, stronger gas drag increases the speed of protoplanet growth

at the cost of decreasing its efficiency.

In the growth rate estimate of TDL03, assuming a characteristic planetesimal

size of 10 km, the production of ∼ 10 M⊕ protoplanets in what corresponds to

the Jupiter–Saturn region requires a disk with, at least in that region, ∼ 10�min
solid

(assuming that �min
gas is multiplied by the same factor). The time to reach ∼ 10 M⊕ at

∼ 5 AU is then ∼ 1 Myr. Decreasing the characteristic planetesimal size decreases

the mass at which growth stalls. N-body simulations were also performed by TDL03

which confirmed this effect.

The calculations of Inaba and Wetherill (2001) were performed using a statistical

rather than an N-body code, however they added a fragmentation model, which

led to considerably less optimistic results than those of TDL03. Fragmentation

reprocesses a large fraction of the planetesimals to much smaller size, decreasing

the efficiency of accretion so that the largest protoplanet produced has a mass of

less than 2 M⊕. Fragmentation models are of course fraught with uncertainty, but

the dynamical regime we are considering – wherein the random velocities of the

planetesimals are determined by stirring from much larger bodies – makes it likely

that fragmentation will play a role, since planetesimals will collide with relative

velocities much larger than their surface escape velocities. The above result is thus

worrisome for the core accretion model.

8.3 Possibilities for boosting accretion speed and efficiency

The relatively simple model laid out above is capable of producing giant-planet core-

sized bodies quickly in the Jupiter–Saturn region. However, the (at least locally)

rather massive disk required, as well as the danger posed by fragmentation, suggest

that we may not yet have the full picture. Below, we look at recent work which
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suggests several promising avenues for “plugging the holes” in the oligarchic growth

model for giant-planet core accretion.

8.3.1 The role of protoplanet atmospheres

The model of Pollack et al. (1996) for the accretion of giant-planet cores also

models the slow accretion of a gas atmosphere onto a growing giant protoplanet,

prior to the final runaway gas accretion phase. This atmosphere acts to enhance

the capture cross-section for additional planetesimals, but because they assume

planetesimal sizes of 1–100 km, the tenuous atmosphere present during the ini-

tial solids-dominated accretion phase does not play a very large role in raising the

accretion rate (they use an accretion model which underestimates stirring of plan-

etesimals, thus core growth still only takes < 106 yr). However, as a planetesimal’s

size is decreased, the strength of gas drag it feels is increased. So, too, is its capture

radius with respect to a protoplanet possessing a gas atmosphere. Inaba and Ikoma

(2003), hereafter II03, studied the capture of planetesimals in the atmosphere of

a growing core. They performed numerical simulations, then constructed analytic

approximations which are in good agreement. They showed that, as long as random

velocities of the planetesimals are small compared to the escape velocity from the

core’s surface, the largest radius of planetesimal, rm , which can be captured at a

radius Rc in the core atmosphere, is given by

rm = 3

2

ρ(Rc)

ρm
rH , (8.19)

where ρ(Rc) is the gas density at Rc. For a given planetesimal size and envelope

model (which determines ρ(r ) and thus Rc), the accretion rate onto the core is

then calculated using an envelope-enhanced core radius of Rc, rather than the

core’s physical radius RM . This can lead to a substantial increase in accretion rate;

using a simple estimate, II03 obtained a value of less than 105 yr for the growth

of a 10 M⊕ body by accretion of 100 m planetesimals distributed with a surface

density of �solid = 10 g cm−2. However, this estimate does not take into account

radial migration of planetesimals. Inaba et al. (2003), hereafter IWI03, put all the

pieces together and found that the gas-enhanced capture cross-section of growing

cores in fact rescues the core-accretion model from the perils of fragmentation.

The important point is that fragmentation now has a positive as well as a negative

consequence: smaller planetesimals are lost more rapidly by migration, but are

also accreted more readily by cores with atmospheres. Simply put, the two effects

largely cancel each other out, and the results of IWI03 are not dissimilar from those

of TDL03: for a disk of about ten times the solids and gas density of the minimum-

mass model, a ∼ 20 M⊕ body forms at 5 AU in ∼ 3 × 106 yr (with a reduced grain
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opacity and hence a lower critical core mass, IWI03 found that a disk of about five

times minimum mass suffices). It should be pointed out that this model, and to a

lesser extent that of TDL03, fall somewhat short of producing a 10 M⊕ core at

Saturn’s orbital radius.

8.3.2 Accretion in the shear-dominated regime

We stated previously the assumption of dispersion- rather than shear-dominated

planetesimal random velocities (Eq. 8.6). However, if gas drag damps planetesimal

random velocities strongly enough, things can get pushed back into the shear-

dominated regime. Rafikov (2004), hereafter R04, studied this situation, finding

that shear-dominated oligarchic growth proceeds in a qualitatively different way,

and can be much more rapid, than dispersion-dominated growth. The important

distinction is that damping of random velocities is so rapid that between consecutive

close encounters with a growing protoplanet, a planetesimal loses almost all of

its eccentricity and inclination. Thus at each close encounter, the relative velocity

between planetesimal and protoplanet is approximately just that due to the Keplerian

shear in the disk, and significant eccentricities and inclinations are possessed by

the planetesimal only immediately after a scattering event. This is the opposite of

the dispersion-dominated case, wherein the non-circular (or random) velocity v of

a planetesimal at any time is in general large compared to the kick �v it picks up

in a single close encounter. Furthermore, individual scatterings are more efficient

at increasing eccentricity than inclination:

�vr ∼ �rH , �vz ∼ vz if v << �rH ,

thus i << e, unlike the dispersion-dominated regime in which i ∼ e. This makes

the planetesimal disk very thin, which increases the accretion rate onto a protoplanet

(Eq. 8.8). In the most extreme case, if

vz<∼ 0.07�rH

( r

1 AU

)
, (8.20)

the entire vertical column of the planetesimal disk is within the protoplanet’s capture

radius, thus making accretion a two-dimensional process. The protoplanet accretion

rate is then

dM

dt 2d
≈ �p1/2�solidr2

H = 0.45G1/2 �solid M2/3

ρ
1/6
M

, (8.21)
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Fig. 8.2. The ratio (Eq. 8.22) of the two-dimensional accretion rate, applicable in
the extreme case of shear-dominated accretion wherein the entire vertical column
of planetesimals is accreted (Eq. 8.21), to the standard oligarchic accretion rate
(Eq. 8.10).

where p ≡ RM/rH . One can compare this to the standard oligarchic growth rate of

Eq. (8.10):

Ṁ2d

Ṁ
≈ 0.1

ρ
1/6
M ρ

4/15
m r1/10m2/15

b2/5C2/5
D M1/6

∗ ρ
2/5
gas

. (8.22)

Fig. 8.2 plots comparisons of the two accretion rates as a function of stellocentric

distance, for several different values of gas surface density and planetesimal size.

As can be seen, the two-dimensional enhancement to the growth rate can exceed an

order of magnitude at 5 AU (or two orders of magnitude at 30 AU), as compared to

oligarchic growth with a minimum-mass gas disk and 10 km-sized planetesimals.

Relative velocities are shear-dominated for planetesimals having sizes below

∼ 100 m–1 km; the transition size increases with distance from the star. In reality,

it is likely only a fraction of the total planetesimal population finds itself in this

regime. However, R04 showed that only 1% of the total mass in planetesimals needs

to be shear-dominated in order for the accretion rate of embedded protoplanets to

be dominated by this part of the population. This is analogous to the findings

of Wetherill and Stewart (1993), who demonstrated the important contribution of
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a planetesimal “fragmentation tail” to the growth rate of the largest bodies in the

runaway regime.

Fast accretion would then seem to require simply that a population of <1 km

bodies constituting >∼ 1% of the total mass is maintained by fragmentation. A com-

plete picture, however, will also require taking into account the role of planetesimal

radial migration. Just as a shear-dominated planetesimal receives discrete kicks in

random velocity which are then damped, so too will it orbitally decay in discrete

jumps, which will tend to remove planetesimals from a protoplanet’s feeding zone

(Section 8.2.1). Between these two effects, it needs to be determined what the net

consequence for accretion is.

8.3.3 Local enhancement of solids

The recurring theme thus far has been that rapid inward migration of planetesimals

acts to frustrate planet growth. However, under the right circumstances, the opposite

can also be true. In the model of Cuzzi and Zahnle (2004), hereafter CZ04, things

actually work best if planetesimals are of order meters rather than kilometers in

size. The resulting rapid radial migration serves as a means to produce a high

local concentration of condensible material, specifically ice. This happens because

when ice-rich planetesimals from the outer disk arrive at the snow line (Section

8.2.1), their complement of water begins to evaporate. The inward flux of ice-

rich planetesimals, the water evaporation rate and the diffusion rate of the vapor

plume results were modeled by CZ04, and they showed that a steady state may

not exist until a very large local enhancement in water, between 1 and 2 orders of

magnitude, has occurred. Since this vapor plume straddles the snow line, water will

recondense onto solid bodies at its outer edge. In this way, the protoplanetary disk

receives a large enhancement in ice over a relatively small radial range (�r <∼ 1 AU).

The picture CZ04 proposed is similar to the earlier “cold-finger” model of Stevenson

and Lunine (1988), the main difference being that the latter invoked diffusively

redistributed water vapor from the part of the nebular interior to the snow line

as the source of solids enhancement at the snow line. This immediately places

an upper limit on the available water. Bringing the water in from the outer disk

instead makes much more water potentially available. Assuming the characteristic

planetesimal size really is meters rather than kilometers, CZ04 showed that unless

turbulent transport is very large in the nebula, water delivery by inward planetesimal

migration is both faster and more robust than delivery by outward diffusion of water

vapor. Since accretion rate is ∝ �solid, and isolation mass is ∝ �
3/2
solid, an increase

in the surface density of solids makes it possible to grow bigger bodies faster.

It was pointed out by CZ04 that a pivotal parameter their model rests on is the

actual fraction of solids in meter-sized planetesimals. Their base-line calculation
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assumes a quite substantial fraction of ∼ 10%. They took the view, in contrast

to the above models, that such small bodies are largely primordial rather than

products of fragmentation. This assumption is based on earlier work which found

that particle growth faces a number of obstacles, most notably the problem of

fragmenting in mutual collisions, beyond the meter-size regime. If true, this has

important implications for the models described in Section 8.3.1 and Section 8.3.2;

we will return to this issue in Section 8.6.

8.4 Ice giants: the problem of Uranus and Neptune

We have so far concentrated on the issue of producing solid bodies to serve as

the cores of gas-giant planets. Leaving aside for the moment the possibility of

significant planet migration, this makes our zone of interest the inner ∼ 10 AU of

a protoplanetary disk, since the furthest-orbiting gas-giant planet which we know

of is Saturn at 9.5 AU. This includes all detected extrasolar planets, among which

the largest orbit is that of 55 Cancri d at 5.9 AU (Marcy et al., 2002), though this

upper limit is subject to a strong two-fold selection effect: closer orbits produce

larger radial velocity signatures, plus it takes about one orbital period of the planet

to reliably detect the signature. However, in our own Solar System we have the “ice

giants” (thus called because they are basically of cometary composition), Uranus

and Neptune, at 19.2 AU and 30.1 AU, respectively. A glance back at Fig. 8.1

immediately reveals a problem, though: even after 107 yr of accretion, protoplanets

have only grown to about Mars mass or less at the orbit of Uranus. This is a

problem because Uranus and Neptune, their ice-giant status notwithstanding, do

each have several M⊕ of H and He in their atmospheres. The most natural way to

account for this is if these planets finished their accretion in ∼ 107 yr, before the

gas nebula was completely depleted. To what extent can the mechanisms described

in Section 8.3 help out? A protoplanet must reach one to several M⊕ in order

for its gas atmosphere to start playing an appreciable role in enlarging its capture

radius (Section 8.3.1). However, assuming the primordial size of planetesimals

is >∼ 1 km, fragmentation must become effective before the protoplanet can reap

the benefits of its extended reach. A similar argument applies to the model of

Section 8.3.2; the planetesimal population has to form a ∼ 1% fragmentation tail

before shear-regime accretion becomes dominant. This introduces a sort of Catch

22: until a protoplanet grows that is big enough to induce significant fragmentation,

strong gas drag cannot begin to boost the accretion rate. So the fact that an Earth-

mass body cannot grow in 107 yr unless one invokes a disk far more massive than

the minimum-mass model casts doubt on whether, during the lifetime of the gas

nebula, these putative growth acceleration mechanisms can even begin to become

effective. The situation is different if, as assumed by CZ04, a significant fraction of
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planetesimals is primordially very small. However, in the extreme of meter-sized

bodies, the rapid migration of planetesimals due to gas drag, while potentially of

great help in enhancing the surface density of solids at the snow line at ∼ 1−5 AU,

instead depletes the available solids at larger radii and thus becomes a nuisance

again.

Goldreich et al. (2004) explore one approach to accounting for the formation

of Uranus and Neptune. Also invoking collisional fragmentation, they show that

a sufficiently small planetesimal size allows collisions among planetesimals to

take over the role of damping by gas drag and keep random velocities low. For

the extreme case of centimeter-sized planetesimals, they show that Uranus and

Neptune can accrete in situ in <∼ 1 Myr. However, as the authors pointed out, such

a small planetesimal size, while beneficial in reducing the growth timescale of the

ice giants, brings with it a new problem. The high optical depth of planetesimals

makes the final “clean-up” of the leftovers by gravitational scattering (which also

populates the Oort cloud) problematic, because a planetesimal’s ejection timescale

is far longer than its collision time. Remnant planetesimals in the outer Solar System

are thus in danger of overstaying their welcome. This problem, which to a lesser

extent plagues even kilometer-sized planetesimals, was first pointed out by Stern

and Weissman (2001) (though subsequent work by Charnoz and Morbidelli (2003)

challenged their findings). Another issue not explored by the authors is whether

the large amount of energy dissipation in the disk will cause significant radial

rearrangement of planetesimal mass. In particular, collisional grinding down of

the planetesimal disk needs to be delayed until after the dispersal of the gas disk,

otherwise gas drag is likely to remove a lot of mass to smaller radii (Section 8.2.1).

In any case, from an observational point of view, a very nice feature of such a mode

of accretion is that it likely involves the generation of a large amount of readily

visible dust. Future observations of debris disks, with upcoming instruments such

as ALMA, will furnish us with useful constraints on this model in the relatively

near future.

Thommes et al. (1999, 2002), hereafter TDL99, TDL02, developed a model

for the origin of the ice giants which sidesteps the problem of accretion at large

heliocentric distances. They proposed that all of our giant planets – gas and ice alike

– originated in the same region of the protoplanetary disk, ∼ 5−10 AU, in other

words the present-day Jupiter–Saturn region. Even with just a moderate increase

above minimum mass in the surface density, oligarchic growth predicts (assum-

ing an inter-protoplanet spacing of ∼ 10rH is respected until the end of oligarchic

growth) that three to five bodies of mass ∼ 10 M⊕ will form in the Jupiter–Saturn

region. Numerical simulations were performed by TDL99 and TDL02 in which

one of these bodies had its mass increased to that of Jupiter over a 105 yr timescale,

in keeping with the final runaway gas accretion phase in the Pollack et al. (1996)

model. They found that this rapidly destabilizes the orbits of the adjacent oligarchs,
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causing them to acquire large eccentricities and cross the outer part of the disk

where, it is assumed, a largely pristine population of planetesimals still exists. Dy-

namical friction then acts to recircularize the orbits of these bodies, though leaving

them with a far larger than original orbital spacing. The typical end result (“end”

meaning after a few Myr, when rapid orbital evolution has ceased) is similar to the

architecture of the present-day outer Solar System, with the initially neighboring

oligarchs now having semimajor axes comparable to those of Saturn, Uranus and

Neptune. All that remains is for the next-innermost protoplanet to become Saturn

by acquiring its own (less) massive gas envelope, and for the remaining planetes-

imals among the orbits of the giant planets to be cleaned up. In this picture, then,

Uranus and Neptune are simply “failed” gas giants that lost the race to accrete a

massive atmosphere and were unceremoniously scattered into the outer Solar Sys-

tem. Saturn may represent an intermediate case, which still managed to retain a

substantial atmosphere; since Saturn’s core is somewhat more difficult to produce

in situ than Jupiter’s (Section 8.2.1), an origin involving outward scattering will

tend to be helpful for this planet, too. A limitation of the model is that it does

not account for interactions between the protoplanets and a gas disk, in particular

the rapid migration which may result (Section 8.5); including these effects will be

needed to complete the picture. As it stands the model is most appropriate to the

case of a tenuous, or even truncated (Shu et al., 1993), gas disk.

8.5 Migration and survival

The topic of tidal planet–disk interactions is technically beyond the scope of this

chapter, especially as it is covered in depth by the review by Masset and Kley (see

Chapter 14). Nevertheless, because tidal-torque migration is inextricably linked

with giant-planet formation, we will touch briefly on the issue here. Planet–disk

interaction is typically broken down into two qualitatively different regimes. In the

first, the planet launches density waves at resonances, but is too small to significantly

perturb the azimuthally averaged surface density profile of the disk. This has come to

be called the “Type I” regime (Ward, 1997). However, as the planet mass increases,

so does the strength of the planet–disk torques, until an annular gap opens about

the planet’s orbit; to the extent that the gap is clean, the planet is then locked into

the disk’s viscous evolution, in what is called the “Type II” regime. In typical disk

models, a gap does not begin to open until the planet mass is of gas-giant rather

than core mass (several tens of M⊕), so it is the Type I regime which is relevant to

core formation.

A body orbiting in a gas disk experiences a repulsive torque from both inner

and outer Lindblad resonances (Goldreich and Tremaine, 1980); for typical model

disks, the outer torques are stronger – the main source of this asymmetry is the

sub-Keplerian (due to pressure support) rotation of the disk – and inward migration



144 Thommes and Duncan

results. The timescale for a body to migrate all the way in to the star is

tType I ∼ 104 − 105

(
M

101 M⊕

)−1 (
�gas

102g cm−2

)−1 ( r

AU

)−1/2
(

H/r

0.07

)2

yr

(8.23)

(Ward, 1997; Papaloizou and Larwood, 2000). We recall from Section 8.2.1 that

the timescale for dispersion-dominated oligarchic growth of a core-sized body

at ∼ 5 AU is ∼ 106 yr. This may be reduced by one or more of the potentially

accretion-enhancing mechanisms of Sections 8.3.1, 8.3.2 and 8.3.3, though shav-

ing off up to two orders of magnitude may not be a realistic expectation. But if

the growth timescale of a giant-planet core does exceed the time it has before it

plunges into the central star, how can any ever form? This is perhaps the single most

troubling issue in the core-accretion model of gas-giant formation. Several survival

mechanisms have been proposed. To begin with, Eq. (8.23) is obtained from a

two-dimensional calculation of disk torques; Tanaka et al. (2002) calculated the

differential torques three-dimensionally and found a reduction by a factor of ∼ 2−3

in the migration rate. Also, the gas disk surface density profile may not be smooth

as is usually assumed. Laughlin et al. (2004) and Nelson and Papaloizou (2004)

showed that density fluctuations due to magnetohydrodynamic (MHD) turbulence

can give Type I migration the character of a random walk in radius (it remains to

be seen, though, whether this random walk truly eliminates the net orbital decay, or

is simply superimposed on it). Menou and Goodman (2004) combine calculations

of Type I migration with a more detailed disk model, and find that at locations of

opacity transition in a disk, variations in surface density can increase the Type I

migration timescale of a ∼ 10 M⊕ body to more than 106 yr, thus creating local

migration bottlenecks. Another possibility is that once planets reach Type II mass

and lock themselves into the (generally slower) inward accretion of disk material,

they act as a barrier for faster-migrating Type I bodies approaching from exterior

orbits. Thommes (2005) showed that the usual outcome when a Type I body catches

up with a gap-opening body is that it becomes locked in a first-order mean-motion

resonance with the latter. This suggests that if a first gap-opening planet can some-

how be formed, subsequent giant-planet migration may proceed more readily. In

summary, then, although Type I migration seems a severe problem when looking at

the simple case of a core in a smooth disk, when one considers the bigger picture,

various potential mechanisms of survival do present themselves.

8.6 Discussion and conclusions

The formation of gas-giant planets by gas accretion onto a solid core has some

very attractive features as a model. Most notably, it offers a natural explanation for
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two observational facts: (1) in our own system, Jupiter and Saturn are significantly

enhanced in solids relative to Solar abundance, and (2) there is a robust correlation

between metallicity and extrasolar planet occurrence rate, suggesting that solids

play an important role in gas-giant formation around other stars as well. We have

attempted to give an overview of how, in our current understanding, the formation

of a giant planet’s solid core would proceed. One thing that seems fairly certain

is that the dominant mode of core growth is the devouring of a large number

of planetesimals by a small population of much larger protoplanets; though this

starts as a runaway process, it very early on becomes self-regulating as growing

cores gravitationally stir their own food supply. Under the assumption that the

characteristic planetesimal size remains in the kilometer regime, analytic estimates

and numerical simulations of this process suggest that giant-planet cores can be

formed on a 106 yr timescale – fast enough to still grab a massive atmosphere

of gas from the dissipating nebula – provided that solids and gas are enhanced,

at least locally, by roughly an order of magnitude above the standard minimum-

mass Solar Nebular model (Hayashi, 1981). The picture gets more complicated

if one relaxes either assumption, and it may then become necessary to appeal to

additional effects in order to keep accretion fast and efficient enough. Several such

mechanisms have been proposed; central to all of them is the role played by gas

drag on the planetesimals.

Smaller planetesimals experience stronger gas drag, which is both good and bad:

it makes accretion faster by keeping random velocities low, but it also increases

the rate at which planetesimals orbitally decay out of a protoplanet’s feeding zone.

One possible route around this problem is to simply make accretion so fast that

the accompanying inefficiency is no longer fatal. The work of Inaba and Ikoma

(2003) and Inaba et al. (2003), as well as that of Rafikov (2004), falls under this

general theme. In the former case, gas atmospheres accumulating on protoplanets

provide an additional way to make small planetesimals accretionally advantageous

(stronger atmospheric drag = larger capture radius). In the latter, small planetesi-

mals’ random velocities are simply damped so much that the character of oligarchic

growth qualitatively changes and, in the most extreme case, accretion actually be-

comes two-dimensional. The work of Cuzzi and Zahnle (2004) suggests a different

view altogether. They have shown that the rapid orbital decay of small planetes-

imals, rather than killing accretion efficiency, can actually provide a large local

enhancement in solid material – just the thing needed to grow large bodies rapidly,

without needing to appeal to an uncomfortably large mass of the whole disk.

What is most exciting to note in looking at these three different models is that

they are complementary; rather than having to choose among them, one can readily

envision all operating at the same time in a protoplanetary disk. In fact, the somewhat

provocative idea of a substantial (and perhaps primordial) fraction by mass of the
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planetesimals being meter-sized, as invoked by CZ04, would immediately lend

the other two effects a higher importance, too. Clearly, what is needed now is

for all of these pieces to be put together into one picture. As such, we may be

just one step away from a coherent, robust, end-to-end model of giant-planet core

formation. A model which readily and rapidly produces core-sized solid bodies

will sit comfortably with the observational data: (1) from radial velocity surveys,

gas giants are ubiquitous, and (2) from observations of young stars, gas disks only

last for a few million years.

In the model of TDL99,02, the ice giants Uranus and Neptune are just “failed”

versions of Jupiter and Saturn; in fact Saturn itself may be somewhat of an inter-

mediate case. If this picture is correct, then a way to prolifically build gas-giant

cores will benefit ice giants too. We thus arrive at a picture where all giant-planet

formation takes place in the presence of gas, in the first few million years of a star’s

lifetime. If this is not the case, Uranus and Neptune must have formed in a funda-

mentally different manner, likely with planetesimal collisions taking on the role of

dissipating random velocities in lieu of gas (Goldreich et al., 2004). However, the

high optical depth of planetesimals required for this makes their ultimate removal

problematic. Future high-resolution observations of dust evolution in debris disks

are likely to give us a better idea of how the post-gas evolution plays out. In addition,

important clues are likely to come from the discoveries of new extrasolar planets. In

particular, the recent radial velocity detections of very low projected mass planets

(M sin i <∼ 20 M⊕) in μ Arae (Santos et al., 2004a), Gliese 436 (Butler et al., 2004),

and ρ Cancri (McArthur et al., 2004) may constitute our first glimpse of extrasolar

core-sized bodies, though it is doubtful whether, on their close-in orbits, they retain

enough water to qualify as ice giants.

The issue of core survival in the face of migration by nebula tides remains an

open problem. However, different variations on the theme of migration bottlenecks

(Menou and Goodman, 2004; Thommes, 2005) may help here too. Alternatively,

more realistic models of disk MHD may do away altogether with the idea of mono-

tonic orbital decay by tidal torques (Nelson and Papaloizou, 2004; Laughlin et al.,
2004).
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Planetary transits:
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9.1 Introduction

The observation of a transit in our own Solar System is a long-lasting experience.
Historical events related to transits can be traced back to Ptolemy who mentioned in
his “Almagest” that the lack of detections of transits was not in contradiction with
Mercury and Venus being closer to the Earth than the Sun (in the geocentric system)
simply because they could be either too small to be detected or their orbital plane
could be slightly tilted to the Solar one (Gerbaldi, personal communication). In 1607
Johannes Kepler thought he had directly observed a predicted Mercury transit but
in fact only followed sun spots. He did, however, predict the next transits of Venus
and Mercury to take place in 1631 following the extremely accurate observations
of the planets by Tycho Brahe. The first transit to be observed was the Mercury
transit in 1631 with the best observations leading Pierre Gassendi to evaluate its
diameter to be less than 20 arcsec, much smaller than ever thought before. All the
following transit observations led to new ephemerides and estimates of the size
of the Solar System, but not as accurate as expected because of the difficulty of
locating in time the entrance and exit of the planetary disk over the Solar one. First
pictures of the Venus transit were made as early as in 1874 (Fig. 9.1). The transit of
Mercury was also observed with the Solar and Heliospheric Observatory (SOHO)
spacecraft from the L5 Lagrange point of the Earth.

Finally the transit of the Earth in front of the Sun can be “indirectly” observed
by measuring the reflected moonlight during total lunar eclipses. This shows that
absorption spectroscopy observations of transit can efficiently probe the planet’s
atmosphere, including the detection of the Earth’s ozone layer even in the visible
range (Chalonge et al., 1942).

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.
Published by Cambridge University Press. C© Cambridge University Press 2006.
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Fig. 9.1. Picture of the transit of Venus taken in 1874 (Janiczek, 1983).

These first studies within our own Solar System show the great variety of impacts
that transit observations can have on our understanding of a system. These impacts
range from dynamical constraints to specific characteristics of the transiting objects
including size and shape as well as atmospheric content and composition.

Very early, it was also recognized that the transit of stars in front of other stars,
in binary or multiple systems, was an extremely powerful tool to investigate the
quality of stellar models, including stellar evolutionary models. In effect, from
these observations coupled with radial velocity measurements it was possible to
have access to both the stellar masses as well as to their diameters. These were
for a long time the only possible direct test of stellar models. But in addition,
these observations allowed many more surprising discoveries like the presence of
additional invisible low stellar mass members in the systems via the slow evolution
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of the timing, the presence of mass exchange between the different stars, and the
analysis of extended structures above the stellar surfaces. All these potentialities
also apply for planetary transit which lead to similar results related to mass, size,
environment, and atmospheres, as we will see below.

To illustrate these capabilities in the case of extrasolar systems, a few particular
and important examples can be given regarding various aspects. When seen under
a favorable orientation, the transit technique allows a detailed view of the nature,
extent and evolution of circumstellar dust orbiting some stars. As a recent example,
occultations of the star KH15D revealed detailed information on the geometry of
this puzzling system (Kearns and Herbst, 1998; Hamilton et al., 2001; Chiang
and Murray-Clay, 2004; Winn et al., 2004). In other systems, transits of gaseous
material have been interpreted as comet-like bodies in debris disks, giving in the
80s the first hint of solid bodies orbiting in extrasolar systems (Section 9.5.1). The
transit observation of the planetary mass object orbiting around HD209458 was
the first demonstration that radial velocity pulsations were indeed due to planets.
Having access to its size and to its mass from previous radial velocity detection, it
was easy to estimate its density and to conclude that the discovered object was a
gaseous planet (Charbonneau et al., 2000; Henry et al., 2000; Mazeh et al., 2000).
Finally the most recent development made with transits is the direct detection of
different species in the extrasolar planets’ atmosphere, ranging from the lower
atmospheric levels just above the limb to the upper atmospheric layers revealing
an unexpected extension and thus a peculiar escape situation (Charbonneau et al.,
2002; Vidal-Madjar et al., 2003, 2004).

9.2 Probability and frequency of transits

In the case of stellar–stellar or planetary–stellar transits one can estimate the prob-
ability to observe transits as a function of three parameters, the main star radius R∗,
the transiting object radius Rt, and the distance between both objects at the time of
transits a. The probability to observe a transit assuming random orientation of the
orbit is (Sackett, 1999):

P = R∗ + Rt

a

(see Bodenheimer et al., 2003 for the case of an eccentric orbit). In the case of
planetary transits, this probability becomes close to R∗/a showing that it is more
likely to observe transiting planets at small orbital distances. In the case of the
Solar System observed by a random observer at infinity, the probability to observe
a transit of Mercury is of the order of 1% while it drops down to 0.1% for Jupiter.
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It is thus quite unlikely to detect transits and pre-selecting favorable inclination
targets (for example, stars with high rotational inclination) could be a way to favor
transit discoveries. However due to the precision of such evaluations and to the
probable spread of the planets’ orbital plane inclinations relative to the star (in the
Solar System the spread of planetary orbits is of the order of 7o) a gain of no more
than a factor of three to five in detection probability is expected (Sackett, 1999).
Other ways to favor transit detection are to select already transiting binary star
systems by assuming that planets could be present in the orbital plane of the stellar
system (Schneider and Chevreton, 1990) or by looking for systems with disks seen
edge-on. However in both cases the gain in probability remains of the order of a
factor of three to five.

In a planetary system, comets can also be transiting objects. If the number of
comets is high enough, some trajectories can be star grazing and their inclina-
tion broadly spread away from the orbit plane of the main planets; the proba-
bility of detecting such transits is then certainly much higher. As an example in
the Solar System several Sun-grazing comets are discovered every year, many of
these being potentially transiting. Although it is difficult to estimate the increase in
transit probability in the case of extrasolar comets, it seems that, in some circum-
stances, comets can be easier to detect, as with the ones discovered around the star
β Pictoris more than ten years before the discovery of the first extrasolar planet
(Section 9.5.1).

Since there is no clear way to improve the probability of detecting planetary
transits, searches have to cope with probabilities in the range of 0.1 to 1%, except
in the case of the “very hot Jupiter” which can be detected with a much higher
probability, up to 20% for the shortest orbital periods (Bouchy et al., 2004). The
consequent strategies are to look for a large number of targets, either with robotic
telescopes fast-scanning wide fields to survey photometric variations of bright stars,
or to look to fainter stars in a given field of view. Both strategies recently led to the
discovery of new transiting planets (Section 9.4).

Finally, the probability of transit is relatively high for an already identified “hot
Jupiter” (for example, identified with radial velocity), with a probability of about
10%. Follow-up observations are crucial and can lead to potentially important
discoveries of transits. Such a follow-up allowed the first detection of a transit-
ing planet, HD209458b, which is, up to now, the planet transiting the bright-
est star identified, allowing fruitful spectroscopic observations (Section 9.5.2).
It is fun to see that, with a 10% probability of transit, this HD 209458 tran-
sit was discovered in the fall of 1999 when about 10 hot Jupiters were known,
and that we have now identified about 20 hot Jupiters. As the sample of known
hot Jupiters increases, the probability of the discovery of a second similar case
increases.
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Fig. 9.2. Plot of the HD 209458b transit light curve as measured with the Hubble
Space Telescope (Brown et al., 2001).

9.3 Basics of transits

9.3.1 Photometric transits

If one assumes that the shapes of both the occulting body and of the star are known,
it is possible from simple geometrical calculations to infer what must be the duration
of the transit event and the shape of the photometric light curve. In the case of the
Solar System seen by an edge-on observer, the maximum duration of the planets’
transit ranges from 0.35 days for Mercury to 3.5 days in the case of Pluto. The
maximum transit duration Tmax (when crossing over the center of the stellar disk),
in front of a star of radius R∗ and mass M∗, for a planet orbiting with a period P at
a distance a is:

Tmax = P × R∗
π × a

≈ 13.0
( a

1 AU

)1/2
(

M∗
M�

)−1/2 (
R∗
R�

)
hours,

assuming a planet radius much smaller than R∗.
To calculate the theoretical transit light curve, one must take into account the

non-homogeneity of the stellar flux over the different parts of the stellar disk. It
is in general affected by the limb darkening (at least in the visible spectral range)
which induces, for the transit profile, a curved bottom shape, as can be seen in the
very high quality transit profile of HD 209458b obtained by Brown et al., (2001)
with the Hubble Space Telescope (Fig. 9.2). This observed profile can be very well
fitted by the theoretical light curve taking into account the limb darkening of the
Solar-type star HD209458.
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The shape of a transit curve at a wavelength other than a broad band in the visible
directly depends upon the appearance of the stellar disk at this wavelength. When
moving away from the black-body emission, either at short wavelength as in the
far ultraviolet or in narrow spectral ranges as at the bottom of strong photospheric
lines, the stellar appearance can present limb brightening and/or be much more
inhomogeneous than in the visible. The variations at the bottom of the transit light
curve are expected to be of the order of the stellar flux inhomogeneities averaged
over a size equal to the occulting planetary disk. As an example, in the far-ultraviolet
at Lyman α, chromospheric inhomogeneities are well known and observed in the
case of the Sun (Prinz, 1974), but when averaged over the planetary disk size, they
cannot produce fluctuations larger than a few %. In the case of the Solar-type star
HD 209458 where a 15% absorption is observed in Lyman α during the transit,
these fluctuations are marginal. However these fluctuations are more important for
smaller transiting objects, the transit becoming more difficult to detect not only
because the transit depth decreases but also because the intrinsic fluctuations at the
bottom of the transit curve increase.

The detailed photometry of the transit light curve gives detailed information
on the occulting body shape. As an example one can assume that the planetary
disk is not circular but oblate (Seager and Hui, 2002; Barnes and Fortney, 2003).
This shape can be the signature of a rapid rotation, as in the case of Jupiter, or of
upper atmospheric winds. In the same way, signatures of satellites or ring systems
can be searched for as additional absorptions before or after the planetary transits
(Barnes and Fortney, 2004). All departures from the standard light curve are thus
the signature of many different possibilities concerning the planet structure and
environment.

In addition to the shape of the transit light curve, the exact timing of the successive
events also carries important information. An accurate timing of the transit ingress
and egress could reveal the presence of additional planets gravitationally perturbing
the observed planet, or the presence of orbiting satellites too small to be directly
detected.

Finally, the shape of the transit light curve can also be used to discriminate be-
tween a comet and a planet. It has been shown that most of the comets’ transit
light curves have an asymmetrical triangular shape (Lecavelier des Etangs et al.,
1999). This may be an important issue because cometary transits are more probable
than planetary ones. A large number of the transits will be discovered by the up-
coming space instruments like CoRoT (Convection, rotation and planetary transits)
and Kepler able to reach 10−4 photometric accuracy; most of the observed pho-
tometric transits may be due to comets instead of planets (Lecavelier des Etangs,
1999).
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9.3.2 Spectroscopic transits

Transits are usefully observed with spectroscopy. At the simplest level, assuming a
circular shape for the occulting body, one can consider the radius of the occulting
body as a function of the wavelength. This can lead to the observation of atmo-
spheres. As an example, the Earth’s atmosphere being opaque below 3000 Å, the
occulting body looks larger by about 60 km when an Earth transit is observed at
shorter wavelengths. It is, of course, more difficult to observe a transit in spec-
troscopy than in photometry, because the number of photons in the limited spectral
domain is lower and the required accuracy is higher. The increased fraction of the
stellar disk occulted by a typical atmosphere is of the order of 10−4 to 10−8, de-
pending on the atmospheric scale height (related to the planet total density) and the
searched component of the atmosphere (Brown et al., 2001). This requires large
space instruments to be used.

9.4 Observed photometric transits

9.4.1 β Pictoris

Ten years ago, it was thought that the best places to detect transits of extrasolar
planets were the systems seen edge-on, because this increases the transit probability
(Schneider and Chevreton, 1990). In this frame, the β Pic system was among the best
candidates: first, planets are believed to orbit in the system because they are needed
to explain both the large number of comets (Section 9.5.1) and the morphological
properties of the circumstellar dust disks (see, for example, Mouillet et al., 1997);
second, the disk is seen almost exactly edge-on (Kalas and Jewitt, 1995). In addition,
photometric measurements of β Pic were done at La Silla by photometrists of
the Geneva observatory, from 1975 to 1981, when they detected significant and
unexplained variations.

These 1981 variations can be described by an increase in the star brightness over
about ten days and symmetrical return to the normal level. Moreover, exactly at the
middle and top of this brightness increase, a sharp decrease in the star brightness
was measured over a few hours (Lecavelier des Etangs et al., 1994). The analysis of
these variations showed that: (1) these variations are real; (2) they are consistent with
the transit of a body in front of β Pictoris. Two possible interpretations of this phe-
nomenon arise: either the transit of a massive planet, possibly with rings (Lecavelier
des Etangs et al., 1995, 1997), or the transit of a giant comet (Lamers et al., 1997).
Hence this likely represents the first historical record and interpretation of an ex-
trasolar transit. But to discriminate between the two possible interpretations, new
observations of the same phenomenon are required. Despite dense surveys, similar
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variations have never been observed again (Nitschelm et al., 2000; Lecavelier des
Etangs et al., 2005), leaving this photometric transit unconfirmed.

9.4.2 HD 209458b

The first confirmed planetary transit is the transit of the extrasolar planet
HD 209458b in front of its parent star. This hot-Jupiter planet has been discovered
by radial velocity searches (Mazeh et al., 2000). It has a mass of 0.699±0.007 MJ

and a period of about 3.52 days (Naef et al., 2004). The discovery of the transit
(Charbonneau et al., 2000; Henry et al., 2000) was a strong confirmation that the
radial velocity oscillations of the stars were indeed due to planets. This transit gave
the first estimate of the radius of an extrasolar planet (≈ 1.42+0.10

−0.13RJ, Cody and
Sasselov, 2002) confirming it to be a gas giant. A posteriori, Robichon and Arenou
(2000) and Castellano et al. (2000) found photometric measurements of this transit
in the Hipparcos data collected from the beginning of 1990 to the end of 1993. To-
gether with more recent measurements, this allowed them to obtain a very accurate
estimate of the period which is now estimated to be P = 3.5247542±0.0000004
(Wittenmyer et al., 2004), that is with an uncertainty of less than 4s yr−1.

Because HD 209458b is transiting a bright star (mv = 7.6), this allows detailed
observations of the transit light curve. First, the limb darkening effect is seen in detail
in the data collected with the Hubble Space Telescope (Brown et al., 2001; Fig. 9.2).
In addition, a careful analysis of the light curve and timing gives constraints on
potential satellites or rings: the upper limits on satellite radius and mass are 1.2 R⊕
and 3 M⊕, respectively; opaque rings, if present, must be smaller than 1.8 planetary
radii in radial extent (Brown et al., 2001).

Finally, the measurements of the planet radius give a value which appears to be
larger than expected (Bodenheimer et al., 2003). This measured radius is still un-
explained and challenging in regards to other subsequently observed transits by the
Optical Gravitational Lensing Experiment (OGLE) (see Sections 9.4.3 and 9.4.6).

9.4.3 OGLE planets

Transiting planets can also be searched for in deep surveys of selected fields. Deep
surveys of several fields toward the Galactic center and the Carina region of the
Galactic disk by OGLE have identified 137 transiting candidates (Udalski et al.,
2002a, b, c, 2003). Because a stellar grazing transit, an M dwarf in a binary system,
or a stellar transit in a triple system produce about the same light curve (Konacki
et al., 2003a; Torres et al., 2004a), each identified transiting candidate must be
confirmed by a discriminating observation. Now, radial velocity measurements
have been successful in confirming five OGLE candidates: OGLE-TR-56 (Konacki
et al., 2003b; Torres et al., 2004b), OGLE-TR-113 (Bouchy et al., 2004; Konacki



Planetary transits: a first direct vision of extrasolar planets 155

et al., 2004), OGLE-TR-132 (Bouchy et al., 2004), OGLE-TR-111 (Pont et al.,
2004), and OGLE-TR-10 (Bouchy et al., 2005; Konacki et al., 2005).

The new point raised by this survey is the discovery of very short period planets. If
we except the recent discoveries of OGLE-TR-111 and OGLE-TR-10, the first three
OGLE planets have orbital periods ranging from 1.2 to 1.7 days, which is shorter
than any planet discovered before by almost a factor of two. Even the last two planets
have short orbital periods of 3.1 and 4.0 days. The apparent contradiction of the
efficient discovery of these “very hot Jupiters” relative to the radial velocity method
can be explained by comparing the efficiency of both methods and the presumed
frequency of the planets as a function of the orbital period (Bouchy et al., 2004;
Pont et al., 2004). In short, the OGLE program efficiently probes a large number
of targets (≥150 000 stars) but is not sensitive to periods larger than about 3 days,
therefore OGLE finds the very few “very hot Jupiters;” the radial velocity searches
have been limited to about 2000 stars, therefore these searches have found the more
numerous planets with longer orbital periods (Gaudi et al., 2005).

9.4.4 TrES-1

A strategy different from OGLE has been used by many other searches for planets
via transit photometry. This strategy consists of the survey of wider fields to look at
brighter stars with smaller telescopes. Among these surveys, the Hungarian-made
Automated Telescope Network (HATnet) uses 11 cm robotic telescopes and has
chosen fields overlapping with the planned Kepler mission (Hartman et al., 2004).

The first (and presently the only) positive detection with this kind of approach has
been recently announced with the discovery of the planet GSC 02652-01324b nick-
named ‘TrES-1’ (TrES for Trans-atlantic Exoplanet Survey) with the combination
of three telescopes: STARE (Stellar Astrophysics and Research on Exoplanets) in
the Canary Islands, PSST (Planet Search Survey Telescope) in Arizona, and Sleuth
in California (Alonso et al., 2004). This planet orbits a relatively bright K0V star
(mv = 11.8). It has a mass of 0.075±0.07 MJ, a radius of 1.08+0.18

−0.04 RJ and an orbital
period of 3.0 days.

This discovery opens a new field of discoveries with wide surveys, which are of
extreme importance because transits in front of bright stars offer unique capabilities
to scrutinize planetary atmospheres in detail (Section 9.5.2). With one transiting
hot Jupiter per one thousand stars in the sky, there are several dozens of hot Jupiters
transiting a K, G or F main-sequence star brighter than V = 10.

9.4.5 Missing photometric transits

Several surveys of open and globular clusters have been made to search for extrasolar
planets’ photometric transit signatures (e.g. Burke et al., 2004). For instance, a
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Fig. 9.3. Plot of the radius versus mass of the extrasolar planets for which these
two quantities have been measured. The mass is given by radial velocity and the
radius is given by transit observations. The labels give the object names, numbers
alone are for OGLE-TR-xxx. Courtesy of F. Pont.

photometric survey of about 34 000 main-sequence stars in the globular cluster 47
Tucanae has been made with the wide-field camera of the Hubble Space Telescope
(Gilliland et al., 2000). Assuming the same frequency of hot Jupiters in the Solar
Neighborhood as in 47 Tuc, about 17 planets should have been detected. The absence
of close-in planets in 47 Tuc is assumed to be due to either the low metallicity and/or
the crowding of the central part of this globular cluster.

As there are many current programs dedicated to this approach, results are
awaited in the coming years.

9.4.6 The planet radius problem

One important parameter constrained by the photometric measurements of transit
is the planet size. We have now in hand seven measurements of planet size (e.g.
Moutou et al., 2004) together with their mass estimates. A plot of the planet radius
versus mass (Fig. 9.3) shows that, except for HD 209458b, the measured sizes
are in agreement with theoretical prediction (Bodenheimer et al., 2003; Burrows
et al., 2004). The origin of the HD 209458b radius is still a matter of debate; this
could be due to an over-interpretation of the measured radius and uncertainties
(Burrows et al., 2003), an internal heating source (e.g. Chabrier et al., 2004), or
tidal heating, possibly requiring the presence of an additional planetary companion
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(Bodenheimer et al., 2001; Gu et al., 2003, 2004). New observations are needed
to discriminate between these different possibilities. In particular, it will be crucial
to know if HD 209458b is exceptional or not, and to see if the “radius problem”
correlates with the planetary mass, stellar type or age, the presence of a close-by
companion, or another parameter.

9.5 Observed spectroscopic transits

9.5.1 β Pictoris

As for the photometric transits, the presence of a circumstellar disk seen edge-on
put β Pictoris in the top list for the detection of orbiting material through absorption
spectroscopy. The first high-resolution spectra obtained soon after the discovery of
the dust disk were aimed at observing the gas disk (Hobbs et al., 1985; Vidal-
Madjar et al., 1986). The surprise came from the recognition that the observed
spectra present rapid variations in short timescales (Ferlet et al., 1987). These
variations have been observed and analyzed in great detail over many aspects like
composition, ionization, velocity fields, lines widths, etc. (see review in Vidal-
Madjar et al., 1998). The main result is the interpretation of these spectroscopic
signatures as the transits of evaporating (extrasolar) comets (Ferlet et al., 1987;
Beust et al., 1990). Interestingly, we have now a large number of detected comets’
transits to draw statistical conclusions and detailed explanations on the dynamical
origin of these comets. The most detailed and predictive model proposes that these
comets are large (≥10 km) asteroidal bodies trapped in 4:1 resonance with a massive
planet at ∼ 10 AU (Beust and Morbidelli, 1996, 2000). As an example, this model
can explain the observed relationship between the radial velocity and line widths
as being due to a precession of the periastron angle as a function of the eccentricity
inside the resonance (Beust and Morbidelli, 2000).

9.5.2 HD209458b

The discovery of the first transiting extrasolar planets offered unprecedented capa-
bilities to scrutinize the planetary environment, in particular through spectroscopy
because HD 209458 is a bright star. The spectroscopic signature of the transit has
been observed in the radial velocity measurements as distortions of the stellar line
profile during the transit; these distortions are due to the small size of the planet
occulting a fraction of the rotationally Doppler-shifted stellar disk (Queloz et al.,
2000). This allows the confirmation that the planetary orbit is in the same direction
as the stellar rotation. An upper limit of the angle between the orbital plane and the
stellar equatorial plane can also be determined, and is found to be less than 30◦ in
the case of HD 209458.
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But the most promising technique related to the spectroscopic observation
of planetary transits is certainly the possibility to detect atmospheric signatures
through additional absorption in spectroscopic lines of atoms and ions present in
the atmosphere. This technique takes advantage of the numerous stellar photons
going through the atmosphere making atmospheric characterization much easier
than by detecting the few photons coming from the planet. The first detection of an
extrasolar planet atmosphere was made rapidly after the discovery of the transit of
HD 209458b. Using very high-precision spectrophotometric observations obtained
with the Hubble Space Telescope, Charbonneau et al. (2002) detected an additional
absorption of (2.32±0.57)×10−4 in the Na i doublet at 589 nm. This signature of
the atmosphere is lower than predicted (Brown, 2001). This could be interpreted
in terms of atomic Na depletion into molecules or grains, or more likely photoion-
ization or clouds in the atmosphere (Charbonneau et al., 2002), this last hypothesis
being consistent with the non-detection of CO (Brown et al., 2002; Deming et al.,
2005).

In the case of HD 209458b, the detection of an atmospheric signature in the
spectroscopic transit has also been made for three other species, namely H i, C ii and
O i (Vidal-Madjar et al., 2003, 2004). In these last cases, the absorptions have been
detected against stellar emission lines in the far-ultraviolet (Lyman-α at 121.6 nm
for H i, 130 nm for O i, and 133 nm for C ii). The first surprise came from the
observation that the absorption of the stellar H i Lyman-α line is about 15±4%,
which corresponds to a hydrogen cloud in the upper atmosphere more extended than
even the Roche lobe of the planet (a cloud with the size of the Roche lobe would
produce a 10% absorption depth). H i in this extended exosphere is seen with radial
velocity exceeding 100 km s−1; this velocity is explained by the radiation pressure
on the hydrogen atoms (Vidal-Madjar and Lecavelier des Etangs, 2004). The cloud’s
geometrical extension beyond the Roche lobe and the velocity exceeding the escape
velocity both show that hydrogen is escaping the planet. The planet is losing mass,
justifying the proposal of the nickname “Osiris” (Vidal-Madjar and Lecavelier des
Etangs, 2004). A numerical simulation shows that the transit signature as observed
in Lyman-α can be produced by a mass-loss rate of at least ∼1010g s−1. This
evaporation rate is in agreement with theoretical calculation of the upper atmosphere
structure, taking into account the tidal forces and the heating of the upper atmosphere
by ultraviolet and extreme-ultraviolet (Lecavelier des Etangs et al., 2004). But
another surprise was the observation that atomic oxygen and ionized carbon are
also present in the upper atmosphere and also produce about 10% absorption of the
C ii and O i stellar lines. The presence of these heavier elements high in the upper
atmosphere requires that the atmosphere is not under the regime of Jeans escape
but is hydrodynamically escaping in a “blow-off” state (Vidal-Madjar et al., 2004).
From this observation and through the evaluation of the total density at the level of
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Fig. 9.4. Plot of the domain where the planet lifetime against evaporation is shorter
than 109 years as a function of the initial mass and orbital period. In the grey region,
the time to evaporate the full hydrogen envelope of a planet with a 15 M⊕ solid
core is shorter than 109 yr. This calculation uses the planet’s radii given by Guillot
(2005) as a function of time, mass and effective temperature. The time variations
of the far-ultraviolet/extreme-ultraviolet stellar flux is also taken into account, but
it is found to have a negligible effect in contrast to the assumed planet radii. The
squares show the positions of the known planets. The three planets with mass
between 14 and 21 M⊕ have been plotted with triangles.

the Roche lobe (∼106 cm−3), the escape rate can also be independently estimated
to be of the order of ∼1010g s−1 in agreement with the estimate obtained with the
H i observation.

9.5.3 Evaporation of hot Jupiters

The transit observation of HD 209458b allowed the realization that a hot Jupiter
can evaporate, and under certain circumstances can be significantly modified by
this evaporation. In addition to an understanding of the observed escape rate from
HD 209458b, the escape rate of hot Jupiters as a function of their mass and orbital
period was evaluated by Lecavelier des Etangs et al. (2004, Fig. 9.4). From this
evaluation, it turns out that even “very hot Jupiters” can be stable against evaporation
if they are massive enough, like OGLE-TR-56, OGLE-TR-113 or OGLE-TR-132.
On the other hand, planets with an orbital period shorter than about three days and
less massive than about ∼0.5 MJ should be the subject of intense evaporation. If this
takes place, most of the atmosphere must disappear on a short timescale leaving
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the remaining central core of about ∼15 M⊕ of heavy material, with a shallow
atmosphere or no atmosphere at all. The state of the surface of these putative
bodies is still to be determined and could be similar to the lava surface of Io with
its 1500 K temperature. The emergence of the inside core of former and evaporated
hot Jupiters may constitute a new class of planets which we proposed to call the
“chthonian” planets in reference to the Greek god of the Earth: Khthôn (“chthonian”
is used to name the Greek deities who come from the hot infernal underworld).

This suggestion of the existence of evaporated planet remnants has been recently
emphasized by the discovery of three planets with short periods and low mass from
m sin i ∼14 to ∼21 M⊕. In one case (μ Arae, Santos et al., 2004a), the orbital
period of 9.55±0.03 days and the orbital distance of 0.09 AU seem unfavorable for
an evaporation scenario. However, the initial planetary mass and radius, and early
evolution of the X-ray, ultraviolet and extreme-ultraviolet flux from the star are still
to be evaluated to draw a firm conclusion. In the two other cases (55 CnC, McArthur
et al., 2004; GJ 436, Butler et al., 2004), the orbital periods are 2.81 and 2.64 days.
These two last planets fall exactly at the mass-period position predicted for most of
the evaporation-modified (“chthonian”) planets (Lecavelier des Etangs et al., 2004).
In conclusion, the nature, origin and history of these newly discovered planets is
still to be clarified, but they appear to be possibly the result of the evaporation
mechanism which has been uncovered thanks to spectroscopic observations of the
transit of HD 209458b. If evaporated planet remnants are numerous, they will also
be uncovered by future space programs dedicated to the search for planetary transits
(Section 9.5.4). We have to wait for the coming deep-transit surveys with dedicated
spatial missions to understand the properties, distribution and evolution of these
low-mass planets which we are starting to discover.

9.5.4 The search for transits with space observatories

In the near future, several space missions will be dedicated to the search for extraso-
lar planets by transits, and in particular to the search for Earth-size planets. CoRoT
will be the first high-precision photometric satellite to be launched in 2006 with
the aim of detecting extrasolar planets by the transit method (Bordé et al., 2003).
CoRoT will be followed by the Kepler NASA mission scheduled to be launched
in 2007. The Kepler mission will determine the distribution of Earth-size planets
(0.5 to 10 M⊕) in the habitable zones of Solar-like stars. This mission will monitor
more than 100 000 dwarf stars simultaneously for at least 4 yr (Duren et al., 2004).
After these missions dedicated to the search for transiting extrasolar planets, the
Global Astrometric Interferometer for Astrophysics (GAIA), the European Space
Agency astrometric mission to be launched around 2011, will also detect a large
number of transiting planets (Robichon, 2002).
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Fig. 9.5. Estimate of the number of transiting planets orbiting K, G and F main
sequence stars which can be observed as a function of the telescope sensitivity. For
hot Jupiters, the fraction of planets orbiting at ∼10 stellar radii has been assumed to
be 1% hot Jupiters per star. For Titan-like satellites, Earth-like and ocean planets,
the fraction of planets orbiting in the habitable zone at ∼1 AU has been assumed
to be 25% planets per star. With these numbers, we can estimate the telescope
sensitivity needed to detect atmospheric signatures of sodium and exosphere in the
first case, or ozone in the case of small planets. The telescope sensitivity is obtained
by scaling the result of real observations and given in units of the sensitivity
of the Hubble Space Telescope with the Space Telescope Imaging Spectrograph.

Algorithms are being developed and tested for future space missions (e.g. Aigrain
and Favata, 2002; Aigrain and Irwin, 2004). The best strategy can certainly be
refined, by, for instance, looking at M stars in the searches for habitable-zone planets
(Gould et al., 2003). Even reflected light from close-in extrasolar giant planets will
likely be feasible with the Kepler photometer (Jenkins and Doyle, 2003).

9.6 Conclusion

As we have seen above, planetary transits offer a first direct vision of extrasolar
planets. They will give unprecedented capabilities to probe the extrasolar planets’
characteristics and their environment. As a last demonstration of these capabilities,
we have plotted in Fig. 9.5 the number of expected transits in the sky as a function
of the instrument sensitivity needed to detect important species like ozone which
could be considered as a potential biomarker.
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In the past, transit observation has been crucial for Solar System exploration.
In the present, it is providing a powerful tool to characterize extrasolar planets
and their atmospheres. In the future, it will allow important progress and likely
numerous discoveries which are now impossible to predict.
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10.1 Introduction

At the time of this workshop, there are now more than 150 detected extrasolar

planets discovered and 13 confirmed multiple planet systems with more candidate

planets and systems being evaluated (G. Marcy in Chapter 11 of this book). There

is a growing number of ground-based observations of young circumstellar and

protoplanetary disks as well as volumes of data from Spitzer and Cassini. There

are two scenarios for gas-giant planet formation that are sufficiently sophisticated

to provide results and predictions. Clearly, the ingredients are present for planetary

scientists to develop a comprehensive or, at least, a cohesive model for the formation

of the gas-giant planets in the Solar System and in extrasolar systems and, to initiate

resolution of the age old question: how do planets form?

The subject of this chapter is the core accretion–gas capture model, the more

generally accepted scenario for gas-giant planet formation (see also Chapter 8 by

Thommes and Duncan for the core accretion itself). Please note that this model

has had many names over the decades of its development: planetesimal hypothesis,

nucleated instability model, and core instability model. However, it seems best to

call it by the more descriptive label: the Core Accretion–Gas Capture model, the

CAGC or, the short version, the core accretion model. Computer models simulating

the core accretion model (Perri and Cameron, 1974; Mizuno et al., 1978; Mizuno,

1980; Bodenheimer and Pollack, 1986; Pollack et al., 1996, hereafter referred to

as Paper 1) have evolved over the years and have contributed much to the general

knowledge of gas-giant planet formation.

Another much discussed planet-formation scenario is the gas-instability model

(alternatively referred to as the gas-giant protoplanet model: GGPP model), which
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is described and discussed by A. Boss in Chapter 12 in this book. The gas-instability

model forms planets initiated by a gravitational instability of the gas in the Solar

Nebula which rapidly forms a gravitationally bound subcondensation known as a

giant gaseous protoplanet (Kuiper, 1951; Cameron, 1978; DeCampli and Cameron,

1979; Boss, 1998b, 2000; Mayer et al., 2002; Pickett et al., 2003; Rice et al., 2003a,

b; Boss, 2003; Mayer et al., 2004).

Gammie (2001) investigated the stability of cooling, gaseous disks and reported

conditions under which fragmentation would occur. Not only is it necessary for the

disk to be gravitationally unstable, but it must be able to cool efficiently. He found

that the cooling time must be less than half an orbital period. Detailed radiation-

transfer calculations in a disk by Mejı́a et al. (2005) and Cai et al. (2004) indicate

that the cooling time is too long to allow fragmentation to take place in the inner

regions of disks. Boss (2004), on the other hand, showed that convection currents

can bring energy out from the interior of a disk fast enough so that the cooling

time requirement can be met outside about 8 AU. A recent study by Rafikov (2005)

re-examined the conditions for planet formation by the GGPP mechanism. Overall,

he stated that isothermal simulations should not be used to study planet formation

in real protoplanetary disks and thermal conditions in the disk must be considered

carefully. He determined that the cooling timescale ought to be comparable to the

local disk orbital period. Interpreted into disk parameters, for planets to form at

about 10 AU, the gas temperature of the disk should be > 103 K with a mass of

0.7 M⊕ and a luminosity of 40 L�. These parameters are outside the range of

observationally deduced disk properties.

The evolution of a gas-giant protoplanet in the context of the core-accretion

scenario is viewed to occur in the following sequence (as described in Bodenheimer

et al., 2000, hereafter referred to as BHL00):

(1) Dust particles in the Solar Nebula form planetesimals that accrete into a solid core

surrounded by a low-mass gaseous envelope. Initially, solid runaway accretion occurs,

and the gas accretion rate is much slower than that of solids. As the solid material in

the feeding zone is depleted, the solid accretion rate is reduced.

(2) The gas accretion rate steadily increases and eventually exceeds the solid accretion rate.

The protoplanet continues to grow as the gas accretes at a relatively constant rate. The

mass of the solid core also increases but at a slower rate and eventually the core and

envelope masses become equal.

(3) Runaway gas accretion occurs and the protoplanet grows rapidly. The evolution (1)

through (3) is referred to as the nebular stage, because the outer boundary of the proto-

planetary envelope is in contact with the Solar Nebula and the density and temperature

at this interface are given nebular values.

(4) The gas accretion rate reaches a limiting value defined by the rate at which the nebula

can transport gas to the vicinity of the planet. After this point, the equilibrium region of
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the protoplanet contracts inside the effective accretion radius, and gas accretes hydro-

dynamically onto this equilibrium region. This part of the evolution is considered to be

the transition stage.

(5) Accretion is stopped by either the opening of a gap in the disk as a consequence

of accretion and the tidal effect of the planet, or by dissipation of the nebula. Once

accretion stops, the planet enters the isolation stage.

(6) The planet contracts and cools to the present state at constant mass.

The discussion in this chapter will start with an overview of the historical de-

velopment of the core accretion–gas capture model, highlighting the achievements

by the various investigators. This will be followed in Section 10.3 by a descrip-

tion of the fundamental observations that any formation model needs to explain.

The computer-simulation technique based on the CAGC model is described in

Section 10.4 followed by the presentation of the most recent studies based on the

CAGC model in Section 10.5. Section 10.6 presents a summary of the most up-to-

date results and conclusions of the CAGC simulation.

10.2 The development of the CAGC model

Planets have been discovered and studied since antiquity, but it wasn’t until the

Age of Reason that methodical thought was given to the formation of the Sun and

planets. A historical review of planet formation is presented by P. Bodenheimer

(Chapter 1 in this book) and a brief historical overview of the CAGC model is

offered in this section.

Early Solar-System formation theories were based on a hypothesis stating that

planets formed from mass thrown off the Sun after it had condensed into its current

state. The proponents of this treatise were Descartes (1644), Kant (1755), Laplace

(1796), and W. Herschel (1811). Buffon (1749) considered a “building up” forma-

tion process rather than a condensing mechanism proposing that a comet, passing

close to the Sun, pulled matter off the Sun which then accreted into planets.

The origin of planets from Solar material was the dominant model until the 1840s.

By that time geologists and Darwinian evolutionists were trying to determine the

age of the Earth (Brush, 1990) by using the laws of thermodynamics that had

been recently formulated. Geologist T. C. Chamberlin (1899), using the kinetic

theory of gases, argued against the belief that planets formed from a hot gaseous

environment, the prevalent view at the time. He argued that if Earth had been

hot enough to vaporize iron, vaporized molecules of lighter elements would have

acquired velocities high enough to escape and Earth would have lost its atmosphere.

He wrote that Earth might have formed by accretion of cold particles that he called

“planetesimals.” In collaboration with Moulton (1905), he proposed that tidal action
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of a near encounter with another star released Solar material that condensed into

planetesimals which accreted by mutual gravitational attraction to form planets.

The hot gas condensation hypothesis continued to be the popular explanation for

forming planets until Jeffreys (1917, 1918) and Jeans (1919) showed that gravita-

tional forces were not strong enough to initiate the condensation process for planets

with the amount of mass believed to be in the Solar System at that time. The “tidal”

model proposed by Chamberlin and Moulton became the generally accepted for-

mation scenario until Russell (1935) demonstrated that the tidal interaction would

not put material into orbit with the required angular momentum. Additionally, us-

ing Eddington’s stellar-structure theory that was based on radiative energy transfer

rather than convection, Russell argued that the temperatures of the Sun’s gases were

about a million degrees which is hot enough for the velocities to be high enough

for the atoms in the gas to escape into interstellar space, precluding any kind of

condensation.

A return to the nebular hypothesis occurred when von Weizsäcker (1944) and

Kuiper (1951) proposed that the planets in the Solar System formed from a slowly

rotating cloud of dust and gas, and as it contracted, the cloud started to rotate faster

in its outer parts and eddies were created. These eddies were small near the center

of the cloud and larger at greater distances from the center. Urey (1951) supported

the nebular hypothesis until he began studying terrestrial planets, after which he

rejected the idea in favor of assuming numerous small objects like asteroids and

Lunar-sized objects were the building blocks of the planets.

The earliest quantitative work was undertaken by Safronov during the 1960s.

He developed a model based on the work of Shmidt (1944) who postulated that

the Sun captured material from interstellar space called a “protoplanetary cloud.”

Safronov (1969) created an analytical formulation for the accumulation of solid

particles from the protoplanetary cloud into planets. The Safronov accretion model

and the burgeoning capabilities of computers prompted extensive work on planet

formation. Wetherill was one of the earliest researchers who adopted Safronov’s

planetary-accretion model for a computer simulation of Earth and terrestrial-planet

formation.

In tandem to Safronov’s work, a series of papers by Kusaka et al. (1970), Hayashi

(1981), and Nakagawa et al. (1981) investigated the growth of solid particles in the

Solar disk. Mizuno et al. (1978) included the effect of the gaseous nebula on the

buildup of planetesimals into planets, and then Mizuno (1980) extended this ac-

cretion model to the formation of Jupiter and Saturn. Their work was based on the

computation of a series of protoplanetary models of increasing core mass with a

gaseous envelope in hydrostatic equilibrium that extends out to the protoplanet’s

tidal radius. Mizuno determined that there is a maximum core mass, called the

“critical” core mass, Mcrit, for which a static solution for the envelope with a

core mass greater than Mcrit was not possible. This value was determined to be
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Mcrit ≈ 10 M⊕. They also found that Mcrit was insensitive to the distance from the

Sun. The success of the study by Mizuno and his collaborators at Kyoto University

marked a clear advantage of the accretion model over the gaseous-condensation

model.

Bodenheimer and Pollack (1986) computed the first evolutionary calculation of

gas-giant planets based on the core-accretion model. These models are based on

an adapted stellar evolution code with constant accretion rates. They found that the

critical core mass was most sensitive to the rate of planetesimal accretion, namely,

that Mcrit decreased as the planetesimal accretion rate was reduced. They corrob-

orated Mizuno’s results that Mcrit was not dependent on Solar-Nebula boundary

conditions but they found that Mcrit was less sensitive to micron-sized grains in the

envelope than was determined in Mizuno’s calculation.

Wuchterl (1991a, b) analyzed the core-accretion model with a radiation-

hydrodynamics code rather than the quasi-static one used by previous investigators.

He found that once the envelope mass became comparable to the core mass, a dy-

namical instability develops that results in the ejection of much of the envelope.

Discussion of these results is continued in Section 10.4.

The CAGC model has now become a sophisticated model with computer simula-

tions that explain many features of the gas-giant planets. Interior model calculations

of the gas-giant planets (e.g. Hubbard et al., 1999; Saumon and Guillot, 2004) are

an important component to the general investigation of gas-giant planet formation.

Based on actual observations of the giant planets in the Solar System (e.g. gravi-

tational moments) substantial information about the presence of a solid core and

the size and composition of it can be extracted when structural model parameters

are matched with observed values (Marley et al., 1999). The discovery of the first

planetary companion to 51 Peg (Marcy and Butler, 1995; Mayor and Queloz, 1995)

introduced a challenge to the CAGC model. Since then the original sample of the

four gas giants in our Solar System has increased substantially and the character-

istics of these extrasolar planets exhibit a diversity (Bodenheimer and Lin, 2002)

that planet scientists are presently in the process of categorizing and modeling.

10.3 Observational requirements for planet-forming models

Any theoretical model that explains gas-giant planet formation should explain these

basic characteristics:

(1) The observed bulk composition characteristics of Jupiter, Saturn, Uranus, and Neptune

are: (a) the similarity of the total heavy element contents of the four giants, (b) the very

massive H2 and He envelopes of Jupiter and Saturn and much less massive gaseous

envelopes of Uranus and Neptune, and (c) the enhancement of metals over Solar abun-

dance in the atmospheres of all four giant planets (e.g. Pollack and Bodenheimer, 1989;
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Owen et al., 1999). Interior models of Jupiter (Saumon and Guillot, 2004) indicate that

the total solid mass ranges from 8–39 M⊕, of which 0–11 M⊕ is concentrated in the

core. Saturn models indicate a total heavy element mass of 13–28 M⊕, with a core mass

of 9–22 M⊕. Uranus and Neptune models indicate heavy element masses ranging from

10–15 M⊕ and a gaseous mass of 2–4 M⊕ (Pollack and Bodenheimer, 1989).

(2) Giant planets need to form quickly. Observed dust disks around young stellar objects

indicate disk ages of <10 Myr (Cassen and Woolum, 1999; Haisch et al., 2001; Lada,

2003; Chen and Kamp, 2004; Metchev et al., 2004); initial Spitzer results (Bouwman

et al. in Chapter 2 in this book) are consistent with this conclusion.

(3) The extrasolar planets exhibit a wide range of eccentricities and semimajor axes. In a

few cases there are long-period, low-eccentricity planets whose orbits are comparable

to that of Jupiter.

Historically, both formation models (CAGC and GGPP) have addressed these ob-

servations and each has had some advantage over the other. The bulk composition

and the metal enhancement in the envelopes of gas-giant planets in the Solar System

are a direct consequence of the CAGC process: early accretion creates a solid core

that can acquire a gaseous envelope which is eventually massive enough that the

incoming planetesimals interacting with the gas either break up or ablate in the en-

velope, thereby depositing solids. Though it was suggested by Boss (1998b, 2000)

that ice and rock cores should be able to form inside Jupiter after the occurrence of

gravitational instability, there are no completed computations demonstrating this.

The disk instabilities are a dynamical effect, and if the planets formed by the

process of GGPP formation, they would do so very rapidly on timescales of at most

a few tens of orbits. The giant gaseous protoplanets computed by Boss (1998b) are

formed in ∼ 103 yr, much less than the 1 to 50 Myr range reported in Paper 1. This

short formation timescale has been a significant advantage of the GGPP model over

CAGC until recently. Hubickyj et al. (2005) (hereafter referred to as HBL05) have

demonstrated that gas giants can form on timescales well within the observational

limit and in much shorter times than the standard case from Paper 1.

Recent observational studies of extrasolar planets have shown that planets are

discovered much more frequently around metal-rich stars (Santos et al., 2000;

Fischer and Valenti, 2003). This observation is explained easily within the context

of the CAGC model as demonstrated by Kornet et al. (2005). Their computation of

protoplanetary disks with different metallicities indicates that planets form easily

in more metal-rich disks. This result is underscored by the theoretical studies in

Paper 1 which showed that the formation time of Jupiter decreases with increasing

surface density of planetesimals in the Solar Nebula. The sample of extrasolar

planets has significantly increased since the discovery of the companion to 51 Peg.

An extensive discussion of the observational properties of extrasolar planets is

given by Bodenheimer and Lin (2002) including a review of the trends in masses,
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orbital periods around their central star, eccentricity distributions, and multiple-

planet systems. Work continues to determine how the CAGC model can explain

these attributes.

10.4 The CAGC computer model

As of this Ringberg Workshop active modeling of CAGC formation of gas-giant

planets is being rendered by four groups: the collaborators at NASA–Ames Re-

search Center and University of California at Santa Cruz (referred to as ARC/UCSC

group), the “Kyoto” group, the group in Bern, and G. Wuchterl. The first three

groups use a similar technique based on a modified stellar structure evolution code,

and Wuchterl uses a fully hydrodynamical computer code to model the evolving

protoplanet. The discussion of the computer code technique will concentrate on the

one used by the ARC/UCSC group, and variations on this work by others will be

noted and described.

The core accretion–gas capture model is currently the best candidate model for

the formation scenario of gas-giant planets. Simulations based on the CAGC model

have been successful in explaining many features of the giant planets in the Solar

System (Paper 1), and have shown that in situ formation of extrasolar planets is

possible (BHL00). Motivated by the interior models of Jupiter and Saturn by Guillot

et al. (1997) and Saumon and Guillot (2004) who call for low solid-mass cores for

Jupiter and Saturn, the ARC/UCSC group studied the effects on Jupiter’s core mass

and evolution timescale of varying the parameters shown in Paper 1 to affect planet

formation (Ikoma et al., 2000; HBL05). Migration is more than likely a viable

aspect of gas-giant planet formation in explaining the wide range of eccentricities

and semimajor axes deduced from the observations of extrasolar planets. Alibert

et al. (2005) incorporated migration into their core-accretion computer simulation

and examined the effects on giant-planet formation. The method and results of these

last two papers will be described in this and the next section. A brief summary of

the hydrodynamic method (Wuchterl et al., 2000) will also be presented.

The ARC/UCSC code consists of three main components:

(1) The calculation of the rate of solid accretion onto the protoplanet with an updated

version of the classical theory of planetary growth (Safronov, 1969) to calculate the

rate of growth of the solid core. The gravitational enhancement factor, which is the

ratio of the total effective accretion cross-section to the geometric cross-section, is an

analytical expression that was derived to fit the data from the numerical calculations

of Greenzweig and Lissauer (1992) consisting of a large number of three-body (Sun,

protoplanet, and planetesimal) orbital interaction simulations.

(2) The calculation of the interaction of the accreted planetesimals with the gas in the en-

velope (Podolak et al., 1988) which determines whether the planetesimals reach the
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core, or are dissolved in the envelope, or a combination of the two. Calculations of

trajectories of planetesimals through the envelope result in the radius in the envelope at

which the planetesimal is captured (required to compute the accretion rate of the plan-

etesimals), and the energy deposition profile in the envelope (required for the structure

computation).

(3) The calculation of the gas accretion rate and evolution of the protoplanet under the

assumption that the planet is spherical and that the standard equations of stellar structure

apply. The conventional stellar structure equations of conservation of mass and energy,

hydrostatic equilibrium, and radiative or convective energy transport are used. The

energy generation rate is the result of the accretion of planetesimals and the quasi-static

contraction of the envelope.

The following assumptions were applied:

(1) The growing protoplanet is a lone embryo that is surrounded by a disk with an initially

uniform surface density in the region of the protoplanet consisting of planetesimals with

the same mass and radius.

(2) The protoplanet’s feeding zone is assumed to be an annulus extending to a radial distance

of about 4 Hill-sphere radii on either side of its orbit (Kary and Lissauer, 1994) which

grows as the planet gains mass. Planetesimals are spread uniformly over the zone and

do not migrate into or out of the feeding zone.

(3) The equation of state is non-ideal and the tables used are based on the calculations of

Saumon et al. (1995), interpolated to a near-protosolar composition of X = 0.74, Y =

0.243, Z = 0.017. The opacity tables are derived from the calculations of Pollack et al.
(1985) and Alexander and Ferguson (1994).

(4) The capture criterion includes planetesimals that deposit 50% or more of their mass

into the envelope during their trajectory.

(5) Once the mass and energy profiles in the envelope have been determined, the planetes-

imals are assumed to sink to the core, liberating additional energy in the process.

(6) The rate of planetesimal accretion near gas runaway is limited to its value at crossover in

order to account for the depletion of the planetesimal disk by accretion onto neighboring

embryos.

The inner and outer boundary conditions are set at the bottom and top of the

envelope, respectively. The core is assumed to have a uniform density and to be

composed of a combination of ice, CHON, and rock, depending on the conditions

in the nebula in which the planet forms. The outer boundary condition of the

protoplanet is applied in three ways, depending on the evolutionary stage of the

planet (as noted in Section 10.1 and described in full in BHL00).

The calculations start at t = 104 yr with a core mass of 0.1 M⊕ and an envelope

mass of 10−9 M⊕. These initial values were chosen for computational convenience

and the final results are insensitive to initial conditions. Near the end of the evolution

of the protoplanet, the gas accretion rate is limited by the ability of the Solar



The core accretion–gas capture model 171

Nebula to supply gas at the required rate. When this limiting rate is reached, the

planet contracts inside its accretion radius (evolution enters the transition stage).

The supply of gas to the planet is eventually assumed to be exhausted as a result

of tidal truncation of the nebula, removal of the gas by effects of the star, and/or

the accretion of all nearby gas by the planet. The planet’s mass levels off to the

limiting value defined by the object that is being modeled. Since this process is

not yet modeled in the ARC/UCSC code, the gas-accretion rate onto the planet is

assumed to reduce smoothly to zero as the limiting mass value is approached. The

planet then evolves through the isolated stage, during which it remains at constant

mass.

Fig. 10.1 illustrates the typical nature of the simulations. The mass, luminosity,

solid- and gas-accretion rates, and radii are plotted as functions of time. The solid

core is accreted during Phase 1. This phase ends when the feeding zone is depleted

of solids, thus the protoplanet reaches its isolation mass. Phase 2 is characterized

by a steady rate of both solid and gas accretion but with the gas rate being slightly

greater. The duration of Phase 2 ends at the crossover point, when the gas mass is

equal to the solid mass. It is evident that Phase 2 determines the overall timescale

for the protoplanet to form, since this time is much longer than the times for the

solid core to accrete and for the gas runaway to occur. Phase 3 is characterized by

the gas runaway which lasts until both the gas- and solid-accretion rates turn off.

The protoplanet then cools and contracts to its presently observed state.

The Bern group’s CAGC code (Alibert et al., 2005) is similar to the ARC/UCSC

code except for the inclusion of the components that compute the evolution of the

protoplanetary disk and the migration of the growing protoplanet. The disk struc-

ture and its evolution are based on the method of Papaloizou and Terquem (1999)

which is in the framework of the α–disk formulation of Shakura and Sunyaev

(1973). Migration occurs when there is a dynamical tidal interaction of the growing

protoplanet with the disk which leads to two phenomena: inward migration and

gap formation (Lin and Papaloizou, 1979; Ward, 1997; Tanaka et al., 2002). For

low-mass planets, the tidal interaction is a linear function of mass and the migra-

tion is type I (i.e. inward migration with no gap opening). Higher-mass planets

open a gap, leading to a reduction of the inward migration, and this is referred to

as type II migration. The rest of the procedure used by the Bern group is similar

to that used by the ARC/UCSC group: the solid-accretion rate uses the gravita-

tional enhancement factor based on that of Greenzweig and Lissauer (1992); the

interaction between the infalling planetesimal and the atmosphere of the growing

planet is based on the work of Podolak et al. (1988); and, the standard planetary

structure and evolution scheme is applied. The rate for type I migration is a free

parameter in the Alibert et al. (2005) calculations, therefore, the starting location

of the embryo is adjusted for each choice of the migration rate, in order for the
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Fig. 10.1. The mass (units of M⊕), the luminosity (units of L�), the accretion
rates (units of M⊕ yr−1), and the radii (units of RJ) are plotted as a function of
time (units of Myr) for the baseline case 10L∞. The three phases of evolution
and the cooling and contraction of the protoplanet are marked. Dotted line: phase
1, solid line: phase 2, second dotted line: phase 3, dashed line: contraction and
cooling.

protoplanet to reach the crossover mass at 5.5 AU. The profile of the initial disk

surface density, �, is the same for each of the migration rates, namely a power law

� ∝ r−2, which was chosen to correspond to case J2 (i.e. σinit,Z = 7.5 g cm−2) of

Paper 1.

An analysis of the gas flow in the envelope was undertaken by Wuchterl (1991a,

1991b, 1993) who developed a hydrodynamic code to study the flow velocity of

the gas by solving an equation of motion for the envelope gas in the framework of
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convective radiation–fluid dynamics. This allows the study of the collapse of the

envelope, of the accretion with finite Mach number, and of linear, adiabatic and

non-linear, non-adiabatic pulsational stability of the envelope. Furthermore, the

treatment of convective energy transfer has been improved by calculations using

a time-dependent mixing length theory of convection (Wuchterl, 1995, 1999) in

hydrodynamics. Wuchterl starts his calculations at critical mass, Mcrit, and finds

that instead of collapsing as Mizuno surmised from his models, these envelopes

begin to pulsate, resulting in mass loss. A new quasi-equilibrium state is achieved

after the protoplanet loses a large fraction of its envelope mass. A major result

of the hydrodynamical studies is that the protoplanet may pulsate and develop

pulsation-driven mass loss. This leaves a planet with a low-mass envelope and

properties similar to Uranus and Neptune but the model does not account for Jupiter

and Saturn. His results are contrary to the linear stability analysis of Tajima and

Nakagawa (1997), who find the envelope models in Bodenheimer and Pollack

(1986) to be dynamically stable. This issue with the quasi-static models is still

unresolved.

The Kyoto group (called as such more for historical than location reasons) con-

tinues to work on all aspects of planet formation. Kokubo and Ida (1998, 2002)

studied the formation of planets and planet cores by oligarchic growth. Ikoma et al.
(2000, 2001) examined the effect of opacity of the grains in the growing envelope

of the protoplanet and of the rate of solid accretion on formation timescales. Ida

and Lin (2004) investigated analytically the migration of planets.

10.5 Recent results

There are two major studies based on the CAGC model. The ARC/UCSC group

addressed the issue examining the conditions for which Jupiter could have formed

with a low-mass core and a short formation timescale (HBL05). The Bern group

considered the effects on giant-planet formation with the inclusion of migration

and protoplanetary evolution in the core accretion formation model (Alibert et al.,
2005). Highlights of these two studies are presented below.

Simulations by the ARC/UCSC group of the growth of Jupiter were computed for

three parameters shown in Paper 1 to affect planet formation. The opacity produced

by grains in the protoplanet’s atmosphere was varied and two different values for

the initial planetesimal surface density (10 g cm−2 and 6 g cm−2) in the Solar

Nebula were used. Additionally, halting the solid accretion at selected core-mass

values during the protoplanet’s growth was studied. Decreasing the atmospheric

opacity due to grains emulates the settling and coagulation of grains within the

protoplanetary atmosphere, and halting the solid accretion simulates the presence

of a competing embryo. The effects of these parameters were examined in order to
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determine whether gas runaway can still occur for small-mass cores on a reasonable

timescale.

Four series of simulations were computed in this latest study. Each series con-

sisted of a run computed through the cooling and contracting of the protoplanet

(i.e., Fig. 10.1), plus up to three runs with a cutoff of planetesimal accretion at a

particular core mass. The mass as a function of time for these four basic cases is

plotted in Fig. 10.2a.

The nomenclature for the simulations that denotes the parameters used in the

computations is in the following form: σ -opacity-cut, where σ is the initial surface

density of planetesimals in the Solar Nebula with values 10 or 6 g cm−2; opacity is

denoted by either “L” for grain opacity at 2% of the interstellar value, “H” for the

full interstellar value, or “V” for a variable (temperature dependent: T < 350 K

ramping up to the full interstellar value for T > 500 K) grain opacity; and cut speci-

fies the core mass (in units of M⊕) at which the planetesimal accretion rate is turned

off. For cases with no solid-accretion cutoff, cut is set to ∞. As an example, the

model labelled 10L∞ signifies that the simulation was computed with σinit,Z =
10 g cm−2, the grain opacity is 2% of the interstellar value and there was no

solid-accretion cutoff.

The results of this study demonstrate that the reduced grain opacities produce

formation times that are less than half of that for models computed with full inter-

stellar grain opacity values (see curves labelled 10H∞ and 10L∞ in Fig. 10.2).

The reduction of opacity due to grains in the upper portion of the envelope with

T ≤ 500 K has the largest effect on the lowering of the formation time (see curves

labelled 10H∞, 10L∞, and 10V∞ in Fig. 10.2). Decreasing the surface den-

sity of planetesimals lowers the final core mass of the protoplanet, but increases

the formation timescale considerably (see curves labelled 10L∞ and 6L∞ in

Fig. 10.2a).

The effect of halting solid accretion is illustrated in Fig. 10.2b. The plot is of

the mass as a function of time for the baseline case 10L∞ and the three associated

runs for which the solid planetesimal accretion is turned off at core masses 10,

5, and 3 M⊕. It is clearly demonstrated that the time needed for a protoplanet to

evolve to the stage of runaway gas accretion is reduced, provided the cutoff mass

is sufficiently large. The overall results indicate that, with reasonable parameters

and with the assumptions in the ARC/UCSC CAGC model code, it is possible that

Jupiter formed via the core accretion process in 3 Myr or less.

As mentioned in Section 10.4, migration is considered by planet scientists to be

an integral factor in gas-giant formation, especially in the case of the hot Jupiter-

type extrasolar planets (Jupiter-sized planets found in orbits very close to their

central star). Recent work by Alibert et al. (2005) examines the effect of migration

on the growth of gas giants.
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Fig. 10.2. a) The masses (units of M⊕) of the four basic cases are plotted as a
function of time (units of Myr). The solid line denotes the mass of solids and the
dashed line denotes the mass of gas. b) The masses of the baseline case 10L∞
and the associated cutoff cases are plotted as a function of time. Units and line
designations are the same as in Fig. 10.2a.

Fig. 10.3 is a plot of the mass as a function of time for three simulations com-

puted by Alibert et al. (2005). The models are for growing embryos that start their

migration at 15 AU (dotted lines), 8 AU (solid lines) and one in situ model (dashed

lines). The top three lines denote the evolution of the mass of accreted planetes-

imals (curves beginning at 0.6 M⊕), and the bottom three lines denote the mass

of accreted gas, until the crossover mass is reached. Their results show that the
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Fig. 10.3. The log plot of the masses (units of M⊕) as a function of time (units of
yr) for three cases of Alibert et al. (2005). The top three curves denote the mass
of the accreted planetesimals and the bottom three curves show the mass of the
accreted gas. The dashed lines denote the in situ case, the dotted lines show the
case when migration starts at 15 AU, and the solid lines denote the case when
migration starts at 8 AU.

formation timescale of gas giants is much shorter, by a factor of ten, when migra-

tion is included compared to in situ formation. A migrating embryo starting at 8

AU will migrate to 5.5 AU and reach crossover mass in ∼ 1 Myr, whereas the same

embryo at 5.5 AU without migration and without disk evolution (i.e. in situ forma-

tion) reaches crossover mass in ∼ 30 Myr, a factor of 10 greater. (Note: the in situ
model computed by Alibert et al. (2005) should be compared to case J2 in Paper

1, not to newer models in HBL05.) The reason for this speed-up due to migration

is quite simple. In CAGC formation models, the long formation timescale depends

on the presence of phase 2 occurring after the core is isolated at the end of phase 1.
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A migrating embryo will never suffer isolation and will go directly from phase 1

to phase 3, reducing the formation time.

10.6 Summary

Since Safronov’s introduction of his planetesimal-accretion model for terrestrial

planets and Mizuno’s extension to the formation of Jupiter and Saturn, theoreticians

have made substantial progress in understanding planet formation in the last few

decades. As of the Ringberg Workshop 2004 the CAGC simulations have provided

conclusions that can be summarized as follows:

(1) The opacity due to grains in the protoplanetary envelope has a major effect on the

formation timescale but no effect on the core mass. It is not possible for a gas giant to

form with a small solid core on a short timescale for models computed with the grain

opacity equal to that for typical interstellar material. For models computed with the

grain opacity below interstellar values, formation times are short but the final core mass

is unaffected. The baseline case computed in HBL05 (10L∞) shows that Jupiter can

be formed at 5 AU in just over 2 Myr, but the core mass is 16 M⊕.

(2) Halting the planetesimal accretion provides for formation times to be in the range of

1–4.5 Myr and for a core mass consistent with that of Jupiter, if the initial solid surface

density in the disk is three times that of the minimum-mass Solar Nebula.

(3) By reducing the initial solid surface density in the disk to two times that of the minimum-

mass Solar Nebula, it is still possible to form Jupiter in less than 5 Myr if the core

accretion is cut off at 5 M⊕.

(4) All models satisfy the constraint that the total heavy element abundance is less than or

comparable to the value deduced from observations of Jupiter. A few models have low

heavy-element abundance (3–5 M⊕), but it is quite reasonable to expect the planet to

accrete more solids during or after rapid gas accretion, which is not taken into account

in these models.

(5) The results of Paper 1 show that phase 2, the early gas accretion phase before crossover

mass is reached, essentially determines the timescale for the formation of a giant planet.

However, the results presented in HBL05 indicate that for low atmospheric opacity

and/or a cutoff in accretion of solids, phase 2 can be relatively short. Thus, the time for

phase 1, the solid core-accretion phase, may be the determining factor.

(6) Migration, which prevents the depletion of the feeding zone that occurs in in situ forma-

tion, appears to have a very important effect on the formation timescale by decreasing it

by about a factor of ten (Alibert et al., 2005) without having to consider massive disks

(Lissauer, 1987).

Although some old problems relating to planet formation have been resolved

there are others that still need investigating. Recent simulations of the core-accretion

process, taking into account multiple embryos and a number of other physical
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processes (Inaba et al., 2003; Thommes et al., 2003; Kokubo and Ida, 2002), indicate

that the core formation times are longer than those computed by the ARC/UCSC

studies. Thus, the question remains as to how large an enhancement of solid surface

density, as compared with that in the minimum-mass Solar Nebula, is needed to

form a giant planet in a few Myr. Another problem is related to migration of the

gas-giant planet. It seems difficult to form a planet and to prevent it from spiraling

into its central star, according to type I migration calculations by Tanaka et al.
(2002). Further problems that will be investigated by detailed models in the future

include that of the formation of Uranus and Neptune, whose in situ core formation

times seem to be too long for any reasonable disk model.
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11.1 Overview of exoplanet properties and theory

In the past ten years, 170 exoplanets have been discovered orbiting 130 normal stars

by using the Doppler technique to monitor the gravitational wobble induced by a

planet, as summarized by Marcy et al. (2004) and Mayor et al. (2004). Multiple-

planet systems have been detected around 17 of the 130 planet-bearing stars, found

by superimposed multiple Doppler periodicities (Mayor et al., 2004; Vogt et al.,
2005). Another five exoplanets have been found photometrically by the dimming

of the star as the planet transits across the visible hemisphere of the star (Bouchy

et al., 2005; Torres et al., 2005).
The Doppler surveys for planets have revealed several properties:

� Planet mass distribution: dN/dM ∝ M−1.5 (Fig. 11.1).
� Planet occurrence increases with semimajor axis (Fig. 11.2).
� Hot Jupiters (a < 0.1 AU) exist around 0.8% of FGK stars.
� Eccentric orbits are common (Fig. 11.3).
� Planet occurrence rises rapidly with stellar metallicity (Fig. 11.4).
� Multiple planets are common, often in resonant orbits.

The transiting planets permit measurement of planet radius and mass, demon-

strating that they are “gas giants”, as expected (Henry et al., 2000; Charbonneau

et al., 2000). The properties of the 170 known exoplanets motivate theories of their

formation and their dynamical interactions with both the protoplanetary disk and

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.

Published by Cambridge University Press. C© Cambridge University Press 2006.
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other planets (Bryden et al., 2000; Laughlin and Chambers, 2001; Rivera and Lis-

sauer, 2001; Chiang and Murray, 2002; Lee and Peale, 2002; Ford et al., 2003; Ida

and Lin, 2004). Interactions between planets and disks lead to inward migration of

the planets, shaping the distribution of final orbital sizes and eccentricities (Trilling

et al., 2002; Armitage et al., 2003; D’Angelo et al., 2003a; Thommes and Lissauer,

2003; Ida and Lin, 2004; Alibert et al., 2005). The migration can lead to interactions

between pairs of planets, resulting in their capture into orbital resonances and in

pumping of orbital eccentricities (Marzari and Weidenschilling, 2002; Nelson and

Papaloizou, 2002; Goździewski, 2003; Kley et al., 2005).

The theory of the growth of giant planets that is most widely accepted involves

dust growth in a protoplanetary disk leading to rock–ice cores which subsequently

accrete gas in their vicinity of the disk (Lissauer, 1995; Levison et al., 1998; Bo-

denheimer et al., 2003). Young gas giants will accrete most of the gas near them,

and they will be surrounded by heated, extended envelopes. Both of these effects

slow gas accretion, leading to predicted growth times of 5–10 Myr, uncomfortably

longer than the observed ∼3 Myr lifetime of the disks themselves. Therefore the

original, classic core-accretion model suffers from planet-growth times longer than

the lifetimes of the disk material.

However, inward migration may bring giant planets to fresh, gas-rich regions

(Alibert et al., 2005; Armitage et al., 2003), and new, lower opacities would al-

low the heat in the planets’ envelopes to be radiated efficiently, shrinking them

more quickly to enable accretion. The resulting planet-growth time is shortened to

∼1 Myr, well within the lifetime of protoplanetary disks (Chiang and Murray, 2002;

D’Angelo et al., 2003a; Trilling et al., 2002; Armitage et al., 2003; Thommes and

Lissauer, 2003; Hubickyj et al., 2004; Ida and Lin, 2004; Alibert et al., 2005). A

mystery remains regarding the origin of the orbital eccentricities which are pre-

sumably damped by the disk gas that is required for planet growth. If so, the orbital
eccentricities must arise after the major stage of gas accretion. Gravitational in-

teractions among planets, and between planets and protoplanetary disks may cause

the observed orbital eccentricities (Bryden et al., 2000; Laughlin and Chambers,

2001; Rivera and Lissauer, 2001; Chiang and Murray, 2002; Lee and Peale, 2002;

Ford et al., 2003; Ida and Lin, 2004; Ford, 2005).

11.2 The Lick, Keck, and AAT planet searches

The determination of the statistical properties of giant planets depends on a survey

of planets that has well-understood detection thresholds in both mass and orbital

period. We have carried out precise radial velocity measurements of 1330 FGKM

dwarfs at the Lick, Keck 1, and Anglo-Australian telescopes. The majority of stars

had their first high quality measurement between 1995 and 1998, giving a time
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coverage of ∼7–10 years thus far. The target stars and their properties are listed

in Wright et al. (2004) and Valenti and Fischer (2005), and were drawn from the

Hipparcos catalog (ESA, 1997) with criteria that they have B − V > 0.55, reside

no more than 3 mag above the main sequence (to avoid photospheric jitter seen in

giants), and have no stellar companion within 2 arcsec (to avoid confusion at the

entrance slit).

The target list also includes 120 M dwarfs, located mostly within 10 pc with

declination north of −30◦, listed in Wright et al. (2004). For the late-type K and

M dwarfs, we restricted our selection to stars brighter than V = 11. All slowly

rotating stars are surveyed with a Doppler precision of 3 m s−1 to provide a uniform

sensitivity to planets. Thus far, our Lick, Keck, and AAT surveys have revealed

101 planets and the orbital elements and masses of these exoplanets are regularly

updated at: http://exoplanets.org.

11.3 Observed properties of exoplanets

We derive the statistical properties of planets from the 1330 FGKM target stars

for which we have uniform precision of 3 m s−1 and at least 6 yrs duration

of observations. Detected exoplanets have minimum masses, M sin i , between

6 M⊕ and ∼15 MJ, with an upper limit corresponding to the diminishing tail of the

mass distribution. The planet mass distribution is shown in Fig. 11.1 and follows a

power law, dN/dM ∝ M−1.5 (Marcy and Butler, 2000; Marcy et al., 2003), affected

very little by the unknown sin i (Jorissen et al., 2001). The paucity of companions

with M sin i greater than 12 MJ confirms the presence of a “brown dwarf desert”

(Marcy and Butler, 2000) for companions with orbital periods up to a decade. The

planets of lowest M sin i in our sample are Gl 876d, 55 Cnc d and Gliese 436 (Butler

et al., 2004; McArthur et al., 2004) with M sin i = 6, 15 and 21 M⊕, respectively.

Lovis et al. (Chapter 13) describe the properties of hot Jupiters and Neptunes.

The observed semimajor axes span the range 0.03–6.0 AU. Close-in, “hot”

Jupiters orbiting within 0.1 AU, exist around 0.8±0.2% of FGK main sequence

stars (Marcy et al., 2004; Jones et al., 2004) on our survey. We find that 6.5%

of all nearby main sequence stars harbor Saturn-mass and Jupiter-mass planets

within 3 AU. The number of planets increases with distance from the star from

0.3 to 3 AU, shown in Fig. 11.2 (in logarithmic bins). A mild (flat) extrapolation

suggests that a comparable population of yet-undetected Jupiters exists between

5–20 AU, bringing the occurrence of giant planets to roughly 12% within 20 AU

(Fig. 11.2).

The eccentricities are plotted versus semimajor axis in Fig. 11.3 for the 101

detected exoplanets. Eccentricities span the range 0.0–0.8, and those orbiting within

0.1 AU are all in nearly circular orbits, presumably due to tidal circularization. For
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Fig. 11.1. The histogram of 101 planet masses (M sin i) found in the uniform
3 m s−1 Doppler survey of 1330 stars at the Lick, Keck, and AAT telescopes.
The distribution of planet masses rises steeply with decreasing planet mass as
M−1.5 down to Saturn masses.
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Fig. 11.2. Histogram of semimajor axes, a, found in the 101 exoplanets found
from the Doppler survey at the Lick, Keck, and AAT telescopes. Note the equal
logarithmic bins, �log a. There are increasing numbers of planets toward larger
orbits beyond 0.5 AU. The occurrence of planets within 3 AU is 6.5%. Flat extrap-
olation from 3–20 AU suggests that ∼12% of all nearby FGK stars have a giant
planet with mass greater than Saturn.
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Fig. 11.3. Eccentricity versus semimajor axis, for the 101 planets discovered in
the Lick, Keck, and AAT Doppler survey. Eccentricity ranges from 0 to 0.8 and no
decline in eccentricity is observed beyond 3 AU. It remains likely that Jupiter-mass
planets at 5.2 AU will also reside in eccentric orbits, unlike Jupiter in our Solar
System.

the planets orbiting farthest from the host star, a = 2–4 AU, there is no tendency
for them to have small eccentricities, as observed for the giant planets in our Solar
System. In the upcoming years, a population of exoplanets at a ≈ 5.2 AU will allow
direct comparison of cosmic eccentricities with that of Jupiter, e = 0.048.

11.3.1 The planet-metallicity relationship

Planet occurrence correlates strongly with the abundance of heavy elements in
the host star, as shown in Fig. 11.4. In our survey of FGK stars, ∼25% of the
most metal-rich stars, [Fe/H] > +0.3, harbor planets while fewer than 3% of the
metal-poor stars, [Fe/H] <−0.5, have detected planets (Gonzalez, 1997; Reid,
2002; Santos et al., 2004b; Fischer and Valenti, 2005). The physical mechanism for
the observed planet-metallicity correlation is often cast as “nature or nurture.” In
the former case, high metallicity enhances planet formation because of increased
availability of small particle condensates, the building blocks of planetesimals
(Kornet et al., 2005). In the latter case, enhanced stellar metallicity is due to the
late-stage accretion of gas-depleted, dust-rich material, causing “pollution” of the
star’s convective zone (CZ). These two mechanisms leave different and distinguish-
able marks on the host stars. In the former case, the star is metal-rich throughout
its interior. In the latter case, additional metals are mixed from the photosphere
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Fig. 11.4. The occurrence of exoplanets versus iron abundance [Fe/H] of the host
star measured spectroscopically (Fischer and Valenti, 2005). The occurrence of
observed giant planets increases strongly with stellar metallicity.

only throughout the convective zone, leaving the interior of the star with lower

metallicity.

There is strong support for the former “nature” hypothesis. Of particular impor-

tance, the metallicities of stars are independent of both CZ depth and of evolution

across the sub-giant branch (where dilution is expected due to a deepening CZ).

While accretion of metals must occur for all pre-main-sequence stars, the stars

with extrasolar planets appear to have enhanced metals extending below the CZ.

Thus it is unlikely that the high metallicity of planet-bearing stars is caused by

accretion. Furthermore, planet-bearing stars with super-Solar metallicity are more

than twice as likely to have multiple planet systems than planet-bearing stars with

sub-Solar metallicity. Taken together, these findings suggest that initial high metal-

licity enhances planet formation, providing support for the core accretion model of

giant-planet formation.

11.4 The lowest-mass planets and multi-planet systems

Among all of the stars found to harbor planets by all Doppler efforts, 108 stars harbor

a single planet, 14 stars have 2 known planets, 2 have 3 known planets (Upsilon

And and HD 37124), and 1 has 4 detected planets (55 Cancri). Thus, multi-planet

systems comprise 17 of 125 (14%) of known planet-bearing stars. This fraction is

certainly a lower limit, as multiple systems demand more Doppler observations to

extract the multiple signals. Additional planets continue to emerge in the set of stars

with known planets as more observations are obtained and as Doppler precision

improves.
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Three Neptune-mass planets have been discovered to date having minimum

masses between 14 and 21 M⊕, all with short periods of 2.5–10 days (Butler et al.,
2004; McArthur et al., 2004; Santos et al., 2004a). The Doppler method with

state-of-the-art precision of 1 m s−1 can reveal planets having masses as low as

10 M⊕ for periods less than 5 days. But astrophysical noise (“jitter”) caused by

stellar surface turbulence, spots, and stellar acoustic p-modes make the detection

of planets below 10 M⊕ difficult, notably due to the unpredictable, stochastic in-

terference of the acoustic p-modes in Solar-type stars (Lovis et al., Chapter 13).

The Doppler detection of Earth-mass planets orbiting a Solar-mass star at ∼1 AU

will require a 6 m class dedicated telescope to detect the Doppler amplitude of

only ∼0.1 m s−1.

The Kepler and CoRoT missions are designed to photometrically detect Earth-

mass planets during transits of the host star, providing the first measure of the

occurrence of rocky planets and ice giants. However, the host stars will reside at

typical distances beyond 250 pc, making imaging and spectroscopic follow-up of

the planets difficult. A method is needed to detect Earth-mass planets around nearby

stars, amenable to follow-up.

11.5 The Space Interferometry Mission

The Space Interferometry Mission, SIM, will have a 9 m baseline used at optical

wavelengths to measure the positions of stars and point sources with a precision

as high as 1 μas. With launch planned for 2011, SIM will carry out a variety of

galactic and extragalactic projects that require high astrometric precision during its

nominal 5 yr mission. One primary goal is to survey ∼200 stars at 1 μas, located

within 20 pc and along the main sequence, for wobbles caused by planets of nearly

Earth-mass that orbit within 2 AU.

The technical details of SIM are given by Shao (2003). Briefly, the SIM interfer-

ometer operates at wavelengths from 400–900 nm, obtaining fringes and measuring

the optical path delays. SIM will be carried into an Earth-trailing Solar orbit via an

expendable launch vehicle and will slowly drift away from the Earth at 0.1 AU yr−1,

reaching a maximum communication distance of 0.6 AU after 5.5 yr. During oper-

ation, the 9 m baseline vector between the two mirrors is fixed by a separate guide

interferometer that monitors bright stars.

For the planet search, the position of each target star is measured relative to a

minimum of three reference stars located within ∼1◦. The triangle formed by the

three reference stars should contain the target star to constrain the differential angu-

lar separations in both of two axes. The reference stars are ideally bright (V < 10),

distant (∼1 kpc) giants so that the astrometric wobble due to planets around them

is minimized. Candidate reference stars having brown dwarf or stellar companions
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within 10 AU are rejected by using repeated ground-based radial velocity mea-

surements at a precision of 20 m s−1 (Frink et al., 2001), a reconnaissance effort

that is currently ongoing. With the aid of wide-angle constraints on the baseline

orientation, SIM will be able to generate a local reference frame over a 1◦ field

of regard with 1 μas astrometric accuracy per one-dimensional orientation axis.

At V = 10 mag, a ten-chop sequence between target and each reference star, with

30 s integrations per chop, will achieve the 1 μas precision, including anticipated

systematic and photon-limited errors. Spots on the youngest, most active, stars will

move their photocenters by ∼ 1μas, but stars older than 2 Gyr have spot-covering

factors less than 0.2%, keeping this noise insignificant.

11.5.1 Finding Earth-mass planets with SIM

The SIM planet search is being carried out by three teams with principal investi-

gators, Mike Shao, Chas Beichman, and Geoff Marcy. The Shao and Marcy teams

have selected ∼200 nearby AFGKM-type target stars to search for Earth-mass

planets. Most are located within 15 pc, and some were chosen for the large angular

separation of their habitable zones, for later direct imaging. The preliminary target

list is given at http://www.physics.sfsu.edu/SIM/
With astrometric precision of 1 μas, SIM is the only near-term mission that can

detect planets with masses less than 10 M⊕ orbiting between 0.1 and 2 AU around

nearby stars. The Doppler method is incapable of detecting such low-mass planets

orbiting near 1 AU. SIM will determine the masses and orbits of such planets during

its 5 yr mission, providing key reconnaissance for later imaging missions such as

TPF and Darwin.

11.5.2 Low-mass detection threshold of SIM

Careful analyses of the detectability of planets with SIM have been carried out by

Sozzetti et al. (2002, 2003) and by Ford and Tremaine (2003). Here we critically

examine the low-mass detection threshold of SIM and compute the false-alarm

probability (FAP).

We simulate a benchmark case of a planet in a circular orbit at 1 AU orbiting a

Solar-mass star at 5 pc. We simulate 30 observations (in each of two dimensions) by

SIM taken over 5 yr with errors of 1 μas. The simulations presented here were based

on semi-random temporal spacing with a minimum separation in observations of

30 days since SIM is not sensitive to very short-period planets. We also included

gaps in the 5 yr observing sequence corresponding to 4 month intervals when stars

will not be observable because of the sun avoidance angle. In any case, Ford (2004)

showed that the detection efficiency is not sensitive to the cadence of observations.
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Fig. 11.5. Simulation of the astrometric signal caused by a planet of mass 3 M⊕
orbiting 1 AU from a Solar-mass star at 5 pc. The orbit inclination is 60◦. The solid
line shows the actual wobble. The crosses show simulated SIM measurements
with errors of 1 μas over 5 yr (SIM lifetime). The scatter seems to overwhelm
the signal, but the temporal coherence makes this planet detectable with high
confidence.

While the current key projects have only been allocated sufficient time for 24 two-

dimensional observations of 137 stars at 1 μas precision (relative to three reference

stars), the use of adaptive scheduling algorithms such as those developed in Ford

(2005) can allow observations to be preferentially allocated to the most promising

target stars.

First, we consider the case of a 3 M⊕ planet. Figure 11.5 shows one such real-

ization of the resulting SIM observations on the sky, for an assumed inclination of

i = 60◦. Figure 11.5 shows the actual wobble as the solid ellipse and the scattered

astrometric measurements as crosses (assumed to be made in both baseline orien-

tations contemporaneously). Detection of the 3 M⊕ planet seems dubious, as the

scatter is large relative to the size of the orbit. However, the points carry a temporal

coherence with orbital phase, making a detection possible. One approach is to fit

the data with a Keplerian model to obtain χ2 and determine the associated FAP with

Keplerian fits to mock velocity sets that contain noise but no planet, to determine

the distribution of χ2.

Here, we simplify the estimation of FAP by computing a periodogram of the

astrometric measurements along both axes (labelled “RA” and “DEC”) and deter-

mining the FAP by Monte Carlo data sets that have no planet. Figure 11.6 shows

(at the left) the simulated astrometric measurements (due to the 3 M⊕ planet and

1 μas noise) in both RA and DEC, the latter showing a clear periodicity to the eye
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Fig. 11.6. Simulated SIM measurements in orthogonal directions (labeled RA
and DEC) for the 3 M⊕ planet shown in Fig. 11.5. The periodicity in the DEC
measurements (long axis) is apparent. The periodogram of position for the RA and
DEC measurements is shown at right. For the DEC measurements, the signal has
a FAP less than 1%, implying that planets of 3 M⊕ at 1 AU are detectable (star at
5 pc).

(the arbitrary inclination suppresses the signal of the former). At the right in Fig.

11.6, the periodogram of the astrometric measurements shows a clear peak residing

above the 1% FAP threshold. Thus, SIM can detect planets of 3 M⊕ orbiting at
1 AU around Solar-type stars at 5 pc. These results agree with those of Sozzetti

et al. (2002) who assumed somewhat fewer observations per star.

We now consider a 1.5 M⊕ planet orbiting, as before, at 1 AU around a Solar-mass

star at 5 pc. Figure 11.7 shows one realization of the SIM observations on the sky

(for i = 60◦). The large scatter relative to the actual stellar wobble makes detection

again seem dubious. However, Fig. 11.8 shows the simulated measurements along

RA and DEC revealing a marginal periodicity to the eye. Indeed, at the right in

Fig. 11.8, the periodogram of the astrometric measurements shows a marginal, but

obvious, peak residing somewhat below the 1% FAP threshold. Thus, SIM can
marginally detect planets of 1.5 M⊕ orbiting at 1 AU around Solar-type stars at
5 pc.

We have run 1000 realizations of the two cases, planets of 3 and 1.5 M⊕, orbiting

at 1 AU around Solar-mass stars at 5 pc. The histogram of resulting FAP values

is shown in Fig. 11.9. The histogram shows that planets of 3 M⊕ achieve an FAP

of 0.05 or better in over 99% of the trials. Planets of 1.5 M⊕ achieve an FAP of

0.05 or better in over 63% of the trials. Thus SIM is capable of detecting planets

of 1.5 M⊕ with 63% efficiency, but will incur false alarms in 5% of the stars. SIM
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Fig. 11.7. Simulated astrometric signal caused by a planet of mass 1.5 M⊕ orbiting
1 AU from a Solar-mass star at 5 pc. The orbit inclination is 60◦. The solid line
shows the actual wobble. The crosses show simulated SIM measurements with
errors of 1 μas over 5 yr (SIM lifetime). Despite large scatter, temporal coherence
makes this planet marginally detectable.
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Fig. 11.8. Simulated SIM measurements in orthogonal directions (labeled RA
and DEC) for the 1.5 M⊕ planet shown in Fig. 11.7. The periodicity in the DEC
measurements (long axis) is barely apparent. The periodogram for the DEC mea-
surements has a clear peak at P = 365 days, but with an FAP not quite 1%. Thus,
planets of 1.5 M⊕ at 1 AU are detectable, but not securely (star at 5 pc).
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Fig. 11.9. Histogram of FAP, for two assumed planet masses, 1.5 (dashed) and
3.0 M⊕ (solid). Here, 30 observations with precision of 1 μas in each orthogonal
direction were assumed. As in Figs. 11.5–11.8, a Solar-mass star is taken to be at
5 pc and the planet orbits at 1 AU. Integrating under the curve shows that planets
of 3 M⊕ create a SIM signal that meets the 0.01 FAP threshold in 67% of trials.
Planets of 1.5 M⊕ create a SIM signal that meets the 0.05 FAP threshold in 63% of
trials. Thus, two-thirds of planets having masses as low as 1.5 M⊕ are detectable
albeit with a false alarm rate of 0.05.

cannot securely detect planets of 1.5 M⊕, but it can identify stars highly likely to

harbor Earths at 1 AU with only 5% false detections.

11.6 The synergy of SIM and Terrestrial Planet Finder (TPF)/Darwin

The simulations of SIM observations of Earth-mass planets show that 3 M⊕ planets

are detectable and 1.5 M⊕ planets are marginally found at 5 pc. Thus, the SIM survey

of 200 nearby stars will identify a subset that has planets of 3–10 M⊕ (should they

be common) and another subset that is likely to have even lower mass planets, 1–3

M⊕, albeit with some false alarm interlopers. SIM can thus produce a list of nearby

stars that is enriched in 1–3 M⊕ planets. Assuming, for example, that the fraction

of stars with Earths in the habitable zone, η⊕, is 0.1, it is easy to show that SIM will

produce an output list of stars that is enriched by a factor of three in habitable Earths

over the original input sample of stars. Thus, SIM will provide TPF and Darwin

with target stars having either strong or plausible evidence of rocky planets. SIM

will also identify those stars that TPF and Darwin should avoid, notably those with

a large planet near the habitable zone that renders any Earths dynamically unstable.

Of course, any such Saturn or Neptune-mass planets within 2 AU will be valuable

themselves for planetary astrophysics.
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If η⊕ is indeed ∼10%, TPF/Darwin will be hard pressed to detect these few Earths

because of their rarity and their faintness, V ≈ 30 mag. Moreover, for modestly

inclined orbital planes, TPF/Darwin will miss planets located angularly within

the diffraction-limited “inner working angle” (IWA = ∼4λ/D = 0.065 arcsec for

TPF-C). A planet orbiting 1 AU from a star located 5 pc away will spend roughly

one-third of its orbit inside the IWA, leaving it undetected. Thus if the occurrence
of earths in habitable zones is ∼10%, SIM will triple the efficiency of TPF and
Darwin both by identifying the likely host stars and by predicting the orbital phase
during which the Earth is farthest from the glare of the host star.

The Space Interferometry Mission alone provides a wealth of planetary astro-

physics, including the masses, orbital radii, and orbital eccentricities of rocky plan-

ets around the nearest stars. It will also find correlations between rocky planets and

stellar properties such as metallicity and rotation. With a lifetime extended beyond

5 yr, SIM can detect planets of even lower mass, down to 1 M⊕.

Together SIM and TPF/Darwin, along with Kepler, provide a valuable combina-

tion of information about rocky planets: Kepler offers the occurrence rate of small

planets; SIM provides the masses and orbits of planets around nearby stars, identi-

fying the candidate earths; TPF/Darwin measure radii, chemical composition, and

atmospheres. In some cases, images from TPF/Darwin may feed back on the anal-

ysis of old SIM data, helping orbit determination especially for multiple planetary

systems.
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Giant-planet formation: theories meet observations
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12.1 Introduction

The two mechanisms that have been advanced for explaining the formation of

giant planets are core accretion (“bottom up”) and disk instability (“top down”).

Core accretion, the conventional mechanism, relies on the collisional accumulation

of planetesimals to assemble ∼ 10 M⊕ solid cores, which then accrete massive

gaseous envelopes from the disk gas (Mizuno, 1980; Lissauer, 1987; Pollack et al.,
1996; Kornet et al., 2002; Inaba et al., 2003). In this scenario, the ice-giant planets

probably did not form in situ (Levison and Stewart, 2001), but rather formed between

Jupiter and Saturn and then were scattered outward to their present orbits (Thommes

et al., 1999, 2002).

The alternative to core accretion is disk instability, where gas-giant protoplanets

form rapidly through a gravitational instability of the gaseous portion of the disk

(Cameron, 1978; Boss, 1997, 1998b, 2000, 2002a,b, 2003, 2004; Gammie, 2001;

Mayer et al., 2002, 2004; Nelson, 2000; Nelson et al., 1998, 2000; Pickett et al.,
1998, 2000a,b, 2003; Rice and Armitage, 2003, Rice et al., 2003a) and then more

slowly contract to planetary densities. Solid cores form simultaneously with proto-

planet formation by the coagulation and sedimentation of dust grains in the clumps

of disk gas and dust. Ice-giant planet formation in this scenario (Boss et al., 2002;

Boss, 2003) requires the presence of a strong source of ultraviolet radiation (i.e.

location in a region of high-mass star formation, such as Orion or Carina), suffi-

ciently strong to photoevaporate the outer disk gas as well as the gaseous envelopes

of the protoplanets outside a critical radius, roughly equal to Saturn’s orbit for a

Solar-mass parent star.

Trying to decide between these two different formation mechanisms purely

on theoretical grounds is an entertaining but ultimately unconvincing exercise.

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.

Published by Cambridge University Press. C© Cambridge University Press 2006.
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However, the two mechanisms do yield different predictions for the frequency and

structure of extrasolar planetary systems, and both are also intended to explain the

formation of our own Solar System. The primary goal of this review is to begin to

examine such testable predictions, in the light of current and future planet detection

programs and knowledge of our own Solar System. While both processes may be

able to produce giant planets, it could be that one process dominates over the other,

and one can hope that future observations will reveal the identity of such a dominant

mechanism.

12.2 Gas-giant planet census

We begin with a consideration of what sort of predictions these two mechanisms

might have for ongoing and future extrasolar-planet searches. Ground-based radial

velocity surveys (Mayor and Queloz, 1995; Marcy and Butler, 1998) have discov-

ered nearly every extrasolar planet found to date, and we can expect their dominant

role to continue for the next decade. With errors approaching a few m s−1 (Butler

et al., 1996, 2001; Vogt et al., 2000) or even 1 m s−1 (Santos et al., 2004a), high

precision radial velocity surveys can detect the presence of sub-Saturn-mass planets

orbiting at Earth’s distance around Solar-mass stars. In fact, Neptune-mass objects

orbiting around the distance (0.05 AU) of 51 Pegasi’s planet (Mayor and Queloz,

1995) have now been discovered around three stars (Butler et al., 2004; McArthur

et al., 2004; Santos et al., 2004a). In addition, the longevity of these surveys means

that planets with increasingly longer orbital periods are beginning to be discovered,

including Jupiter analogs (e.g. Carter et al., 2003). These surveys are thus on the

verge of determining the frequency of Solar System-like planetary systems, where

Jupiter-mass planets orbit on long-period, roughly circular orbits, in the absence

of shorter-period, massive planets that would forestall the existence of Earth-mass

planets orbiting close enough for liquid water to exist (i.e. in the habitable zone).

The relatively high frequency (∼ 15%) of stars with giant planets with orbital

periods less than a few years suggests that even longer-period planets may be quite

frequent, with a frequency of perhaps ∼ 25% for Solar-System analogs with only

long-period gas-giant planets (A. Hatzes, 2004, private communication). Hence

perhaps ∼ 40% of nearby G-type stars appear to have gas-giant planets orbiting

within about 10 AU. These results seem to require that the dominant gas-giant

planet formation mechanism be relatively robust and efficient.

Core accretion seems to require a relatively long-lived disk in order to have

sufficient time for the accretion of a massive gaseous envelope, a disk with a lifetime

of a few Myr or more (Pollack et al., 1996; Kornet et al., 2002; Inaba et al., 2003).

Studies of the lifetimes of circumstellar disks in a variety of star-forming regions

suggest that half the disks disappear within 3 Myr (Haisch et al., 2001; Eisner and
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Carpenter, 2003), or in even less time in regions of high-mass star formation (Bally

et al., 1998; Bricẽno et al., 2001). Core accretion thus may have a problem with

producing a high frequency of gas-giant planets, should that turn out to be the case.

Disk instability, on the other hand, with its timescale of the order of 1000 yr for the

formation of self-gravitating clumps, has no problem in forming gas-giant planets

in even the shortest-lived protoplanetary disk.

In order to explain the formation of the ice-giant planets, however, disk in-

stability requires the presence of massive (OB) stars to generate a high flux of

extreme-ultraviolet (EUV) or far-ultraviolet (FUV) radiation. Given that most stars

are believed to have formed in regions of high-mass star formation, such as Orion

or Carina (Lada and Lada, 2003), disk instability would be consistent with a high

frequency of gas-giant planets. Core accretion, however, seems to require a more

quiescent setting with long-lived disks and a low EUV/FUV background, such as

occurs in regions of low-mass star formation (Taurus, Auriga, Rho Ophiuchus).

These regions are thought to contribute only a minor fraction of stars (Lada and

Lada, 2003). Core accretion would then be more consistent with a low overall

frequency of gas-giant planets.

12.3 Metallicity correlation

Disk instability appears to be relatively insensitive to the opacity of the disk, which

is dominated by dust grains, and thus depends on the metallicity of the host star

and its disk (Boss, 2002a). Hence even low-metallicity stars should host gas-giant

planets if disk instability is operative. On the other hand, it is clear that core accretion

is helped by higher metallicity, as raising the surface density of solids dramatically

speeds the growth of cores (Pollack et al., 1996), while the increased opacity in

their envelopes, which makes it harder for the atmospheres to collapse onto the

protoplanets, is a much weaker effect (Podolak, 2003).

Spectroscopic planet searches have concentrated on metal-rich target stars as a

result of the expectation that such stars would be more likely to host planets. In

fact, a strong correlation between metal-rich host stars and the presence of short-

period (<3 yr) planets has been found (Laws et al., 2003; Fischer et al., 2004;

Santos et al., 2004b) and has been widely interpreted as a strong argument in favor

of core accretion (e.g. Livio and Pringle, 2003). However, it is important to note

that the fact that the lowest-metallicity bin (less than one-third of Solar metallicity)

of the Fischer et al. (2004) analysis contains no stars with planets is largely a

result of the small sample size of that bin (29 stars) compared to those of the two

higher metallicity bins (347 and 378 stars, respectively). If the lowest-metallicity

bin stars had planets at the same rate (5%) as the middle-metallicity bin (one-third

of Solar to Solar metallicity), then 1.5 planets would have been found. The fact
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that none were found in the Fischer et al. (2004) sample could then be due to small

number statistics. In fact, in the Santos et al. (2004b) analysis, even the stars in the

lowest-metallicity bin have planets at a rate comparable to or higher than that of

the stars with intermediate metallicities. Evidently even low metallicity stars can

have short-period planets.

Nevertheless, there remains a strong correlation with finding short-period gas

giants around the highest-metallicity stars, those with up to three times the Solar

metallicity. Some of this enhancement appears to be due to the fact that spectro-

scopic searches are easier when host stars have strong metallic absorption lines:

the residual velocity jitter typically increases from a few m s−1 to 5 to 16 m s−1

for stars with one-quarter the Solar metallicity or less (D. Fischer, 2004, private

communication). On the basis of signal-to-noise alone, then, fewer planets should

be detected around lower-metallicity stars. It is also interesting that a spectroscopic

search for hot Jupiters in the Hyades cluster, with a metallicity 35% greater than

Solar, found no planets orbiting 98 stars, whereas about 10 hot Jupiters would have

been predicted to be found, based on the frequency in the Solar neighborhood (Paul-

son et al., 2004). Still, the correlation with high stellar metallicities in the Solar

neighborhood deserves an explanation: e.g. is it due to formation by core accretion,

or to inward orbital migration? Forming hot Jupiters in situ at 0.05 AU is nearly

impossible with either formation mechanism – formation at distances of several

AU or more followed by inward orbital migration is the preferred scenario for their

origin.

Jones (2004, 2005) found that the average metallicity ([Fe/H]) of stars with plan-

ets increased from ∼ 0.07 to ∼ 0.24 for those stars hosting planets with semimajor

axes of ∼ 0.03 AU, compared to those with planets with semimajor axes of ∼ 2 AU.

This data suggests that there is a trend toward the shortest-period planets orbiting

the most metal-rich stars. Similarly, Sozzetti (2004) showed that both metal-poor

and metal-rich stars have more and more giant planets as the orbital period in-

creases, but that only the metal-rich stars also had an excess of the shortest-period

planets. These observations thus imply that the metallicity correlation has more to

do with inward migration than with formation mechanisms: lower metallicity stars

have giant planets, but only rarely do they end up migrating inward to become hot

or warm Jupiters.

Inward planetary-orbital migration is thought to be caused primarily by gravita-

tional interactions with the gaseous disk. Once the planet has grown large enough

to clear a gap in the disk (roughly Jupiter-mass), the planet is locked into the disk,

and evolves along with the disk in what is called type II migration (e.g. Nelson and

Benz, 2003a, b). An increased effectiveness of type II migration is consistent with

increased metallicity, because disk torques depend on the disk viscosity ν, and in

standard viscous accretion disk theory (e.g. Ruden and Pollack, 1991) ν = αcsh,
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where α is a free parameter, cs is the sound speed, and h is the disk thickness.

As the disk metallicity decreases, the disk opacity decreases, leading to lower disk

temperatures, lower sound speeds, and a thinner disk. Accordingly, ν decreases

with lowered metallicity, and the time scales for type II migration increase. Ruden

and Pollack (1991) showed that viscous disk evolution times lengthen by a factor

of about 20 when ν decreases by a factor of 10. This trend is in the right direction,

but it remains to be quantified by detailed models of the thermal structure of disks

with greater variations in the opacity than have been explored to date (e.g. Boss,

1996, 1998b). Livio and Pringle (2003) suggested that a change in the metallicity

by a factor of ten may only change the migration time by a factor of two.

The metallicity correlation may thus be more an indicator of the speed of or-

bital migration than of the formation mechanism. This suggests a second possible

explanation for the correlation of metallicity with shorter period orbits found by

Jones (2004, 2005) and Sozzetti (2004): higher metallicity means faster type II mi-

gration in either formation scenario, and hence more hot Jupiters. This migration

hypothesis has readily testable consequences: if orbital migration is a major source

of the metallicity correlation, then the “missing planets” around metal-poor stars

should be found on long-period orbits, if disk instability is operative. A failure to

find long-period gas-giant planets in orbit around low-metallicity stars would be an

argument in favor of core accretion as the dominant mechanism.

The evidence for the existence of a long-period gas-giant planet in the M4 glob-

ular cluster (Sigurdsson et al., 2003), where the metallicity is one-twentieth to

one-thirtieth that of the Sun, depending on the element, while only a single, de-

batable example, suggests that disk instability is able to operate in low-metallicity

disks, as it is doubtful if core accretion could produce a gas-giant planet in M4 with

so few solids available. Combined with the absence of short-period Jupiters in the

47 Tucanae globular cluster (Gilliland et al., 2000), a relatively metal-rich member

of the population of metal-poor globular clusters (47 Tucanae has [Fe/H] = −0.7,

or one-fifth the Solar metallicity) the M4 result instead suggests that long-period

Jupiters may be common in globular clusters (and elsewhere), but that inward or-

bital migration is less important in such low-metallicity systems, leading to a lower

frequency of short-period Jupiters.

12.4 Low-metallicity stars

The two formation mechanisms thus make clear predictions regarding the frequency

of long-period planets in low-metallicity systems. Deciding this issue observation-

ally will require maintaining the radial velocity observations of low-metallicity

stars for decades or more, as well as initiating new searches which are sensitive to

long-period planets, such as astrometric searches with the Keck Interferometer (KI)
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or the Very Large Telescope Interferometer (VLTI), which unfortunately will also

require decades of observations, or direct-imaging searches sensitive to long-period

Jupiter-mass planets with the Large Binocular Telescope or specialized space tele-

scopes. Astrometric and direct-imaging searches are able to search metal-poor stars

as readily as metal-rich stars. If the low-metallicity stars do not show evidence for

giant planets on long-period orbits, this would be a strong argument in favor of core

accretion.

It could also be that the metallicity correlation is partially a consequence of disk-

lifetimes, at least in the disk-instability scenario. If 47 Tucanae initially contained

high-mass stars, the outer regions of its protoplanetary disks may have been photo-

evaporated before significant inward orbital migration of giant planets could have

occurred, explaining the absence of short-period Jupiters. The hot Jupiters in the

Solar Neighborhood may have formed in relatively long-lived disks in Taurus-like

star-forming regions, where there was plenty of time for inward orbital type II mi-

gration, while the majority of nearby stars without short-period gas-giants may have

formed in Orion- or Carina-like regions with short-lived disks. One observational

test for this hypothesis would be the detection of a high frequency of long-period

gas-giant planets around nearby main-sequence stars, most of which had to have

been formed in regions where protoplanetary disks were relatively short-lived (Lada

and Lada, 2003).

12.5 Gas-giant planets orbiting M dwarfs

While most of the target stars for the spectroscopic surveys have been G dwarfs,

reflecting our anthropocentric bias, early M dwarfs have been added to the search

lists as well. The M dwarf GJ 876 has already been shown to be orbited by a pair of

gas-giant planets, and there are indications that other M dwarfs have short-period

gas giants as well, though perhaps not as frequently as the G dwarfs.

Laughlin et al. (2004) pointed out that core accretion may not be able to account

for the formation of gas-giant planets around M dwarfs (and presumably L and

T dwarfs). The problem is that the collisional accumulation of the cores proceeds

slower around lower-mass stars because of the longer orbital periods at a given

semimajor axis, so that 10 Myr or more may be needed to form a gas giant by

core accretion around a 0.4 M� star. Disk instability, on the other hand, can still

proceed on a timescale much less than the mean disk lifetime of about 3 Myr, even

if the instability proceeds ten times slower because of longer orbital periods. Disk

instability, then, is likely to predict that M, L, and T dwarf stars should harbor

gas-giant planets, though detailed calculations are needed to verify this hunch.

Spectroscopic searches of late M, L, and T dwarfs are hampered by the faintness

of the targets, so astrometric searches may be necessary to determine if the lower
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end of the main sequence and brown dwarfs support gas-giant planet formation or

not.

12.6 Core masses of Jupiter and Saturn

The masses of Jupiter’s and Saturn’s cores are important clues to their origin. In

the disk-instability mechanism, one Jupiter mass of disk gas has at most ∼ 6 M⊕
of elements heavier than hydrogen and helium that could settle to the core prior to

contraction of the protoplanet to planetary densities, after which heavy elements

must remain trapped in the planet’s envelope and cannot settle to the core. Hence

if Jupiter’s core is much more massive than ∼ 6 M⊕, then it probably could not

have formed by disk instability, unless it had lost part of its gaseous envelope by

ultraviolet photoevaporation and then migrated inward to 5.2 AU. A Jupiter core

much larger than ∼ 6 M⊕ would then seem to support formation by core accretion.

The current state-of-the-art in modeling the interior structures of Jupiter is given

in Guillot et al. (2004) and Saumon and Guillot (2004), which show the results

of detailed models of hydrostatic planets subject to various constraints, such as

the exterior gravitational field of the planet, as determined by robotic spacecraft.

The equation of state (EOS) of hydrogen at high temperatures and pressures is a

major uncertainty. The preferred EOS implies that Jupiter’s core mass is less than

∼ 3 M⊕ (Saumon and Guillot, 2004). Jupiter may even have no core at all. Even

a core mass of ∼ 3 M⊕ is insufficient to trigger the dynamic collapse of disk gas

that is needed to convert an ice/rock core into a gas-giant planet. Inaba et al. (2003)

found that Jupiter formation required a core mass of ∼ 21 M⊕ (and also found that

Saturn could not grow large enough to dynamically accrete a gaseous envelope).

Apparently core accretion could not have formed Jupiter, unless its initial core

mass was ∼ 20 M⊕ or more, and this initial core had been eroded away until its

mass dropped to its present value. The possibility of core erosion is now under

serious study (Guillot et al., 2004; Saumon and Guillot, 2004). However, if core

erosion appears to be a possibility, the core masses of the giant planets may lose

much of their usefulness as constraints on their formation. A core inside a planet

formed by disk instability presumably could also be subject to subsequent erosion.

Saturn’s core mass is also of great interest. Current models imply that Saturn’s

core mass is considerably larger than that of Jupiter (Guillot, 1999; Saumon and

Guillot, 2004), perhaps ∼ 15 M⊕, which may be hard to reconcile with the smaller

total mass of Saturn in the core-accretion scenario: presumably the more massive

core would be the first one to undergo dynamic collapse of its atmosphere. Erosion

of Jupiter’s initial core might solve this problem for the core-accretion mechanism,

provided that Saturn’s core is not similarly subject to erosion. In the disk-instability

scenario (Boss et al., 2002), a more massive Saturnian core simply means that
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protoSaturn started with a total mass substantially larger than that of protoJupiter,

with much of Saturn’s excess gas being lost by EUV/FUV photoevaporation.

With either core accretion or disk instability, ongoing accretion of planetesi-

mals/cometesimals associated with forming the Oort Cloud and clearing out the

remaining small bodies would lead to the high metal (Z) contents of the gaseous

envelopes of Jupiter and Saturn.

The moments of Jupiter’s gravitational field (e.g. J4) are important to the Jovian

interior models, and a Jupiter polar-orbiter mission intended to probe the planet’s

gravitational field might be needed to better constrain the Jovian interior. Even more

important would be better laboratory data and improved theoretical understanding

of the EOS of hydrogen at high temperatures and pressures. Understanding whether

or not core erosion can occur is another key unknown.

12.7 Super-Earths and failed cores

If core accretion is the dominant formation mechanism, but seldom occurs in a

disk long-lived enough for a complete gas-giant planet to form, then the typical

outcome of core accretion may be a system of “failed cores,” i.e. a system of ice-

giant planets, unaccompanied by gas giants. If disk instability dominates, inner gas

giants should be the rule, accompanied by outer ice-giant planets in systems which

formed in Orion-like regions and experienced EUV/FUV photoevaporation of their

gaseous envelopes. In Taurus-like regions, disk instability should produce only gas

giants, unaccompanied by outer ice giants.

Ground-based radial velocity surveys for “hot Neptunes” have begun to shed

light on the frequency of short-period Neptune-mass planets (Butler et al., 2004;

McArthur et al., 2004; Santos et al., 2004a), but it remains to be seen if they are ice

giants (with mean densities of ∼ 2 g cm−3), or “super-Earths”, i.e. Neptune-mass

planets composed of rock, with a mean density of 5 g cm−3 or more. The presence

of at least two or more Jupiter-mass planets orbiting at even greater distances

around μ Arae and ρ1 Cancri implies that their hot Neptunes must have formed

inside a distance of no more than a few AU, supporting the idea that they must be

composed primarily of rock and should hence be super-Earths. Gravitational close

encounters probably did not interchange the orbital distances of these planetary

systems, because such interactions lead to the more massive planet becoming more

tightly bound at the expense of the less massive planet, which is not the case here.

Disk migration mechanisms are not thought to lead to passing of one planet by

another, so the fact that the hot Neptunes orbit well inside gas giants implies that

they formed in much the same way as the terrestrial planets in our Solar System.

Given that roughly one in ten short-period planets is expected to transit its star, by

the time that another seven or so hot Neptunes are discovered, the density of one of
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the objects might be determined, and the question of the true identity of at least one

of the hot Neptunes will be settled. However, a space-based transit mission might

be necessary in order to detect the transit of such a small planet.

The CoRoT and Kepler space missions will use high precision photometry to

search for the presence of hot and warm Neptunes (and Earths) by the transit method.

“Cold Neptunes” could be detected astrometrically by the KI or the VLTI, though

their orbital periods would be much longer. Finding systems composed exclusively

of Neptune-mass objects composed primarily of ice and rock, i.e. failed cores,

would point to core accretion. Systems composed of ice giants orbiting outside of

gas giants might be consistent with core accretion or with disk instability coupled

with UV photoevaporation, though in the latter case the dividing line between the

gas giants and the ice giants should vary with the mass of the host star: for lower-

mass stars, the critical radius for photoevaporation is proportionally smaller, and

proportionally larger for higher-mass stars. For lower-mass stars, gas giants would

not be expected to be formed by core accretion (Laughlin et al., 2004), just failed

cores.

Note that both transits and spectroscopic or astrometric wobbles are needed

in order to determine the planet’s mean density and determine if a Neptune-mass

planet is a super-Earth or an ice giant. Super-Earths would form in basically the same

manner in either the core-accretion or disk-instability scenarios, though the epoch at

which Jupiter forms can have an effect (J. Chambers, 2004, private communication).

12.8 Gas-giant planet formation epochs

Because core accretion is a much slower process than disk instability, if core ac-

cretion dominates, young stars should not show evidence of gas-giant companions

until they reach ages of several million years or more. If disk instability dominates,

however, even the youngest stellar objects may show evidence of gas-giant planets.

Dating the epoch of gas-giant planet formation is thus another means to differenti-

ate between these two contending theories (Boss, 1998b; Rice et al., 2003b). There

is indirect evidence for the formation of a gas-giant planet orbiting at ∼ 10 AU

around the 1 Myr-old star CoKu Tau/4 (Forrest et al., 2004), based on a spectral

energy distribution from the Spitzer Space Telescope showing the absence of disk

dust inside this radius. A number of other 1 Myr-old stars show similar evidence for

rapid formation of gas-giant planets (D. M. Watson, 2004, private communication).

Thus Spitzer may already be telling us that some gas-giant planets form in 1 Myr

or less.

The radial velocity technique is prevented from dating the epoch of gas-giant

planet formation because young stars typically have rapid rotation rates (and hence

broad spectral lines unsuitable for high precision spectroscopy), chromospheric
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activity, and variability. However, several other techniques could be employed. The

Space Interferometry Mission (SIM) will have sufficient astrometric precision to

search for the wobbles of young stars caused by gas-giant companions on Jupiter-

like orbits, though star spots may be a troublesome source of photocenter noise,

and the limited life (5 to 10 yr) of SIM may prevent the detection of long-period

orbits. Nearby low-mass star-forming regions such as Taurus and Ophiuchus would

be the primary hunting grounds. Searching the very youngest stars, still embedded

in their infalling clouds of gas and dust, may be difficult with an optical telescope

such as SIM, but if SIM finds that the youngest stars are already wobbling, this

would be additional good evidence for a rapid formation process.

Searches intended to determine the epoch of gas-giant planet formation could

also be launched at longer wavelengths, where the youngest stellar objects can often

be seen more clearly. The Atacama Large Millimeter Array (ALMA) will be able to

form mm-wave images of protoplanetary disks with ∼ 1 AU resolution and to search

for disk gaps created by massive protoplanets. While the protoplanets themselves

may not be resolvable by ALMA, the gaps they eventually create may well be. Disk

instability appears to be capable of forming protoplanets at large distances from

the host star, at least out to 30 AU or so (Boss, 2003), where core accretion does

not appear to be capable of forming gas-giant planets in situ (Levison and Stewart,

2001). While core accretion might lead to orbital interactions that could populate

the outer regions (Thommes et al., 1999, 2002), the planets thereby kicked outward

would be the least massive planets, not the gas giants. Gaps caused by gas-giant

planets at large orbital radii would then seem to be an indicator of planet formation

by disk instability.

The Spitzer Space Telescope does not have sufficient spatial resolution to search

directly for young protoplanets in orbit around their parent stars, and instead must

rely on the indirect evidence contained in disk spectra. The James Webb Space

Telescope (JWST), however, with its much larger aperture and possible corona-

graph, might be able to image hot young Jupiters around nearby stars, and to image

gaps in more distant protoplanetary disks.

12.9 Planetary-system architectures

Further understanding about the architectures of planetary systems may only come

about with the success of the Terrestrial Planet Finder (the TPF-C optical corona-

graph and the TPF-I mid-infrared interferometer) and Darwin mid-infrared inter-

ferometer missions, which will have the ability to image Earth-like planets around

roughly 100 nearby stars, and to characterize their atmospheres. Given the diffi-

culty of imaging Earth-like planets, TPF/Darwin is likely to have little trouble in

imaging many of the other components of nearby planetary systems, including their
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gas- and ice-giant planets, assuming that their outer working diameters permit de-

tecting planets at much larger orbital radii than a few AU. If extrasolar planetary

systems are as well-ordered as the Solar System, with inner terrestrial planets, in-

termediate gas giants, and outer ice giants, this would imply their formation in situ,

or at least an orderly, disk-driven inward orbital migration from somewhat more

distant regions. However, if extrasolar planetary systems are more often highly dis-

ordered, this would imply that gravitational interactions between the protoplanets

led to a phase of chaotic evolution where information about the primordial plane-

tary orbits had been lost. In the latter case, it may be harder to place constraints on

the formation mechanisms involved.

Both mechanisms of giant-planet formation appear to be tolerant of terrestrial-

planet formation, assuming that the gas giant-planets are on sufficiently long-period

orbits (Wetherill, 1996). Disk instability might even help to speed the growth of

the Earth and other terrestrial planets (Kortenkamp et al., 2001; J. Chambers, 2004,

private communication). Hence in either case, we expect that Earth-like planets

should be frequent components of extrasolar planetary systems. However, given

that disk instability may be capable of forming planetary systems similar to the

Solar System in the most common type of star-forming region (i.e. a region of

high-mass star formation with relatively short-lived disks), it would appear that

disk instability might produce a higher frequency of Solar System-analogs than

core accretion. Kepler, SIM, and TPF/Darwin will test this and other predictions

about the frequency of habitable planets.

12.10 Conclusions

This review has laid out some of the differences between the core-accretion and disk-

instability mechanisms that lead to predictions that can be observationally tested.

Undoubtedly there will be other observational predictions that can be made as

theoretical work on these two mechanisms continues to increase our understanding

of them and their consequences. In a decade or two we will have a much firmer

understanding of how the largest members of planetary systems are formed than

we do now, as well as a good estimate of the frequency of Earth-like planets in the

Solar Neighborhood.

Supported in part by NASA Planetary Geology and Geophysics grant NAG5-

10201 and by NASA Astrobiology Institute grant NCC2-1056.
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From hot Jupiters to hot Neptunes . . .
and below

Christophe Lovis, Michel Mayor, Stéphane Udry
Observatoire de Genève, Switzerland

13.1 Recent improvements in radial velocity precision

Since the first discovery of an extrasolar planet around a Solar-type star ten years
ago (Mayor and Queloz, 1995), research in this field has been very productive and
has led to the detection of more than 140 exoplanets. The vast majority of these
discoveries has been made with the radial-velocity (RV) technique, i.e. the precise
measurement of the RV wobble that a planet induces in its parent star due to its
orbital movement. A major effort to improve the accuracy of the RV measurements
has been undertaken by several groups, since this is absolutely necessary to detect
the RV signatures of giant planets, in the range 1–100 m s−1. Two main techniques
were developed: one using a ThAr calibration simultaneously with each observation
(Baranne et al., 1996) to track instrumental drifts, and one using an iodine absorption
cell, superimposing a reference spectrum on the stellar spectrum (Butler et al.,
1996). Both techniques have been able to deliver RV precision at the level of
∼3 m s−1, opening the way to the discovery of many planetary systems.

Over the past decade, the exoplanet group at Geneva Observatory has been
operating two high-resolution spectrographs able to achieve high RV precision,
namely the ELODIE instrument mounted on the 1.93 m telescope at Observatoire
de Haute-Provence (France), and the CORALIE instrument installed on the Swiss
1.2 m telescope at La Silla Observatory (Chile). Both ELODIE and CORALIE
are high-resolution (R = 50 000), fiber-fed echelle spectrographs. They are fed
by two fibers, the first one carrying the stellar beam and the second one for the
simultaneous recording of a ThAr reference spectrum. The very stable illumination
of the spectrograph, together with the tracking of instrumental drifts, makes it
possible to reach an RV accuracy of a few m s−1.

Planet Formation: Theory, Observation, and Experiments, ed. Hubert Klahr and Wolfgang Brandner.
Published by Cambridge University Press. C© Cambridge University Press 2006.
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The ELODIE survey, started in 1993, has been monitoring a magnitude-limited
sample of 350 F–K close dwarfs. This has led to the discovery of 19 planets with
m2 sin i < 10 MJ. The CORALIE survey, started in 1998, has been targeting about
1650 FGKM main-sequence stars in a volume-limited sample, leading to the de-
tection of ∼40 planets.

In 2001, a consortium led by Geneva Observatory started to build for the Euro-
pean Southern Observatory (ESO) an instrument capable of achieving the 1 m s−1

precision level. For that purpose, a thorough understanding of the instrumental fac-
tors limiting the RV precision was mandatory. It was recognized that atmospheric
pressure and temperature variations are the main causes of instrumental drifts dur-
ing an observing night. In numbers, a RV drift of 1 m s−1 corresponds to a pressure
change of only 0.01 mbar, or a temperature change of 0.01 K. Although these drifts
can be accurately corrected with the simultaneous ThAr reference, minimizing
these influences is necessary to further improve the RV accuracy. Therefore, the
new instrument HARPS was put under vacuum in a strictly temperature-controlled
environment. Another critical point was the stability of the spectrograph illumina-
tion. A fiber link to the spectrograph with high light-scrambling properties, cou-
pled to dedicated guiding software, was found to be the best solution to avoid
spurious wavelength shifts due to changing illumination or varying instrumen-
tal profile. Further requirements to reach the desired precision included a large
spectral coverage, high spectral resolution, high pixel sampling (3–3.5 pixels full
width at half maximum) and the possibility to obtain high S/N data for a large
number of stars to maximize the Doppler information content of the spectra. All
these constraints led to the construction of an echelle spectrograph spanning the
whole visible range (3800–6900 Å) at a resolution R = 115 000, mounted on the
ESO 3.6 m telescope at La Silla Observatory (Chile), operational since October
2003.

First results from HARPS included some asteroseismological time series demon-
strating the unprecedented accuracy of this instrument (see Mayor et al., 2003).
Fig. 13.1 shows the oscillations in radial velocity due to acoustic p-modes in four
different stars, as observed with HARPS during the commissioning period. The am-
plitude of these modes depends on spectral type and evolution stage, early-G and
evolved stars having the largest amplitudes (up to 10 m s−1 peak-to-peak) whereas
late-K dwarfs show only weak modulations (1–2 m s−1). Periods also vary along
the main sequence, ranging from ∼4 to ∼15 minutes between K and early-G stars.
These RV measurements have an accuracy better than 40 cm s−1 (including photon
noise and guiding errors), demonstrating the extraordinary capabilities of HARPS.
Long-term stability is found to be at the level of 1 m s−1 or better (see Lovis et al.,
2005, for a detailed analysis).
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Fig. 13.1. Radial-velocity time series for four stars with spectral types K1V, G8V,
G3IV-V and G2IV (from top to bottom). Amplitude and period of the oscillations
vary along the main sequence, earlier spectral types showing larger and longer RV
modulations.

13.2 Detecting planets down to a few Earth masses

The scientific objectives of the HARPS consortium can be summarized as
follows:

� Search for very low-mass planets: we have selected a sample of ∼400 stars from the
larger CORALIE sample which will be closely monitored at the 1 m s−1 precision level.
These stars have been chosen for being chromospherically quiet and slowly rotating
so that activity-induced RV jitter does not hide possible planetary signals down to the
1–2 m s−1 level.

� Better knowledge of statistical properties of exoplanets: we have built an extension to
the CORALIE volume-limited sample, including most late-F to M dwarfs between 50
and 60 pc. These stars will be monitored at the 3 m s−1 precision level (photon-noise
limited), with the objective of increasing the total number of stars monitored by RV
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planet-search surveys to improve our knowledge of exoplanet properties, such as mass,
period or eccentricity distributions.

� Search for planets around M-dwarfs: we have set up a catalog of 120 close, single
M-dwarfs that we are following at the 3 m s−1 precision level. The aim of this survey is
to investigate the planet occurrence around these low-mass stars to better understand the
dependence of planet formation on the mass of the parent star.

� Search for planets around metal-deficient stars: we are following 100 stars from the
galactic halo with metallicities between −2.0 and −0.5 dex. This survey should be able
to refine the now well-established relation between planet occurrence and metallicity,
providing stronger constraints at low metallicity (see Santos et al., 2001, 2004b; Fischer
and Valenti, 2005).

� Planet occurrence in “twin” binary stars: We have built a sample of visual, physical
binaries with both stars having similar spectral type. This survey will provide new infor-
mation on planet formation in binaries and test whether similar initial conditions lead to
similar planetary systems.

� Follow-up of CoRoT planetary candidates: The CoRoT space mission, to be launched
in 2006, will detect transiting planetary candidates using very precise photometry. We
will try to confirm and follow up these candidates with radial-velocity measurements to
establish the true nature of these objects and derive their masses.

The search for very low-mass planets has already yielded a very interesting
result: the discovery of a 14 M⊕ extrasolar planet around μ Ara (HD 160691) (see
Santos et al., 2004a). The faint signal of this planet was first detected during an
asteroseismological run on this star. Apart from the expected, short-period (∼8 min
(see Bouchy et al., 2005)) p-mode oscillations, another modulation was clearly
present, with a period at least as long as the span of the asteroseismological data
(see Fig. 13.2). Follow-up observations confirmed the presence of a periodic signal
with period P = 9.5 days and RV amplitude k = 4.1 m s−1, which is best explained
by the Keplerian movement of an exoplanet with a minimum mass of 14 M⊕ (see
Fig. 13.3). μ Ara was already known to host one giant planet and another substellar
companion (McCarthy et al., 2004), making this star extremely interesting for planet
formation theories and dynamical studies. Further high-precision observations are
needed to better constrain the orbital parameters of this system.

The detection of μ Ara c was made simultaneously with two other important
discoveries, the very low-mass planets 55 Cnc e (McArthur et al., 2004) and Gl
436 b (Butler et al., 2004). All three objects have probable masses between 14
and ∼25 M⊕, making them the first members of a new class of exoplanets, the
hot Neptunes. The question about their composition and internal structure is still
open, although theoretical arguments seem to favor the rocky-planet hypothesis.
In the core-accretion model of planet formation, these objects might actually have
started their formation within the ice boundary, accreting mainly solid materials and



From hot Jupiters to hot Neptunes . . . and below 207

Fig. 13.2. RV time series of μ Ara obtained during an asteroseismological run
(8 nights). The p-mode oscillations are responsible for the high-frequency RV
variations, but cannot explain the night-to-night RV changes.

Fig. 13.3. Phased radial velocities for μ Ara after removing the long-term trends
due to the giant planets in the system. The remaining signal has a period P = 9.5
days and a semi-amplitude k = 4.1 m s−1, corresponding to a minimum mass of
only 14 M⊕ for the hot Neptune.
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Table 13.1. Orbital and physical parameters for three planets recently detected
with HARPS (Lovis et al., 2005)

Parameter HD 93083 b HD 101930 b HD 102117 b

P [days] 143.58±0.60 70.46±0.18 20.67±0.04
T [JD-2400000] 53181.7±3.0 53145.0±2.0 53100.1±0.1
e 0.14±0.03 0.11±0.02 0.00 (+0.07)
V [km s−1] 43.6418±0.0004 18.3629±0.0003 49.5834±0.0003
ω [deg] 333.5±7.9 251±11 162.8±3.0
K [m s−1] 18.3±0.5 18.1±0.4 10.2±0.4
a1 sin i [10−3 AU] 0.239 0.116 0.019
f (m) [10−9 M�] 0.088 0.042 0.0023
m2 sin i [MJ] 0.37 0.30 0.14
a [AU] 0.477 0.302 0.149

Nmeas 16 16 13
Span [days] 383 362 383
σ (O–C) [m s−1] 2.0 1.8 0.9

becoming “super-Earths.” Alternatively, these planets might have formed further
away in the disk, starting with a solid core and then going through the gas-accretion
phase. Migration would have simultaneously brought them closer to the star before
they became too massive. The gaseous envelope could then have been evaporated
by the strong stellar radiations, provided the semimajor axis became sufficiently
small.

From the observational point of view, the detection of such objects turns out
to be challenging, but not impossible. It requires a large number of measurements
and some care in dealing with the stellar oscillations. Asteroseismological “noise”
can be greatly reduced by integrating long enough to cover one or more typical
oscillation periods. Furthermore, evolved and early-type stars should be avoided as
they exhibit large-amplitude, long-period oscillations which are more difficult to
average out. With the accumulation of high-precision observations in the coming
months and years, we should be able to tell whether hot Neptunes are very common
or rather rare, bringing important new constraints on planet-formation theories.

13.3 New discoveries and implications for planet-formation theories

In this section we want to present and discuss the properties of three planets recently
detected by HARPS (see Lovis et al., 2005). These planets orbit around the stars
HD 93083 (K3V, V = 8.30), HD 101930 (K1V, V = 8.21) and HD 102117 (G6V,
V = 7.47). Their orbital and physical parameters are summarized in Table 13.1.
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Fig. 13.4. Mass-period diagrams taken from Ida and Lin (2004), showing the
presence of a “desert” at intermediate distances for masses between 0.05 and
0.5 MJ. Three planets recently detected with HARPS do fall in this area of the
diagram, raising questions about their formation history.

All three planets orbit at intermediate distances from their parent star (0.15–
0.5 AU) and have minimum masses in the Saturn-mass regime and below. These
characteristics can be compared to theoretical models of planet formation that try
to predict the planet distribution in the mass-period diagram. We consider here in
particular the models recently proposed in Ida and Lin (2004). Fig. 13.4, taken
from their paper, shows the expected distribution of planets as a function of orbital
period and mass. Interestingly, the newly discovered planets fall in a region of these
diagrams that seems difficult to populate by models. The reason is to be found
in the fast and efficient core-accretion and migration processes. Indeed, after the
formation of a solid core of about 10 M⊕, the runaway gas-accretion phase should
lead very rapidly to the formation of a gas giant with a mass above ∼0.5 MJ. On
the other hand, interactions with the disk will make the planet migrate inwards to
distances below 0.05–0.1 AU, and thereby become a hot Jupiter. As a result, there



210 Christophe Lovis, Michel Mayor, Stéphane Udry

will be a planet-desert in the mass-period diagram, as explained in Ida and Lin
(2004).

The discovery of planets in this desert and the obtention of statistically meaning-
ful numbers on planet occurrence in this region will therefore represent a very im-
portant test for planet-formation theories, especially for the standard core-accretion
and migration scenarios. The increasing sensitivity of radial-velocity surveys will
bring strong constraints on that issue in the near future.

13.4 Update on some statistical properties of exoplanets

Statistical properties of known extrasolar planets allow us to better understand the
mechanisms of planet formation and to constrain the models. With more than 140
exoplanets known to date, some very interesting trends have already drawn attention
in the past few years. We review some of these in the following sections.

13.4.1 Giant-planet occurrence

A few RV surveys have now reached a sufficiently advanced stage to provide
precise numbers on giant-planet occurrence around Solar-type stars. Results from
the ELODIE planet search (see Section 13.1), started in 1993, have been analyzed
in that respect in Naef et al. (2004). The data analysis is based on Monte Carlo
simulations on the actual calendar of observations, which lead to realistic detection
probabilities as a function of orbital period and mass of the planet. Knowledge of
these probabilities then makes it possible to correct the actual number of detections
to obtain the total number of giant planets orbiting the stars in the sample. Fig. 13.5
shows the detection probabilities for different masses as a function of orbital period.
The ELODIE survey should basically have detected all brown dwarfs with periods
below ∼ 3000 days. For 1 MJ-planets, the detection probability is 50% at ∼ 500
days. Given the average measurement precision of 10 m s−1 (including photon noise
and stellar jitter), the sensitivity decreases rapidly for planets lighter than Saturn
with periods longer than 10 days. Interesting features of these probability curves
include the influence of stellar activity, which has a significant impact on planet
detection, and also some sampling effects, well visible at 1–2 days and 1–2 years,
which locally lower the detection probability.

A total of 19 planets were found around the 350 stars in the ELODIE planet
search sample. When correcting these numbers by taking into account the effective
detection probabilities, two important results come out:

� The fraction of stars harboring a planet with a mass higher than 0.5 MJ is 7.3±1.5% for
orbital periods up to 3900 days.

� The fraction of stars harboring a hot Jupiter (m > 0.5 MJ, P < 5 days) is 0.7 ± 0.5%.
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Fig. 13.5. Detection probabilities as a function of orbital period and planet mass
for the ELODIE survey. Dashed lines indicate probabilities in the case of negligible
activity-induced stellar jitter. Note the sampling effects at 1–2 days and 1–2 years,
which locally lower the detection probabilities.

These numbers are in good agreement with other studies (e.g. Marcy et al.,
2004). Note that the scarcity of hot Jupiters and the absence of very hot Jupiters
(P = 1–2.5 days) in present RV surveys is probably not in contradiction with the
recent discoveries of such close-in planets by the OGLE photometric transit survey
(Udalski et al., 2004; Bouchy et al., 2004; Pont et al., 2004; Konacki et al., 2003).
Indeed, the number of stars observed by transit searches is larger by 2–3 orders of
magnitude compared to the number of stars observed in RV searches. Moreover,
transit searches are particularly sensitive to very short orbital periods, whereas
their efficiency decreases rapidly for periods longer than a few days (Gaudi et al.,
2005).

13.4.2 Mass and period distributions

When examining the mass distribution of all known stellar and sub-stellar compan-
ions on a logarithmic scale (see Fig. 13.6), the most striking feature is probably the
presence of the so-called brown-dwarf desert, situated approximately between 0.01
and 0.1 M�. The distribution is rising on both the stellar and the planetary sides
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Fig. 13.6. Secondary mass distribution for stellar and substellar companions. The
famous brown-dwarf desert marks the separation between planetary and stellar
populations. The lack of low-mass planets is an observational bias due to the limited
precision of radial-velocity searches. The dashed histogram indicates low-mass
planets recently discovered with HARPS, showing the potential of this instrument
to explore this mass regime.

of the desert, indicating that we are facing two different populations and probably
two different mechanisms for star and planet formation.

Focusing now on the planetary-mass regime alone, the most striking feature
is the rapid rise in planet frequency towards low masses, despite the increasing
difficulty of detecting planets with lower masses. This mass distribution can be
fitted approximately by a power law f (m) ∼ 1/m p with p = 1–2. This trend
certainly reflects an important aspect of the statistical properties of exoplanets.
An extrapolation of this law at the low-mass end of the distribution leads to the
conclusion that there are probably many more Neptune- and Earth-like bodies in
planetary systems than Jupiter-size objects.

The period distribution of known extrasolar planets exhibits a minimum between
10 and 100 days, the “period valley” (Udry et al., 2003) (see Fig. 13.7). This feature
is probably related to the different migration processes that were acting on young
giant planets at different distances from the star. On the short-period side of the
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Fig. 13.7. Distribution of orbital periods for the presently known extrasolar planets.
A period “valley” is visible between 10 and 100 days.

distribution, the “period wall” at ∼ 3 days is now well-established and can be
viewed as a kind of migration stop, whose origin is still not understood.

Other interesting statistical properties include the absence of massive planets
(m > 2 MJ) on periods shorter than 100 days, except in the case of binaries (see
Udry et al., 2003). A possible explanation could be that migration does not stop for
massive planets, which are eventually engulfed by the star. The influence of a stellar
companion might change this behavior and allow massive planets to survive on
short-period orbits. There seems to be no such mass segregation at larger distances
from the star (P > 100 days), where massive planets are commonly found.

13.4.3 Eccentricity distribution

The observed eccentricities of known extrasolar planets are surprisingly high. The
average eccentricity is around 0.3, higher than for any Solar-System planet. This
is not due to an observational bias: on the one hand, large eccentricities make RV
amplitudes larger and therefore detections easier, but on the other hand, planets on
eccentric orbits move quicker at periastron, making this orbital phase more difficult
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Fig. 13.8. Planet frequency as a function of the Fe content of the parent star. Note
the sharp increase above Solar metallicity.

to catch. Both effects approximately compensate each other, making the detection
bias very small.

An interesting feature of exoplanet eccentricities is the observed circularization
period at ∼ 6 days. The circularization process seems to be at work only during the
formation of the system (Halbwachs et al., 2005), as opposed to binaries where it
continues over the whole lifetime of the system. Beyond the circularization limit,
exoplanet eccentricities tend to be smaller than for binaries. These discrepancies
probably indicate two different processes for binary and planet formation.

13.4.4 Metallicity of planet-host stars

There is a now well-established correlation between planet occurrence and metal-
licity of the host star. Comparisons between planet-host stars and stars without
(giant) planets have been performed based on the volume-limited CORALIE sam-
ple by Santos et al. (2001, 2004b). Using a homogeneous method to determine
abundances on high-resolution spectra, they find an important increase in planet
frequency at high metallicities, with a threshold at Solar metallicity (see Fig. 13.8).
At [Fe/H] = 0.3 dex, almost 25% of the stars in the Solar Neighbourhood have
giant planets. These results have been confirmed by Fischer and Valenti (2005) in
their analysis of the Keck, Lick and AAT planet search samples.
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The origin of this excess in heavy elements has been discussed for several years.
However, the primordial scenario, in which the metallicity excess is of primordial
origin, seems to be favored compared to the pollution scenario, where the absorption
of planetesimals by the star increases its metallicity. If the latter theory was correct,
there should be a correlation between the depth of the stellar convection zone and
metallicity in planet-host stars. This effect is not observed at the moment.
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14.1 Introduction

Directly after the discovery of the very first extrasolar planets around main-sequence

stars it has become obvious that the new planetary systems differ substantially

from our own Solar System. Amongst other properties one distinguishing feature

is the close proximity of several planets to their host stars (hot Jupiters). As it

is difficult to imagine scenarios to form planets so close to their parent star it is

generally assumed that massive, Jupiter-like planets form further away, and then

migrate inwards towards the star due to disk–planet tidal interactions. Hence, the

mere existence of hot Jupiters can be taken as clear evidence of the occurence of

migration. Interestingly, theoretically the possibility of migrating planets has long

been predicted from the early 1980s.

Another observational indication that some migration of planets must have oc-

cured is the existence of planets in mean motion resonances. Due to converging

differential migration of two planets both embedded in a protoplanetary disk they

can be captured in a low-order mean motion resonance. The most prominent ex-

ample is the system GJ 876 where the planets have orbital periods of roughly 30

and 60 days.

In this review we focus on the theoretical aspects of the disk–planet interaction

which leads to a change in the orbital elements of the planet most notably its

semimajor axis. We only treat systems with a single planet and do not consider

planetery systems containing multiple planets.

14.2 Type I migration

We consider in this section the tidal interaction between a low-mass protoplanet

orbiting a central star within a laminar gaseous Keplerian disk. This planet exerts
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a force on any disk fluid element, which produces a wake in the disk. This wake

in turn exerts a force on the planet, which leads to a change in the planet’s orbital

elements. The purpose of this section is to specify the wake properties and to

evaluate its impact on the orbit of the planet.

14.2.1 Evaluation of the tidal torque

The problem of determining the impact of disk interaction on the evolution of

the planet orbit amounts to an evaluation of tidal torques. For a sufficiently small

planet mass (an upper limit of which will be specified later) one can perform a

linear analysis which consists of considering the Fourier decomposition in azimuth

of the planet tidal potential φ,

φ(r, ϕ, t) =
∞∑

m = 0

φm(r ) cos{m[ϕ − ϕp(t)]}, (14.1)

where ϕp = �pt is the azimuth angle of the planet. One is then left to evalu-

ate the torques �m exerted on the disk by the m-folded potential components

φm(r ) cos[m(ϕ − �pt)]. In the linear regime, the total torque is then recovered

by summing over all m.

We do not reproduce here the expression and the derivation of these torques,

which can be found in Goldreich and Tremaine (1979) or Meyer-Vernet and Sicardy

(1987). We rather give a few comments on their physical meanings.

An m-folded external forcing potential φm(r, ϕ) which rotates with a pattern

frequency �p in a disk with angular velocity profile �(r ) triggers a response wher-

ever the potential frequency as seen in the matter frame ω = m(� − �p) matches

either 0 or ±κ (κ being the epicyclic frequency). The first case corresponds to a

corotation frequency (since it implies � = �p, hence fluid elements corotate with

the forcing potential) while the second case corresponds to a Lindblad resonance

(outer Lindblad resonance for ω = κ and inner Lindblad resonance for ω = −κ).

The denomination of Lindblad resonance has historical reasons and comes from

galactic dynamics (see Binney and Tremaine, 1987).

14.2.1.1 Torque at Lindblad resonances

In a Keplerian disk, the torque exerted on the disk by the external planetary poten-

tial is positive at an outer Lindblad resonance, and negative at an inner Lindblad

resonance.

The torque value is independent of the physical processes at work in the disk

(Meyer-Vernet and Sicardy, 1987). In the simplest case of a non-self-gravitating,

pressureless and inviscid disk, the corresponding angular momentum exchange
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occurs at the exact location of the Lindblad resonances, and angular momentum

accumulates there. To achieve a steady state, some additional physics is required

to get rid of the angular momentum deposited at the resonance by the external

perturber. Meyer-Vernet and Sicardy (1987) showed that dissipation (provided for

example by a simple drag law: −Qv , or by a shear or bulk viscosity), pressure

effects or self-gravity can help the disk to transfer the angular momentum away

from the resonance, thus allowing a steady state and hence a torque value constant

in time. Remarkably, the torque value is not altered by the underlying physics,

which only modifies the shape and width of the resonant region.

These authors also worked out the case of a satellite “switched on” at t = 0 in a

disk and found that, after a transient stage as short as 2/(3�p), i.e. one-tenth of an

orbit, the torque adopts a constant value as long as the perturbation remains linear.

This result may be useful to bear in mind by numericists who perform simulations of

embedded planets. Any torque variation that lasts longer than the first orbit cannot

be accounted for by the Lindblad torque transients and has to be attributed either to

the corotation torque oscillations (due to the libration of material in the co-orbital

region, which occurs on a much longer timescale) or to a gradual change in the disk

profiles.

14.2.1.2 Differential Lindblad torque

In order to sum up the Lindblad torques at inner and outer resonances, one must

know the effective location of these resonances, which slightly differs from their

nominal position owing to pressure effects. The nominal location of the Lindblad

resonances can be identified with the WKB turning point in the dispersion relation

of pressure-supported density waves in a differentially rotating disk, which reads

m2(� − �p)2 = κ2 + c2
s

(
m2

r2
+ k2

r

)
, (14.2)

where cs is the sound speed and kr the radial wavevector.

The effective position of these resonances, which can be found by setting kr = 0

in Eq. (14.2), is shifted with respect to the nominal one. In particular, when m → ∞,

Lindblad resonances pile up at locations given by

r = rc ± �

2A
H, (14.3)

where A = 1/2 rd�/dr is the first Oort constant, instead of at the orbit. These points

of accumulation correspond to the minimum distance from corotation at which the

flow is supersonic (Goodman and Rafikov, 2001). In the case of a Keplerian disk,

they lie at ±(2/3)H from corotation. This has the important consequence that

the high-m torque components (m � r/H ) undergo a sharp cut-off (Artymowicz,
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Fig. 14.1. Individual inner and outer torques (in absolute value) in an h = 0.07 and
h = 0.03 disk, as a function of m. For each disk thickness, the upper curve shows
the outer torque and the lower one the inner torque. These torques are normalized
to �0 = πq2	a4�2

ph−3. Since one-sided Lindblad torques scale with h−3, the total
area under each of the four curves has same order of magnitude.

1993), since high-m potential components are localized in narrow annuli around

the perturber orbit, away from the accumulation points, while their width tends to

0 as m → ∞.

We define the outer (resp. inner) Lindblad torque as the sum of individual

Lindblad torques on the outer (resp. inner) Lindblad resonances,

�OLR(ILR) =
+∞∑

m=1(2)

�OLR(ILR)
m , (14.4)

where the sum begins at m = 2 for the inner torque, since an m = 1 rotating potential

has no ILR in a Keplerian disk. We shall also refer to these torques as one-sided

Lindblad torques. They scale with h−3, where h = H/r is the disk aspect ratio

(Ward, 1997).

Fig. 14.1 illustrates a number of properties of the one-sided Lindblad torques.

In particular, one can see that the torque cut-off occurs at larger m values in the

thinner disk (the outer torque value peaks around m ∼ 8–9 for h = 0.07, while it

peaks around m ∼ 21–22 for h = 0.03). Also, there is for both disk aspect ratios a

very apparent mismatch between the inner and the outer torques, the former being

systematically smaller than the latter. If we consider the torque of the disk acting on

the planet, then the outer torques are negative and the inner ones positive, and the

total torque is therefore negative. As a consequence migration is directed inwards

and leads to a decay of the orbit onto the central object (Ward, 1986).
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One can note in Fig. 14.1 that the relative mismatch is larger for the thicker

disk. Indeed, it can be shown that this relative mismatch scales with the disk thick-

ness (Ward, 1997). Since one-sided torques scale as h−3, the migration rate scales

with h−2.

There are several reasons for the torque asymmetry which conspire to make

the differential Lindblad torque a sizable fraction of the one-sided torque in an

h = O(10−1) disk (Ward, 1997). In particular, for a given m value, the inner Lind-

blad resonance lies further from the orbit than the corresponding outer Lindblad

resonance.

14.2.1.3 The pressure buffer

At first glance the negative sign of the differential Lindblad torque might appear as a

fragile result. One may think that a steep surface density profile should reverse this

torque, as it should strengthen the inner Lindblad torque and weaken the outer one.

However, increasing the surface-density gradient (in absolute value) also increases

the pressure gradient. The disk rotational equilibrium then implies that the angular-

velocity profile drops so that the sum of the centrifugal force and pressure force

cancels out the gravitational force from the central object. As a consequence of the

smaller disk angular velocity, all resonances are shifted inwards with respect to a

shallower surface-density profile case. This effect plays against the aforementioned

surface-density weighting of the inner and outer torques. Quantitatively, both effects

appear to nearly cancel each other, and migration is always directed inwards for

realistic power-law surface-density and temperature profiles. This effect is known

as the pressure buffer (Ward, 1997).

14.2.1.4 Torque at a corotation resonance

The angular momentum exchange at a corotation resonance corresponds to differ-

ent physical processes than at a Lindblad resonance. At the latter the perturbing

potential tends to excite epicyclic motion, and, in a protoplanetary disk, the an-

gular momentum deposited is evacuated through pressure-supported waves. Con-

versely, these waves are evanescent in the corotation region, and are unable to

remove the angular momentum brought by the perturber (Goldreich and Tremaine,

1979).

Again, it is instructive to bear in mind a number of properties of the corota-

tion torque exerted on a disk by an m-folded external perturbing potential. This

torque scales with the gradient of 	/B at the corotation radius. Since B is half

the flow vorticity, the corotation torque scales with the gradient of (the inverse of)

the specific vorticity, sometimes also called the vortensity. The corotation torque



Disk–planet interaction and migration 221

Fig. 14.2. Streamlines in the (ϕ, r ) plane at an m = 2 corotation resonance. The
gray shaded regions show the libration islands. One can notice that the outer
and inner disk streamlines (in the white regions) are circulating, and exhibit ra-
dial oscillations with an amplitude that decreases with the distance to the coro-
tation radius (r = 1). At the same time they do not show any winding, i.e. all
these streamlines reach their maximum distance to the corotation radius at a
constant azimuth ϕ = 0, 2π/m, . . . This behavior corresponds to the evanescent
pressure-supported waves in the corotation region, which have a purely imagi-
nary radial wavevector (no winding and an exponential decay on the disk pressure
scalelength).

therefore cancels out in a 	 ∝ r−3/2 disk, such as the minimum-mass Solar Nebula

(MMSN).

The physical picture of the flow at a corotation resonance with azimuthal

wavenumber m is a set of m eye-shaped libration islands, in which fluid elements

librate on closed streamlines. Such islands are depicted in Fig. 14.2. The libration

timescale is much larger than the orbital timescale. As a consequence, the motion

of librating fluid elements in a non-rotating frame can be considered, on the orbital

timescale, as a circular motion. Therefore, these fluid elements carry an amount

of specific angular momentum that only depends on their radial position. As they

librate, their radial position oscillates about the corotation radius over the libration

period, which implies that they periodically give and take back angular momentum

from the perturber. As librating fluid elements remain in a radially bounded interval,

the angular momentum they exchange with the perturber averages out to zero over

a timescale large compared to their libration timescale.

The libration period furthermore depends on the streamline. This implies phase

mixing, which makes the corotation torque tend to zero after a few libration

timescales, not only on average, but in instantaneous value as well. This is known

as the saturation of the corotation torque. It can be avoided if fluid elements have

the possibility to exchange angular momentum not only with the perturber, but also
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with the rest of the disk. Viscous stress can act to extract angular momentum from

the libration islands and prevent saturation.

The corotation-torque saturation can also be described as follows: when the disk

viscosity tends to zero, the flow specific vorticity is conserved along a fluid-element

path. The libration of fluid elements mixes up the specific vorticity over the libration

islands. Once specific vorticity is sufficiently stirred up, an infinitesimally small

amount of viscosity suffices to flatten out the specific vorticity over the whole

libration island. The corotation torque therefore cancels out, i.e. saturates, since it

scales with the vorticity gradient.

In order to avoid saturation, the viscosity must be sufficient to prevent the vorten-

sity profile flattening out across the libration islands. This is possible if the viscous

timescale across these islands is smaller than the libration timescale, as shown by

Ogilvie and Lubow (2003) and Goldreich and Sari (2003).

Finally, it should be noted that saturation properties are not captured by a linear

analysis, since saturation requires a finite libration time, hence a finite resonance

width. In the linear limit, the corotation torque appears as a discontinuity at coro-

tation of the advected angular-momentum flux, which corresponds to infinitely

narrow, fully unsaturated libration islands.

14.2.2 Corotation torque

All corotation resonances are located at the same corotation radius for a planet in a

circular orbit. The flow topology in the co-orbital region of a planet offers striking

similarities with the reduced three-body problem of gravitational dynamics. In

particular, one can identify a horseshoe region, which is the set of fluid elements

librating about the opposite of the planet direction. A sketch of the horseshoe region

is given in Fig. 14.3.

Ward (1991, 1992) has identified the full corotation torque with the horseshoe

region drag. The physical ingredient that can prevent corotation-torque saturation

is viscous stress. In particular, at low ν, the corotation torque is proportional to ν

(Balmforth and Korycansky, 2001), while at high ν one finds the horseshoe drag

of an unperturbed disk profile (Masset, 2001).

Under most standard circumstances, the corotation torque can be safely neglected

when evaluating an order of magnitude of the migration timescale in the linear

regime. Indeed, even the fully unsaturated corotation torque amounts at most to a

few tens of % of the differential Lindblad torque (Ward, 1997; Tanaka et al., 2002),

while Korycansky and Pollack (1993) found through numerical integrations that

the corotation torque is an even smaller fraction of the differential Lindblad torque

than given by analytical estimates.
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Fig. 14.3. Horseshoe region around the corotation of a planet in circular orbit
(shaded area). The planet is located at r = 1 and θ = 0 or 2π .

There are, however, noticeable exceptions for which neglecting the corotation
torque can be misleading:

� A subgiant planet (typically Saturn sized) in a massive disk may result in runaway

migration (also referred to as type III migration), based upon the action of the corotation

torque, see Section 14.4.
� The corotation torque can also dominate over the differential Lindblad torque when a

planet is located at a sharp surface-density gradient in a disk, such as the edge of a cavity.
� Finally, it seems that for Neptune-sized objects, the total torque estimate obtained from

numerical simulations is much lower than the differential Lindblad torque (D’Angelo

et al., 2003a; Masset, 2002) and can even reverse migration if the disk is sufficiently

thin (Masset, 2002), see Section 14.3.3. Additional work is required on the role of the

corotation torque for this mass range, which could correspond to the onset of non-linear

effects.

14.2.3 Type I migration-drift rate estimates

There is a number of estimates of the type I migration rate in the literature (see

Ward, 1997 and refs. therein). The most recent linear calculations by Tanaka et al.
(2002) take into account three-dimensional effects, and are based upon the value

of the total tidal torque, including the corotation torque (fully unsaturated since it

is a linear estimate). It reads (Tanaka et al., 2002):

τ ≡ a/ȧ = (2.7 + 1.1α)−1q−1 M∗
	a2

h2�−1
p , (14.5)

for a surface-density profile 	 ∝ r−α.



224 Masset and Kley

For an Earth-mass planet around a Solar-mass star at r = 1 AU, in a disk with

	 = 1700 g cm−2 and h = 0.05, this translates into τ = 1.6 × 105 years.

This analytical estimate has been verified by means of three-dimensional numer-

ical simulations (Bate et al., 2003b; D’Angelo et al., 2003a). Both find an excellent

agreement in the limit of low-mass, thus they essentially validate the linear analyti-

cal estimate. However, Bate et al. (2003b) and D’Angelo et al. (2003a) results differ

for Neptune-sized objects. It is likely that non-linear effects begin to be important

at this mass.

The type I migration timescale is very short, much shorter than the build up

time of the Mp ∼ 5–15 M⊕ solid core of a giant planet. Hence, type I migration

constitutes a bottleneck for the accretion scenario for these massive cores. To date

this remains an unsolved problem, but see the recent work by Alibert et al. (2004).

Some recent attempts to include more detailed physics of the protoplanetary disk,

such as opacity transitions and their impact on the disk profile (Menou and Good-

man, 2004), or radiative transfer and the importance of shadowing in the planet

vicinity (Jang-Condell and Sasselov, 2005), have lead to lower estimates of the

type I migration rates which might help resolve the accretion/migration timescale

discrepancy.

14.3 Type II migration

When the planet grows in mass it cannot be treated as a small perturbing object

anymore. The gravitational interaction with the disk becomes non-linear and the

wake of the planet turns into a shock. Eventually, for planetary masses around

1 MJ the density at the planetary orbit is lowered and an annular gap forms. In this

regime numerical methods are used primarily to analyze the dynamical planet–disk

interaction, the density structure of the disk, and the resulting gravitational torques

acting on the planet. This non-linear regime is called type II migration.

14.3.1 Numerical modeling

The first modern high-resolution hydrodynamical calculations of planet–disk in-

teraction were performed by Kley (1999), Bryden et al. (1999), and Lubow et al.
(1999). Since protoplanetary accretion disks are assumed to be vertically thin, these

first simulations used a two-dimensional (r − ϕ) model of the accretion disk. The

vertical thickness H of the disk was incorporated by assuming a given radial tem-

perature profile T (r ) ∝ r−1 which makes the ratio H/r constant. Typically the

simulations assumed H/r = 0.05 which refers to a disk where at each radius the

Keplerian speed is 20 times faster that the local sound speed. Initial density profiles

typically had power laws for the surface density 	 ∝ r−s with s between 0.5 and
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1.5. Later also fully three-dimensional models were calculated which still use a

simple isothermal equation of state today.

For the anomalous viscosity of accretion disks a Reynolds stress tensor for-

mulation (Kley, 1999) is used typically where the kinematic viscosity ν is either

constant or given by an α-prescription ν = αcs H , where α is constant and cs is

the local sound speed. From observations, values lying between 10−4 and 10−2 are

inferred for the α-parameter of protoplanetary disks. Full magnetohydrodynamic

(MHD) calculations have shown that the viscous stress-tensor ansatz may give (for

sufficiently long time averages) a reasonable approximation to the mean flow in a

turbulent disk (Papaloizou and Nelson, 2003). The embedded planets are assumed

to be point masses (using a smoothed potential), and together with the star they are

treated as a classical N-body system. The disk also influences the orbits through

gravitational torques. This is the desired effect to study as it will cause the orbital

evolution of the planets. The planets may also accrete mass from the surrounding

disk (Kley, 1999). To enhance resolution in the vicinity of the planet, the computa-

tions are typically performed in a rotating frame. Numerically, a special treatment of

the Coriolis force has to be incorporated to ensure angular momentum conservation

(Kley, 1998).

14.3.2 Viscous laminar disks

The type of modeling outlined in the previous section yields, in general, smooth

density and velocity profiles, and we refer to those models as viscous laminar disk
models, in contrast to models which do not assume an a priori given viscosity and

rather model the turbulent flow directly.

A typical result of such a viscous computation obtained with a 128 × 280 grid (in

r − ϕ) is displayed in Fig. 14.4. Here, the planet with mass Mp = 1 MJ and semi-

major axis ap = 5.2 AU is not allowed to move and remains on a fixed circular orbit,

an approximation which is typical in many simulations. Clearly seen are the major

effects an embedded planet has on the structure of the protoplanetary accretion disk.

The gravitational force of the planet leads to a spiral wave pattern in the disk. In this

calculation (Fig. 14.4) there are two spirals, in the outer disk and inner disks. The

tightness of the spiral arms depends on the temperature (i.e. H/r ) of the disk. The

lower the temperature the tighter the spirals. The second prominent feature is

the density gap at the location of the planet. It is caused by the deposition of

positive (at larger radii) and negative (at smaller radii) angular momentum in the

disk. The spiral waves are corotating in the frame of the planet, and hence their pat-

tern speed is faster (outside) and slower (inside) than the disk material. Dissipation

by shocks or viscosity leads to the deposition of angular momentum, and pushes

material away from the planet. The equilibrium width of the gap is determined by
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Fig. 14.4. Surface-density profile for an initially axisymmetric planet–disk model
after 200 orbits of the planet.

the balance of gap-closing viscous and pressure forces and gap-opening gravita-

tional torques. For typical parameters of a protoplanetary disk, a Saturn-mass planet

will begin to open a visible gap. More details on gap-opening criteria are given in

the review by Lin and Papaloizou (1993), and see also Bryden et al. (1999).

To obtain more insight into the flow near the planet and to calculate accurately the

torques of the disk acting on the planet, a much higher spatial resolution is required.

As this is necessary only in the immediate surroundings of the planet, a number of

nested-grid and also variable grid-size simulations have been performed (D’Angelo

et al., 2002, 2003a; Bate et al., 2003b). Such a grid system is not adaptive, as it is

defined at the beginning of the computation and does not change with time. The

planet is placed in the center of the finest grid.

The result for a two-dimensional computation using six grids is displayed in

Fig. 14.5; for more details see also D’Angelo et al. (2002). The top left base grid

has a resolution of 128 × 440 and each sub-grid has a size of 64 × 64 with a

refinement factor of two from level to level. It is noticeable that the spiral arms

inside the Roche-lobe of the planet are detached from the global outer spirals.

The two-armed spiral around the planet extends deep inside the Roche-lobe and

allows for the accretion of material onto the planet. The nested-grid calculations

have recently been extended to three dimensions and a whole range of planetary

masses have been investigated, starting from 1 M⊕ to a few MJ (Kley et al., 2001;

D’Angelo et al., 2003a). In the three-dimensional case the strength of the spiral
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Fig. 14.5. Density structure of a 1 MJ planet on each level of the nested grid
system, consisting of six grid levels in total. The top left panel displays the total
computational domain. The line indicates the size of the Roche lobe.

arms is weaker and accretion occurs primarily from regions above and below the

midplane of the disk.

14.3.3 The migration rate

Such high-resolution numerical computations allow for a detailed computation of

the torque exerted by the disk material onto the planet, and its mass-accretion rates.

Figure 14.6 gives the inverse 1/τM of the migration for three-dimensional nested-

grid calculations as a function of the planet mass, given in units of the mass of

the central star, q = Mp/M�. The straight line by Tanaka et al. (2002) assumes a

three-dimensional flow and takes the corotation torques into account. The symbols

refer to different approximations of the potential of the planet. It can be seen that for

low masses q ≈ 10−5 and intermediate masses q ≈ 8 × 10−5 the numerical results

fit well to the linear theory. In the intermediate range of about q ≈ 3 × 10−5 the

migration rates are about an order of magnitude smaller (D’Angelo et al., 2003a).

This effect may be caused by the onset of gap formation in the mass range of about

10–15 M⊕. Here non-linear effects begin to set in and modify the physics. These

results should be compared to those obtained by Bate et al. (2003b) and Masset

(2002).
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Fig. 14.6. The inverse migration rate for different planet masses. The symbols
denote different approximations (smoothing) for the potential of the planet. The
solid line refers to linear results for type I migration from Tanaka et al. (2002).

The consequences of accretion and migration have been studied by numerical

computations which do not hold the planet fixed at some radius but rather follow

the orbital evolution of the planet (Nelson et al., 2000), allowing planetary growth.

The typical migration and accretion timescales are of the order of 105 yr, while the

accretion timescale may be slightly smaller. This is in very good agreement with the

estimates obtained from the models using a fixed planet. These simulations show

that during their inward migration they grow up to about 4 MJ.

The consequence of the inclusion of thermodynamic effects (viscous heating and

radiative cooling) has been studied by D’Angelo et al. (2003b) in two-dimensional

calculations, where an increased temperature in the circumplanetary disk has been

found. This has interesting consequences for the possible detection of an embedded

protoplanet (Wolf et al., 2002). The effect that the self-gravity of the disk has on

migration has been analyzed through numerical simulations (Nelson and Benz,

2003a,b). For typical disk masses the influence is rather small.

14.3.4 Inviscid disks

To investigate the influence of viscosity we also studied recently inviscid models

with no physical viscosity added. Only a numerical bulk viscosity has to be added
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Fig. 14.7. Results of an inviscid disk computation with an embedded 1 MJ planet.
Results are displayed at four different times (5, 10, 15, and 32) in units of the
orbital period of the planet. Shown are gray-scale plots of the surface density in
an (r − ϕ)-coordinate system.

to ensure numerical stability (Kley, 1999). However, this has no influence on the

physical effects of the simulations. In Fig. 14.7 we display the density structure of

such an inviscid model for a 1 MJ planet. The planet is not allowed to move and

for stability purposes its mass is gradually switched on during the first five orbits.

Results are displayed at four different times (5, 10, 15, 32). After only five orbits

the spiral waves are already clearly visible, as they form on a dynamical timescale.

The gap is just beginning to clear. At the edges of the gap high density blobs

(vortices) are forming which are reduced in number through merging. Eventually

only one big blob remains. Also inside the gap, some detailed structure is visible.

In comparison, fully viscous simulations show these vortices mostly as transient

features at the beginning of the simulations. They vanish later on as a result of

the viscosity. Vortices in a inviscid disk with an embedded planet have also been

studied by Koller et al. (2003).
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If accretion and also migration of the planet are considered, these moving vor-

tices may create some more complex time dependence. However, the details of

such inviscid models will have to be studied in future work. Vortices in accretion

disks have sometimes been considered to enhance planet formation either through

triggering a direct gravitational instability or by trapping particles in it (Godon and

Livio, 2000; de la Fuente Marcos and Barge, 2001; Klahr and Bodenheimer, 2003).

14.4 Type III migration

Thus far, the torque acting on a migrating planet was considered to be independent

of its migration rate. This is true for the differential Lindblad torque. However, the

corotation torque implies material that crosses the planet orbit on the U-turn of the

horseshoe streamlines. In a non-migrating case, only the trapped material of the

horseshoe region participates in these U-turns, but in the case of an inwards (resp.

outwards) migrating planet, material of the inner disk (resp. outer disk) has to flow

across the co-orbital region and executes one horseshoe U-turn to do so. By doing

this, it exerts a corotation torque on the planet that scales with the drift rate. We give

below a simplified derivation of the corotation torque dependency upon the drift

rate ȧ. A more accurate derivation can be found in Masset and Papaloizou (2003).

We will call xs the half radial width of the horseshoe region. The amount of

specific angular momentum that a fluid element near the separatrix takes from the

planet when it switches from an orbit with radius a − xs to a + xs is 4Baxs.

The torque exerted on the planet in steady migration with drift rate ȧ by the

inner or outer disk elements as they cross the planet orbit on a horseshoe U-turn is

therefore, to the lowest order in xs/a,

�2 = (2πa	sȧ) · (4Baxs), (14.6)

where we keep the same notation as in Masset and Papaloizou (2003), and where

	s is the surface density at the upstream separatrix. The first bracket in the above

equation represents the mass flow rate from the inner disk to the outer one (or

vice versa, depending on the sign of ȧ). As the system of interest for which we

evaluate the sum of external torques, we take the system composed of the planet

and all fluid elements trapped in libration in its co-orbital region, namely the whole

horseshoe region (with mass MHS) and the Roche lobe content (with mass MR),

because all of these parts perform a simultaneous migration.

The drift rate of this system is then given by

(Mp + MHS + MR) · (2Baȧ) = (4πaxs	s) · (2Baȧ) + �LR, (14.7)
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which can be rewritten as

mp · (2Baȧ) = (4πa	sxs − MHS) · (2Baȧ) + �LR, (14.8)

where mp = Mp + MR is the mass content of the Roche lobe, including the planet,

which for short we also refer to as the planet mass, assuming that the material

orbiting the circumplanetary disk “belongs” to the planet. The first term of the first

bracket of the r.h.s. corresponds to the horseshoe region surface multiplied by the

upstream separatrix surface density, hence it is the mass that the horseshoe region

would have if it had a uniform surface density equal to the upstream surface density.

The second term is the actual horseshoe region mass. The difference between these

two terms is called, in Masset and Papaloizou (2003), the coorbital mass deficit

and denoted δm. Note that we could also have included the Roche lobe mass in

the coorbital mass deficit and kept the planet mass as the mass of the point-like

object at the center of the Roche lobe alone. This choice would lead to an equivalent

formulation, and to the same runaway criterion. Equation (14.8) yields a drift rate

ȧ = �LR

2Ba(mp − δm)
. (14.9)

This drift rate is faster than the standard estimate in which one neglects δm. This

comes from the fact that the co-orbital dynamics alleviates the differential Lindblad

torque task by displacing fluid elements from the upstream to the downstream

separatrix. The angular momentum they extract from the planet by doing so favors

its migration.

As δm tends to mp, most of the angular momentum lost by the planet and its co-

orbital region is gained by the orbit-crossing circulating material, making migration

increasingly cost effective.

When δm ≥ mp, the above analysis, assuming a steady migration (ȧ constant),

is no longer valid. Migration undergoes a runaway, and has a strongly time-varying

migration rate, that increases exponentially over the first libration timescales. An

analysis similar to the above calculation may be performed, in which the corotation

torque depends on the migration rate, except that one now has to introduce a delay

τ between the mass inflow at the upstream separatrix and its consequence on the

corotation torque. This delay represents the feedback loop latency,

�CR(t) = 2Baδmȧ(t − τ ). (14.10)

A Taylor expansion in time of ȧ(t − τ ) yields a first order differential equation for

ȧ (Masset and Papaloizou, 2003). The linear dependence of the corotation on the

drift rate remains valid as long as the semi-major-axis variation over a horseshoe



232 Masset and Kley

Fig. 14.8. Schematic representation of the positive feedback loop. The loop latency
is ∼ τlib.

Fig. 14.9. The solid curve shows the total torque on the planet in a massive disk
(hence with a large co-orbital mass deficit) as a function of the drift rate. For
|ȧ| � ȧcrit the torque exhibits a linear dependence in ȧ. The dotted line shows the
torque in a low mass disk (i.e. with a negligible co-orbital mass deficit), in which
case the torque is almost independent of the migration rate and is always close to the
differential Lindblad torque �LR. The dashed line represents the planet angular-
momentum-gain rate as a function of ȧ, assuming a circular orbit. For a given
situation, the migration rate achieved by the planet is given by the intersection of
the dashed line with the torque curve. In the low-mass disk case, the intersection
point, A, is unique, and stable. It yields a negative drift rate controlled by the
differential Lindblad torque. In the high-mass disk case (runaway case), there are
three points of intersection (B, C and D). The central point (C) is unstable, while
the extreme ones (B and D) are stable and correspond to the maximum runaway
drift attained by the planet, either inwards (point B) or outwards (point D).

libration time is smaller than the horseshoe zone width, i.e.

|ȧ| < ȧcrit = Ax2
s

2πa
. (14.11)

The corotation torque then reaches a maximum and slowly decays for larger values

of ȧ (see Fig. 14.9).

We should comment that the mechanism upon which type III (or runaway)

migration is based can be described by the standard formalism of positive feedback

loops, as shown in Fig. 14.8.
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Fig. 14.10. Runaway-limit domain for a H/r = 0.04 and ν = 10−5 disk, with a
surface density profile 	 ∝ r−3/2. The variable mD = π	r2 features on the y-axis.
It is meant to represent the local disk mass, and it therefore depends on the radius.
Runaway is most likely for Saturn-mass planets. These would undergo runaway in
disks no more massive than a few times the minimum-mass Solar Nebula. Runaway
is impossible for massive planets (M > 1 MJ) as the surface density is very low
at the upstream separatrix. Low mass objects (M < 10 M⊕) do not deplete their
co-orbital region and therefore cannot undergo a runaway.

The open loop gain is G ′ = AB = δm/mp, so the system stability condition,

which is G ′ < 1 reads here δm < mp. Above this threshold, one gets a runaway.

Below, the closed loop gain, which is given by

G = A
1 − AB , (14.12)

yields Eq. (14.9).

A standard bifurcation analysis can be performed on this feedback loop, as

illustrated in Fig. 14.9. The transition from one case to the other (one intersection

point to three intersection points) occurs when the angular-momentum-change rate

line (which has slope 2Bamp) and the torque curve near the origin are parallel.

Since this latter has a slope 2Baδm near the origin, the transition occurs for mp =
δm.

The disk critical mass above which a planet of given mass undergoes a runaway

depends on the disk parameters (aspect ratio and effective viscosity). The limit

has been worked out by Masset and Papaloizou (2003) for different disk aspect

ratios and a kinematic viscosity ν = 10−5. We reproduce in Fig. 14.10 the type

III-migration domain for a disk with H/r = 0.04.
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14.5 Other modes of migration

We shall briefly mention another mode of migration recently studied by Nelson and

Papaloizou (2004), Laughlin et al. (2004), and Nelson (2005), which deals with the

evolution of small-mass objects (those which would undergo type I migration in

a laminar disk) embedded in disks invaded by magnetorotational turbulence. The

torque of the disk acting on the planet is then a strongly time-varying quantity,

which endows the planet with a random walk motion in the semimajor axis, rather

than yielding the monotonous decrease observed in type I migration. This random

walk motion, sometimes referred to as “diffusive” or “stochastic” migration, in-

volves even very low-mass objects, which would undergo a negligible migration in

laminar disks. Also, as superimposed onto the global drift under the wake action, it

exacerbates the problem of type I migration in the sense that it lowers the timescale

expectancy for a given protoplanet to reach the central object, but, being proba-

bilistic in nature, it also seems to leave room for a small fraction of objects which

never reach the central object over the turbulent-disk lifetime. A more conclusive

outcome would require computations that are currently not possible. The interested

reader should refer to the above references for further details.

14.6 Eccentricity driving

The population of extrasolar giant planets with orbital periods larger than ten days

displays an important scatter in eccentricity, which can reach, for some systems,

values as large as 0.9. Thus far the origin of these eccentricities has not been elu-

cidated. Planet–planet interactions (Ford et al., 2001) and disk–planet interactions

(Goldreich and Sari, 2003) have been proposed to be responsible for the excita-

tion of giant-planet eccentricities. Here we sum up the basics of the driving of

eccentricity through disk–planet resonant interactions, and we comment on recent

developments on this subject.

In Section 14.2 we outlined the angular-momentum exchange between a planet

on a circular orbit and the disk at the principal Lindblad resonances and at the

co-orbital corotation resonances. A planet on an eccentric orbit interacts with

the disk at additional resonances. Indeed, in addition to the potential compo-

nents with pattern frequency �p (see Eq. 14.1), other potential components appear

with pattern frequencies �p+ k
m κp, and with amplitudes scaling as e|k|. Assuming

that the eccentricity is low, one can restrict the analysis to the terms that scale

with e. The resonances associated with these terms are called respectively the

first-order Lindblad and corotation resonances. While the principal Lindblad reso-

nances negligibly contribute to the eccentricity driving or damping, the first-order

Lindblad resonances can lead to substantial eccentricity variation over a timescale

much smaller than the migration timescale. Specifically, the first-order Lindblad
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resonances can be divided into two groups: the coorbital Lindblad resonances,

which damp the eccentricity, and the external Lindblad resonances, which excite

the eccentricity. In the case of a giant protoplanet that opens a clean gap, the co-

orbital Lindblad resonances fall in the middle of the gap and are “switched off,”

hence as a net result the first-order Lindblad resonances excite the eccentricity.

In addition, it can be shown that the first-order corotation resonances damp the

eccentricity. The damping timescale can be directly compared to the excitation

timescale by the first-order Lindblad resonances (Goldreich and Tremaine, 1980).

One finds that eccentricity damping dominates by a small margin of ∼ 5%. This

would be the end of the story if corotation resonances did not saturate. However,

if for a given planet eccentricity, the disk viscosity is low enough, the corotation

resonances can be sufficiently saturated to reverse the eccentricity balance. The

analyses of Ogilvie and Lubow (2003) and Goldreich and Sari (2003), which as-

sume a perfectly clean gap (i.e. no damping by the co-orbital Lindblad resonances),

suggest that a Jupiter-sized protoplanet embedded in a disk with H/r = 4–5% and

a viscosity α ∼ 10−3 can undergo an eccentricity excitation if its initial eccentricity

is as low as 0.01. These analytical works rely upon simplifying assumptions, as

they consider the saturation of isolated corotation resonances, therefore neglect-

ing the overlap between successive corotation resonances. They also neglect the

fact that the first-order corotation resonances share their location with the principal

Lindblad resonances. However, a numerical study of the two-resonance case (either

corotation-corotation or corotation-Lindblad) show that the saturation properties of

a non-isolated corotation resonance are very similar to the properties of an isolated

one (Masset and Ogilvie, 2004). This seems to indicate that the above analytical

studies essentially provide a correct evaluation of the saturation of the first-order

corotation resonances. Nevertheless, no eccentricity excitation for planetary-mass

objects has ever been observed in numerical simulations of disk–planet interac-

tions (Papaloizou et al., 2001). This could be a mesh-resolution effect (Masset and

Ogilvie, 2004), but more recent simulations performed at higher resolution do not

exhibit eccentricity excitation either. One explanation is that the gap opened by a

Jupiter-sized planet in a disk such as the one mentioned above is far from being

clean, so that co-orbital Lindblad resonances still sizably contribute to eccentricity

damping. Another issue that needs to be properly dealt with by numerical simula-

tions is the secular exchange of eccentricity between the planet and the disk (see

Masset and Ogilvie, 2004, and refs. therein). This exchange occurs on extremely

long timescales (� 103 orbits), which constitute a challenge for hydrodynamic

numerical simulations of disk–planet interactions.
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The brown dwarf–planet relation
Matthew R. Bate
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15.1 Introduction

Given that brown dwarfs are usually much more massive than planets (see Section
15.6), it is somewhat surprising that the first incontrovertible discovery of a brown
dwarf (Nakajima et al., 1995) and the discovery of the first extrasolar planet (Mayor
and Queloz, 1995) were announced simultaneously in 1995. Over the past decade,
the rapid progress made in both fields has been extraordinary. There are now more
than 150 extrasolar planets known, including more than a dozen multiple-planet
systems. The first brown dwarf, Gliese 229B, was found in orbit around an M-
dwarf, but in the same year other candidates, later confirmed to be free-floating
brown dwarfs, were announced (e.g. Teide 1 by Rebolo et al., 1995), along with
PPl 15 which was later discovered to be a binary brown dwarf (Basri and
Martin, 1999). Observations now suggest that brown dwarfs are as common as
stars, although stars dominate in terms of mass (e.g. Reid et al., 1999).

Since the rest of this book is devoted to the topic of planets, in this chapter I
will review the properties and potential formation mechanisms of brown dwarfs,
comparing and contrasting them with planets, but referring the reader to the other
chapters of the book for detailed information on planets.

15.2 Masses

The most fundamental parameter of a brown dwarf is its mass. In particular, a brown
dwarf can be considered to be a failed star, in that it may form in a similar manner
to a star (Section 15.5) but its mass is insufficient for it to join the hydrogen-burning
main-sequence (Hayashi and Nakano, 1963; Kumar, 1963). Note that brown dwarfs
with masses somewhat lower than this mass may burn hydrogen briefly, but not
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Fig. 15.1. The time evolution of luminosity for low-mass stars, brown dwarfs and
giant planets (taken from Burrows et al., 2001, Figure 1). The first set of dots mark
when 50% of the deuterium has burned, while the second set denote when 50%
of the lithium has burned. Note that deuterium burning delays the fading of brown
dwarfs with masses greater than 13 MJ.

at a rate high enough to compensate for their radiant energy losses. The critical
hydrogen-burning main-sequence mass depends weakly on the metallicity of the
object (see Burrows et al., 2001 for a review), ranging from approximately 0.07 M�
for Solar metallicities to approximately 0.092 M� for zero metallicity gas. Thus,
a working definition is that any object that forms like a star but has a mass lower
than approximately 70 times the mass of Jupiter (MJ) is a brown dwarf.

When high-mass brown dwarfs are very young, their luminosities are almost
indistinguishable from those of low-mass stars since both objects release en-
ergy gained from gravitational contraction on their Kelvin-Helmholtz timescales
(Fig. 15.1). However, whereas low-mass stars eventually settle onto the hydrogen-
burning main sequence which lasts for many Hubble times, brown dwarfs lack
the required energy source and, thus, fade in brightness (Burrows et al., 1997).
Together, the faintness of old brown dwarfs and the similarity of young high-mass
brown dwarfs to young stars, were the reasons that the first incontrovertible brown
dwarf was not discovered until 1995; although many candidates had been found
earlier in star-forming regions it was not possible to determine their masses accu-
rately. The first brown dwarf, Gliese 229B, was an old brown dwarf that was clearly
cool enough not to be a star but also too luminous and at too large a distance from
its companion star to be a giant planet.
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Over the past decade, the use of large telescopes in the infrared has allowed us to
probe the mass function of brown dwarfs in young star-forming regions (i.e. the low-
mass end of the “stellar” initial mass function, IMF). Spectroscopically determined
mass functions down to ≈ 20 MJ have been obtained in Taurus (Briceño et al., 2002;
Luhman et al., 2003a), IC 348 (Luhman et al., 2003b), and Orion (Slesnick et al.,
2004). Other surveys, in particular 2MASS and DENIS, have allowed the local Solar
Neighborhood to be probed for old brown dwarfs. In the local Solar Neighborhood,
brown dwarfs seem to be roughly as numerous as stars (Reid et al., 1999). Thus,
while very common numerically, brown dwarfs do not play a significant role in the
mass budget of our Galaxy. In particular, brown dwarfs are not a significant source
of dark matter. The parameterisation (see Fig. 15.6) of the IMF given by Chabrier
(2003) of

dN

d log M
∝

⎧⎪⎪⎨
⎪⎪⎩

0.158 exp

(
− (log m − log 0.079)2

2 × (0.69)2

)
, m ≤ 1 M�,

0.044m−1.3, m ≥ 1 M�,

(15.1)

which is based on objects within 8 pc of the Sun also gives a reasonable fit (when
appropriately normalized) to the mass functions down to 20 MJ observed in most
of the star-forming regions, with the possible exception of Taurus.

Currently, the lowest observed masses of brown dwarfs are ≈ 0.01 M�. Theoret-
ically, the minimum mass of a brown dwarf is thought to be set by the opacity limit
for fragmentation (Low and Lynden-Bell, 1976; Rees, 1976). The initial phases of
the collapse of self-gravitating molecular gas (e.g. Larson, 1969) are thought to oc-
cur almost isothermally. This allows the possibility of fragmentation of a collapsing
cloud into lower-mass objects since the Jeans mass

MJeans ∝ c3
s√

G3ρ
, (15.2)

which depends on the sound speed cs and density ρ of the gas, decreases with
increasing density. However, when the rate of energy released during the col-
lapse exceeds the rate at which the gas can radiate that energy away, the col-
lapsing gas begins to heat up and the Jeans mass increases. This results in the
formation of a pressure-supported hydrostatic object with an initial mass of the
order of a few MJ and an initial radius of a few AU. This object is known as the
first hydrostatic core. This object accretes gas from its surrounding envelope un-
til its central temperature reaches ≈ 2000 K, at which stage molecular hydrogen
begins to dissociate, absorbing energy and resulting in a nearly isothermal col-
lapse of the first core from the inside out to form a stellar core. Fragmentation
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during this second collapse is thought to be inhibited by the high degree of ther-
mal pressure and, if non-axisymmetric structure does develop, by gravitational
torques (Boss, 1989; Bate, 1998). The result is that if brown dwarfs form via the
dynamic collapse of molecular gas, they are expected to have minimum masses
of a few MJ (Low and Lynden-Bell, 1976; Rees, 1976; Silk, 1977a,b; Boss, 1988;
Masunaga and Inutsuka, 1999; Boss, 2001a). The density at which heating occurs
during the first collapse and, thus, the minimum mass depends on the opacity of
the gas, hence the term “opacity limit for fragmentation.” However, at least for
dusty gas (i.e. population I and II stars), the minimum mass is only thought to vary
with metallicity Z , as Z−1/7 (i.e. a very weak dependence; Low and Lynden-Bell,
1976).

15.3 Evolution

As described above, the defining difference between a star and a brown dwarf
is that a brown dwarf does not join the hydrogen-burning main sequence. Thus,
the main evolution a brown dwarf undergoes is simply to cool with time. In this
respect, a brown dwarf and a giant planet are very similar with the main difference
in temperature at a given age depending simply on the mass of the object.

However, although most brown dwarfs do not burn hydrogen, objects with masses
>∼13 MJ do burn their deuterium. This has little long-term effect on the brown
dwarf, but it does mean that for the first 6 to 30 million years (masses ≈ 70 to
13 MJ, respectively) they do not cool as fast as they would without a fusion energy
source (see Fig. 15.1 and the review of Burrows et al., 2001 from which this figure
is taken). It also leads to a potentially useful distinction between a planet and a
brown dwarf because it so happens that the brown dwarf desert observed around
Solar-type stars applies to objects with masses in the range ≈ 15–80 MJ.

15.4 The multiplicity of brown dwarfs

The first confirmed brown dwarf was the companion to a star. From the theoretical
point of view, the multiplicity of brown dwarfs and the properties of those multiple
systems give us many more constraints for models of brown-dwarf formation than
the mass function, which only depends on a single parameter.

Multiplicity can be divided into two main categories. The first is the occurrence
of binary (and multiple) brown dwarf systems and their comparison with multiple
stellar systems. The second is the occurrence of brown dwarfs as stellar companions.
The latter is of particular interest when it comes to comparing brown dwarfs and
planets.
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Fig. 15.2. The distribution of orbital separations of binary brown dwarfs (his-
togram) taken from Siegler et al. (2005) compared with a parameterisation of the
separations of Solar-type binary stars (log-normal curve) taken from Duquennoy
and Mayor (1991). Surveys of binary brown dwarfs are currently incomplete for
separations less than a few AU, but the median separation is clearly smaller for
brown-dwarf binaries than stellar binaries.

15.4.1 Binary brown dwarfs

One of the earliest brown dwarfs to be discovered, PPl-15 in the Pleiades, turned
out to be a 5.8 day spectroscopic binary brown dwarf with component masses of
approximately 60 and 70 MJ (Basri and Martin, 1999). However, to date, this ob-
ject remains the only confirmed spectroscopic binary brown-dwarf system. Most
known binary brown dwarfs have been discovered through adaptive optics surveys
of nearby field brown dwarfs. They find that brown dwarfs with projected separa-
tions >∼1 AU have a frequency of ≈ 15% (Reid et al., 2001; Close et al., 2002, 2003;
Bouy et al., 2003; Burgasser et al., 2003; Gizis et al., 2003; Martin et al., 2003;
Siegler et al., 2005). The vast majority of these have separations less than 20 AU.
In fact, for a long time, binary brown dwarfs with separations >∼20 AU appeared
not to exist. However, recently Luhman (2004a) reported the discovery of a very
wide binary brown-dwarf system (projected separation ≈ 240 AU). There are also
two other wide very low-mass or brown-dwarf binaries with projected separations
of 35 and 55 AU (Siegler et al., 2005 and references within).

Comparing binary brown dwarfs with stellar binaries (see Fig. 15.2), it is
clear that the typical binary brown dwarf has a smaller separation. Duquennoy
and Mayor (1991) found the median binary separation for Solar-type stars to be
≈ 30 AU whereas for very low-mass and substellar binaries the median separation
is less than 5 AU (Close et al., 2003; Siegler et al., 2005). As we will see in
Section 15.5, the separation distribution of binary brown dwarfs may be crucial to
determining how brown dwarfs form.
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The mass ratios of binary brown dwarfs also appear to be very different from
those of Solar-type stars. Duquennoy and Mayor (1991) found that the frequency
of stellar binaries increases towards more unequal mass binaries with a peak at
M2/M1 ≈ 1/4. However, there is a clear preference for binary brown dwarfs to
have mass ratios near unity (Close et al., 2003).

15.4.2 Brown dwarfs as companions to stars

To date, most extrasolar planetary systems have been discovered using the radial
velocity (Doppler) method to detect an object in orbit around a star. This method is
more sensitive to higher-mass companions. Thus, any radial velocity searches for
extrasolar planets should also be capable of detecting brown-dwarf companions.

However, although more than 150 planets have now been discovered (mainly
orbiting Solar-type stars), very few brown-dwarf companions have been found.
This has led to the term “brown-dwarf desert” when describing the frequencies of
brown dwarfs with orbital periods <∼ 5 years around Solar-type stars. Brown dwarfs
have a frequency of <∼ 1% (Marcy and Butler, 2000; Halbwachs et al., 2000), much
less than either giant planets (frequency >∼ 6%; Marcy and Butler, 2000; Zucker and
Mazeh, 2001) or stellar companions (frequency ≈ 11%; Duquennoy and Mayor,
1991; Zucker and Mazeh, 2001). In many ways, this is a useful “coincidence”
since, at least at small separations around Solar-type stars, it makes the distinction
between planets and brown dwarfs almost irrelevant (see Section 15.6).

The existence of the brown-dwarf desert naturally provokes two questions. Does
the desert also exist for wider brown-dwarf companions? Does it also apply to
lower-mass stars?

Recent searches for wide brown-dwarf companions to stars have begun to answer
the former question. Gizis et al., (2003) reported that brown-dwarf companions to
stars at separations >∼1000 AU are just as frequent as stellar companions. However,
at all other separations they appear to be much less frequent. From an infrared
coronagraphic survey, McCarthy and Zuckerman (2004) estimate the frequency
with separations between 75 and 300 AU to be ∼ 1%, similar to the brown-dwarf
frequency at small separations. For lower-mass stars, the question has barely begun
to be investigated. However, the frequency of binary brown dwarfs of ≈ 15% shows
that, at least at sufficiently low primary masses, the brown-dwarf companion desert
disappears.

15.5 Formation mechanisms

In answering the question “What is the difference between a planet and a brown
dwarf?,” an obvious question is “Do they form via different mechanisms?”
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There are two main mechanisms for the formation of giant planets. The first is
the core-accretion model (see Chapters 8 and 10) where, in its simplest form, a
solid core grows through planetesimal agglomeration until it is sufficiently mas-
sive to accrete a massive gaseous atmosphere from the protoplanetary disk in
which it forms. The second possibility is that the protoplanetary disk undergoes
a gravitational instability whereby collapse to form a giant planet occurs directly
(Chapter 12).

By contrast, there are several models for the formation of a brown dwarf. Part of
this is due to the fact that brown dwarfs may form as companions to stars or other
brown dwarfs, or in isolation. Those that form in isolation are expected to form in
a similar manner to stars, but those that form as companions may form from disks
in a similar manner to giant planets. However, the rest of the problem is that we do
not yet understand the origin of the IMF, and brown dwarfs (at least the isolated
ones) are simply the low-mass end of the IMF.

15.5.1 Brown dwarfs from the collapse of low-mass molecular cores

The first possibility is that the IMF originates from the mass distribution of gravi-
tationally unstable molecular-cloud cores in molecular clouds. In this picture, each
gravitationally unstable core collapses to form a single object, or perhaps a small
multiple system, but the final mass of the object is primarily determined by the
mass of the pre-stellar core. Therefore, brown dwarfs would be formed from the
collapse of very dense low-mass molecular cloud cores while stars would form
from higher-mass cores (Elmegreen, 1999).

This idea has received observational support from surveys of molecular clouds
from which a mass distribution of cores is extracted. Motte et al. (1998) decomposed
molecular maps of the ρ Ophiuchus molecular cloud into an ensemble of cores.
Their core mass function displayed a striking similarity to the stellar IMF. Other
surveys have found similar core mass functions in other molecular clouds (Testi
and Sargent, 1998; Johnstone et al., 2000, 2001; Onishi et al., 2002). However, it
is not clear that all of the cores identified in such maps are gravitationally bound,
especially the lower-mass cores.

On the theoretical side, Padoan and Nordlund (2002) argued that the IMF was
determined from the distribution of core masses in a turbulent molecular cloud.
When applied to brown dwarfs, their model predicts that brown dwarfs should be
more common in denser or more turbulent molecular clouds (Fig. 15.3). However,
apart from predicting the overall abundance and general form of the IMF, these
models have little predictive power for the properties of brown dwarfs (or stars).
In particular, there are no predictions for how multiplicity or the properties of
protoplanetary disks should vary with mass.
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Fig. 15.3. Examples of the initial mass functions given by the model of Padoan
and Nordlund (2002) in which stellar/brown-dwarf masses are determined by the
distribution of core masses in turbulent molecular clouds. The IMF depends on the
turbulent Mach number Ms, and the gas density n (left panel). In the right panel,
the model is compared with the IMF observed in the young cluster IC 348.

15.5.2 Brown dwarfs from the competition between accretion and ejection

Another possibility is that the IMF results from the competition between accretion
and ejection of stars and brown dwarfs forming in small groups and clusters. In this
picture, protostars are born primarily in groups and clusters and accrete competi-
tively for the molecular gas (e.g. Bonnell et al., 1997; Klessen et al., 1998). The
accretion onto them is terminated when they are ejected from the dense gas through
dynamic interactions. Reipurth and Clarke (2001) proposed that brown dwarfs were
those objects that happened to be ejected before they reached stellar masses.

Recent large-scale hydrodynamic simulations of star-cluster formation
(Fig. 15.4) support this hypothesis (Bate et al., 2002a, 2003a; Bate and Bonnell,
2005). These simulations follow the collapse and fragmentation of “turbulent”
molecular clouds, resolving masses down to below the opacity limit for fragmenta-
tion, binaries with separations as small as 1 AU, and circumstellar disks with radii
>∼20 AU. Bate et al. (2002a) found that beginning with conditions typical of dense
molecular clouds, these simulations naturally produced roughly equal numbers of
stars and brown dwarfs. Roughly three-quarters of the brown dwarfs originated
from the fragmentation of massive protostellar disks while the remainder formed
in collapsing molecular filaments. However, the key to them ending up with sub-
stellar masses was that they were formed in or nearby small groups of protostars
and were ejected from these unstable multiple systems quickly, before they were
able to accrete to stellar masses.

In this picture, stars and brown dwarfs form in the same manner. Both begin as
opacity-limited fragments with masses of a few times that of Jupiter and accrete
to higher masses. However, those that end up as stars happen to accrete to stellar
masses before their accretion is terminated, while those that become brown dwarfs
are ejected from the dense gas before they reach stellar masses. In their most recent
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Fig. 15.4. Stars and brown dwarfs forming in a hydrodynamic simulation of a
turbulent molecular cloud (Bate et al., 2003a). The object in the lower left-hand
corner of the second panel is an ejected brown dwarf with a 60-AU radius disk.

paper, Bate and Bonnell (2005) clearly demonstrated this mechanism by plotting the
time an object spends accreting versus its final mass. These figures are reproduced
in Fig. 15.5. Bate and Bonnell (2005) went on to propose an accretion/ejection
model for the origin of the stellar and substellar IMF, in which objects begin as
opacity-limited fragments and accrete at a characteristic rate determined by the
sound speed in the molecular cloud until they are ejected, stochastically, through
dynamic interactions. This simple model reproduces well the IMFs obtained from
the hydrodynamic calculations. As with Padoan and Nordlund’s (2002) turbulent-
cores model of the IMF, the accretion/ejection model predicts that brown dwarfs
should be more common (see Fig. 15.6) in molecular clouds with a lower value of
the mean thermal Jeans mass (i.e. clouds that are more dense or cooler). There is
some evidence for such a relation between the density of a molecular cloud and
the abundance of brown dwarfs. Briceño et al. (2002) found that brown dwarfs
were roughly a factor of two less abundant in the low-density Taurus star-forming
region than in the Orion Trapezium Cluster, a high-density star-forming region.
More recent results (Slesnick et al., 2004; Luhman, 2004b) reduce this difference
to a factor of ≈ 1.5, but the difference does seem to be real and is of the same
magnitude as that predicted by the hydrodynamic simulations (Bate and Bonnell,
2005).

Since the hydrodynamic calculations are able to resolve binaries and circumstel-
lar disks, more information than simply the abundance of brown dwarfs is available.
In particular, the calculations produce binary brown dwarfs. The first hydrody-
namic calculation (Bate et al., 2003a) produced one binary brown-dwarf system
out of ≈ 20 brown dwarfs, giving a frequency of binary brown dwarfs ∼ 5%. The
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Fig. 15.5. The time between the formation of a protostar (a pressure-supported
core) and the termination of its accretion (or the end of the calculation) versus the
object’s final mass (from the two hydrodynamic simulations presented by Bate and
Bonnell, 2005). Stars and brown dwarfs both begin containing just a few MJ, but
those that end up as brown dwarfs are ejected shortly after they begin to form so
that their accretion is terminated before they reach a stellar mass.

Fig. 15.6. The initial mass functions (IMF) from two hydrodynamic simulations
(Bate and Bonnell, 2005) compared with the observed IMF as parameterized by
Chabrier (2003) and the Salpeter (1955) slope. The star-forming cloud that pro-
duced the IMF in the right panel had a mean thermal Jeans mass three times lower
than that on the left, resulting in a lower median mass and many more brown
dwarfs.

second large-scale simulation produced many more brown dwarfs, including three
binary brown dwarfs and two systems each consisting of a very low-mass star
(< 0.09 M�) and a brown dwarf. Combining the first two hydrodynamic simula-
tions gives a frequency of very low-mass binaries of ≈ 8%. This is roughly a factor
of two lower than observed. Interestingly, four of the six systems have separations
< 20 AU, in agreement with the observation that most binary brown-dwarf systems
have separations < 20 AU.

Of the 42 stars produced in the two hydrodynamic calculations, only one star
(> 0.10 M�) had a close (< 40 AU) brown-dwarf companion. This system was a
member of an unstable septuple system and was still accreting when the calculation
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was stopped, so its long-term survival was in doubt. Thus, the calculations are in
agreement with the results of radial velocity searches for planets that show that
stars tend not to have brown-dwarf companions at small separations. By contrast,
the frequency of close (< 10 AU) stellar binaries produced in the calculations is in
excellent agreement with the value observed for Solar-type stars (Duquennoy and
Mayor, 1991) of ≈ 20% (Bate et al., 2002b, 2003a; Bate and Bonnell, 2005). The
formation mechanisms of close binary systems are discussed in detail by Bate et al.
(2002b). There are several reasons that stars have frequent close stellar companions
but not close substellar companions. When a binary system is accreting gas from an
infalling envelope the long term effect of this accretion is to drive the components
towards equal masses, especially for closer systems (Bate, 2000). If the binary
accretes from a circumstellar disk, mass equalization also occurs. Finally, if a close
dynamic interaction occurs between a binary and a single object, the usual result
is that the object with the lowest mass is ejected (van Albada, 1968). If the binary
consists of a star and a brown dwarf, it is likely the single object will be a star
which will exchange into the binary, ejecting the brown dwarf. All of these effects
together result in the low frequency of brown dwarfs as close companions to stars.

On the other hand, hydrodynamic calculations produce many brown-dwarf com-
panions as wide components of stellar multiple systems. Delgado-Donate et al.
(2004) performed calculations of low-mass clouds which could be followed until
the multiple systems reached their final dynamically stable states. They showed
that although many wide brown dwarfs are lost through dynamic interactions there
should, nevertheless, be a significant population of wide brown dwarfs as compan-
ions to stellar multiple systems.

15.5.3 Brown dwarfs from evaporated cores

Finally, it has been proposed that brown dwarfs may be formed when the accretion
from a dense molecular-cloud core is terminated prematurely because radiation
from a massive star evaporates the envelope (Hester et al., 1996; Whitworth and
Zinnecker, 2004). Whitworth and Zinnecker showed that such evaporation oper-
ates over a wide range of Lyman continuum luminosities, molecular-cloud core
densities, and molecular-cloud temperatures.

One of the advantages of this formation mechanism is that binary brown dwarfs
are formed as naturally as binary stars in that whether or not a protobinary embedded
in the dense core in which it formed becomes a stellar or brown-dwarf binary simply
depends on whether its envelope is destroyed quickly enough or not. On the other
hand, the reason why most binary brown dwarfs have separations less than the
median separation of (Solar-type) binary stars is unclear (Sterzik et al., 2003).
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Another problem is the efficiency of the mechanism. In low-mass star-forming
regions where there are no OB stars, such a mechanism cannot operate. In high-mass
star-forming regions, high-mass stars are usually accompanied by many low-mass
stars (e.g. Clarke et al., 2000). This implies that the radiation from the OB stars does
not destroy the dense cores until many stellar-mass objects have formed. Once the
ionizing radiation begins to disrupt the cloud, the timescale for destruction of the
cloud may be very short and the number of objects that are caught in the protostellar
phase but with masses less than the hydrogen-burning limit is likely to be small.
Thus, while it seems almost certain that this mechanism can form some brown
dwarfs, it is unlikely that this mechanism alone can produce similar numbers of
stars and brown dwarfs as is observed (Reid et al., 1999).

15.6 Planet or brown dwarf?

The minimum mass of brown dwarfs is thought to be only a few MJ, where as
planets in tight orbits around Solar-type stars are observed to have masses as great
as ≈ 10–20 MJ. Radial migration theory (see Chapter 14) also naturally leads to a
maximum planet mass of ≈ 10 MJ (Lubow et al., 1999; Bate et al., 2003b) because
as a planet grows in mass it opens a broader gap in the disk so that its accretion rate
decreases while its migration rate is approximately constant. Therefore, there is a
region of overlap in the masses of brown dwarfs and planets.

As mentioned in Section 15.4.2, it is in many ways a fortunate coincidence that
there exists a brown-dwarf desert at small separations around Solar-type stars. This
clearly indicates that there is a fundamental difference in the formation mechanisms
of planets and stars/brown dwarfs. However, the desert is not completely devoid of
objects. Moreover, it is likely to disappear or perhaps move to lower masses when
considering lower-mass stars. Similarly, when we have been able to map out the
masses of planets and brown dwarfs at large separations (orbital periods longer than
10 yr) around Solar-type stars the distinction may not be so clear.

This leads to the problem of what is a planet and what is a brown dwarf? There are
several possibilities for definitions. First, the distinction could be based on the way
the object formed. Second, the distinction could be based on circumstance. Third,
the distinction could be based on evolution. None of these, or even a combination
of these, are entirely perfect as will become clear in the following discussion.

Distinguishing between planets and brown dwarfs based on formation mecha-
nism may seem to be the ideal solution. However, the assumption here is that there
are two different formation mechanisms. If brown dwarfs form from collapsing
molecular-cloud cores and giant planets form via core accretion, this distinction is
viable. However, as discussed in Chapter 12, a competing model for giant-planet
formation is the direct formation via gravitational instability of a massive gaseous
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protoplanetary disk while, for brown dwarfs, the calculations of Bate et al. (2002a,
2003a) show that many may be formed via gravitational instabilities of massive
gaseous protostellar disks while the protostars are undergoing rapid accretion from
their surrounding envelopes. If these formation mechanisms are correct, the dis-
tinction becomes blurred.

However, even if there is a clear distinction based on formation mechanism,
there is the problem of determining which formation mechanism applies to a given
object. Current models of the interior structure of Jupiter allow for the possibility
that Jupiter does not have a rocky core (Saumon and Guillot, 2004). If we cannot
determine whether Jupiter formed from core accretion or direct gravitational insta-
bility by sending robotic probes to it to examine it in detail, what hope is there of
determining the formation mechanism of an object around another star?

The second possibility is a distinction based on circumstance. This allows us
to distinguish between two objects of planetary mass (i.e. in the range 1–10 MJ),
one of which is isolated, the other is in orbit around a star. With this definition, a
planet must be orbiting a star while anything not orbiting a star is a brown dwarf.
However, there are several problems here. What is a 5 MJ object orbiting a 25 MJ

object (see Chauvin et al., 2004)? Is this a binary brown dwarf or a giant planet
orbiting a brown dwarf? Furthermore, what do we call a 3 MJ object that formed
as a planet orbiting a star but was subsequently ejected from the planetary system
because the system was unstable?

The third possibility is a distinction based on characteristics. By this we mean
mass, shape, and composition, though for gas-giant planets in practice this simply
means whether they undergo nuclear fusion. As mentioned in Section 15.3, brown
dwarfs with masses greater than approximately 13 MJ are thought to undergo deu-
terium fusion. Since 13 MJ is also, coincidently, very close to the low-mass end of
the brown-dwarf desert around Solar-type stars, this is a convenient distinguishing
mass. Here an object that does not fuse hydrogen but does fuse deuterium is a
brown dwarf, while a lower-mass object is a planet. However, this distinction also
has problems. Perhaps the most obvious is that, to the general public a planet is
something that orbits a star. An isolated object, regardless of its mass, is not really
a planet.

A record of a debate held at IAU Symposium 211 on the subject of the nomen-
clature surrounding planets and brown dwarfs is provided in Boss et al. (2003). At
the debate, Gibor Basri proposed what is, perhaps, the best method for designating
an object as a star, a planet, or a brown dwarf based on the combination of cir-
cumstance and characteristics. A star is an object that joins the hydrogen-burning
main sequence at some point in its lifetime. A brown dwarf is an object that is not
a star but which undergoes fusion. A planet is an object that is massive enough
that its gravity dictates that it be spherical in shape (as opposed to an asteroid),
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that orbits a star or a brown dwarf but is not massive enough to undergo fusion
(i.e. less massive than the deuterium-burning mass). These definitions solve many
of the above problems and allow us to ascribe a designation to every object whose
mass is currently well determined.

However, one can foresee problems arising in the future. First, what is the des-
ignation of an isolated object with a mass less than 13 MJ, since such an object
could be formed as a star (i.e. the tail end of the IMF) or it might have formed as
a planet but then been ejected from an unstable young planetary system. Further-
more, if young planetary systems eject objects, it also seems likely that there will
exist ejected Earth-type objects. Almost certainly such objects must have formed
as planets, but can they be called planets once they have been ejected? Second, we
know that around 15% of brown dwarfs are binary brown dwarfs. Assuming these
objects form like stars and that the opacity limit for fragmentation allows objects
with masses less than 13 MJ to form, there is no reason to assume that there will not
be binary “brown dwarf” systems in which both components have masses of only
a few Jupiter masses. Since neither of these objects would undergo fusion, such a
system has no designation though, from a formation point of view, it is clearly the
low-mass end of the binary brown-dwarf sequence. Thus, it seems that new desig-
nations will need to be made for systems such as “binary planetary-mass objects”
and “free-floating planetary-mass objects” (which is currently used to describe very
low-mass “brown dwarfs”) in the future.

15.7 Conclusions

I have examined the relationship between giant planets and brown dwarfs, compar-
ing and contrasting their properties, circumstances, and proposed formation mech-
anisms. Observationally, both fields are ten years old and although much progress
has been made, we are to a large degree still ignorant of their properties. Better
characterization of the distributions of masses and orbital parameters of planets and
brown dwarfs is crucial if we are to determine how they form and to define what
we mean when we denote an object as a planet or a brown dwarf.
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Exoplanet detection techniques – from astronomy
to astrobiology
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16.1 Introduction: planet detection and studies in the historical context

Beyond Earth, only five planets have been known since historical times. These are
the three “terrestrial planets,” Mercury, Venus and Mars, and the two “gas giants,”
Jupiter and Saturn. The systematic studies of the skies starting in the seventeenth
century marked the beginning of a new era. The ice giant Uranus, the next outer
planet beyond Saturn, was first cataloged as 34 Tau by John Flamsteed in 1690, but
not recognized as a “wanderer” in the skies. In 1781 William Herschel was the first
to spatially resolve the disk of Uranus, initially classifying it as a comet. Uranus
also played an important role in the discovery of Neptune. Neptune, the eighth
planet in the Solar System, and the outermost of the ice giants, was first observed
in 1612/1613 by Galileo Galilei. At that time, Neptune was in close conjunction
with Jupiter. Galileo recognized the moving source in the vicinity of Jupiter (see
Fig. 16.1), but decided not to get distracted from his studies of the orbital motions of
Jupiter’s four largest moons, which we now refer to as “Galilean Moons.” Another
230 years passed till precise measurements of Uranus’ orbit indicated the presence
of an additional outer planet. Based on predictions by Urbain Leverrier (which
were in close agreement with independent calculations by John Couch Adams) in
1846, Johann Gottfried Galle finally identified and resolved Neptune. Thus Neptune
deserves the honour of being the first planet detected by indirect methods, namely
by its astrometric disturbance of the orbit of Uranus.

The discovery of the outer Solar System, in particular the Kuiper Belt, which con-
stitutes a remnant of the planet formation period in the Solar System, by Tombaugh
in 1930 and Jewitt and Luu (1993) marked another important milestone in our
search for planets, namely the start of systematic wide-area and sensitive surveys.
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Fig. 16.1. Excerpt from Galileo Galilei’s log book. On January 28, 1613 he remarks
that the source seen in conjunction to Jupiter is moving, and hence not a fixed star
(stella fixa). Galileo’s work from December 1612 and January 1613 constitute the
first recorded observations of Neptune.

A brief summary of the history of searches for planets around other
star (“exoplanets”) can be found in the contribution by Peter Bodenheimer
(Chapter 1). In the following we focus on the detection methods and observables for
exoplanets.

16.2 Observing methods and ground/space projects

Because of the enormous difference in luminosity between a star and a planet
(Jupiter is about 109 times fainter than the Sun), and the fact that distances of a few
AU correspond to angular separations of less than 1 arcsec even for nearby stars,
the direct detection of photons originating from an exoplanet proves to be highly
challenging.

Indirect methods, which probe for a modulation in the signal from a star due to
the effects of an exoplanet, also require high-precision measurements, yet can be
mastered more easily than the direct methods.
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16.2.1 Indirect detection methods

Indirect methods include the detection of reflex motion of a star around its common
center of mass with an exoplanet by means of the Doppler effect or astrometric
“wobble,” and the direct modulation of flux received from a star due to microlensing
or transits of a planet in front of the stellar disk.

16.2.1.1 Reflex motion

Doppler methods in 1992 led to the detection of the first confirmed exoplanet
system around the millisecond pulsar PSR1257+12 by Wolszczan and Frail (see
contribution by Peter Bodenheimer, Chapter 1), and were the major workhorse
in the discovery of exoplanets over the last decade (see contributions by Marcy
et al., Chapter 11, and Lovis et al., Chapter 13). The systematic surveys reveal the
frequency of (massive) exoplanets, their orbital periods and eccentricities, as well
as the mass function (M sin i). Stellar surface activity limits the Doppler methods to
accuracies of ≥ 1 m s−1, corresponding to planetary masses of ≈10 M⊕ for Solar-
type stars. Still lower planetary masses can be probed by extending the Doppler
surveys to very-low mass stars and brown dwarfs (e.g. Martı́n et al., 2004).

Astrometry aims at the same observables as the Doppler methods, yet the as-
trometric orbit also yields the inclination of the orbit, and hence the mass (rather
than the mass function) of the exoplanet. Since the quality of the astrometric mea-
surement is much less affected by stellar surface activity, astrometric methods in
principle can probe lower-mass exoplanets (possibly down to a few MMars) around
nearby stars. The most promising technique is optical, long-baseline interferometry,
either from the ground (like, for example, ESO VLTI (European Southern Obser-
vatory Very Large Telescope Interferometer) / PRIMA (Phase Referenced Imaging
and Microarcsecond Astrometry), Schöller and Glindemann, 2003) or from space
(Space Interferometry Mission, Shao, 2004). Finally, the GAIA (Global Astromet-
ric Interferometer for Astrophysics) satellite should be able to detect 10 000 to
50 000 exoJupiters within 50 pc of the Sun (Lattanzi et al., 2002).

16.2.1.2 Flux modulation

The detection of flux modulation of a star can be used as another tracer for the
presence of a planet in orbit around a star.

Microlensing takes place when a (foreground) star passes the line of sight be-
tween Earth and a more distant star, thereby acting as a gravitational lens and thus
magnifying/amplifying the signal. The presence of a planet around the lens modi-
fies the signal, which provides information on the frequency of planets, as well as
the mass and orbital radius of the planet (Bond et al., 2004).
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Transit refers to the dimming of a star due to the passage of a planet in front of
the stellar disk star, or – at thermal infrared wavelengths – the dimming of the star–
planet system when the planet is passing behind the star (Charbonneau et al., 2005;
Deming et al., 2005). Since this puts quite narrow constraints on the orbital inclina-
tion, transits in combination with Doppler methods yield precise mass estimates for
planets. In addition, the amount of dimming is directly proportional to the size of
the occulting body, hence transits nicely constrain the radius of the planet. Ground-
based optical surveys like OGLE (Optical Gravitational Lensing Experiment) and
MOA (Microlensing Observations in Astrophysics), or upcoming space missions
like CoRoT (Convection, Rotation and Planetary Transits) and Kepler hence open a
new discovery space in exoplanet research down to the regime of terrestrial planets
(see contribution by Lecavelier des Etangs and Vidal-Madjar, Chapter 9).

16.2.1.3 Circumstellar disks as tracers

Due to its high surface brightness,“zodi clouds” (dust disks) in exoplanetary systems
can severely limit the ability to directly detect exoplanets. The gravitational interac-
tion of an exoplanet with a circumstellar disk can, however, also create “wakes” and
“gaps” in the disk, which potentially can be discovered much more easily than the
planet itself, in particular at sub-mm wavelength using larger interferometers like
ALMA (Atacama Large Millimeter Array) (Wolf and D’Angelo, 2005). In addition
to orbital parameters like semimajor axis, eccentricity and period, the properties of
the gaps and wakes might also provide an estimate of the mass of the planet.

16.2.2 Direct detection methods

The direct detection and identification of photons originating from planets around
other stars opens a new realm in our study of exoplanets.

16.2.2.1 Differential imaging

Ground-based telescopes equipped with adaptive optics as well as the Hubble Space
Telescope already now provide the optical quality and the contrast which is required
to detect brown-dwarf companions to nearby and/or young stars. Residual wave-
front errors inherent to optical systems, and the fact that these wavefront errors
evolve with time, however, ultimately limit the contrast and sensitivity achievable.
A simple way to improve the contrast even further is simultaneous differential
imaging. Here one simultaneously observes two (or more) physical states of the
electromagnetic radiation emanating from a star–planet system, like, for example,
two (orthogonal) polarization states, or two neighboring wavelength regions. If the
planet is significantly brighter in one state than in the other, while its host star
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exhibits the same brightness in both states, the planetary signal stands out in the
difference measurement between both states.

Possible applications of this method are observations at two neighboring wave-
length regions located in and out of a methane band (with the aim to detect Jupiter-
type giant planets), or in two polarization states (with the aim to detect planets in
the optical by means of radiation reflected off their surface or upper-cloud layers).

Prototype spectral differential imaging (SDI) instruments have already been
implemented and are producing the first science results (Biller et al., 2004; Close
et al., 2005; Marois et al., 2005). The next generation of planet-finder instruments at
ground-based 8 m class telescopes based on SDI and PDI (polarimetric differential
imaging) techniques are currently in the study phase (Gratton et al., 2004; Macintosh
et al., 2004).

16.2.2.2 Coronagraphs

Coronagraphs have the potential to suppress the light from a central source, thereby
enhancing the contrast and the detectability of faint, nearby companions. Since
exoplanets are in general located at small angular separation from their host star,
the focal plane masks in simple Lyot-type coronagraphs should not cover more
than the inner ≤ 5 Airy rings. Simulations as well as experiments carried out at the
Palomar 5 m telescope indicate that Strehl ratios > 80% are required for diffraction-
limited coronagraphs (Sivaramakrishnan et al., 2001), i.e. this requires the use of
so-called extreme adaptive optics systems and/or observations at long wavelengths.
The next generation of extremely large telescopes (ELTs) might be able to observe
both Jovian and terrestrial planets in nearby extrasolar planetary systems in the
thermal infrared.

16.2.2.3 Nulling

Similar to coronagraphs, nulling aims at suppressing the light from the star in
order to enhance the detectability of exoplanets. While nulling experiments like
GENIE (Ground-based European Nulling Interferometer Experiment) at the ESO-
VLTI are limited (largely due to residual wavefront errors) to the detection and
characterization of relatively bright dust disks around nearby stars (Absil et al.,
2003), space-based nulling interferometers like DARWIN/TPF-I clearly have the
potential to detect extrasolar terrestrial planets (Fridlund, 2003).

16.3 Outlook: planet mapping and bio-signatures

The direct detection of photons from terrestrial planets around nearby stars means
that standard remote-sensing techniques can be applied to further characterize these
planets. Brightness/albedo variations can be used to trace the length of the day/night
cycle and to probe for the presence of seasonal variations, like changes in cloud



Exoplanet detection techniques – from astronomy to astrobiology 255

Fig. 16.2. Spectroscopic signatures for H2O, CO2 and the potential bio-marker O3
as accessible with DARWIN overlaid on an image of planet Earth. Reprinted by
permission from ESA.

coverage or extent of polar ice caps. Changes in the albedo and/or degree of polar-
ization with varying phase angle yield information of the atmospheric composition
and surface constitution. Ultimately, spectroscopic studies aim at characterizing the
atmospheric composition. Instruments like DARWIN might be able to probe for
the presence of water vapor or carbon dioxide, and potential biomarkers like ozone
(see Fig. 16.2).

The next step beyond the planet-detection and spectroscopic missions would be
an exoplanet mapper, which should be able to resolve the disks of exoplanets, and,
for example, identify the distribution of oceans and continents.
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This conference truly reflects a microcosm of an explosive revolution in the quest

to understand the origin of planet and star formation. The diverse nature of this

wide-open field necessitates a multi-facet attack on all relevant issues. In this

pursuit, it is particularly important to find the missing links between the many

seemingly independent observations as circumstantial clues around a global pic-

ture. The development of a comprehensive coherent interpretation requires an in-

tegrated approach to identify the dominant physical processes which determine

the physical characteristics of planets and the dynamic architecture of planetary

systems.

On the basic concept of planetary origin, there is very little difference between

modern theories and the original Laplacian hypothesis. The coplanar geometry of

all the major planets’ orbits hardly needs any extrapolation for theorists to postulate

the scenario that the planets formed long ago in a rotational flattened disk which is

commonly referred to as the Solar Nebula. Today, we have direct images and multi-

wavelength spectra of protostellar disks within which planet formation is thought

to be an ongoing process. Perhaps the biggest advancement in the past decade is the

discovery of over 100 planets around nearby stars other than the Sun. For the first

time in this scientific endeavor, the Solar System reduces its unique importance to

a single entry in the rapidly growing database of planetary-system census. But the

four decades of space-age exploration have also provided us with intricate details

of our planetary environment and relic clues which serve as the Rosetta Stones of

modern cosmogony.

The gross summary of this vast influx of data can be briefly recapitulated into

the following main conclusions:
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(1) All the stellar material was processed through protostellar disks before it was accreted

onto young stellar objects.

(2) The active phase of protostellar disks lasts 3–10 Myr during which the gas accretion

rate reduces from 10−7 to 10−10 M� yr−1. The aspect ratio in the direction normal to

the disk is typically a few to 10%. The mass of the gas is not directly measurable at

the present moment.

(3) Heavy elements condense into dust grains which are distributed over 10–100 AU in a

disk. In active disks, the total dust mass in these disks is comparable to that inferred

from the minimum-mass nebula, i.e. a few % of that accreted onto their central stars.

The dust signatures decline below the detection limit on the same timescale that gas

accretion decreases.

(4) In the Solar System, the most primitive grains, the calcium-aluminium-rich inclusions

(CAIs) formed well within 1 Myr. But most common relic grains are in the form of

chondrules within the size range of 0.1 to a few mm. Individual chondrules were formed

within 1–2 Myr after the formation of the CAIs. They have experienced repeated partial

melting episodes with minute-to-hours duration. They were assembled, no sooner than

1 Myr after their formation, into the parent bodies of meteorites which reside near the

present-day asteroid belt.

(5) The satellites of gas-giant planets are composed of highly volatile ice. Although Mars

contains little ice, its elemental composition is more volatile than that of the Earth and

Venus which are primarily composed of silicates. With Mercury mostly composed of

iron, the sublimation sequence of the Solar System is consistent with that inferred for

protostellar disks.

(6) The heavily cratered surfaces of Mercury, the Moon, and asteroids leaves little doubt

that they were assembled through cohesive collisions. The formation timescales in-

ferred from the radioactive isotopes suggest that Mars and the Earth differentiated and

formed their cores within 2–4 Myr and 10–30 Myr, respectively, after the CAIs.

(7) Jupiter has a very low-mass core (< 5 M⊕) and a strongly metal-enriched envelope

whereas Saturn has a 15 M⊕ core. Uranus and Neptune also have similar mass cores

with a 1 M⊕ gaseous envelope around them. The heavy-element abundances in all

giant planets are at least 4–5 times that of the Sun.

(8) There is a large population of Kuiper-Belt objects which have been scattered beyond

40 AU by the gas- and ice-giant planets. Along the way, Neptune seems to have

migrated and during its migration, Neptune captured several bodies, including Pluto,

into its resonance.

(9) Jupiter-mass planets are found around at least 6% of all nearby mature, F-G-K stars

on the main sequence. In cases where it is possible to measure, the density of these

planets indicate that they are gas giants. They appear to have a logarithmic period

distribution ranging from one day to the detection limit of several years. There are

indications of additional planets with longer periods and lower masses.

(10) The fraction of stars with planets is a rapidly increasing function of their metallicity.

(11) The eccentricity of the known planets is distributed uniformly between 0 and 0.7.
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(12) A large fraction of stars with known planets show signs of additional planets around

them. In some multiple systems, the orbits of planets are in mean motion resonances

whereas in other systems, very short-period planets coexist with long-period siblings.

(13) Dust grains produced from collisional fragmentation are found around a faction of

stars with ages older than 10 Myr. The dispersion within these signatures is large, i.e.

some disks have intense dust signatures whereas others show little evidence for them.

The upper limit of the dust reprocessed radiation declines as a power law of the stellar

age.

(14) The remarkable lack of abundance dispersion among mature stars in the Pleiades

cluster, with age ∼ 100 Myr, places an upper limit on the mass of protostellar disks of

less than two or three times that of the minimum-mass nebula.

These and many other related observational clues can be interpreted with a coher-

ent model. For example, the observed properties (5)–(8) have been used to develop

a sequential accretion scenario in which the Solar-System planets formed through

the condensation of grains, coagulation of planetesimals, emergence of isolated em-

bryos, onset of gas accretion, the termination of growth through gap formation, the

propagation of gas giants’ secular resonances during the epoch of disk depletion,

the final assemblage of terrestrial planets, and the dynamic scattering of residual

planetesimals beyond the confines of the gas-giant planets. The cosmochemical

properties under (3) and (5) place a chronological formation sequence in the Solar

System: (a) infall of gas and formation of the Sun occurred on the timescale of

0.1 Myr; (b) the first generation solid, less-than-Mars-mass embryos emerged in

the inner Solar System in less than 1 Myr; (c) Jupiter attained most of its mass

within < 2 Myr and Saturn within ∼ 3 Myr; (d) the growth of Uranus and Nep-

tune was limited by gas depletion in the Solar Nebula which proceeded on the

timescale of 3–10 Myr; (e) the environmental impact of Jupiter’s secular resonance

cleared out the asteroid belt in 1 Myr, and promoted the formation of chondrules

and their assemblage into the parent bodies of present-day asteroids in 2 Myr;

(f) Jupiter’s sweeping secular resonance also induced the final buildup of Mars in

∼4–10 Myr and the Earth in ∼10–30 Myr through giant impacts which also led to

the formation of the Moon in 30–50 Myr; (g) tidal interaction between the emerging

planets and the diminishing gas in their nascent disks circularized the orbit of the

terrestrial planets despite the giant impacts; and (h) non-linear interaction led to a

slight outward migration of Neptune in 10 Myr and the formation of the Kuiper

Belt in 10–100 Myr.

There are of course many unresolved issues associated with this overall picture.

Some of the most serious unresolved issues include: (a) the angular-momentum

transport mechanisms which determined the structure and evolution of gas in the

disk; (b) the dominant process through which grains evolved into planetesimals in

a gaseous environment; (c) the retention efficiency of heavy elements in the Solar
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Fig. 17.1. Mass–semimajor axis distribution of planets according to the sequential-
accretion scenario. The left panel represents the results of simulations carried out
by Ida and Lin (2004). The right panel represents the known extrasolar planets.
The dashed line indicates the current detection limit.

Nebula; (d) the survival of planetesimals during their collisions; (e) the effect of

tidal interaction between embryos and their background gas; (f) the mechanisms

and efficiency of heat transfer in the envelopes around cores of a few M⊕ which

regulate the onset and timescale of efficient gas accretion; (g) the termination of

gas accretion onto Jupiter and Saturn; (h) the processes which led to the clearing

of the disk gas; and (i) the extent of post-formation dynamic evolution.

In order to address these unresolved issues, it is tempting to extrapolate the above

sequential-formation scenario to the extrasolar planets with a grand unified theory.

Figure 17.1 represents an attempt in this direction. Using the above data under

items (1)–(3) and the sequential planet-formation scenario, it is possible to simulate

the expected mass–period distribution of planets around other Solar-type stars.

Although the observed properties (9)–(12) only apply to gas giants, they provide

a set of strong constraints on our working hypothesis. For example, the discovery

of short-period planets revives a notion that gas giants emerge in the active phase

of relatively massive disks and undergo migration as they tidally interact with their

ambient evolving nascent disks. Figure 17.1 highlights the implications of various

processes on the statistical properties of the gas giants. For example: (a) an up-

turn of their period distribution at 2–3 years is consistent with the expectation that

gas giants are preferentially formed near the snow line; (b) the logarithmic period

distribution (between 3 days and 3 yr) can be reproduced under the assumption

that the migration and gas depletion occur on comparable timescales; (c) many

gas giants migrated to and probably perished in the proximity of their host stars;

(d) the size of planetary systems is determined by the limited available timescale

for building sufficiently massive cores to accrete gas and by the location outside

which the local Keplerian speed falls well below the surface escape speed of these
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critical-mass cores; (e) the emerged planets naturally fall into three categories,

rocky cores, gas and ice giants; (f) interior to the snow line, the upper mass limit

for the rocky cores is determined by the critical condition for the onset of efficient

gas accretion whereas the lower mass limit of the gas giants is determined by the

diminishing gas supply through either global or local depletion of the disk; and

(g) outside the snow line, the smooth mass distribution indicates that intermediate-

mass ice giants form through giant impacts after the depletion of the disk gas.

Despite these successes, perhaps the biggest challenge to the sequential-accretion

scenario remains the ubiquity of extrasolar gas-giant planets which must form in a

gaseous environment. The outstanding issue is that the signatures of disks appear

to diminish over the timescale of 3–10 Myr. But according to the first models

constructed for this scenario, the timescale for the onset of efficient gas accretion

appears to be longer than this especially if: (a) there are insufficient heavy elements

to build up cores with at least a few M⊕; or (b) the gas accretion is stalled by

an efficient transfer of the heat which is released from the accreted gas. Several

resolutions have been suggested and they include: (a) accelerated growth of cores

through either an elevated surface density of planetesimals near the snow line or

core migration to bypass the boundaries of the feeding zone; and (b) enhanced heat-

transfer efficiency in the radiative zone through grain sedimentation, disk accretion,

circulation, and hydrodynamic instabilities. The core of Jupiter may also have

been eroded by its convective envelope, however, one must address the structural

difference between Jupiter and Saturn in the core-erosion scenario. Of course, the

observational signatures cited as evidence for disk depletion are generally associated

with the dust. It remains a challenge to secure a reliable constraint on the depletion

timescale for the gas, especially cold molecular hydrogen.

Another approach to resolve the existing timescale paradox is to assume that the

gas-giant planets formed through gravitational instability. Since it does not provide

a direct link between gas giant and terrestrial-planet formation, the frequency of

gas giants cannot be used to extrapolate that of the terrestrial planets in this sce-

nario. The occurrence of this instability requires: (a) the rapid buildup of initial

stable disks; (b) efficient cooling in the disk; and (c) metal enhancement through

a substantial evaporation of the original gaseous envelope. All of these processes

are theoretically challenging. The metallicity–planet frequency correlation and the

apparent homogeneity of stellar metallicity (properties (10) and (14)) are also diffi-

cult to reconcile with this scenario. Nevertheless, there are observational tests that

can be made to differentiate these scenarios. In the sequential-accretion scenario,

isolated cores with masses comparable to or less than that of Mars are expected

interior to all emerging gas giants. Along the path of these migrating planets, they

capture failed cores onto their evolving mean motion resonance, bring them to

the stellar proximity and induce them to form ultra-short-period terrestrial planets.
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According to the alternative gravitational-instability scenario, such planets should

not exist. The search for these hot Earths can be conducted with highly accurate

radial-velocity surveys and transit searches. The sequential-accretion scenario also

naturally predicts a limited size for planetary systems (see Fig. 17.1). In contrast,

gravitational instability is more likely to occur in disk regions far from their host

stars. The frequency of widely separated massive planets is best obtained through

the gravitational-lensing search program.

Another test for the two scenarios is the ubiquity of multiple-planet systems and

their dynamic structure. In the sequential-accretion scenario, the emergence of one

gas giant is expected to induce a gap in the disk gas distribution which provides

a natural harbor to collect dust and planetesimals just beyond the outer edge of

the gap. This enhancement promotes the formation of subsequent gas giants. The

coexistence of resonant planetary systems such as that around GJ 876 and systems

which contain both short- and long-period non-resonant planets suggests that the

formation interval between successive gas giants is comparable to the migration

timescale. These complex configurations can be more easily achieved with the

sequential-accretion than the gravitational-instability scenario. Nevertheless, the

nearly uniform eccentricity distribution of the extrasolar planets may be less difficult

to establish in the gravitational-instability scenario.

Finally, the enhanced metallicity of Jupiter and the correlation between the plan-

ets’ fraction and the metallicity of the host stars (observed properties (7) and (10))

is naturally implied from the sequential-accretion scenario because solid cores of

heavy elements must form prior to gas accretion. A natural extrapolation of this

correlation indicates that planets form earlier and migrate more extensively around

disks with a large amount of planet-building material. Since migrating planets sweep

through the disk and clean up the residual planetesimals, this process naturally self-

regulates the retention efficiency of heavy elements in the planets and preserves the

stellar-metallicity homogeneity. Nevertheless, the gravitational-instability scenario

must be more effective for metal-deficient globular clusters or around metal-poor

stars where planets have been found. There are also protoplanetary candidates found

at 50–100 AU from very young stars. These are potential systems in which planets

may have formed through gravitational instability.

On balance, the sequential-accretion scenario is more well developed and it is

compatible with most observational data. Nevertheless, there are many unresolved

theoretical and observational issues associated with the grand unification sequential-

accretion scenario. These include: (a) what process sets the lower mass limit on

the amount of planet-building block heavy elements in protostellar disks; (b) what

is the direct observational evidence for the transformation of dust to planetesimals

in protostellar disks; (c) how long does a significant amount of gas remain in the

disk; (d) what process determines the surface-density magnitude and distribution
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of planetesimals in the disk; (e) what condition leads to the onset and quenching

of efficient gas accretion; (f) what are the observational signatures of emerging

protoplanets; (g) what process initiates and stalls protoplanetary migration; (h) what

is the mass-period distribution in the low-mass and long-period range; (i) what is the

persistent time and depletion mechanism of disk gas; (j) is the dynamical structure

of the Solar System unique or common among extrasolar planets; and (k) how do

multiple planets evolve dynamically during and after the removal of the disk gas?

This brief summary provides an interpretation of the present state of observa-

tional knowledge and theoretical concepts. There are many outstanding issues out

of which only a few subsets are listed above. These issues need to be resolved in

order for us to develop a robust and deterministic model for planet formation and

planetary-system evolution. But with the anticipated progress on both observation

and theoretical fronts, we can look into a bright future in this exciting discipline of

modern astronomy and astrophysics.
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Matrix und refraktären Forsteriten. Phd thesis, University of Cologne, pp. 125.

Klerner S. and Palme H. (2000). Formation of chondrules and matrix in carbonaceous
chondrites. Met. Plan. Sci., 35, A89.

Klessen, R. S., Burkert, A., and Bate, M. R. (1998). Fragmentation of molecular clouds:
the initial phase of a stellar cluster. Astrophys. J., 501, L205–8.

Kley, W. (1998). On the treatment of the Coriolis force in computational astrophysics.
Astron. Astrophys., 338, L37–L41.

(1999). Mass flow and accretion through gaps in accretion discs. Mon. Not. R. Astron.
Soc., 303, 696–710.

Kley, W., D’Angelo, G., and Henning, T. (2001). Three-dimensional simulations of a
planet embedded in a protoplanetary disk. Astrophys. J., 547, 457–64.

Kley, W., Lee, M.-H., Murray, N., and Peale, S. (2005). Modeling the resonant planetary
system GJ 876. Astron. Astrophys., 437, 727–42.

Knödlseder J., Cervino M., Le Duigou J. M. et al. (2002). Gamma-ray line emission from
OB associations and young open clusters. II. The Cygnus region. Astron. Astrophys.,
390, 945–60.

Koerner, D. W., Chandler, C. J., and Sargent, A. I. (1995). Aperture synthesis imaging of
the circumstellar dust disk around DO Tauri. Astrophys. J., 452, L69–72.

Kokubo, E. and Ida, S. (1996). On runaway growth of planetesimals. Icarus, 123,
180–91.

(1998). Oligarchic growth of protoplanets. Icarus, 131, 171–8.
(2000). Formation of protoplanets from planetesimals in the Solar nebula. Icarus, 143,

15–27.
(2002). Formation of protoplanet systems and diversity of planetary systems.

Astrophys. J., 581, 666-80.
Koller, J., Li, H., and Lin, D. N. C. (2003). Vortices in the co-orbital region of an

embedded protoplanet. Astrophys. J., 596, L91–4.
Kominami, J. and Ida, S. (2002). The effect of tidal interaction with a gas disk on

formation of terrestrial planets. Icarus, 157, 43–56.
Konacki, M., Torres, G., Jha, S. et al. (2003b). An extrasolar planet that transits the disk of

its parent star. Nature, 421, 507.
Konacki, M., Torres, G., Sasselov, D. D. et al. (2004). The transiting extrasolar giant

planet around the star OGLE-TR-113. Astrophys. J., 609, L37–40.



References 281

(2003a). High-resolution spectroscopic follow-up of OGLE planetary transit candidates
in the galactic bulge: two possible Jupiter-mass planets and two blends. Astrophys. J.,
597, 1076–91.

(2005). A transiting extrasolar planet around the star OGLE-TR-10. Astrophys. J., 624,
372–7.

Königl, A. (1991). Disk accretion onto magnetic T Tauri stars. Astrophys. J., 370,
L39–L43.
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